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Detection of two power-law tails in the probability distribution functions of massive GMCs 
N. Schneider et al.

• 3つの大質量星形成領域のprobability 

distribution function (PDF)で2つの
powar-law slopeを発見 

• MonR2, NGC6334, CepOB3 

• Herschelによる連続波観測データ 

• slope成分に空間的な違いが見られる 

• slopeの解釈 (s∝-α-1(モデル依存), ρ~r-α) 

• 1st powar-law: free-fall的 

• 2nd powar-law: free-fallだけでは無理。collapse
を遅くさせる必要あり。 

• メカニズムについては追研究が必要 

• (1)回転構造, (2)光学的厚み, (3)磁場, (4)幾何学的
構造, (5) stellar feedback
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Figure 1. Left: Dust column density maps of the GMCs. Contour lines in red and yellow indicate the break points between the
lognormal distribution and the first and second power-law tail, respectively. The small panels show a zoom into the central regions,
displaying PACS 70 µm emission (scale typically 0.1-30 Jy/pixel). Right: Corresponding PDFs at an angular resolution of 3600 (binsize
0.1). The left y-axis indicates the normalized probability p(⌘), the right y-axis the number of pixels per logarithmic bin. The error-bars
were calculated using Poisson-statistics. The upper x-axis gives the extinction A

V

and the lower x-axis ⌘ = ln(N/hNi). The green curve
indicates the fitted lognormal PDF and the red and blue lines the power law fits to the high-density tails. The fit to the first tail was
only performed between the break points but the line was continued to emphasize the excess. The deviation points (DP) and slopes (s

with its error) of the power-law tails are given in each panel.

contract in almost free-fall (Girichidis et al. 2014), i.e., gas
at a density ⇢

i

falls towards higher densities ⇢0
i

> ⇢
i

. Without
any change in physical processes for higher densities, free-fall
would proceed unimpeded and the power-law would extend
indefinitely. Deviations from this idealised single power-law
can be twofold. On the one hand the second excess could

be due to a change in dynamics at high densities or due to
observational e↵ects. In the following we give some tentative
explanations that, however, need more profound studies.

Any physical process that slows down the free-fall mo-
tions reduces the flow of mass towards higher densities. We
stress that in this paradigm the deceleration of free-fall stems
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Figure 1. (a) A north-western part of the supershell surrounding the Cyg OB1 association as it appears in the optical on the E-DSS2
map. Black rectangles show the cluster region (top) and the region studied in the work of Arkhipova et al. (2013) (bottom). A white
rectangle indicates the region for which the PV diagram is constructed (see Section 4.1). Numbers mark Cyg OB1 stars with strong
stellar winds: O7e HIP100173 (1), O8 HD193595 (2), and Of HD 228841 (3). (b) The same region as seen in the infrared on the 3.6µm
Spitzer image. Overlaid are contours of 13CO J=1-0 emission. The box limits the area with CO-isocontours from Schneider et al. (2007).

triggered star formation within walls of this shell can help to
reveal the spatially resolved star formation history in the en-
tire region. In this series of papers we plan to present results
on the stellar content, young stellar objects, and the diffuse
matter in the area, putting them into a general context of
the star formation in giant molecular cloud complexes.

In this work we analyze a small region in the north-
western wall of Cyg OB1 supershell. It contains the
young open cluster vdB 130 characterized by an anoma-
lously strong and non-uniform reddening (Racine 1974;
Moffat & Schmidt-Kaler 1976; Le Duigou & Knödlseder
2002), the reflection nebula vdB 130 of the same
name (van den Bergh 1966), also referred to as GN
20.16.0 (Magakian 2003), multiple compact and extended
infrared (IR) sources, and a molecular cloud of a cometary
shape seen in CO emission (cloud A in Schneider et al.
2007).

The goal of this study is to revise the stellar content
of the cluster vdB 130 (in a view of new optical and IR
data) and to analyse the physical relationship between vari-
ous components of stellar, gaseous, and dust populations in
the region of sequential star formation.

This paper represents a follow up of our previous studies
of triggered star formation regions in the north-west wall of
the Cyg OB1 supershell. In the work of Arkhipova et al.
(2013) a family of cometary globules with a few patches of
star formation has been investigated in a region, shown with
a lower black rectangle in Fig. 1a.

Section 2 describes the spectroscopic, photometric, and
interferometric observations. Section 3 presents the results

of our revision of the stellar composition of vdB 130 based
on the data of the 2MASS survey, the UCAC4 catalogue of
proper motions, and the spectral types that we determined
for a number of stars. In Sections 4.1 and 4.2 we analyse
the structure, kinematics, and the emission spectrum of the
interstellar medium (ISM) in the vicinity of vdB 130, and
possible links between various components of the stellar pop-
ulation and the ISM in the region. In Section 4.3 we discuss
the nature of the IR radiation of the interstellar medium in
the neighbourhood of vdB 130 based on Spitzer and Her-

schel archival data. The concluding section summarizes the
main results of the study.

2 OBSERVATIONS AND DATA REDUCTION

This study is based on optical observations performed with
the 6-m telescope of Special Astrophysical Observatory of
Russian Academy of Sciences (SAO RAS) and the 125-
cm telescope of the Crimean Laboratory of Sternberg As-
tronomical Institute, Lomonosov Moscow State University
(SAI MSU) as well as on archival IR data obtained with
Spitzer and Herschel space observatories. The log of our ob-
servations is presented in Table 1, where the exposure time
(Texp), the field of view (FOV), the final angular resolution
(θ), the final spectral resolution (δλ) and the bandwidth
(FWHM) of the used filter are indicated.

Star-forming regions a the periphery of the supershell surrounding the Cyg OB1 association. I. The 
star cluster vdB130 and its ambient gas and dust medium 
J. Steinacker et al.

• open cluster vdB130の多波長データ解析 

• Cyg OB1 super-shellのNE part　複雑な空間構造を
持つ 

• クラスターに付随する星の再定義、クラスターの星
周環境との関連を調べる 

• 観測データ 

• SAO RAS 6m望遠鏡 
spectral obs. & narrow-band image (Ha,[SII]) 

• SAI MSU 125cm望遠鏡 
長期Ha観測から視線速度の導出に使用 

• Spitzer & Herschel data archive 

• 2MASS image 

• UCAC4 proper motion catalog 

• Proper motionで36天体を選定
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2.3 Archival data

This work is partially based on data from Spitzer and Her-

schel space telescopes. The region studied was observed
by Spitzer space telescope within the framework of the
‘A Spitzer Legacy Survey of the Cygnus-X Complex’ pro-
gram (Hora et al. 2011). The images at 3.6µm, 4.5µm,
5.8µm, 8.0µm, and 24µm were downloaded from the project
web-page1 at the NASA/IPAC Infrared Science Archive.
The Herschel archival data obtained within the framework
of the ‘Hi-GAL: The Herschel Infrared Galactic Plane Sur-
vey’2 program (Molinari et al. 2010) were downloaded from
the Herschel Science Archive3.

In this study we also used images from the 2MASS
IR survey (Skrutskie et al. 2006) and stellar proper motions
data from the UCAC4 catalogue (Zacharias et al. 2013).

3 OPEN STAR CLUSTER VDB 130

Initially designation ‘vdB 130’ has been applied to a re-
flection nebula associated with the BD+38 3993 star (HD
228789, vdB 130a) of spectral class B1-B2 (van den Bergh
1966; Racine 1968). The reflection nebula vdB 130 can be
seen on the optical maps shown in Figures 1a and 2. Racine
(1974) used photometric and spectroscopic data to select the
group of 14 stars within 6′ from the nominal cluster centre,
which could be considered as possible members of the sparse
embedded cluster vdB 130 (Fig. 2). He noted an anomalous
extinction law with AV /E(B − V ) = 8.1±1.2, probably due
to inhomogeneity of the interstellar medium in the proxim-
ity of the cluster. Kharchenko et al. (2013), with pipe-line
processing technique, estimated the cluster parameters using
data from PPMXL catalogue (Roeser et al. 2010) and con-
sidering stars with proper motion components close to the
centroid with ⟨µα, µδ⟩ ≈ (−2.22,−4.39)mas yr−1 as cluster
members. From 2MASS JHKs photometric data they de-
rived a cluster age log(t) ≈ 7.4, distance d ≈ 1.6 kpc, colour
excess E(J−H) ≈ 0.29 mag, infrared interstellar absorption
AKs ≈ 0.30 mag, and apparent radius of about 6′.

3.1 Revision of the stellar content of vdB 130

Most possible members of vdB 130 move parallel to
the galactic plane with mean proper motions ⟨µl, µb⟩ ≈
(−4.9,−0.6)mas yr−1 (Kharchenko et al. 2013). In order to
estimate the contribution of the disk differential rotation
and that of the Sun peculiar velocity to the observed proper
motions of cluster stars for heliocentric distances rhel ∼
1.5 − 2.5 kpc, the parameters of Milky Way disk rotation
and Sun’s velocity components with respect to the LSR
(Local Standard of Rest) were taken from a detailed kine-
matical analysis of young stellar populations performed by
Zabolotskikh et al. (2002) and Melnik & Dambis (2009). If
we use a currently adopted value of the Sun’s distance
from the Milky Way centre, ≈ 8.3 kpc, all fields located
along the line of sight in Cygnus directions with helio-
centric distances in the rhel ≈ 1.5 − 2.5 kpc range, are

1 https://www.cfa.harvard.edu/cygnusX/
2 https://hi-gal.iaps.inaf.it/higal/
3 http://www.cosmos.esa.int/web/herschel/science-archive

Figure 2. Star cluster vdB 130. Stars from the original Racine
(1974) paper are marked with indices from 1r to 14r. Stars se-
lected in this study based on their proper motions are marked
with numbers from 1 to 36. Stars from Racine (1974) list with
proper motions outside of the adopted intervals are shown with
red colour. The letter a marks the star K4 projected onto an
extended IR source (Blob E; see section 4.3). The central star
BD+38 3993 of the reflection nebula is marked as 11r.

nearly equally distant from the galactic centre, ≈ 8.1 kpc.
From the 3D Bottlinger equations we estimate mean appar-
ent proper motion at 1.5–1.8 kpc heliocentric distances as
⟨µl(rot), µb(rot)⟩ ≈ (−5.4,−0.9)mas yr−1.

These values are in a very good agreement with
the proper motion components for vdB 130 derived by
Kharchenko et al. (2013). Therefore, we cannot exclude that
stars assigned to the open cluster by Kharchenko et al.
(2013) represent in fact a non-bound stellar population of
the extended association Cyg OB1, participating in over-
all galactic differential rotation. Moreover, the accuracy of
available proper motions in this field does not allow distin-
guishing reliably true members of an unbound OB associa-
tion from foreground and background field stars.

Le Duigou & Knödlseder (2002) also used 2MASS data
to study the stellar population and the structure of vdB 130,
along with other 21 clusters in the Cygnus region. Un-
fortunately, the lack of detailed data on this cluster does
not allow estimating its parameters reliably. It should be
noted that application of King’s empirical density law (King
1962) to describe the apparent distribution of stars in
dense and highly non-uniform stellar fields distorted by in-
homogeneous absorption is unlikely able to provide reli-
able estimates of important structure cluster parameters.
Le Duigou & Knödlseder (2002) used the cluster distance
derived by Racine (1974) and claimed vdB 130 as the richest
cluster among those studied by them in the Cygnus region.
It should be noted, however, that they used no kinematical
criteria to select probable cluster members.

Despite the insufficient evidence supporting the nature

r付はRacine(1974)で観測されたもの

E-DSS2 image?



• カラーexcessと距離 

• クラスター年齢5-10Myr 

• 可視光データ-3.3kpc, 赤外データ1.8kpc 

=>’通常の’extinction lawではない 

• クラスターは分子雲の’head’に付随 

• headでは速度にズレ=>stellar wind/super nova 

• 領域の星間ガスは電離ガスとshockedガス

Cyg OB1. Star cluster vdB 130. 9

Figure 7. VdB 130 region with contours of the ‘head’ of the CO cloud (Schneider et al. 2007) superimposed onto the E-DSS2 map (a)
and onto the 8.0µm image (b).

evidence in favour of the physical connection between the
molecular cloud and ionized hydrogen in the cluster out-
skirt. The data exhibit single-component Hα profiles toward
vdB 130 with peak line-of-sight velocities ranging from 0
to 15 kms−1. These velocities characterize gas whose mo-
tions are mostly due to Galactic rotation and streaming
motions caused by spiral density waves. To analyse char-
acteristic systematic motions of ionized hydrogen in the
studied region, we use a ‘diagram of occurrence’ of line-
of-sight velocities (see, e.g. Arkhipova et al. 2013 and ref-
erences therein). Characteristic line-of-sight velocities of the
ionized gas VLSR in the region are defined as average val-
ues at half-maximum of the corresponding diagram together
with root-mean-square errors of their estimates. The ob-
tained interval of the most commonly occurring ionized gas
velocities toward vdB 130 is ∆VLSR ∼ 3 − 9 km s−1 (based
on 24 velocity measurements out of 26) and is shifted in
the positive direction relative to velocities of CO emission
VLSR ∼ −1÷ 2.5 kms−1 in the head of the cloud (see Fig. 2
in Schneider et al. 2007).

Note that in the tail of the cometary molecular cloud
(about 5−12 arcmin westward of vdB 130), where the influ-
ence of cluster stars should be less pronounced, Hii velocities
(VLSR ∼ 3−6 km s−1) do indeed coincide with CO velocities
in the same area (VLSR ∼ 2− 5 kms−1). This is an evidence
in favour of the physical connection between the CO cloud
and ionized hydrogen in its environment. Minor differences
in VLSR of molecular and ionized gas, observed in the cloud
head and in its vicinity, may indicate the influence of winds
and radiation from vdB 130 stars onto the surrounding gas.

Inside the supershell around Cyg OB1, profiles with
multiple peaks are observed. Specifically, in addition to the
main component, they exhibit weak high-velocity features
in the wings of the Hα line. These shifted components re-
veal local high-velocity gas motions caused by stellar winds
and/or supernova explosions (with a possible contribution
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Figure 8. Position-velocity diagram for the area shown by the
white rectangle in Fig. 1. The star HD 193595 is located at the co-
ordinate origin, and the molecular cloud is located at the distance
of 0.◦4 from the star.

from distant Hii regions in the Perseus arm at large nega-
tive velocities).

The molecular cloud can be affected by UV radia-
tion and stellar winds from at least two association mem-
bers, namely, HIP100173 (O7e) and HD193595 (O8), lo-
cated approximately along the extension of the cometary
cloud axis, in 16 arcmin (7 pc) and 27 arcmin (12 pc) from
the considered region (Fig. 1). These stars are the near-
est members of the Cyg OB1 association with strong stel-
lar winds (Blaha & Humphreys 1989; Garmany & Stencel
1992). However, the entire vdB 130 star-gas-dust complex
is located close to the boundary of the supershell surround-
ing Cyg OB1. Therefore, the projected expansion velocity of
the shell should be close to zero in the considered region. In-

optical (gray) 
13CO (contour)
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Figure 9. Maps of ionized gas in the direction of vdB 130. Bright stars are masked in panels a) and c). Numbers indicate vdB 130 stars.
(a) An Hα image and slit positions used for our spectral observations. (b) A false-colour RGB-image where red colour corresponds to
[Sii] emission, green colour corresponds to Hα emission, and blue colour indicates the flux distribution in the Spitzer 8µm band. (c) A
map of [Sii]6717,6731/Hα flux ratio with overlaid isophotes in 8µm band. (d) A map of uncertainties of the [Sii]6717,6731/Hα flux ratio
shown in the panel (c) with overlaid isophotes in 8µm band.

deed, as we pointed out above, spectra taken in the vicinity
of vdB 130 exhibit mostly single-peaked Hα profiles.

In Fig. 8 we show the PV-diagram, i.e., the plot of
Hii line-of-sight velocities vs. the projected distance to the
HD193595 star. (The area for which this PV-diagram is con-
structed is shown with a white rectangle in Fig. 1a.) High-
velocity Hiimotions are evident within 0.◦4 from HD193595.
This separation corresponds to the distance from the star to
the outer boundary of the supershell and to vdB 130.

Thus, the cometary shape of the cloud, the close spatial
location of the cloud and the cluster, highly non-uniform
reddening of vdB 130 stars, and the distribution of line-of-
sight velocities of ionized gas in the cloud neighbourhood
are all indicative of a possible physical connection between
the CO cloud, Cyg OB1, and vdB 130.

However, the exact nature of this connection is not im-
mediately clear. CO emission implies relatively high density
and correspondingly high extinction, so that some cluster
stars are at least partially embedded in the absorbing ma-

terial with AV of the order of 3–6 mag. However, the CO
emission intensity in the direction of vdB 130 implies higher
extinction (Schneider et al. 2007) (see above) so that at least
some CO-emitting gas should be located behind the cluster.
It is also possible that some CO emission comes from the
dense material related to infrared features discussed below.

4.2 Emission spectrum of the interstellar medium

toward vdB 130

Figure 9 shows various [Sii]6717,6731 and Hα emission maps
of the area surrounding vdB 130, based on our observations
performed with the 6-m telescope of the SAO RAS. An Hα
image is shown in Fig. 9a. In Fig. 9b the Hαmap is combined
with a [Sii] map and an 8µm Spitzer map.

In the interstellar medium surrounding stars 10r, 11r,
12r, and 13r a well-defined stratification of Hα and [Sii] emis-
sion can be seen, which is typical of Hii regions. Specifically,
a ‘green region’ dominated by Hα emission surrounds the
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Thus, the cometary shape of the cloud, the close spatial
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reddening of vdB 130 stars, and the distribution of line-of-
sight velocities of ionized gas in the cloud neighbourhood
are all indicative of a possible physical connection between
the CO cloud, Cyg OB1, and vdB 130.

However, the exact nature of this connection is not im-
mediately clear. CO emission implies relatively high density
and correspondingly high extinction, so that some cluster
stars are at least partially embedded in the absorbing ma-

terial with AV of the order of 3–6 mag. However, the CO
emission intensity in the direction of vdB 130 implies higher
extinction (Schneider et al. 2007) (see above) so that at least
some CO-emitting gas should be located behind the cluster.
It is also possible that some CO emission comes from the
dense material related to infrared features discussed below.

4.2 Emission spectrum of the interstellar medium

toward vdB 130

Figure 9 shows various [Sii]6717,6731 and Hα emission maps
of the area surrounding vdB 130, based on our observations
performed with the 6-m telescope of the SAO RAS. An Hα
image is shown in Fig. 9a. In Fig. 9b the Hαmap is combined
with a [Sii] map and an 8µm Spitzer map.

In the interstellar medium surrounding stars 10r, 11r,
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[SII]/Ha - shock tracerHa - ionized gas



• ダスト連続波放射 

• 広がったフィラメント - COに対応する構造あり 

• 二つのBlob - COの’head’に対応 

• Blob(を含む何箇所か)でF8/F24<1 

• HII regionを示す 

• 埋もれたB型星に励起源だろう
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Figure 12. (a) A map of the studied region at 8µm with overlaid contours of 500µm emission. (b) An expanded area of the 8µm map
around the infrared blobs. (c) A map of the studied region at 24µm with overlaid contours of 160 µm emission. (d) A map of the ratio
of fluxes at 8µm and 24 µm. Dashed and solid lines indicate cuts for which flux ratio profiles are presented in Fig. 13a and Fig. 13b,
respectively.

discernible up to 500µm. The ring of infrared emission has
been also mentioned in Schneider et al. (2007).

The entire infrared emission pattern looks similar to
Galactic Hii regions. To emphasize this similarity, in Fig-
ure 13a we show how various infrared flux ratios change
with the relative distance from the region centre along
the cut shown in Figure 12d with a dashed line. Also
shown in Figure 13a are the same ratios in the Hii re-
gion RCW 120, one of the best studied ‘infrared bubbles’
in our Galaxy (Deharveng et al. 2009; Anderson et al. 2010;
Pavlyuchenkov et al. 2013). For all the three ratios trends
are similar. The F8/F24 ratio steadily grows from the region
centre (marked by the smallest value of F8/F24) toward its
border, while the F24/F160 ratio decreases along the same
cut down to 0.5 and then stays nearly constant. The ratio of

F8 flux to F160 flux exhibits the smallest variation staying
approximately constant over the entire region. Both 8µm
and 24µm maps have been convolved to a 160µm resolu-
tion using kernels from Aniano et al. (2011).

Blob W is even more similar to RCW 120 in this respect
as shown in Figure 13b, with its interior being relatively
brighter at 24µm than Hα Blob. Intensity ratios are shown
for the cut indicated with a solid line in Fig. 12d. Blob E
is not resolved well enough for a detailed comparison, but
it is also faint at 8µm, bright at 24µm, and shows little
variation in the F8/F160 ratio. To ensure that this similarity
is not bound exclusively to RCW 120, we have compared
intensity ratios in our blobs with the corresponding ratios
in a few other infrared bubbles from the Churchwell et al.
(2006) catalogue and found the same distribution on the
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of fluxes at 8µm and 24 µm. Dashed and solid lines indicate cuts for which flux ratio profiles are presented in Fig. 13a and Fig. 13b,
respectively.
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ure 13a we show how various infrared flux ratios change
with the relative distance from the region centre along
the cut shown in Figure 12d with a dashed line. Also
shown in Figure 13a are the same ratios in the Hii re-
gion RCW 120, one of the best studied ‘infrared bubbles’
in our Galaxy (Deharveng et al. 2009; Anderson et al. 2010;
Pavlyuchenkov et al. 2013). For all the three ratios trends
are similar. The F8/F24 ratio steadily grows from the region
centre (marked by the smallest value of F8/F24) toward its
border, while the F24/F160 ratio decreases along the same
cut down to 0.5 and then stays nearly constant. The ratio of
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tion using kernels from Aniano et al. (2011).
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as shown in Figure 13b, with its interior being relatively
brighter at 24µm than Hα Blob. Intensity ratios are shown
for the cut indicated with a solid line in Fig. 12d. Blob E
is not resolved well enough for a detailed comparison, but
it is also faint at 8µm, bright at 24µm, and shows little
variation in the F8/F160 ratio. To ensure that this similarity
is not bound exclusively to RCW 120, we have compared
intensity ratios in our blobs with the corresponding ratios
in a few other infrared bubbles from the Churchwell et al.
(2006) catalogue and found the same distribution on the
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gap is more difficult and takes twice as much time to
happen (4× 104 yr in comparison with 2× 104 yr for the
non-radiative protoplanet). The gap not only takes more
time to open but it is also shallower and less wide (Fig-
ure 3a), as the protoplanet moves closer to the central
star (where both the disc scale height and Hill radius of
the protoplanet are smaller). The protoplanet grows in
mass slower, and the inward migration continues. The
protoplanet in this case migrates closer to the central
star (Figure 2a) but its mass growth is considerably sup-
pressed (Figure 2b). At the same time the orbit of the
protoplanet is circularized (Figure 2c).
The final outcome of disc-planet interactions is dis-

tinctly different for the two cases presented here (Fig-
ure 1). In the case without radiative feedback the pro-
toplanet eventually becomes a brown dwarf with a mass
of 28 MJ, on a eccentric orbit (e ≈ 0.17), and a semi-
major axis of 50 AU. When irradiation from the ac-
creting protoplanet is included in the model, the pro-
toplanet reaches a mass of only 14 MJ, i .e. around the
deuterium burning limit and within the planetary-mass
regime (< 11− 16.3 MJ; Spiegel et al. 2011), while it re-
mains on a relatively wide (semi-major axis of 15 AU),
circular orbit, avoiding excessive inward migration.
The role of the radiative feedback from the protoplanet

is critical. Initially, irradiation from the protoplanet
heats the disc making the opening up of the gap more
difficult, while thermal pressure delays large gas accre-
tion onto the protoplanet. Therefore, the protoplanet
continues its inward migration without accreting exces-
sively. Its migration is eventually slowed down once the
gap is opened up but the protoplanet still continues to
heat and stabilize the disc. The effective viscosity due to
the disc self-gravity is small and the inward flow of gas is
relatively slow. Most of the gas within the protoplanet
orbital radius is accreted onto the central star creating a
inner hole in the disc. On the other hand when radiative
feedback from the protoplanet is not taken into account,
the disc remains unstable; the Toomre parameter Q at
the edges of the gap is below 1 (see Figure 3b). There-
fore, the gas flows rather fast towards the outer edge of
the gap, onto the circumplanetary disc and eventually
onto the protoplanet, as the effective viscosity due to
the disc self-gravity is large. The gravitationally unsta-
ble gap edges may also be responsible for the outward
migration of the protoplanet (Lin & Papaloizou 2012).
These results contradict previous findings in which in-

ward migration is fast and continues towards the central
star as the protoplanet is not able to open up a gap
(Baruteau et al. 2011; Michael et al. 2011), questioning
whether the survival of giant planets formed early on
during the lifetime of a disc by fragmentation is possible.
The critical difference of this work with previous models
is that the protoplanet is allowed to grow in mass and
therefore becomes massive enough to be able to open up
a gap and its migration is slowed down.

4. NUMERICAL RESOLUTION AND COMPARISON WITH
PREVIOUS STUDIES.

To test our numerical code we performed simulations
of disc-planet interactions in a system where a Jupiter-
mass planet is embedded in a low-mass (0.005 M⊙) disc
at a circular orbit at a distance of 5.2 AU from an 1-M⊙

star. This problem has been studied both numerically,
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Fig. 1.— Column density plots showing gap opening induced by

a Jupiter-mass protoplanet in an 0.1-M⊙ disc, in two simulations:
without (top) and with (bottom) radiative feedback from the pro-
toplanet. The star (in the centre) and the protoplanet are depicted
by thick white dots. The protoplanet in the first simulation opens
up a deep, wide gap and grows to become a brown dwarf, migrat-
ing initially inwards and subsequently outwards. In the simulation
with radiative feedback the gap is shallow and narrow. The proto-
planet migrates inwards but its mass growth is suppressed, so that
it becomes a wide-orbit planet.

with grid-based (Bate et al. 2003) and particle-based
(Ayliffe & Bate 2009) codes, and analytically (Ward
1997). We performed simulations matching the initial
conditions of previous authors (Ayliffe & Bate 2009) us-
ing 106 and 2×106 SPH particles. The Hill radius of the
planet is resolved adequately: the radius of the planet
sink is set to 0.1RH (where RH is the Hill radius of the
planet), while the number of SPH particles that is used
ensures that the smoothing length, which defines the spa-
tial resolution in SPH simulations, at the planet’s initial
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allowed to evolve is less steep due to additional heating
sources (viscous and accretion heating).
We let the disc to relax for 3 kyr (∼ 3 outer orbital

periods) and we then embed in it a protoplanet of ini-
tial mass Mp,i = 1 MJ at distance Rp,i = 50 AU from
the central star and let the disc-planet system to evolve.
The protoplanet’s initial velocity is set the same as the
velocity of the local gas, i.e. Keplerian (including the
contribution from the disc mass within the protoplanet’s
orbit). We assume an initial circular orbit (eccentricity
ei = 0). The protoplanet is allowed to accrete gas from
the disc, if this gas approaches within 0.1 AU from the
protoplanet and is bound to it. This distance is always
much smaller than the Hill radius of the protoplanet, de-
fined as the region where the protoplanet’s gravity dom-
inates over the gravity of the central star. Therefore, the
region around the protoplanet is resolved appropriately.

2.2. Hydrodynamics & radiative transfer

We use the SPH code seren (Hubber et al. 2011) to
treat the gas thermodynamics. The code invokes an octal
tree (to compute gravity and find neighbours), multiple
particle timesteps, and a 2nd-order Runge-Kutta integra-
tion scheme. The disc self-gravity is therefore included
in the simulations. The code uses time-dependent arti-
ficial viscosity with parameters αmin = 0.1, αmax = 1
and β = 2α, so as to reduce artificial shear viscosity.
The chemical and radiative processes that regulate the
gas temperature are treated with the approximation of
Stamatellos et al. (2007) (see also Forgan et al. 2009).
We adopt opacity tables appropriate for protostellar discs
(Semenov et al. 2003).

2.3. Star and protoplanet representation.

The central star and the protoplanet are represented
by sink particles that interact with the rest of the com-
putational domain only through their gravity (and lu-
minosity, when irradiation from the protoplanet is taken
into account). The sink radius of the central star is set to
Rsink,⋆ = 0.2 AU, and the sink radius of the protoplanet
is set to Rsink,p = 0.1 AU. This value is always much
smaller (by a at least a factor of ∼ 25) than the Hill
radius of the protoplanet, defined as the region where
the gravity of the protoplanet dominates over the grav-
ity of the star, i.e. Rsink,p < RH = R (Mp/3M⋆)

1/3. The
Hill radius increases as the protoplanet accretes material
from the disc or it decreases as the protoplanet moves
closer to the central star. Gas particles accrete onto a
star or protoplanet sink when they are within the sink
radius and bound to the sink.

2.4. Radiative feedback from the star and the
protoplanet.

The radiation feedback from the star and the pro-
toplanet is taken into account by invoking a pseudo-
ambient radiation field with temperature T

A
(r) that is a

function of the position relative to the star and the proto-
planet (Stamatellos et al. 2007, 2011; Stamatellos et al.
2012). This temperature effectively sets the minimum
temperature that the gas can attain when cooled radia-
tively. The contribution to T

A
(r) from the central star is

set to

T ⋆
A
(r)=250K

(

R

AU

)−3/4

+ 10 K , (3)

where R is the distance from the star measured on the
disc midplane. The contribution to T

A
(r) from the pro-

toplanet is

T planet
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where Lp and rp, are the luminosity and position of the
protoplanet, respectively. This luminosity is given by

Lp = f
GMpṀp

Racc
, (5)

whereMp is the mass of the protoplanet, Ṁp is the accre-
tion rate on to it, and Racc the accretion radius. f = 0.75
is the fraction of the accretion energy that is radiated
away at the surface of the protoplanet, rather than be-
ing expended driving jets and/or winds (Machida et al.
2006). As we assume that this planet has formed by
gravitational instabilities in the disc, the accretion hap-
pens onto the second hydrostatic core. The radius of
the second core is uncertain; it is estimated to be ∼ 1−
20 R⊙ (Masunaga & Inutsuka 2000; Tomida et al. 2013;
Vaytet et al. 2013). Here we shall assume Racc = 1R⊙.
The total pseudo-ambient temperature is

T 4
A
(r)=

[

T ⋆
A
(r)

]4
+
[

T planet
A

(r)
]4

. (6)

We note that the radiative feedback from the star is fixed
whereas the radiative feedback from the protoplanet is
variable with time and depends on the accretion of gas
onto it.

3. MIGRATION OF GAS GIANT PLANETS IN
GRAVITATIONALLY UNSTABLE DISCS

We investigate the planet-disc interactions and the evo-
lution of the properties of the protoplanet in two cases,
with and without radiative feedback from the proto-
planet (Figure 1). The initial evolution of the proto-
planet orbital parameters and mass shows similar pat-
tern in both cases (Figure 2). The protoplanet ini-
tially migrates inwards fast, with a migration timescale
of ∼ 104 years, in agreement with previous studies
(Baruteau et al. 2011; Michael et al. 2011). As the pro-
toplanet migrates inwards, its mass increases signifi-
cantly by accreting gas from the disc. Eventually the
protoplanet is massive enough to be able to open up a
gap and the migration either slows down (when the ra-
diative feedback from the protoplanet is taken into ac-
count; migration timescale ∼ 105 years) or even changes
to a slight outward migration (for the case without ra-
diative feedback from the protoplanet; outward migra-
tion timescale ∼ 105 years). After the gap opens up, the
protoplanet continues to grow in mass but rather slowly,
mainly by accreting material from its circumplanetary
disc, a disc formed within the Hill sphere of the proto-
planet. The time required for opening up a gap is dif-
ferent between the two cases that we present here. In
the radiative feedback case the radiation emitted from
the protoplanet heats the disc, the opening up of the
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allowed to evolve is less steep due to additional heating
sources (viscous and accretion heating).
We let the disc to relax for 3 kyr (∼ 3 outer orbital

periods) and we then embed in it a protoplanet of ini-
tial mass Mp,i = 1 MJ at distance Rp,i = 50 AU from
the central star and let the disc-planet system to evolve.
The protoplanet’s initial velocity is set the same as the
velocity of the local gas, i.e. Keplerian (including the
contribution from the disc mass within the protoplanet’s
orbit). We assume an initial circular orbit (eccentricity
ei = 0). The protoplanet is allowed to accrete gas from
the disc, if this gas approaches within 0.1 AU from the
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fined as the region where the protoplanet’s gravity dom-
inates over the gravity of the central star. Therefore, the
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particle timesteps, and a 2nd-order Runge-Kutta integra-
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The chemical and radiative processes that regulate the
gas temperature are treated with the approximation of
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by sink particles that interact with the rest of the com-
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into account). The sink radius of the central star is set to
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ity of the star, i.e. Rsink,p < RH = R (Mp/3M⋆)

1/3. The
Hill radius increases as the protoplanet accretes material
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whereMp is the mass of the protoplanet, Ṁp is the accre-
tion rate on to it, and Racc the accretion radius. f = 0.75
is the fraction of the accretion energy that is radiated
away at the surface of the protoplanet, rather than be-
ing expended driving jets and/or winds (Machida et al.
2006). As we assume that this planet has formed by
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We note that the radiative feedback from the star is fixed
whereas the radiative feedback from the protoplanet is
variable with time and depends on the accretion of gas
onto it.

3. MIGRATION OF GAS GIANT PLANETS IN
GRAVITATIONALLY UNSTABLE DISCS

We investigate the planet-disc interactions and the evo-
lution of the properties of the protoplanet in two cases,
with and without radiative feedback from the proto-
planet (Figure 1). The initial evolution of the proto-
planet orbital parameters and mass shows similar pat-
tern in both cases (Figure 2). The protoplanet ini-
tially migrates inwards fast, with a migration timescale
of ∼ 104 years, in agreement with previous studies
(Baruteau et al. 2011; Michael et al. 2011). As the pro-
toplanet migrates inwards, its mass increases signifi-
cantly by accreting gas from the disc. Eventually the
protoplanet is massive enough to be able to open up a
gap and the migration either slows down (when the ra-
diative feedback from the protoplanet is taken into ac-
count; migration timescale ∼ 105 years) or even changes
to a slight outward migration (for the case without ra-
diative feedback from the protoplanet; outward migra-
tion timescale ∼ 105 years). After the gap opens up, the
protoplanet continues to grow in mass but rather slowly,
mainly by accreting material from its circumplanetary
disc, a disc formed within the Hill sphere of the proto-
planet. The time required for opening up a gap is dif-
ferent between the two cases that we present here. In
the radiative feedback case the radiation emitted from
the protoplanet heats the disc, the opening up of the
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treat the gas thermodynamics. The code invokes an octal
tree (to compute gravity and find neighbours), multiple
particle timesteps, and a 2nd-order Runge-Kutta integra-
tion scheme. The disc self-gravity is therefore included
in the simulations. The code uses time-dependent arti-
ficial viscosity with parameters αmin = 0.1, αmax = 1
and β = 2α, so as to reduce artificial shear viscosity.
The chemical and radiative processes that regulate the
gas temperature are treated with the approximation of
Stamatellos et al. (2007) (see also Forgan et al. 2009).
We adopt opacity tables appropriate for protostellar discs
(Semenov et al. 2003).

2.3. Star and protoplanet representation.

The central star and the protoplanet are represented
by sink particles that interact with the rest of the com-
putational domain only through their gravity (and lu-
minosity, when irradiation from the protoplanet is taken
into account). The sink radius of the central star is set to
Rsink,⋆ = 0.2 AU, and the sink radius of the protoplanet
is set to Rsink,p = 0.1 AU. This value is always much
smaller (by a at least a factor of ∼ 25) than the Hill
radius of the protoplanet, defined as the region where
the gravity of the protoplanet dominates over the grav-
ity of the star, i.e. Rsink,p < RH = R (Mp/3M⋆)

1/3. The
Hill radius increases as the protoplanet accretes material
from the disc or it decreases as the protoplanet moves
closer to the central star. Gas particles accrete onto a
star or protoplanet sink when they are within the sink
radius and bound to the sink.

2.4. Radiative feedback from the star and the
protoplanet.

The radiation feedback from the star and the pro-
toplanet is taken into account by invoking a pseudo-
ambient radiation field with temperature T

A
(r) that is a

function of the position relative to the star and the proto-
planet (Stamatellos et al. 2007, 2011; Stamatellos et al.
2012). This temperature effectively sets the minimum
temperature that the gas can attain when cooled radia-
tively. The contribution to T

A
(r) from the central star is

set to

T ⋆
A
(r)=250K

(

R

AU

)−3/4

+ 10 K , (3)

where R is the distance from the star measured on the
disc midplane. The contribution to T

A
(r) from the pro-

toplanet is

T planet
A

(r)=

(

Lp

16 π σ
SB

|r− rp|2

)1/4

, (4)

where Lp and rp, are the luminosity and position of the
protoplanet, respectively. This luminosity is given by

Lp = f
GMpṀp
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is the fraction of the accretion energy that is radiated
away at the surface of the protoplanet, rather than be-
ing expended driving jets and/or winds (Machida et al.
2006). As we assume that this planet has formed by
gravitational instabilities in the disc, the accretion hap-
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We note that the radiative feedback from the star is fixed
whereas the radiative feedback from the protoplanet is
variable with time and depends on the accretion of gas
onto it.

3. MIGRATION OF GAS GIANT PLANETS IN
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We investigate the planet-disc interactions and the evo-
lution of the properties of the protoplanet in two cases,
with and without radiative feedback from the proto-
planet (Figure 1). The initial evolution of the proto-
planet orbital parameters and mass shows similar pat-
tern in both cases (Figure 2). The protoplanet ini-
tially migrates inwards fast, with a migration timescale
of ∼ 104 years, in agreement with previous studies
(Baruteau et al. 2011; Michael et al. 2011). As the pro-
toplanet migrates inwards, its mass increases signifi-
cantly by accreting gas from the disc. Eventually the
protoplanet is massive enough to be able to open up a
gap and the migration either slows down (when the ra-
diative feedback from the protoplanet is taken into ac-
count; migration timescale ∼ 105 years) or even changes
to a slight outward migration (for the case without ra-
diative feedback from the protoplanet; outward migra-
tion timescale ∼ 105 years). After the gap opens up, the
protoplanet continues to grow in mass but rather slowly,
mainly by accreting material from its circumplanetary
disc, a disc formed within the Hill sphere of the proto-
planet. The time required for opening up a gap is dif-
ferent between the two cases that we present here. In
the radiative feedback case the radiation emitted from
the protoplanet heats the disc, the opening up of the

• [時間依存あり]



• FBありモデルでの違い 
• gapを開けるのに時間がかかる 

• migrationが続くが原始惑星の成長がゆっくりなの
でgapは浅く狭くなる 

• 円軌道 

• 最終の惑星質量が小さめ 

• 原始惑星を考慮するとself-regulatedな
効果を生む 
• 原始惑星への質量降着 

• 惑星質量↑ 

• gapを開けやすくする 

• 原始惑星からのradiative feedback 

• 周辺の円盤温度↑ 

• 降着を妨げgapを開けづらくする 

=>inward migration+低惑星質量となる。 
gapが開いた後はmigrationが止まり原
始惑星が生き残る

4

Fig. 2.— The evolution of (a) the semi-major axis α, (b) the
mass Mp, and (c) the eccentricity e of the protoplanet. The pro-
toplanet initially migrates fast inwards, but it grows in mass and it
is able to open up a gap in the disc. The migration then is essen-
tially halted. In the non-radiative case the protoplanet becomes
a brown dwarf, whereas in the case with radiative feedback mass
growth is suppressed and the protoplanet’s mass remains within
the planetary-mass regime (marked by the horizontal dashed lines
in (b)). Radiative feedback keeps the protoplanet on an circular
orbit (e ≈ 0).

position is 0.17RH and 0.13RH for the simulations with
106 and 2× 106 particles, respectively. We find that the
planet migrates inwards as expected with a migration
timescale of (1.7 − 2.6)× 104 yr when radiative transfer
is included (compared to 1.5 × 104 yr in the literature;
Ayliffe & Bate (2009)), and (4− 7)× 104 yr for the local
isothermal case, i.e. where the disc temperature depends
only on the distance from the central star (compared to
(9− 11)× 104 yr and (6− 12)× 104 yr in the literature;
Ayliffe & Bate (2009); Bate et al. (2003)). Therefore our
calculations are in very good agreement with previous es-
timates of migration timescales.
In the case of the massive, wide-orbit planets that we

examine here, the planet’s Hill radius is much larger and
therefore easier to resolve. For example, when the Jo-
vian protoplanet is at 50 AU away from the central star
its Hill radius is RH ∼ 3.5 AU. We use 106 SPH par-
ticles so that the smoothing length at the initial po-
sition of the protoplanet is 0.1 AU, i.e. just 0.03RH.
This value remains much smaller than the Hill radius
as this changes while the planet accretes mass and mi-
grates within the disc (Figure 4). Another validation
for our computational method comes from the fact that
the migration timescale that we obtain for the initial
stage of planet migration (before a gap is opened up) is
104 yr, which in excellent agreement with previous stud-
ies (Baruteau et al. 2011; Michael et al. 2011) using com-

Fig. 3.— (a) Azimuthally averaged surface density of the disc in
the protoplanet neighbourhood (at 5 kyr ), for the two cases ex-
amined here (without/with irradiation from the protoplanet). The
radial cells where the surface density is averaged are centred around
the star, but the distance in the graph is given with respect to the
cell of the protoplanet (to make comparison easier). The gap is
shallower and narrower when radiative feedback from the proto-
planet is taken into account. (b) As above, but for the azimuthally
averaged Toomre parameter Q(R) = c(R)Ω(R)/πGΣ(R), where
c is the midplane isothermal sound speed, Ω is the the angular
velocity, Σ is the surface density, and R is the distance from the
star. Radiative feedback from the protoplanet stabilises the disc
(Q > 1).

pletely different types of codes: fargo (Baruteau et al.
2011) and chymera (Michael et al. 2011).

5. DISCUSSION

This work demonstrates the combined effect of gas ac-
cretion onto a protoplanet and the associated accretion-
powered radiative feedback from the protoplanet, on
regulating its migration and mass growth. Previous
studies have shown that radiative heating from an
Earth-like protoplanet forming in a low-mass disc may
in fact stop its inward migration or even reverse it
(Beńıtez-Llambay et al. 2015). It has also been sug-
gested that radiative feedback may delay the contraction
of the protoplanetary core so that it is tidally destroyed
as it moves closer to the central star (Nayakshin & Cha
2013). The amount of energy radiated from the proto-
planet depends on where the accretion happens, i.e. the
radius of the protoplanet, which it is uncertain. It has
been suggested that this energy that is released heats the
region around the protoplanet, providing a way to infer
the presence of a protoplanet in a disc (Montesinos et al.
2015).
Here we show that accretion and radiative feedback

work in opposing ways: gas accretion increases the mass
of the protoplanet and supports the creation of a gap in
the disc, whereas radiative feedback, which is the result
of gas accretion, works to suppress accretion onto the
protoplanet and inhibit/delay gap opening by increasing
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Grain size limits derived from 3.6 micron and 4.5 micron coreshine 
J. Steinacker et al.
• コアでのMIR散乱は弱いと思われて
いたが、近年の観測でMIR散乱
(coreshine)が見つかっている 
• ダスト成長を示唆 

• Spitzerの’Hunting for Coreshine’ 
プログラムの観測データを使用 
• 10天体を選定 

• 一つ(RhoOph9)はPAHのコンタミ大 

• モデリングの仮定 
• 空間的に形状・サイズが不変 

• power-lawサイズ分布 

• ice-coated silicate & 炭素でMie theoryで

Steinacker et al.: Grain size limits derived from coreshine

Fig. 1. Off-subtracted surface brightness images at 3.6 µm for the sources of the sample. The image sizes have been adjusted to
show the sources at the same distance in order to visualize the source sizes. Most cores have a complex shape, and the diffuse
signals differ with respect to the peak brightness and point source contamination. In the case of Rho Oph 9, the image has not been
off-subtracted and the bright emission in the upper left corner is caused by transiently-heated particles and not by coreshine. The
crosses indicate the approximate location of the core center based on the corresponding 8 µm extinction maps or thermal emission
maps in the FIR/mm.

We have varied the power-law index and discuss its impact
on the findings in Sect. 4.1. While there are studies suggesting
that the spectral index of the distribution may be different from
-3.5 as observed in the ISM (Weingartner & Draine 2001) or
deviate from power laws (Weidenschilling & Ruzmaikina 1994;
Ormel et al. 2009), we use this distribution as a typical case
where the total grain surface area is dominated by the small
grains while the mass predominantly rests in the large grains.
It needs to be verified whether currently available data allow
constraining the detailed size-distribution beyond the power-law
picture.
Assumption 3: The optical properties of the grains are derived
fromMie theory using spherical ice-coated silicate and carbona-
ceous grains.

Numerical calculations by (Ormel et al. 2009) that are based
on aggregate collisions show that grains in cores go through a
phase of compaction so that the spherical approximation might
be better than initially expected from a growth picture that
involves fluffy aggregates with large geometrical filling fac-
tors. Nevertheless, future modeling with a more complex dust
model should include non-spherical grains (as discussed, e.g., in
Lefèvre et al. 2014). Whittet et al. (1983) showed that grains in
the Taurus cloud contain ice, and later studies have confirmed
this finding for other clouds. Andersen et al. (2014) find for the
Lupus IV molecular cloud complex that the limits for the oc-
currence of ice mantles and coreshine are similar and possibly
related. We use a mass ratio of 1:4 for the carbonaceous and

4

• 光学的厚みを考慮して放射輸送を解く 

• 密度構造(単純なもの)、ダストサイズを変化させ観測に合わせる



• 結果例L260
Steinacker et al.: Grain size limits derived from coreshine
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Fig. 5. Data analysis for L260. Warm Spitzer IRAC surface brightness maps (off-subtracted) at 3.6 and 4.5 µm (Panels A,B) and
cold Spitzer map at 8 µm (Panel C) in a 5.5′×5.5′ region around the core. The white square indicates the 1.1′×1.1′-region where
surface brightness ratios have been measured. The optical depth for extinction of external radiation passing through the core and to
the observer (directionally averaged) for a core with the overall properties of L260 is shown in Panels D and E (3.6 and 4.5 µm).
Panel F: Horizontal (thick) and vertical (thin) cuts through the central 200 pixel in the two bands (black for 3.6 µm and green for
4.5 µm). Panel G: Map of the ratio of the off-subtracted surface brightnesses R at 3.6 and 4.5 µm. Panel H shows the R pixel number
distribution within the white square (pixels affected by point sources or by the column-pulldown effect have been masked). Panel I:
Rtheo as a function of the maximum grain size a2 (thick black), with the notation from Fig. 4. The observational R-distribution from
Panel H is plotted and color-coded, and both the maximum value and the two half-maximum values are plotted as dashed lines. The
horizontal black bar indicates the a2 agreement range of Rtheo and Robs.

Figure 5 shows the steps in the analysis for the core L260.
The off-subtracted SFB maps at 3.6 and 4.5 µm in a 5.5′×5.5′
region around the core are shown in the Panels A and B, respec-
tively. The cold Spitzer 8 µm map is given in Panel C to indi-
cate the location and the shape of the core (”Coreplanets cores”:
Program ID 139, PI N. Evans). L260 is seen in emission in 3.6
and 4.5 µm. The white square indicates the region where SFB
ratios are measured. Since the core shows no sign of central de-
pression in the two bands, the square is placed in the central
region of extinction in the 8 µm map. The size and precise po-
sition of the square have been adopted to avoid the impact from
nearby stars and their PSF, to minimize the impact from column
pull-down in the image, and to recover the grain information in
the part of the core where the coreshine signal-to-noise is max-
imum in both bands. Alternative shapes of the measuring area

would have been possible, but an investigation of the ratio maps
(Panel G, see farther down) showed that the results are not sen-
sitive to the shape of the area. All remaining pixels that show
impact from a stellar PSF or column pull-down are masked and
not modeled.

To check the distribution of optical depths for extinction in
the region where we measure R,we show the direction–averaged
optical depth map of a core with the overall properties of L260
in Panels D and E. The direction average takes into account that
radiation is extincted while reaching the LoS from outside and
on its way to the observer. As simple core model, we use an el-
lipsoidal core with two of the three axes identical and a radial
density profile that flattens in the inner part while following a
power law with index -1.5 outside. Core mass and outer radius
are taken from Table 1, and the kink radius is assumed to be one-
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• 6天体では単一のamaxで各波長の
再現に成功 

• 0.5~1.5µm 

• ISMより成長 

• 過去の研究とconsistent  

[e.g., Andersen+2013] 

• 3天体ではreasonableなamax無し 

• 簡略化した仮定が原因? 

• additional componentの存在? 

• 短波長でダスト性質を調べるとと
もに、現実的な密度分布を入れて
のfull-3D計算を行う必要がある

Steinacker et al.: Grain size limits derived from coreshine
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L1517A
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L1544 full RT

L1506C
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ISRF+local RF

L1498

Fig. 15. Summary of the derived maximum grain size ranges for
the modeled sources. The black bar gives the range where Rtheo
is in the FWHM range of Robs, and the blue (green) bar shows
the range for the model maximum coreshine to be within the ob-
served maximum coreshine range at 3.6 (4.5) µm, respectively.
For L1439, we also give size ranges for a model that includes a
local radiation field. Light green boxes indicate ranges of agree-
ment.
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Fig. 16. Impact of a local radiation field with no directional vari-
ation and a wavelength dependency following (λ/2.2µm)δ on the
coreshine ratio of L1439 as a function of the maximum grain
size.

For both cores the existence of larger grains would be sur-
prising if the grains are to be formed by coagulation since their
densities are not high enough to coagulate them, as indicated by
studies of Steinacker et al. (2014b) for L1506C. One of the hy-
potheses presented in that work was that L1506C went through
a phase of higher density and stronger turbulence to explain the
existence of larger grains and strong gas depletion.With the sim-
ilarities between the two cores also emerging from the work pre-
sented here, this could also be the case for L1498.

6. Summary

This work is based on deep 3.6 and 4.5 µm IRAC Spitzer warm
mission data taken during Cycle 9. The sample is composed of
ten cores, nine of which show coreshine at both 3.6 and 4.5 µm,
and one where coreshine is unconfirmed owing to strong PAH
emission. The observations and the work in this paper were mo-
tivated by the expectation that coreshine observed at MIR wave-
lengths might be dominated by dust grains in the micron size
range and that opacity models predict a stronger impact of the
largest grains at longer wavelengths.

Given the vast parameter space of the general grain scatter-
ing problem in cores caused mainly by the unknown density
structure, the presented model approach makes use of the fact
that in the optically thin limit, both the observed coreshine in-
tensity and the intensity losses by extinction through the core
are proportional to the column density of grains. By considering
ratio maps of 3.6 and 4.5 µm intensities, the impact of the spatial
density distribution is expected to be reduced for the cores with
moderate optical depth < 1. Moreover, we use the constraints
from the observed SFBes based on the expected column densi-
ties. Since the core properties are known only within factors of
a few, and the opacity changes caused by increasing the grain
size can be substantial, it is essential for the modeling not to
exceed the observed optical depth limits, which are provided in
the form of depression of the central SFB for cores with opti-
cal depth for extinction above about 2. When the column density
is varied within its uncertainties, we make sure that this optical
depth limit is never exceeded.

We applied a model based on the opacities (cross sections
and phase functions) of ice-coated silicate and carbonaceous
spheres and a size-distribution following a power law (index -
3.5) ranging from 0.01 to a variable maximumgrain size for both
species. The incident field is approximated by DIRBE maps, and
the radiation right behind the core is constructed from the ab-
solutely calibrated DIRBE map with point source contribution
subtracted using the WISE catalogue.

We outlined three ways to perform RT and describe the gain
and potential errors by comparing them. We illustrated that the
spatial and opacity information is blended into the derived SFB
by the action of multiple scattering and extinction for increasing
optical depth. For an example core, we found that the error of
the optically thin approximation is about 14% compared to full
RT as long as the optical depth for extinction stays below 1. The
theoretical coreshine ratios are described and applied for a model
core with the properties of L260. They have a singularity for the
limiting grain size where the net effect of core extinction and
scattering is zero and then decline toward Rtheo-values around 1
for grains beyond 2 µm in size.

We described the modeling procedure in detail for L260,
also using longer wavelength maps like cold Spitzer data at 8
µm to construct a simple spatial model. The model was used
to estimate the optical depth variation. Selecting a region in the
ratio map of the two bands that primarily shows optical depth
smaller 1, the pixel distribution as a function of the ratio serves to
characterize the observed ratios. Then we applied either single-
scattering or full RT depending on the assumed maximum opti-
cal depth to derive theoretical R values or distributions to com-
pare them to Rtheo along with the constraints from the observed
maximum coreshine SFBes.

For the cores L260, ecc806, L1262, L1517A, L1512, and
L1544, the model is able to account for the observed central
SFBes and the ratio maps with maximum grains size around 0.9,
0.5, 0.65, 1.5, 0.6, and ¿ 1.5 µm, respectively. The low grain size
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The Dense Filamentary Giant Molecular Cloud G23.0-0.4: Birthplace of Ongoing Massive Star 
Formation 
Yang Su et al.

• GMCのCO輝線広域マッピング観測 

• 大質量星形成の理解へ 

• G23.0-0.4 (d=4.4kpc) 
• 2 SNR+複数HII領域が付随 

• フィラメント構造 

• 13.7mミリ波望遠鏡 (中国) 

• CO,13CO,C18O (1-0)同時観測 

• 0’8 resolution 

• 複雑な速度構造 

• ~77km/s成分が付随する分子雲 
(PV図からも示唆)

– 24 –

Fig. 2.— 12CO (J=1–0; blue), 13CO (J=1–0; green), and C18O (J=1–0; red) intensity maps

in the 74–79 km s−1 interval with a linear scale in the 1.5 square degree region overlaid with
the VGPS 1.4 GHz radio continuum emission contours. The red rectangle shows the region

of GMC G23.0−0.4. SNR W41 (G23.3−0.3) and SNR G22.7−0.2 associated with the GMC
(Su et al. 2014) are labeled.

– 23 –

Fig. 1.— 12CO (J=1–0; black), 13CO (J=1–0; blue, multiplied by a factor of four), and

C18O (J=1–0; red, multiplied by a factor of ten) spectra of the 30′ × 30′ region.

CO, 13CO, C18O



• Tex分布:optically thick 12CO 

• 平均で20K 

• SNR interface regionでは>26K 

• τ, Σ分布: 13CO/C18O 

• 13COはthick, C18Oはthin 

• dense regionではΣ>5E22 cm-2(n>6E3 cm-3相当)を示
唆 
=>star forming region 

• 速度構造にSNRとのinteractionあり

– 25 –

Fig. 3.— Map of the excitation temperature with a linear scale in units of K from the

optically thick 12CO (J=1–0) emission in the 74–79 km s−1 interval. The red rectangle
shows the region of GMC G23.0−0.4.

Fig. 4.— Maps of the optical depths of the 13CO (J=1–0) (left, with linear scale) and

C18O (J=1–0) (right, with square root scale). Note that the intensity scale of right image
is different from the left one to highlight the GMC structures. The blue arrows in left

panel show the direction of the PV diagrams (see Figures 6,7). The red circles in the right
panel show the locations of HESS J1834–087 (H. E. S. S. Collaboration et al. 2015b) and
HESS J1832–093 (H. E. S. S. Collaboration et al. 2015a), respectively. The small blue circle

indicates the location of 1720 MHz OH maser (Frail et al. 2013).
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Fig. 6.— PV diagrams of the 12CO (J=1–0), 13CO (J=1–0), and C18O (J=1–0) emission

along the filamentary GMC G23.0−0.4 (see the long blue arrow in Figure 4). The position
is measured along the long arrow ((l=23.◦575, b=−0.◦185) to (l=22.◦370, b=−0.◦626)) with a

width of 10.′5. The red line marks the LSR velocity of 77 km s−1. The blue rectangle shows
the G23.4 cloud near the tangent point (Ohishi et al. 2012).

Fig. 7.— PV diagram of the C18O (J=1–0) emission along the interface between SNR W41
and SNR G22.7−0.2 (see the short blue arrow in Figure 4). The position is measured along

the short arrow ((l=23.◦081, b=−0.◦618) to (l=22.◦950, b=−0.◦127)) with a width of 9.′5. The
red line marks the LSR velocity of 77 km s−1.

SNR W41側

G22.7-0.2側

無関係な成分
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Fig. 3.— Map of the excitation temperature with a linear scale in units of K from the

optically thick 12CO (J=1–0) emission in the 74–79 km s−1 interval. The red rectangle
shows the region of GMC G23.0−0.4.

Fig. 4.— Maps of the optical depths of the 13CO (J=1–0) (left, with linear scale) and

C18O (J=1–0) (right, with square root scale). Note that the intensity scale of right image
is different from the left one to highlight the GMC structures. The blue arrows in left

panel show the direction of the PV diagrams (see Figures 6,7). The red circles in the right
panel show the locations of HESS J1834–087 (H. E. S. S. Collaboration et al. 2015b) and
HESS J1832–093 (H. E. S. S. Collaboration et al. 2015a), respectively. The small blue circle

indicates the location of 1720 MHz OH maser (Frail et al. 2013).



• 激しい星形成活動の証左 

• 少なくとも2つのSNR 

• 多数のHII領域 

• 多数の大質量星クラスター 

• high density dust clumps 

• GMCの年齢の推定: 10-20Myr 

• tSNR=tGMCを仮定 

• 大質量GMCの1~3tffに相当 

• C18Oフィラメントのビリアル解析  
=>平衡状態 

• クランプは等間隔分布:0.18º~0.26º  

=>フィラメント分裂の理論予想とコン
システント (~17pc=~0.22º at 4.4kpc)
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Fig. 8.— Left panel: Map of the abundance ratio X13CO/XC18O overlaid with the ATLAS-

GAL 870 µm continuum emission contours (0.2, 1.2, 2.2, and 3.2 Jy/beam). The dense dust
clumps (>1.2 Jy/beam) are highlighted in red contours. Right panel: Map of the optical
depth of the C18O (J=1–0) emission. The black boxes, black circles, red circles, blue circles,

and blue boxes show the fifteen dust-continuum-identified MC clumps, the two 6.7 GHz
methanol masers, the twelve H ii regions, the two H ii/SNR complexes, and the two massive

star groups, respectively.

Fig. 9.— Map of the column density from C18O (J=1–0) emission with a logarithmic scale

in units of 1022 cm−2. The four fragmentation points are marked with black circles.
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Fig. 8.— Left panel: Map of the abundance ratio X13CO/XC18O overlaid with the ATLAS-

GAL 870 µm continuum emission contours (0.2, 1.2, 2.2, and 3.2 Jy/beam). The dense dust
clumps (>1.2 Jy/beam) are highlighted in red contours. Right panel: Map of the optical
depth of the C18O (J=1–0) emission. The black boxes, black circles, red circles, blue circles,

and blue boxes show the fifteen dust-continuum-identified MC clumps, the two 6.7 GHz
methanol masers, the twelve H ii regions, the two H ii/SNR complexes, and the two massive

star groups, respectively.

Fig. 9.— Map of the column density from C18O (J=1–0) emission with a logarithmic scale

in units of 1022 cm−2. The four fragmentation points are marked with black circles.

The black boxes, black circles, red circles, blue circles, and 
blue boxes show the fifteen dust-continuum-identified MC 
clumps, the two 6.7 GHz methanol masers, the twelve H ii 
regions, the two H ii/SNR complexes, and the two massive 
star groups, respectively.


