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Abstract

It is generally accepted that silicate-metal (‘rocky’) planet formation relies on coagulation from a mixture of sub-Mars sized plane-
tary embryos and (smaller) planetesimals that dynamically emerge from the evolving circum-solar disc in the first few million years
of our Solar System. Once the planets have, for the most part, assembled after a giant impact phase, they continue to be bombarded
by a multitude of planetesimals left over from accretion. Here we place limits on the mass and evolution of these planetesimals
based on constraints from the highly siderophile element (HSE) budget of the Moon. Outcomes from a combination of N-body and
Monte Carlo simulations of planet formation lead us to four key conclusions about the nature of this early epoch. First, matching the
terrestrial to lunar HSE ratio requires either that the late veneer on Earth consisted of a single lunar-size impactor striking the Earth
before 4.45 Ga, or that it originated from the impact that created the Moon. An added complication is that analysis of lunar samples
indicates the Moon does not preserve convincing evidence for a late veneer like Earth. Second, the expected chondritic veneer
component on Mars is 0.06 weight percent. Third, the flux of terrestrial impactors must have been low (! 10−6 M⊕ Myr−1) to avoid
wholesale melting of Earth’s crust after 4.4 Ga, and to simultaneously match the number of observed lunar basins. This conclusion
leads to an Hadean eon which is more clement than assumed previously. Last, after the terrestrial planets had fully formed, the
mass in remnant planetesimals was ∼ 10−3 M⊕, lower by at least an order of magnitude than most previous models suggest. Our
dynamically and geochemically self-consistent scenario requires that future N-body simulations of rocky planet formation either
directly incorporate collisional grinding or rely on pebble accretion.

Keywords: late veneer; lunar bombardment; Hadean Earth; impacts; highly-siderophile elements

1. Introduction

The formation of the terrestrial planets is a long-standing
problem that is gradually being resolved. In traditional dynam-
ical models the terrestrial planets grow from a coagulation of
planetesimals into protoplanets and subsequently evolve into a
giant impact phase, during which the protoplanets collide with
each other to lead to the terrestrial planets. Several variations
of this scenario exist, of which the Grand Tack model is cur-
rently popular (Walsh et al., 2011). The Grand Tack relies on
early gas-driven migration of Jupiter and Saturn to gravitation-
ally sculpt the inner solid circum-solar disc down to ∼1 AU
after which terrestrial planet formation proceeds from solids in
an annulus ranging from roughly 0.7 AU to 1 AU. Grand Tack
has booked some successes, such as its ability to reproduce the
mass-orbit distribution of the terrestrial planets, the composi-
tional gradient, and total mass of the asteroid belt (Walsh et al.,
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2011). Subsequent evolution of the solar system after terres-
trial planet formation, all the way to the present, however, has
mostly been studied in separate epochs with disconnected sim-
ulations.

Brasser et al. (2016) scrutinised the Grand Tack model in
more detail and built a database of simulations that is used
here. Since published simulations had rarely been run for much
longer than 200 Myr into the evolution of the solar system, we
sought to test the model predictions specific to the long-term
evolution of the terrestrial system. In this work we calculate the
evolution of the terrestrial planets for up to 300 Myr. We aim
to obtain the amount of mass accreted by the terrestrial planets
after the Moon-forming event and whether this accreted mass
is compatible with the highly-siderophile element (HSE) bud-
gets of the inner planets, the early lunar and terrestrial cratering
records and the nature of the purported late veneer. We also
consider the surface conditions on the Hadean Earth from geo-
chemical data and conclude with the implications of our simu-
lations for future models of terrestrial planet formation.

Preprint submitted to Elsevier September 8, 2016
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• 地球型惑星が微惑星の衝突で形成される過程において，月の強親
鉄元素に基づき，微惑星の質量や進化に対する制限を，N体計算
とモンテカルロ計算で調べた． 

• 地球の強親鉄元素はおおよそ1回の衝突で生じた（月形成）． 

• レイトベニアの時（月形成の時）に火星へのコンドライト供給は
火星質量の0.06%． 

• 月形成以降，地球への微惑星衝突頻度は小さかった 
（<10-6 ME Myr-1）．冥王代の気候は考えられているよりも温暖
だった可能性がある．

https://arxiv.org/abs/1609.01785
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THE MASSIVE PROTOSTELLAR CLUSTER NGC6334I AT 220 AU RESOLUTION: DISCOVERY OF FURTHER
MULTIPLICITY, DIVERSITY AND A HOT MULTI-CORE
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ABSTRACT
We present VLA and ALMA imaging of the deeply-embedded protostellar cluster NGC6334I from 5 cm

to 1.3 mm at angular resolutions as fine as 0.′′17 (220 AU). The dominant hot core MM1 is resolved into
seven components at 1.3 mm, clustered within a radius of 1000 AU. Four of the components have brightness
temperatures > 200 K, radii ∼ 300 AU, minimum luminosities ∼ 104 L⊙, and must be centrally heated. We
term this new phenomenon a "hot multi-core". Two of these objects also exhibit compact free-free emission
at longer wavelengths, consistent with a hypercompact HII region (MM1B) and a jet (MM1D). The spatial
kinematics of the water maser emission centered on MM1D are consistent with it being the origin of the high-
velocity bipolar molecular outflow seen in CO. The close proximity of MM1B and MM1D (440 AU) suggests a
proto-binary or a transient bound system. Several components of MM1 exhibit steep millimeter SEDs indicative
of either unusual dust spectral properties or time variability. In addition to resolving MM1 and the other hot core
(MM2) into multiple components, we detect five new millimeter and two new centimeter sources. Water masers
are detected for the first time toward MM4A, confirming its membership in the protocluster. With a 1.3 mm
brightness temperature of 97 K coupled with a lack of thermal molecular line emission, MM4A appears to be
a highly optically-thick 240 L⊙ dust core, possibly tracing a transient stage of massive protostellar evolution.
The nature of the strongest water maser source CM2 remains unclear due to its combination of non-thermal
radio continuum and lack of dust emission.
Subject headings: stars: formation — infrared: stars — ISM: individual (NGC6334I) — radio continuum: ISM

– submillimeter: ISM

1. INTRODUCTION
Massive star formation is a phenomenon of fundamental

importance in astrophysics, but our understanding of this
process is hampered by the heavy extinction and large dis-
tances to the nearest sites. Over the past decade, several
examples of so-called “massive protoclusters”, loosely de-
fined as four or more (sub)millimeter continuum sources
within < 10000 AU, have been identified using interferom-
eters (e.g. Hunter et al. 2006; Rodón et al. 2008; Palau et al.
2013; Avison et al. 2015). The massive members of such
protoclusters often span a wide diversity of evolutionary
stages ranging from ultracompact HII regions and hot molec-
ular cores to cool dust sources (Brogan et al. 2007, 2011;
Cyganowski et al. 2007; Zinchenko et al. 2012). In these ob-
jects, the separations between the individual members are
well-matched to those of the four principal members of the
Trapezium cluster, suggesting that (sub)millimeter protoclus-
ters trace the formation phase of the central massive stars of
future OB clusters (Hunter et al. 2006). Given that all four
of the Trapezium stars themselves comprise compact multiple
star systems, with separations of 15-400 AU (Grellmann et al.
2013; Schertl et al. 2003), it is critical to continue to study
the members of these younger proto-Trapezia with higher an-
gular resolution. Such observations are essential in order to
probe for further multiplicity and to resolve the surrounding
accretion structures, which are unlikely to be simple uniform
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1 NRAO, 520 Edgemont Rd, Charlottesville, VA 22903, USA
2 SUPA, School of Physics and Astronomy, University of St. Andrews,
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disks, particularly in the context of binary and multiple sys-
tems. These observations must be undertaken at wavelengths
long enough to penetrate the high column of obscuring dust.

The NGC6334 region, known as the Cat’s Paw Nebula, con-
tains multiple sites of high mass (M∗ >8 M⊙) star formation
(Straw & Hyland 1989; Persi & Tapia 2008; Russeil et al.
2010). The IRAC/NEWFIRM survey of Willis et al. (2013)
identified 375 Class I YSOs and 1908 Class II YSOs, in-
dicating a star formation rate several times that of Orion
and just below the Motte et al. (2003) criteria for a “mini-
starburst”. At the northeastern end of the region, the
deeply-embedded source “I” was first identified in far-
infrared images (Emerson et al. 1973; McBreen et al. 1979;
Gezari 1982). NGC6334I contains an embedded cluster of
stars in near-infrared images (Tapia et al. 1996; Seifahrt et al.
2008; Persi & Tapia 2008) and a cometary ultracompact HII
(UCHII) region (De Pree et al. 1995; Carral et al. 2002). The
UCHII region is detected in the mid-infrared along with a few
other sources (Kraemer et al. 1999; Harvey & Gatley 1983).
However, imaging at 10 and 18 µm with 0.4′′ resolution
(De Buizer et al. 2002) yielded infrared luminosity estimates
for these other sources that are several orders of magnitude
less than the bolometric luminosity of the region, suggest-
ing that additional more deeply embedded objects power the
(sub)millimeter emission.

Our previous 1.3 mm Submillimeter Array (SMA) ob-
servations of NGC6334I at 1.′′6 resolution revealed a clus-
ter of four millimeter continuum sources in a Trapezium-
like arrangement (Hunter et al. 2006). Three of these ob-
jects are undetected in the infrared, and may represent a
large fraction of the total luminosity of the protocluster.
For clarity, these four sources have been renamed in this
paper from SMA1..SMA4 to MM1..MM4; the UCHII re-

arXiv:1609.07470
• 原始星の星団NGC6334IをALMAとVLAを使って高分解能で観測
した（分解能 0.17秒：220AU）． 

!
• MM1というコアは７つの構造に分かれる(1000AUの範囲にある)．
内４つは中心に熱せられている（”hot multi-core”）．さらにそ
の内の２つ（B，D）にはジェットとHII領域が付随し，proto-
binaryが示唆される． 

!
• その他，MM2などもいくつかの構造に分解される．MM4Aから
水メーザーが観測されたので，原始星の星団のメンバーと確認さ
れた．

https://arxiv.org/abs/1609.07470


The Massive Protocluster NGC6334I 5

FIG. 2.— Zoomed view of the central 10′′ of NGC6334I, with the colorscale showing the (a) 1.5 cm, (b) 7 mm, (c) 3 mm, and (d) 1.3 mm images at their native
resolutions (see beams in lower right corner of each panel). On each panel, a single white 7 mm contour is shown for reference, at a contour level 0.6 mJy beam−1

(4σ). For previously known sources (labeled in cyan) that are now resolved into multiple components, the components are labeled alphabetically in orange. As
in Fig. 1, newly discovered sources are labeled in magenta. Only sources detected at the wavelength shown in colorscale are labeled in panels (a), (b), and (c).
Panel (c) also shows the locations of 22 GHz H2O masers as black + symbols (see § 3.3) and panel (d) shows the locations of 6.7 GHz (Class II) CH3OH masers
as magenta × symbols (see § 3.4).

the most confused emission toward the center of MM1 us-
ing three Gaussian components to represent MM1A, MM1B,
and MM1D (the fitted 7 mm positions and sizes of compo-
nents MM1B and MM1D were used in this initial guess). The
resulting residual image (shown in Fig. 4 as "Subtract A, B,
D") was then used to fit the now less-confused emission from
MM1C, MM1E, MM1F, and MM1G with single component
Gaussians. The fitted parameters for MM1C, MM1E, MM1F,
and MM1G were then in turn subtracted from the original im-
age, now leaving a residual for the spatially confused emis-

sion of MM1A, MM1B, and MM1D. An estimate for the
1.3 mm emission fromMM1Bwas then extrapolated from the
well constrained 7 mm fit for this source (see Table 2) using
a spectral index of 3.05 (see Fig. 3), and subtracted from the
"Subtract C, E, F, G" residual image. This left a residual im-
age ("Subtract B, C, E, F, G") with only emission fromMM1A
and MM1D, now spatially distinct, from which fits were ob-
tained for these two components. Subtracting the resulting
fitted parameters for MM1A and MM1D from the "Subtract
C, E, F, G" residual reveals an unresolved source at the posi-

8 Brogan et al.

FIG. 4.— Sequence of source fitting for MM1 with all images shown on the same color stretch. Panel a) raw image; b) raw image after removing three
approximate Gaussians (denoted by their half-power contours) in order to fit for components C, E, F and G; c) raw image after removing the fitted components
for C, E, F and G leaving the emission from A, B and D; d) same as C after removing the final fit for B; e) the total model; f) the residual between the raw image
and the total model.

NGC6331Iの中心部 MM1

10 Brogan et al.

FIG. 5.— The locations of the H2O masers are shown on zoomed 1.3 mm images (greyscale) for MM1, MM4, and CM2 in panels (a), (b), and (c), respectively.
In each panel the 311 H2O masers are over-plotted as color coded + symbols. The velocity color scale is given between panels (a) and (b); it is centered on −5.6
km s−1 (color-coded green), the average velocity for MM1 found by Zernickel et al. (2012). On panels (a) and (b) a green 7 mm contour is overlaid (same level
as shown on Fig. 2), and on panel (c) a magenta 5 cm contour is overlaid (0.168 mJy beam−1). Panels (a) and (b) also show grey 1.3 mm continuum contours
at 1.2 (1σ)× [50, 110, 180] mJy beam−1 and 1.2 (1σ)× [5, 15, 50] mJy beam−1, respectively. The orientation of the strong molecular outflow from this region
(P.A. +50◦; §3.3) is shown by the red and blue arrows on panel (a) – its precise origin is not known.

On Fig. 2d we show the fitted locations of five 6.7 GHz
(Class II) CH3OH masers detected in the VLA 5 cm data.
Masers are detected coincident with MM2 and with the
UCHII region MM3. The 19.9 GHz Class II maser transi-
tion, previously detected in single dish observations of this
region (Menten & Batrla 1989; Ellingsen et al. 2004), appears
in two spots toward the UCHII region MM3. The fitted prop-
erties of the 6.7 and 19.9 GHz masers are given in Table 4
(excepting the velocity, since it is unconstrained at the poor
velocity resolution of the data). We find excellent position
agreement, to within the (relative) position measurement un-
certainty of ∼ 5 mas, between the strongest 6.7 GHz maser
toward MM3 (CH3OH_6.7-2) and the brightest 19.9 GHz
maser (CH3OH_19.9-2). The correlation between these two
maser transitions for this maser spot was also reported by
Krishnan et al. (2013), albeit with poorer angular resolution
by about a factor of 2 using the Australia Telescope Com-
pact Array (ATCA). These authors were also able to demon-
strate kinematic agreement between the two transitions. The
absolute positions reported for the brightest of these masers
vary somewhat in the literature but are generally within∼ 0.′′5
(Caswell 2009; Krishnan et al. 2013) of the values reported in
Table 4. We estimate the absolute position uncertainty of our
VLA data to be of order 50 mas.

4. DISCUSSION
4.1. Spectral Energy Distributions of Continuum Sources
The continuum flux densities from Table 2 have been used

to construct the spectral energy distributions (SEDs) of all the
sources. Those with measurements at multiple wavelengths
that can be modeled consistently as dust emission, free-free
emission, or a combination of the two phenomena are shown
in Figure 6. The rest of the objects are shown in Figure 7.
Of the three sources detected both at 5 cm and at other

wavelength(s), two (MM1B and CM1) exhibit a moderately
positive centimeter spectral index (αcm) of about +0.6 (see
Fig. 6). This value is predicted for ionized gas with radi-
ally declining density profile (n∝ r−2), which is how we have
chosen to model the free-free emission. Specifically, we use
model V of Olnon (1975), which truncates this power law
to a constant density (ne) at r < re, which sets the turnover
frequency. Such a density profile is expected for a spheri-
cal constant velocity wind. However, more general models

of collimated jets can also produce positive values of α, in-
cluding +0.6 (Reynolds 1986). Additionally, positive values
of α can also arise from a gravitationally-trapped hypercom-
pact HII region (HCHII). In this picture, an inward accretion
flow of gas becomes ionized as it approaches the central pro-
tostar and would exhibit a free-fall electron density profile of
n ∝ r−3/2 (Keto 2007, 2003), for which there is some obser-
vational support (van der Tak & Menten 2005). Distinguish-
ing between the possible physical origins outlined above re-
quires sufficient angular resolution to measure the morphol-
ogy of the emission. An elongated structure would suggest
a jet (e.g. Rodríguez et al. 1994), while an unresolved source
would favor an HCHII region, particularly if it also had an
associated dust component in which it was embedded. Our
simple free-free model has three parameters: ne, re, and the
electron temperature (Te); however, due to the paucity of cen-
timeter wavelength points, we fit for a single parameter, re, as-
suming a nominal Te = 104 K. Based on the apparent turnover
frequency, we set ne to 3×105, 3×106, and 3×107 cm−3 for
MM1D,MM1B, and CM1, respectively. From the fitted value
of re, we also compute the expected FWHM of the free-free
emission, θ f f , which is shown in Fig. 6.
All of the sources detected at 1.3 mm and at least one other

wavelength exhibit 1.3 mm emission dominated by dust emis-
sion. In order to constrain the dust temperature (Tdust), we
fit the SED of each of these sources with a modified grey-
body function (e.g Rathborne et al. 2010). Given the sparsity
of measured points, including a lack of data near the peaks
of the SEDs, we are unable to accurately constrain Tdust , the
greybody opacity (τν ), and the grain emissivity index (β) si-
multaneously. Instead, we first chose to use a fixed value
of β = 1.7, which corresponds to the mean value found for
the massive star-forming filament OMC-2/3 based on detailed
fitting of Herschel and ground-based 2 mm imaging with
comparable angular resolution (Sadavoy et al. 2016). This
value of β is also consistent with the value found with sub-
millimeter Fourier transform spectroscopy of three hot cores
(Friesen et al. 2005). This emissivity index also matches that
of the OH6 model for grains with thin ice mantles at high
gas density (i.e. column 6 of Ossenkopf & Henning 1994).
The model with the best-fit Tdust is shown for each source (for
which it is constrained), overlaid on its SED in Fig. 6. The
uncertainties on the fitted parameters were obtained by com-

メーザ源を重ねた

矢印は双極分子流の方向
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ABSTRACT

Context. In giant molecular clouds (GMCs), the fractional ionisation is low enough that the neutral and charged particles are weakly
coupled. A consequence of this is that the magnetic flux redistributes within the cloud, allowing an initially magnetically supported
region to collapse.
Aims. We aim to elucidate the effects of ambipolar diffusion on the evolution of infinitely long filaments and the effect of decaying
turbulence on that evolution.
Methods. First, in ideal magnetohydrodynamics (MHD), a two-dimensional cylinder of an isothermal magnetised plasma with initially
uniform density was allowed to evolve to an equilibrium state. Then, the response of the filament to ambipolar diffusion was followed
using an adaptive mesh refinement multifluid MHD code. Various ambipolar resistivities were chosen to reflect different ratios of
Jeans length to ambipolar diffusion length scale. To study the effect of turbulence on the ambipolar diffusion rate, we perturbed the
equilibrium filament with a turbulent velocity field quantified by a rms sonic Mach number, Mrms, of 10, 3 or 1.
Results. We numerically reproduce the density profiles for filaments that are in magnetohydrostatic and pressure equilibrium with
their surroundings obtained in a published model and show that these equilibria are dynamically stable. If the effect of ambipolar
diffusion is considered, these filaments lose magnetic support initiating cloud collapse. The filaments do not lose magnetic flux.
Rather the magnetic flux is redistributed within the filament from the dense centre towards the diffuse envelope.
The rate of the collapse is inversely proportional to the fractional ionisation and two gravitationally-driven ambipolar diffusion regimes
for the collapse are observed as predicted in a published model. For high values of the ionisation coefficient, that is X ≥ 10−7, the
gas is strongly coupled to the magnetic field and the Jeans length is larger than the ambipolar diffusion length scale. Then the
collapse is governed by magnetically-regulated ambipolar diffusion. The gas collapses at velocities much lower than the sound speed.
For X ! 10−8, the gas is weakly coupled to the magnetic field and the magnetic support is removed by gravitationally-dominated
ambipolar diffusion. Here, neutrals and ions only collide sporadically, that is the ambipolar diffusion length scale is larger than the
Jeans length, and the gas can attain high collapse velocities.
When decaying turbulence is included, additional support is provided to the filament. This slows down the collapse of the filament
even in the absence of a magnetic field. When a magnetic field is present, the collapse rate increases by a ratio smaller than for the
non-magnetic case. This is because of a speed-up of the ambipolar diffusion due to larger magnetic field gradients generated by the
turbulence and because the ambipolar diffusion aids the dissipation of turbulence below the ambipolar diffusion length scale. The
highest increase in the rate is observed for the lowest ionisation coefficient and the highest turbulent intensity.
Conclusions.

Key words. Methods: numerical – ISM: magnetic fields – ISM: clouds – Stars: formation – MHD

1. Introduction
Giant molecular clouds (GMCs) contain regions of enhanced
density where star formation occurs. These regions often take
the form of structures such as clumps and filaments (e.g.
Sakamoto et al. 1994; Engargiola et al. 2003). These structures
may be thermally supported, or in cases where the mass
of the object exceeds the Jeans mass, a magnetic field can
provide support against gravitational collapse, provided that
it is sufficiently strong. Only if such structures are able to
fragment or collapse into sufficiently dense cores, can pro-
tostellar objects form. Various mechanisms for initiating this
collapse have been suggested, including collisions between
clouds (e.g. Takahira et al. 2014), shock-cloud interactions (e.g.
Bonnell et al. 2006; Vaidya et al. 2013), and perturbation of

Send offprint requests to: C. A. Burge
e-mail: c.a.burge@leeds.ac.uk

cores by waves (e.g. McKee & Zweibel 1995; Van Loo et al.
2007).

Mestel & Spitzer (1956) suggested that ambipolar diffusion
due to the relative motion between the neutrals and ions, can
also fragment molecular clouds into dense cores. Detailed cal-
culations of Mouschovias (1976, 1979) subsequently showed
that ambipolar diffusion does, indeed, leads to the self-initiated
collapse of dense central regions while the cloud envelope re-
mains magnetically supported as magnetic flux is redistributed.
Additional numerical simulations of magnetically sub-critical
self-gravitating sheets or layers further confirm the ambipolar-
diffusion regulated fragmentation process (e.g. Kudoh & Basu
2011, 2014).

In this paper we consider the effect of ambipolar diffu-
sion and velocity perturbations on magnetically sub-critical fila-
ments. In these models the magnetic field is perpendicular to the
filament axis. Filamentary clouds threaded by magnetic fields

Article number, page 1 of 10

arXiv:1609.06879

• 磁場に垂直に貫かれたフィラメント状分子雲が ambipolar 
diffusion のために中心部にコアを形成する数値シミュレーショ
ン（2次元並進対称，等温，MHD，adaptive mesh）．
Tomisaka (2014) の平衡解を初期条件． 

!
• 電離が強い（X > 10-7) とゆっくりとしたコア形成，電離が弱い
（X < 10-8）と速くコアが形成される． 

• 乱流（散逸する）があるとコア形成はよりゆっくりとなる．
ion neutral
⇢i = 30X

p
⇢n

https://arxiv.org/abs/1609.06879


初期条件の密度（色）と磁力線　(Tomisaka 2014)

A&A proofs: manuscript no. AA201629039

Fig. 2. Normalised logarithmic density, ρ/ρS, of the equilibrium configuration for the models listed in Table 1. The density range is from 0.1 to
100, except for model Ac and C3c which have a maximum density of 1000 and 300, respectively. The dashed lines show contour lines for density
values of 1, 2, 3, 5, 10, 20, 30, 50, 100, 200, 300 and 500. The magnetic field lines are shown by the solid lines.

is from ρ = 0.699 to 100ρS ≈ 32 with ρS = pext/T0 the surface
density of the filament within ≈ 5tff,S (where tff,S = (1/4πGρS)1/2
is the free-fall time evaluated with the surface density). Contrary
to the undamped evolution, the filament does not oscillate as it
attains it equilibrium configuration. Once the central density re-
mains constant for several free-fall time we say the filament has
reached its equilibrium configuration. The undamped solution
has a higher central density that continues to increase. This is
due to numerical diffusion during the contraction phase which

causes the cloud to lose magnetic flux and leads to a denser fila-
ment centre than expected from its initial conditions.

Figure 2 shows the equilibrium density and magnetic field
configuration for the models listed in Table 1. Comparing these
structures with the analytic results of Tomisaka (2014), we find
identical density and magnetic field structures and peak central
densities. Models A and C3 show the effect of increasing fil-
ament mass, while models D show the effect of an increasing
magnetic field strength. We also examine whether these equi-
librium structures are stable. Therefore, we superimpose a tur-

Article number, page 4 of 10

A&A proofs: manuscript no. AA201629039

Fig. 5. (a) Normalised central density, ρ/ρS as a function of time for
ambipolar diffusion regulated collapse of model C3b. (b) Ratio of line
mass to critical line mass with the black dot the value of the equilibrium
profile. The squares show the ratio when the central density is 1000
ρS. The blue, red and green lines show the collapse for X = 10−8, 10−7
and 10−6 respectively. The black line shows the collapse if no magnetic
fields are present.

the equilibrium density profile attained with an ambipolar diffu-
sion model using X = 10−8 and the Ostriker density distribution
with the same central density. The relative difference for most of
the cylindrical filament is below 5%; the error approaches 10%
only near the edge.

Similar results are obtained for the other thermally sub-
critical models Aa and Ab.

4.2. Thermally super-critical filaments

All other models are thermally super-critical and continue to
collapse gravitationally until all the gas mass is in a few grid
cells. Figure 5a shows the evolution of the central density for
different values of X. As X decreases, the timescale for collapse
also decreases, that is the collapse timescales are approximately
56.6tff,S, 7tff,S and 1.71tff,S for X = 10−6, 10−7 and 10−8 respec-
tively.

This dependency can be understood by consider-
ing the flux loss timescale, tφ, for gravitational collapse.
Mouschovias & Morton (1991) show that the flux loss timescale

is given by

tφ =
νff tff
1.4
≈ 2.14

χKni
πG
, (12)

where νff = tff/tni is the collapse retardation factor, tni = 1/ρiKni
the average collision time between neutrals and ions and χ the
ionisation fraction at the initial time. As the fractional ionisa-
tion is given by χ = Xρ−1/2n , we find that the collapse time is
proportional to X if the collapse time substantially exceeds the
free-fall time. Using the central density of the filament for ρn,
we find tφ ≈ 125tff,S for X = 10−6, ≈ 12.5tff,S for X = 10−7 and
≈ 1.25tff,S for X = 10−8. These estimated values agree within a
factor of two with the numerically derived values and thus ex-
plain the near-proportional decrease in collapse timescale of the
filament. However, it is clear that the proportionality needs to
break down at some point as the gravitational contraction rate
cannot exceed the free-fall collapse rate. Numerically the mini-
mum collapse timescale is derived by instantaneously removing
the magnetic flux support, that is setting the magnetic field val-
ues to zero and we find ≈ 0.9tff,S (see black line in Fig. 5). From
Eq. 12, we expect this to happen when νff ! 1.4 or X ! 8× 10−9.
Bailey & Basu (2012) find a similar dependence on the ionisa-
tion fraction for the collapse time of planar sheets. A linear sta-
bility analysis shows that the collapse time for sheets with mass-
to-flux ratios equivalent to our models decreases linearly until
the average ion-neutral collision time becomes comparable to
the free-fall collapse time of the thin sheet.

This break is also observed in the evolution in the distribu-
tion of gas and the magnetic field in the filament. Figures 6 and
7 show the density profile and magnetic field configuration for
X = 10−6, 10−7 and 10−8 when the central density has a value
of 250ρS and 1000ρS . (We note that these densities are attained
at different times for each model). These densities are chosen
to represent an instant during the linear (250ρS ) and non-linear
(1000ρS ) phase of the filament collapse. For X = 10−6 and 10−7,
the profiles and field structure evolve identically, albeit at differ-
ent collapse rates, indicating a self-similar evolution. The mag-
netic field for these values of X maintains its hourglass shape
throughout the collapse and, during the linear phase, even pre-
serves the field from the equilibrium distribution. Then, from
Eq. 5 follows

vn −
ra
B2
(∇ × B) × B ≈ 0. (13)

As the magnetic field structure is independent of X (if X ≥ 10−7),
the neutral velocity varies as ra which is inversely proportional
to X (see Eq. 6). This again explains why the collapse rate is
proportional to X. The neutral speeds are small compared to
the sound speed, so that the evolution is slow and much slower
than the free-fall collapse, that is quasi-static. As mentioned ear-
lier, for these values of X, νff is large. The collision timescale
between neutrals and ions is therefore much shorter than the
free-fall timescale, so that the neutrals are still strongly cou-
pled to the magnetic field and the ambipolar diffusion length
scale, that is λAD = πvAtni, is smaller than the Jeans’ length
λJ = atff . So, the collapse of the cloud, although driven by grav-
ity, is quasi-static and magnetically regulated. We will refer to
this as gravitationally-driven magnetically-regulated ambipolar
diffusion.

The evolution for X = 10−8 differs from the self-similar so-
lution, although the collapse is still initiated by gravitationally-
driven magnetically-regulated ambipolar diffusion. The collision
timescale between neutrals and ions is not too dissimilar to the
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Fig. 8. Same figures as for Fig. 5 but for model D2. The dashed lines
show the evolution for model C3b from Fig. 5 with the time renor-
malised so that the numerical time scale for instantaneous flux loss is
the same as for model D2.

Fig. 9. Normalised density contours, ρ/ρS, for X = 10−8 (blue), X =
10−7 (red) and X = 10−6 (green) for model D2 when the central density
is ≈ 200ρS. The contour line show normalised densities of 1, 3, 10, 30
and 100.

forming them back into real space. While the phase is a ran-
dom number between 0 and 2π, the amplitude is drawn from
a Gaussian distribution around zero and a deviation given by
P(k) ∝ k−2, where k = Ld/λ is the dimensionless wave num-
ber (Ld = 2 is the largest driving wavelength). We assumed a
set of wave numbers ranging from 1 ≤

√

k2x + k2y ≤ 100. We

Fig. 10. Similar figure as Fig. 5, but with a turbulent velocity field of
Mrms = 10 added to the equilibrium filament. The purple line shows
the evolution of the ideal MHD filament. The dashed lines show the
quiescent evolution of model C3b.

also ensured that there is no net momentum input into the fila-
ment, that is

∫

ρδvx,ydV = 0. Then we normalised the amplitude
of the velocity perturbations so that the turbulent velocity field
has a rms sonic Mach number, Mrms, of 10, 3 or 1. These values
were chosen to see an effect of the turbulent motions within the
filament even though the turbulence decays.

Figure 10 shows the evolution of the maximum density in
the filament as a function of time for different ionisation coeffi-
cients X and for ideal MHD with and without turbulence (The
initial rms Mach number is 10). Initially the turbulent motions
compress the gas locally leading to an increase in the maximum
density by a factor of a few (≈ 2−3). However, the overall effect
of the turbulence is to oppose self-gravity. Thus, the filament ex-
pands lowering the maximum density. At the same time the tur-
bulence is decaying and, around 0.1tff,S, enough turbulent sup-
port is removed, that is Mrms reduces to ≈ 0.4, for the filament to
collapse in the absence of magnetic fields. The turbulence signif-
icantly slows down the gravitational collapse, that is by a factor
1.6.

The turbulence is still sufficient to support the filaments if
a magnetic field is present. For magnetic-field supported fila-
ments both magnetic support and turbulent support need to be
removed. The ambipolar diffusion helps with both. As in the qui-
escent case ambipolar diffusion redistributes the magnetic flux
within the filament so that most of the flux is in the envelope and
not in the centre. The turbulent velocity field generates larger
magnetic field gradients than in the quiescent case. It thus ac-
celerates the diffusion of the magnetic field on the small scales
(see right-hand term in Eq. 5) and eventually smooths the large
scale structure (Heitsch et al. 2004). At the same time, ambipo-
lar diffusion dissipates perturbations with wavelengths below
λAD (Mouschovias & Morton 1991; Van Loo et al. 2008) so that,
also, turbulent support is removed. The dissipation of small-scale
velocity perturbations is displayed in Fig. 11. This figure shows
the magnitude of the velocity field and the x-component of the
magnetic field for different ionisation coefficients at t = 0.3tff,s.
At this time the models are still similar in their density profile
(e.g. their central density is similar as can be seen in Fig. 10),
but show variation in the velocity and magnetic field. The dif-
ference can also be quantified. While the difference in rms ve-
locity is small when considering the entire filament (Mrms lies
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free-fall timescale. The neutrals are therefore weakly coupled to
the magnetic field and the magnetic field is able to straighten
itself quickly (see Fig. 7). This is particularly apparent in the
outer regions of the filament where λAD > λff . We note that, in
Fig. 6, the contour line for ρS = 1 is distinctly different than
for the self-similar collapse. As the neutrals easily diffuse across
the magnetic field lines, the neutral velocities for the collapse
are much higher than before and close to the sound speed. The
cloud collapse is thus a dynamical, gravity dominated process
and is referred to as gravitationally-driven and -dominated am-
bipolar diffusion. (As both modes are gravitationally driven, we
will drop the adjective gravitationally-driven for the remainder
of the paper).

Some similarities remain for both evolutionary paths, that is
the density distribution in the central region of the filament is in-
dependent of the ionisation coefficient X. For the bottom panel of
Fig. 6, the density distributions above ρ > 30ρS are identical. As
the central region of the filament loses magnetic support, the dy-
namics is determined by gravity and thermal pressure gradients
alone. Furthermore, the neutral velocities within the central re-
gion are much smaller than the sound speed, so that a near static
equilibrium is achieved there. Within the contour of 300ρS, the
relative difference between the density distribution and the Os-
triker density profile (Eq. 11) is less than 20%. So more than a
third of the total line mass lies within a region accurately de-
scribed by a hydrodynamical equilibrium.

Although the filament loses magnetic support, it is important
to realise that not much magnetic flux is lost from the filament
due to ambipolar diffusion. Even during the non-linear collapse
phase, that is when the central density reaches 1000ρS, the mag-
netic flux per unit length has decreased by only 5% of its initial
value for X = 10−8 and less than 1% for X ≥ 10−7 (see Fig. 5b).
The magnetic flux is actually redistributed within the filament.
As magnetic flux is transported from the centre towards the en-
velope, the central regions collapse while the outer layers around
the midplane remain in place. This can be seen in Fig. 6 espe-
cially for X ≥ 10−7.

While the above describes the collapse of model C3b for dif-
ferent ionisation coefficients, the results are generally valid for
the other thermally super-critical models. Figures 8 shows the
evolution of the central density and the ratio of the line mass to
the critical line mass (Eq. 7) for model D2 as the filament is col-
lapsing. When overlaid with the evolution for model C3b renor-
malised in time so that the numerical time scales for the instan-
taneous flux loss model are the same, the trends are seen to be
identical. This is expected as the collapse retardation factor only
depends on the ionisation coefficient X and not on for example
density. A similar argument holds for the density distribution.
Again, for X ! 10−8 the distribution differs as the collapse is
regulated by gravitationally-dominated ambipolar diffusion. For
higher ionisation coefficients, magnetically-regulated ambipolar
diffusion forces the filament to undergo quasi-static collapse (see
Fig. 9).

5. Decaying turbulence and ambipolar diffusion
For high ionisation coefficients the gravitational collapse regu-
lated by ambipolar diffusion is still a slow process compared
to free-fall collapse. However, turbulence accelerates ambipolar
diffusion in the absence of self-gravity (e.g. Heitsch et al. 2004;
Li et al. 2012). Fatuzzo & Adams (2002) show analytically that
there is an increase in the ambipolar diffusion rate, and thus
the collapse rate, of a factor of a few. Three-dimensional sim-
ulations of sub-critical thin sheets further corroborate this find-

Fig. 6. Normalised density contours, ρ/ρS, for X = 10−8 (blue), X =
10−7 (red) and X = 10−6 (green). The top panel shows the density con-
figuration for a central density of ≈ 250ρS, while the bottom shows it
for ≈ 1000ρS. The contour line show normalised densities of 1, 3, 10,
30, 100 and 300.

Fig. 7. Magnetic field lines for X = 10−8 (blue), X = 10−7 (red) and
X = 10−6 (green) when the central density of the filament is ≈ 250ρS
(top panel) and when it is ≈ 1000ρS (bottom panel).

ing as the timescale for core formation shortens when velocity
perturbations are considered in addition to ambipolar diffusion
(Kudoh & Basu 2011).

In order to study the effect of turbulence on the ambipo-
lar diffusion rate, we perturbed the equilibrium distribution of
model C3b by adding velocity perturbations δvx,y appropriate
for turbulence to the neutral velocity. We used an approach de-
scribed in Mac Low (1999), although we do not subsequently
drive the turbulence. The velocity perturbations are generated by
assigning an amplitude and a phase in Fourier space and trans-
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the magnetic field lines, the neutral velocities for the collapse
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cloud collapse is thus a dynamical, gravity dominated process
and is referred to as gravitationally-driven and -dominated am-
bipolar diffusion. (As both modes are gravitationally driven, we
will drop the adjective gravitationally-driven for the remainder
of the paper).
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dependent of the ionisation coefficient X. For the bottom panel of
Fig. 6, the density distributions above ρ > 30ρS are identical. As
the central region of the filament loses magnetic support, the dy-
namics is determined by gravity and thermal pressure gradients
alone. Furthermore, the neutral velocities within the central re-
gion are much smaller than the sound speed, so that a near static
equilibrium is achieved there. Within the contour of 300ρS, the
relative difference between the density distribution and the Os-
triker density profile (Eq. 11) is less than 20%. So more than a
third of the total line mass lies within a region accurately de-
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phase, that is when the central density reaches 1000ρS, the mag-
netic flux per unit length has decreased by only 5% of its initial
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the midplane remain in place. This can be seen in Fig. 6 espe-
cially for X ≥ 10−7.

While the above describes the collapse of model C3b for dif-
ferent ionisation coefficients, the results are generally valid for
the other thermally super-critical models. Figures 8 shows the
evolution of the central density and the ratio of the line mass to
the critical line mass (Eq. 7) for model D2 as the filament is col-
lapsing. When overlaid with the evolution for model C3b renor-
malised in time so that the numerical time scales for the instan-
taneous flux loss model are the same, the trends are seen to be
identical. This is expected as the collapse retardation factor only
depends on the ionisation coefficient X and not on for example
density. A similar argument holds for the density distribution.
Again, for X ! 10−8 the distribution differs as the collapse is
regulated by gravitationally-dominated ambipolar diffusion. For
higher ionisation coefficients, magnetically-regulated ambipolar
diffusion forces the filament to undergo quasi-static collapse (see
Fig. 9).

5. Decaying turbulence and ambipolar diffusion
For high ionisation coefficients the gravitational collapse regu-
lated by ambipolar diffusion is still a slow process compared
to free-fall collapse. However, turbulence accelerates ambipolar
diffusion in the absence of self-gravity (e.g. Heitsch et al. 2004;
Li et al. 2012). Fatuzzo & Adams (2002) show analytically that
there is an increase in the ambipolar diffusion rate, and thus
the collapse rate, of a factor of a few. Three-dimensional sim-
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ing as the timescale for core formation shortens when velocity
perturbations are considered in addition to ambipolar diffusion
(Kudoh & Basu 2011).

In order to study the effect of turbulence on the ambipo-
lar diffusion rate, we perturbed the equilibrium distribution of
model C3b by adding velocity perturbations δvx,y appropriate
for turbulence to the neutral velocity. We used an approach de-
scribed in Mac Low (1999), although we do not subsequently
drive the turbulence. The velocity perturbations are generated by
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ABSTRACT

Context. Quantifying the gas surface density inside the dust cavities and gaps of transition disks is important to establish their origin.
Aims. We seek to constrain the surface density of warm gas in the inner disk of HD 139614, an accreting 9 Myr Herbig Ae star with
a (pre-)transition disk exhibiting a dust gap from 2.3±0.1 to 5.6±0.3 AU.
Methods. We observed HD 139614 with ESO/VLT CRIRES and obtained high-resolution (R⇠90 000) spectra of CO ro-vibrational
emission at 4.7 µm. We derived constraints on the disk’s structure by modeling the CO isotopolog line-profiles, the spectroastrometric
signal, and the rotational diagrams using grids of flat Keplerian disk models.
Results. We detected � = 1! 0 12CO, 2!1 12CO, 1!0 13CO, 1!0 C18O, and 1!0 C17O ro-vibrational lines. Lines are consistent
with disk emission and thermal excitation. 12CO � = 1 ! 0 lines have an average width of 14 km s�1, Tgas of 450 K and an emitting
region from 1 to 15 AU. 13CO and C18O lines are on average 70 and 100 K colder, 1 and 4 km s�1 narrower than 12CO � = 1 ! 0,
and are dominated by emission at R� 6 AU. The 12CO � = 1 ! 0 composite line-profile indicates that if there is a gap devoid of gas
it must have a width narrower than 2 AU. We find that a drop in the gas surface density (�gas) at R < 5 � 6 AU is required to be able
to simultaneously reproduce the line-profiles and rotational diagrams of the three CO isotopologs. Models without a gas density drop
generate 13CO and C18O emission lines that are too broad and warm. The value of �gas can range from 10�2 to 10�4 depending on the
gas-to-dust ratio of the outer disk. We find that the gas surface density profile at 1 < R < 6 AU is flat or increases with radius. We
derive a gas column density at 1 < R < 6 AU of NH = 3 ⇥ 1019 � 1021 cm�2 (7 ⇥ 10�5 � 2.4 ⇥ 10�3 g cm�2) assuming NCO = 10�4NH .
We find a 5� upper limit on the CO column density NCO at R1 AU of 5 ⇥ 1015 cm�2 (NH  5 ⇥ 1019 cm�2).
Conclusions. The dust gap in the disk of HD 139614 has molecular gas. The distribution and amount of gas at R 6 AU in HD 139614
is very di↵erent from that of a primordial disk. The gas surface density in the disk at R  1 AU and at 1 < R < 6 AU is significantly
lower than the surface density that would be expected from the accretion rate of HD 139614 (10�8 M� yr�1) assuming a standard
viscous ↵-disk model. The gas density drop, the non-negative density gradient in the gas inside 6 AU, and the absence of a wide (> 2
AU) gas gap, suggest the presence of an embedded < 2 MJ planet at around 4 AU.

Key words. protoplanetary disks – stars:pre-main sequence – planets and satellites: formation – stars: Herbig Ae/Be – techniques:
spectroscopic.
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• Herbig Ae 星 HD 139614 の円盤をCOの回転振動輝線で観測し
た（ESO/VLT CRIRES）． 

!
• HD 139614 の円盤の内側（2.3-5.3AU）にはダストの分布に
ギャップがあることが知られているが，ガス(CO)にはギャップは
なかった．ただし，ガス表面密度は内側（<6AU）で極端に少な
く，表面密度の分布は半径の増加関数であった． 

!
• その結果，4AUあたりに木星質量程度の惑星が示唆される．

https://arxiv.org/abs/1609.06708


A. Carmona et al.: CO ro-vibrational emission in the transition disk HD 139614.
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Fig. 5. Line-profiles predicted for models with a gap in the inten-
sity distribution: a) line-profiles expected for a intensity distribu-
tion with a gap devoid of gas from 2.5 AU to 6 AU, in orange the
contribution from 1.2 to 2.5 AU, in blue the contribution from 6
to 15 AU, and in red the total line-profile; b) similar plot but for
a gap devoid of gas of width 1 AU extending from 5 to 6 AU.
Error bars on the spectrum are 1�.

much narrower (see the blue line in panel a of Fig. 5). As a
consequence, an inner gas hole of 6 AU radius is ruled out.
Furthermore, the line-profile rules out a CO-emitting region con-
fined to a narrow ring between 1.2 and 2.5 AU, otherwise the line
would have been much broader (see the yellow curve in panel a
of Fig. 5).

We have tested the scenario in which the intensity distribu-
tion of the best solution of the power-law intensity model has a
gap (i.e., no emission) between 2.5 AU and 6 AU. In this case
(Fig. 5a), the velocity channels between 3 and 8 km s�1 are not
well reproduced. Such a large gap of 3.5 AU is not compatible
with the observed 12CO line. If the gap in the gas is smaller than
2 AU, then the line-profile could be consistent with the obser-
vations (Fig. 5b). Given the CRIRES resolution, a small gap of
1�2 AU in the intensity would not be detectable. In Sect. 4.4 we
derive constraints on the CO column density inside a potential
gap.
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Fig. 6. �2
red contour plot of the modeled rotational diagrams for

12CO, 13CO, and C18O using a single temperature and surface
density slab model. The combined �2

red contour plot is obtained
by simultaneously using all the data of the three isotopologs. The
cross indicates the location of the �2

red minimum in each panel.
The numbers inside the contour indicate n-times the value of the
minimum �2

red.

4.2. Average temperature and column density

The detection of ro-vibrational emission of the CO isotopologs
C18O and C17O indicates that the emitting medium must be
dense and warm. To constrain the average temperature and col-
umn density of the gas probed in the CRIRES spectra, we mod-
eled the 12CO, 13CO and C18O line fluxes using a simple semi-
infinite slab model in LTE with a single gas temperature and col-
umn density. We did not model the C17O observations because
only two line fluxes are available and no reliable estimate of the
temperature can be derived. We wrote a CO LTE slab model us-
ing the frequencies, energy levels, and Einstein coe�cients from
Chandra et al. (1996).

We generated a grid of LTE slab models by varying the
hydrogen-nuclei column density NH from 1018 to 1025 cm�2 with
steps of 0.25 dex, and the gas temperature Tg from 100 to 1000
K with steps of 25 K. We assumed a turbulent line broadening
of 0.1 km s�1. We used a 12CO abundance of 10�4 (N12CO =
1.0⇥ 10�4NH), a 12CO/13CO ratio of 100 and a 12CO/C18O ratio
of 690 following Smith et al. (2009)7.

7 The 12CO/13CO and 12CO/C18O ratios of Smith et al. (2009) were
deduced from high-resolution spectroscopy of CO ro-vibrational lines
detected in absorption toward VV CrA, a binary T Tauri star in the
Corona Australis molecular cloud. The 12C/13C from Smith et al. is
nearly twice the expected interstellar medium (ISM) ratio, and the
12CO/C18O ratio is ⇥1.4 the ISM ratio. We used the 12CO/13CO and
12CO/C18O ratios of Smith et al. instead of the ISM ratios because we
consider that they are more representative of the isotopologs ratios that
would be expected in the inner disk of HD 139614.
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• 大きなギャップを仮定すると，
ラインの形を再現出来ない（上
の図：v=8km/s のあたり）．

A. Carmona et al.: CO ro-vibrational emission in the transition disk HD 139614.

best-fit grid model: ↵NH inner =+2.0 �gas = 10�2
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Fig. 13. Gas column density, temperature, CO optical depth, flux density, cumulative line flux, rotational diagrams, and line-profiles
of the 12CO P(9), 13CO P(4), and C18O R(6) emissions of the best-fit grid model. The model is shown in red, and the observations
in black. Observed line-profiles are displayed in flux units after continuum subtraction with 3 � error bars. The two branches seen
in the rotational diagram correspond to the R and P branches of CO ro-vibrational emission. The rightmost panels compare the
normalized theoretical line-profiles with the observed composite line-profile of each CO isotopolog with a 1 � error bar.

AU (see Fig. 13). This suggests that the emission of 13CO and
C18O is most likely dominated by the contribution of the inner
rim of the outer disk. This naturally explains the narrower line-
profiles of these two isotopologs.

Figure 13 displays the surface density profile, temperature
profile, optical depth, flux density, cumulative line flux, rota-
tional diagrams, and the 12CO P(9), 13CO P(4) and C18O R(6)
line-profiles of the model in the grid that shows the best com-
bined fit to the data. This model has an NH at R = 6 AU of 1023

cm�2, ↵NH inner (R < 6 AU) = +2.0, ↵NH outer (R > 6 AU) = �2.5,
�gas (R = 6 AU) = 10�2, T0 (R = 1 AU) = 675 K, and
↵Tgas = �0.35. We note that the solution is not unique, and mod-
els with other parameters can still provide a satisfactory fit to
the data. The Bayesian probability distribution diagrams show
which values of the model parameters are the most likely based
on the observations.

From the pure modeling point of view, the higher probabil-
ity of models with a flat or with an increasing surface density
in the inner disk can be easily explained. The emission of 13CO

and C18O is optically thin at R<6 AU (see upper-right panel in
Fig. 13). Thus to have a weaker flux at v > 10 km s�1, a small
column of gas is needed at small radii. A surface density with
a decreasing profile in the inner 6 AU, even with a low column
density (see Fig. 9), produces 13CO and C18O line-profiles with
line wings that are too strong. The e↵ect is also seen in the 13CO
and C18O rotational diagrams. Flat and increasing surface den-
sity profiles provide colder rotational diagrams that better de-
scribe the observations. A visualization of this is provided in
Fig. 12, which illustrates the e↵ect of changing the exponent of
the surface density profile in the inner disk from -1.0 to +2.0
while keeping a constant �gas = 10�2 at R = 6 AU. As soon
as ↵NH inner = 0 is reached, the strong high-velocity line wings of
the 13CO and lines C18O disappear. The 12CO line-profile hardly
changes in all the models with ↵NH inner -1.0 to +1.0 because it is
optically thick. However, when ↵NH inner is higher than +1.5, 12CO
becomes optically thin at R< 2 AU, the wings of the 12CO line
become weaker, and the 12CO line-profile is well fitted.
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ガス表面密度が内側（<6AU）で少なく
なるモデルがベストフィット．
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ABSTRACT

Observations of several protostellar jets show systematic di↵erences in radial velocity transverse
to the jet propagation direction, which have been interpreted as evidence of rotation in the jets. In
this paper we discuss the origin of these velocity shifts, and show that they could be originated by
rotation in the flow, or by side to side asymmetries in the shock velocity, which could be due to
asymmetries in the jet ejection velocity/density or in the ambient medium. For typical poloidal jet
velocities (⇠ 100 � 200 km s�1), an asymmetry & 10% can produce velocity shifts comparable to
those observed. We also present three dimensional numerical simulations of rotating, precessing and
asymmetric jets, and show that, even though for a given jet there is a clear degeneracy between these
e↵ects, a statistical analysis of jets with di↵erent inclination angles can help to distinguish between
the alternative origins of transverse velocity shifts. Our analysis indicate that side to side velocities
asymmetries could represent an important contribution to transverse velocity shifts, being the most
important contributor for large jet inclination angles (with respect the the plane of the sky), and can
not be neglected when interpreting the observations.
Subject headings: hydrodynamics – shock waves – methods: numerical – stars: formation – ISM:

Herbig-Haro objects – ISM: jets and outflows – ISM: individual (HH30, DGTau,
CWTau, RWAur, Th 28)

1. INTRODUCTION

Astrophysical jets can be found in a variety of physical
scales, energies and environments. For instance, plane-
tary nebulae, cataclysmic variables, neutron stars and su-
pernovae sometimes show bipolar jets (e.g., Livio 1999).
In active galactic nuclei, we can see accretion powered
jets emanating from the central engine (Yuan & Narayan
2014). In star forming regions, jets are ubiquitous and
can be found associated with young stellar objects rang-
ing from brown dwarfs to high mass stars (e.g., Li et al.
2014).
Star forming regions like Orion and Taurus show a

wealth of protostellar jets. For more than sixty years
they have been studied observationally, theoretically and,
more recently, numerically. These di↵erent approaches
allowed to conclude that protostellar jets are also ac-
cretion powered collimated outflows, ejected episodically
from the inner part of the accretion disks with the help
of a magnetic field. Supersonic variations in the ejection
velocity produce Herbig-Haro (HH) objects as emitting
post-shock cooling regions (e.g., Reipurth & Bally 2001).
Some of the HH objects have a knotty structure, while

other have a bow-shaped form. It is still a matter of
debate whether there is a contribution of a collimated
stellar wind component, or a broad, non-collimated disk
wind component, and if the ejections are periodic or not.
Also, jets launched from the accretion disks are believed
to rotate (e.g., Ferreira et al. 2006). If measured, the ro-
tation of the jet with respect to its axis would give an es-

1 Instituto de Ciencias Nucleares, Universidad Nacional
Autónoma de México, A. P. 70-543 04510 D. F. Mexico
fabio@nucleares.unam.mx

2 LATO-DCET-UESC, Rodovia Jorge Amado km 16, Ilhéus,
Bahia, 45662-000, Brazil

3 Departament de F́ısica, EUETIB, Universitat Politécnica de
Catalunya, Comte d’Urgell 187, E-08036, Barcelona, Spain

timation of the amount of angular momentum extracted
from the star-disk system. This is a key parameter that
can be used to understand the origin of protostellar jets,
and might also help to understand the general mecha-
nism responsible for the production of astrophysical jets
at di↵erent scales.
Recent observations of HH jets show transverse veloc-

ity shifts in several emission lines. Davis et al. (2000)
first observed a shift in the H2 lines for the molecular
jet HH212. Bacciotti et al. (2002) observed the DGTau
micro-jet, much closer to the central source and in atomic
lines, finding a similar shift in several emission lines.
Other authors observed later a larger sample of objects
getting similar results: Woitas et al (2005), Co↵ey et al.
(2004, 2007, 2012) for class II objects, Chrysostomou et
al. (2008) for Class I objects and Lee et al. (2007, 2008);
Choi et al. (2011); Co↵ey et al. (2011) for class 0 (or 0/I)
objects.
From these results, important consequences on the jet

ejection mechanism have been inferred. Di↵erent models
predict that jets are ejected from di↵erent regions of the
disk. For instance, in the “X-wind” scenario the jet is
ejected from the region of interaction between the pro-
tostar’s magnetosphere and the disk (Shu et al. 2000),
while in the “disk-wind scenario”, the jet is magnetocen-
trifugally ejected from an extended portion of the disk
surface (Blandford & Payne 1982).
If interpreted as rotation, observations imply a range of

ejection radii around ⇠ 1AU (e.g. Ferreira et al. 2006),
therefore excluding the X-wind as possible mechanism
for the jet ejection, and favoring the disk-wind scenario.
On the other side, recently Lee et al. (2008) determined
wind launching radii . 0.05 � 0.30AU, consistent with
the X-wind model (Shu et al. 2000)4.
In agreement with the rotation interpretation of the

4 The dispersion in the disk wind footpoint inferred from ob-
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• ジェットの軸の左右で視線速度に差がある物が
あり，ジェットの回転と解釈されている． 

!
• ジェット軸の左右でジェットの速度に非対称性
（~ 10%）があれば，回転はなくても視線速度
の差は説明出来る． 

!
• モデル計算と数値シミュレーションから定量的
に検証し，左右の視線速度の差を回転とは断定
出来ないことを主張．

Bacciotti, F. et al. (2002)
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Velocity shifts in protostellar jets 3

The emission line intensity per unit velocity I(y, v),
observed at a certain distance y from the jet axis, can
be computed by integrating the emission coe�cient per
unit velocity i(r, v) along the line of sight, i.e. by solving
the “Abel transform”5:

I(y, v) =

Z 1

y

i(r, v)rp
r

2 � y

2
dr . (2)

We assume that the emission coe�cient per unit ve-
locity i(r, v) is related to the emission coe�cient i(r) by

i(r, v) = i(r) e�
(v�vr)2

�2
, (3)

where �2 = �

2
flow+�

2
instr is the sum of the flow and the in-

strumental velocity dispersion. Typically �

2
instr � �

2
flow,

as e.g. �2
instr ⇡ 50 km s�1 for the “Space Telescope Imag-

ing Spectrograph” (STIS) on the Hubble Space Telescope
(HST)6. Therefore, we can assume �

2 ⇡ �

2
instr.

By using equations 1 and 3, equation 2 reduces to

I(y, v) =

Z
R

y

i(r)e�(v�v�y/r cos ✓�vz sin ✓)2/�2

rp
r

2 � y

2
dr . (4)

We assume a Gaussian dependence for the emissivity
i(r) / exp(�r/r0)2 and a keplerian rotation velocity
v

�

= v

�,0(r/r0)�1/2 (with v

�

= v

�,0(r/r0) for r < r0
to avoid an infinity at r = 0). The jet velocity v

z

is
in general a complicated function of r, y,�, e.g. a de-
creasing function of r and/or asymmetric with respect
to y and �. To focus only on the e↵ects of asymmetries
with respect to the main axis of the jet (projected in the
plane of the sky) we take a simple jet velocity given by a
modified “top-hat” profile, i.e. v

z

= v

z,0(1��v

z,0x/Rj

),
being R

j

= 1 the jet radius. Other velocity and intensity
profiles will give similar (at least qualitatively) results.
We use equation 4 to compute synthetic position-

velocity (PV) diagrams. From the PV diagrams we ex-
tract intensity profiles at positions symmetric with re-
spect to the jet axis. A systematic gradient in the trans-
verse Doppler profile is what is usually interpreted as
rotation in the observations.
Figure 2 shows intensity profiles at y = ± 0.5R

j

, for a
rotating jet with v

�,0 = 200 km s�1, r0 = 0.001 (corre-
sponding to v

�

= 9 km s�1 at r = 0.5R
j

, consistent with
the toroidal velocity estimated by Co↵ey et al. 2007),
�v

z,0 = 0 (left panels), and for a jet with side to side
velocity asymmetries with �v

z,0 = 0.1, v
�,0 = 0 (right

panels). The poloidal jet velocity is equal to v

z0 = 200
km s�1 in both cases.
Figure 2 shows that unless the jet inclination angle is

✓ ⇡ 0� or ✓ ⇡ 90�, rotation and velocity asymmetries
both contribute to the radial velocity shift. Therefore,
observations of radial velocity shifts in a jet do not allow
to determine with precision the amount of rotation and
velocity asymmetry present in the jet, unless the jet is
moving nearly in the plane of the sky.

5 This equation neglects the convolution with seeing and instru-
mental response (see the Appendix of De Colle et al. 2010).

6 The average dispersion per pixel for the G750M grating in
the HST is 0.56 Å (Biretta et al. 2016). At H↵, this will give
an instrumental broadening of ⇠ 25 km s�1. Considering that for
an extended source this can be as twice as large, we will assume
�

2
instr ⇡ 50 km s�1 (see also Hartigan & Hillenbrand 2009).
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Fig. 2.— Intensity profiles of synthetic emission lines computed in
positions symmetric with respect to the jet axis (black, full line and
red, dashed lines), for a jet with rotation (left panels) and with ve-
locity asymmetries (right), for inclination angles ✓ = 10�, 45�, 80�

(upper, middle, lower panels respectively) with respect to the plane
of the sky. The radial velocity di↵erences, given by the shifts in the
synthetic emission lines, depend strongly on the jet inclination an-
gle. In particular, rotation (asymmetry) produces a larger velocity
shift for small (large) jet inclination angles.

Figure 2 also shows that the TVS produced by rota-
tion and velocity asymmetry strongly depend on the jet
inclination angle. In fact, the velocity gradient between
two fluid elements located at positions symmetric with
respect to the jet axis (i.e. at � = 0, y = y0 and y = �y0)
is given (see equation 1) by:

�v

r

= v

r

(y0, 0)� v

r

(�y0, 0) =

=2v
�

(r0) cos ✓ +�v

z

sin ✓ (5)

where �v

z

= v

z

(y0, 0)� v

z

(�y0, 0) is the transverse gra-
dient of the jet velocity.
If the jet is nearly axisymmetric, �v

z

⌧ v

�

. In this
case �v

r

⇠ 2v
�

cos ✓, and �v

r

decreases for larger jet
inclination angles. If, on the other side, the transverse
velocity shift is mainly due to side to side asymmetries in
the poloidal component of the jet velocity (�v

z

� v

�

),
�v

r

⇠ �v

z

sin ✓ and �v

r

increases with the inclination
angle of the jet.
In general we do not know a priori which velocity com-

ponent dominates the radial velocity, but we can estimate
the relative importance of v

�

vs. �v

z

by considering jets
at di↵erent inclination angles, as rotation (if present) will
dominate the observed velocity shifts at small inclination
angles (i.e., �v

r

/ v

�

if ✓ ⌧ �v

z

/v

�

, see equation 5),
and velocity asymmetries (if present) will dominate the
velocity shifts at large inclination angles (i.e., �v

r

/ �v

z

if ✓ � v

�

/�v

z

).
Let us consider existing data of TVS determined obser-

vationally for atomic lines. The observations were pre-
sented by Co↵ey et al. (2004) and Co↵ey et al. (2007)
and include the CWTau, DGTau, HH30, RWAur and

ジェットの傾き角による輝線の見え方の違い

傾き角が小さいと回転の効果が重要
で，傾き角が小さいと速度の非対称
性が重要

観測結果と合わせるためには，

v� ⇠ 5 km s�1

�vz ⇠ 15 km s�1

（ジェットの速度 ~ 100 km/s）

流体の数値シミュレーションで境界
からジェットを噴出させ，そのシミュ
レーション結果から輝線を求め，同
様の結論を得ている．


