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observations more tightly constrain photoevaporation models, the relevance of this process to the formation of planets
remains uncertain.
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We present the initial results from a survey for planetary-mass brown dwarfs in the Taurus star-forming region.
We have identified brown dwarf candidates in Taurus using proper motions and photometry from several ground-
and space-based facilities. Through spectroscopy of some of the more promising candidates, we have found 18 new
members of Taurus. They have spectral types ranging from mid M to early L and they include the four faintest
known members in extinction-corrected Ks, which should have masses as low as ∼4–5 MJup according to evolutionary
models. Two of the coolest new members (M9.25, M9.5) have mid-IR excesses that indicate the presence of disks.
Two fainter objects with types of M9-L2 and M9-L3 also have red mid-IR colors relative to photospheres at ≤L0, but
since the photospheric colors are poorly defined at >L0, it is unclear whether they have excesses from disks. We also
have obtained spectra of candidate members of the IC 348 and NGC 1333 clusters in Perseus that were identified by
Luhman et al. (2016). Eight candidates are found to be probable members, three of which are among the faintest and
least-massive known members of the clusters (∼5 MJup).
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Signatures of broken protoplanetary discs in scattered light and in sub-millimetre ob-
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Spatially resolved observations of protoplanetary discs are revealing that their inner regions can be warped or broken
from the outer disc. A few mechanisms are known to lead to such 3D structures; among them, the interaction
with a stellar companion. We perform a 3D SPH simulation of a circumbinary disc misaligned by 60◦ with respect
to the binary orbital plane. The inner disc breaks from the outer regions, precessing as a rigid body, and leading
to a complex evolution. As the inner disc precesses, the misalignment angle between the inner and outer discs
varies by more than 100◦. Different snapshots of the evolution are post-processed with a radiative transfer code, in
order to produce observational diagnostics of the process. Even though the simulation was produced for the specific
case of a circumbinary disc, most of the observational predictions hold for any disc hosting a precessing inner rim.
Synthetic scattered light observations show strong azimuthal asymmetries, where the pattern depends strongly on the
misalignment angle between inner and outer disc. The asymmetric illumination of the outer disc leads to azimuthal
variations of the temperature structure, in particular in the upper layers, where the cooling time is short. These
variations are reflected in asymmetric surface brightness maps of optically thick lines, as CO J=3-2. The kinematical
information obtained from the gas lines is unique in determining the disc structure. The combination of scattered
light images and (sub-)mm lines can distinguish between radial inflow and misaligned inner disc scenarios.
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Circumbinary disk：inner disk がwarp する
SPHシミュレーション＋radiation transfer（post process）で  
散乱光とsub-mm の模擬観測

シミュレーション：初期の連星と円盤のなす角60°
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Figure 2. Snapshots of the hydrodynamical simulation, with the vertical axis of the image being z, i.e. the initial direction of the binary
angular momentum. The time in the top right corner is expressed in units of the initial binary period T

b

.

is set to a power law scaling as r�1 between 1.7a
0

and 15a
0

,
with a local isothermal equation of state with c

s

⇠ r�1/4 (and
thus an implied temperature T ⇠ r�1/2), which is used to set
the initial vertical distribution of SPH particles. The aspect
ratio H

p

/r is 0.041 at r = 1.7a
0

(i.e. at the tidal truncation
radius if the binary and the disc were rotating on the same
plane; Artymowicz & Lubow 1994; Lubow et al. 2015) and
scales with r1/4. The mass of the disc is set to 1% of the
total mass of the central binary. The simulation uses 10

6

SPH particles.

The moderate/high number of particles is used to main-
tain the e↵ective viscosity from the artificial viscosity terms
lower than the physical viscosity. In the code the artificial
viscosity ↵AV ranges between 0.01 and 1, controlled by a
Morris & Monaghan (1997) switch, and �AV = 2 (see Price
et al. 2017, for more details). The physical viscosity is im-
plemented using the formulation by Flebbe et al. (1994),
which has been benchmarked and tested also in simulations
of warped discs (Lodato & Price 2010; Facchini et al. 2013).
The bulk viscosity is set to 0, whereas the shear viscosity is

computed as ↵c2

s

/⌦
K

, where ↵ = 0.02, and ⌦
K

is the Keple-
rian orbital frequency. The shear viscosity is assumed to be
isotropic1. Note that Nealon et al. (2016) have shown that
warped disc models with isotropic ↵ and turbulence driven
by magneto rotational instability (Balbus & Hawley 1991)
lead to the same warp evolution.

The e↵ective viscosity (parametrized as ↵
e�

) due to ar-
tificial viscosity can be roughly estimated as (e.g. Lodato &
Price 2010):

↵
e�

⇡ 1

10

< h >
H

p

↵AV, (1)

1 An isotropic ↵ is not equivalent to an e↵ective di↵usion coef-
ficient for the radial communication of the angular momentum.
While the component of the angular momentum that is paral-
lel to the local orbital plane is radially communicated with an
e↵ective viscosity / 1/↵, the component perpendicular to the lo-
cal orbital plane is communicated with an e↵ective viscosity / ↵
(Papaloizou & Pringle 1983; Pringle 1992; Lodato & Pringle 2007;
Nixon 2015).

MNRAS 000, 1–18 (2017)

6 S. Facchini, A. Juhász and G. Lodato

Figure 6. Left panel: evolution of the inclination angle of the inner and outer discs, where � is the misalignment angle of the specific
angular momentum to the z-axis. Right panel: evolution of the cosine of the angle �, which tracks the evolution of the rotation of the
angular momentum unit vector around the z-axis. One period in cos� indicates a whole precession. In both panels, the inner disc is
traced at r = 2a

0

, whereas the outer disc is traced at r = 14a
0

(see main text).

Figure 7. Evolution of the misalignment angle between the inner
and outer discs. The evolution is mostly set by the initial misalign-
ment of the disc to the binary orbit, and by the precession of the
inner disc.

with a = a
0

since the evolution of the binary semi-major
axis is negligible, we obtain that T

p

⇡ 110T
b

. This is in line
with the precession period observed in the simulation before
the inner disc is disrupted, with T

p

⇡ 116T
b

(see right panel
of Figure 6).

All the angles defined so far are expressed with respect
to the xy-plane. However, the most interesting quantity that
can be constrained from observations is the misalignment
angle between the inner and the outer disc. We define this
angle ⇠ as the angle between the angular momentum unit
vectors of the inner and of the outer disc. The evolution
of the angle ⇠ is reported in Figure 7. The most important
e↵ect setting the misalignment between the two regions of
the disc is the precession of the inner disc. This is apparent
comparing Figure 7 with the right panel of Figure 6. The

peak of the misalignment between the two regions of the disc
is at t ⇠ 125T

b

, i.e. when the inner and outer discs are in
antiphase. At this moment, the misalignment is equal to the
sum of the two angles �. The misalignment can be as high
as 110

�, and as the inner disc precesses, any misalignment
between this maximum value and the di↵erence of the two
� angles can be obtained, depending on the phase of the
precession.

3 RADIATIVE TRANSFER

In order to make predictions for observations we used the
3D radiative transfer code radmc-3d

2. Since radmc-3d is
a grid-based Monte-Carlo radiative transfer code, our first
step towards calculating observables was to remap the den-
sity structure in the hydrodynamic simulations to that of
the grid used in radmc-3d. To do so we scaled the hy-
drodynamic calculations such that the initial orbital sep-
aration a

0

was assumed to be 5AU and we assumed stel-
lar parameters resembling those of Herbig stars, M?=2M�,
R?=2.5R�, T

e�

=9500K, while the disc mass within 100AU
was assumed to be M

disc

=0.01M�. In the radiative transfer
calculations we used a 3D spherical mesh with N

r

= 224,
N✓ = 202, N� = 200 grid cells in the radial, poloidal and az-
imuthal directions, respectively. The radial grid extends be-
tween 7.5AU and 100AU and we used a logarithmic spacing
for the grid cells. For the poloidal and azimuthal directions
we used equidistant cell spacings. We applied SPH interpo-
lation with the standard cubic spline kernel to remap the
density structure in the hydrodynamic simulations to the
cell centers of the 3D spherical mesh.

Dust particles in the disc had a grain size distribution
between 0.1 µm and 1mm with a power exponent of -3.5 (see
review by Testi et al. 2014, and references therein). The dust

2

http://www.ita.uni-heidelberg.de/~dullemond/software/

radmc-3d/
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inner disk が歳差運動 
outer disk とのなす角は最大100°
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Broken disc Case A
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Figure 8. Synthetic scattered light observations at 1.65µm (H-band) of the hydro model at t = 430T
b

, when the misalignment angle
between inner and outer disc is ⇠ ⇠ 74

�. The upper four panels (a-d) show a schematic of the disc 3D structure, where the misalignment
angle between inner and outer disc is the one obtained for this particular snapshot of the hydrodynamical simulation, but radial distances
are not on scale. From left to right: azimuth angle varies by 90

� between each panel. From second row to bottom: the inclination angle
varies between 0

� and 90

�. The misaligned inner disc clearly casts an almost symmetric shadow onto the outer disc.

opacity was calculated using Mie-theory from the optical
constants of astronomical silicates (Weingartner & Draine
2001). We assume that gas and dust are perfectly mixed;
at t = 0, the Stokes number (St) for a particle size of 1mm
is ⇠ 8 ⇥ 10

�4 (r/AU), indicating a good dynamical coupling
between gas and the largest dust particles considered in this
work. In this calculation we have assumed a mass density for
the dust grains of 1 g cm�3. For the gas line calculations we
used a simple CO abundance model, in which the usual 10�4

H
2

/CO abundance ratio was assumed (Asplund et al. 2009),
but COmolecules were removed from the disc in regions with

A
V

 1.0 due to photodissociation (e.g. Williams & Best
2014) . In Paper I the CO abundance was also decreased by
103 where the dust temperature decreased below 19K due to
freeze out of CO on the surface of dust grains. Note however
that due to the high luminosity of the two central stars, the
dust temperature is above 30K in the whole grid.

Once we obtained the density structure on the regu-
lar grid for the radiative transfer calculations we computed
the dust temperature with radmc-3d. Finally we calcu-
lated continuum images at 1.65 µm (H-band) and at 880 µm
(ALMA Band-7) as well as channel maps in the CO J=3-

MNRAS 000, 1–18 (2017)
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Broken disc Case A
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Figure 9. Synthetic scattered light observations at 1.65µm (H-band) of the hydro model at t = 270T
b

, when the misalignment angle
between inner and outer disc is ⇠ ⇠ 30

�. As in Figure 8 the upper four panels (a-d) show a schematic of the disc 3D structure, where the
misalignment angle between inner and outer disc is the one obtained for this particular snapshot of the hydrodynamical simulation. The
panels are as in Figure 8. The pattern of the shadow is very di↵erent from the case shown in Figure 8, due to the much lower value of
the ⇠ angle in this case.

2 transition at 345.7959899GHz. For the CO channel maps
the velocity resolution was 0.42 km/s corresponding to ap-
proximately 488kHz frequency resolution, the lowest channel
spacing of the ALMA correlator in frequency-division mode.
The distance of the source was taken to be 100 pc.

To simulate observations we convolved the H-band im-
ages with a two dimensional Gaussian kernel with a full-
width at half maximum (FWHM) of 0.0400. This corresponds
to the resolution of current state-of-the-art near-infrared
cameras such as SPHERE/VLT (Beuzit et al. 2008) or
GPI/Gemini (Macintosh et al. 2008). For the sub-millimetre

ALMA images we used the simobserve and clean tasks in
Common Astronomy Software Applications (CASA) v4.7.2
to calculate synthetic observations. For the synthetic ALMA
observations the full 12m Array was used in a configura-
tion (alma.out18.cfg) that results in a synthesised beam of
0.09500⇥0.08500. The integration time was taken to be 4 h for
the line and 0.5 h for the continuum observations, respec-
tively. The source declination was taken to be �=-25�and
the observations were symmetric to transit. For the contin-
uum simulations we used the full 7.5GHz bandwidth of the

MNRAS 000, 1–18 (2017)

角度が小さい時、outer disk がinner disk に隠され 
非軸対象が顕著になる

Radiation transfer : CO 3-2 のmoment 1
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Broken disc Case A
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Figure 16. Synthetic ALMA intensity weighted velocity (1st moment) maps of CO J=3-2 for the ⇠ = 74

� misalignment case. Panels
j and k show an inner disc that is apparently counter-rotating with respect to the outer disc, due to projection e↵ects. As soon as the
outer disc in inclined in the plane of the sky, a twist is readily observed in the 1st moment maps.

case (Figure 14) the disconnection between inner and outer
disc is well visible as well, in particular in the cases where
the inner disc is seen almost edge on. The gap between the
inner and outer disc, which is due to a discontinuity in the
angle �, cannot be observed if the disc is not actually broken,
but only warped. This can be easily noticed by comparing
Figure 14 with figure 9 of Paper I, where was shown the
total intensity map of the same line for a warped disc. The
azimuthal variation in surface brightness is also much more
severe in the broken disc case, where the misalignment angle
between inner and outer disc can be � H

p

/R.

Together with the scattered light pattern, the best
provider of information about the 3D structure of the disc

is the intensity weighted velocity (1st moment) map. The
velocity structure of a system with a tilted inner disc is sig-
nificantly di↵erent from a simpler co-planar case. This can
be clearly seen in both Figure 16 and Figure 17, where the
first one portrays 1st moment maps of the ⇠ = 74

� case, and
the second one of the ⇠ = 30

� case. Panels e-h in both fig-
ures show an outer disc that is seen face-on. As the inner
disc is tilted, the rotation pattern stands out in these in-
ner regions, with a magnitude of the projected velocity that
is much higher than if the inner disc were face-on. As the
zero projected velocity line runs along the semi-minor axis
of a disc, the position angle of the inner disc can be easily
derived by looking at this line, as it is routinely done for

MNRAS 000, 1–18 (2017)
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Broken disc Case A
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Figure 17. Synthetic ALMA intensity weighted velocity (1st moment) maps of CO J=3-2 for the ⇠ = 30

� misalignment case. When the
outer disc is inclined in the plane of the sky, a twist in the 1st moment map is observed whenever the line of nodes is not along the
semi-major axis of the outer disc (panels j and l). When the line of nodes is parallel to the semi-major axis, the inner disc shows either
higher (panel i) or lower (panel k) velocities than if the inner disc were rotating on the same plane of the outer disc.

full co-planar discs. By comparing the cartoons in panels
a-d with the 1st moment map of the face-on case in panels
e-h, it is clear that the zero projected velocity line is per-
pendicular to the line of nodes, i.e. the line that defines the
interception between the planes of the inner and the outer
disc.

As the outer disc becomes more inclined in the plane of
the sky, the 1st moment map becomes more complicated. At
i = 45

�, Figure 16 shows an intensity weighted velocity map
that is clearly significantly twisted for all azimuth angles
(panels i-l). The twisting is much more significant than the
warp cases addressed in Paper I, since the misalignment an-

gle between inner and outer disc is much larger. The di↵erent
pattern between panels i and j is due to the 90

� di↵erence in
the position angle of the inner disc between the two cases.
Even more peculiar are panels k and l, where the inclina-
tion in the plane of the sky is such that the inner disc seems
to be counter-rotating, whereas the actual misalignment an-
gle between inner and outer disc is 74

�. While in this case
the counter-rotation is just an e↵ect of velocity projection
onto the sky, note that as the inner disc precesses, counter-
rotation can actually be attained in the hydrodynamical
simulation (see Figure 7), where with counter-rotation we
consider snapshots where ⇠ > 90

�.
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inner disk の回転の向きがouter disk とずれている 
様子が見える



Interferometric view of the circumstellar envelopes of northern FUOrionis-type stars

O. Fehér1,2, Ágnes Kóspál1,3, P. Ábrahám1, M. R. Hogerheijde3 and C. Brinch4
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2 Eötvös Loránd University, Department of Astronomy, Pázmány Péter sétány 1/A, 1117 Budapest, Hungary
3 Max-Planck-Institut für Astronomie, Königstuhl 17, D-69117 Heidelberg, Germany
4 Niels Bohr International Academy, The Niels Bohr Institute, University of Copenhagen, Blegdamsvej 17, 2100
Copenhagen Ø, Denmark
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FUOrionis-type objects are pre-main sequence, low-mass stars with large outbursts in visible light that last for several
years or decades. They are thought to represent an evolutionary phase during the life of every young star when
accretion from the circumstellar disk is enhanced during recurring time periods. These outbursts are able to rapidly
build up the star while affecting the physical conditions inside the circumstellar disk and thus the ongoing or future
planet formation. In many models infall from a circumstellar envelope seems to be necessary to trigger the outbursts.
We characterize the morphology and the physical parameters of the circumstellar material around FUOrionis-type
stars using the emission of millimeter wavelength molecular tracers. The high spatial resolution study gives insight
into the evolutionary state of the objects, the distribution of parameters in the envelopes and the physical processes
forming the environment of these stars.
We observed the J=1−0 rotational transition of 13CO and C18O towards eight northern FUOrionis-type stars
(V1057Cyg, V1515Cyg, V2492Cyg, V2493Cyg, V1735Cyg, V733Cep, RNO1B and RNO1C) and determine the
spatial and velocity structure of the circumstellar gas on the scale of a few thousands of AU. We derive temperatures
and envelope masses and discuss the kinematics of the circumstellar material. We detected extended CO emission
associated with all our targets. Smaller scale CO clumps were found to be associated with five objects with radii of
2000−5000AU and masses of 0.02−0.5M⊙; these are clearly heated by the central stars. Three of these envelopes are
also strongly detected in the 2.7mm continuum. No central CO clumps were detected around V733Cep and V710Cas
that can be interpreted as envelopes but there are many other clumps in their environments. Traces of outflow activity
were observed towards V1735Cyg, V733Cep and V710Cas.
The diversity of the observed envelopes enables us to set up an evolutionary sequence between the objects. We find
their evolutionary state to range from early, embedded Class I stage to late, Class II-type objects with very low-mass
circumstellar material. We also find evidence of larger scale circumstellar material influencing the detected spectral
features in the environment of our targets. These results reinforce the idea of FUOrionis-type stars as representatives
of a transitory stage between embedded Class I young stellar objects and classical T-Tauri stars.

Accepted by Astronomy and Astrophysics
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The wind and the magnetospheric accretion onto the T Tauri star S Coronae Australis
at sub-au resolution

R. Garcia Lopez1,2, K. Perraut3, A. Caratti o Garatti1,2, B. Lazareff3, J. Sanchez-Bermudez1, M.
Benisty3,4 and et al.1
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To investigate the inner regions of protoplanetary discs, we performed near-infrared interferometric observations of
the classical T Tauri binary system SCrA. We present the first VLTI-GRAVITY high spectral resolution (R ∼ 4000)
observations of a classical T Tauri binary, SCrA (composed of SCrAN and SCrAS and separated by∼1.4”), combining
the four 8m telescopes in dual-field mode. Our observations in the near-infrared K-band continuum reveal a disc around
each binary component, with similar half-flux radii of about 0.1 au at d∼130pc, inclinations (i =28±3o and i =22±6o),
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FU Ori 型星：急激に増光するYSO
増光の起源は infalling envelope？

8個のFU Ori 型星のenvelope （～数千au）をsub-mm で観測。13CO, C180のJ=1-0 

5つの天体にCO clump が付随　質量~0.02-0.5Msun 
!

CO clump が付随しない場合でも、周囲に別のCO clump がある場合がある。 
!

3天体でoutflow が見つかる 
!

これまでClass II とされていても、massive なenvelope が見つかった天体がある。 
FU Ori 型星はClass I - II に分布している。



O. Fehér et al.: Interferometric view of the envelopes of northern FUors

Fig. 8. Moment and physical parameter maps of V1735 Cyg. The panels are the same as in Fig. 3, the position of the star and the clumps marked
the same. �int = 0.23 Jybeam�1 kms�1 and n= 3, 4, ..., 13 on (a) and �int = 0.025 Jybeam�1 kms�1 and n= 3, 5, ..., 15 on (b). The pixels with C18O
peak values less than 18� are coloured grey on panel (d), (e) and (f).

channel maps at low velocities there is only significant emis-
sion in the southwestern corner, then an elongated structure ap-
pears in the northeast-southwest direction, between �10.2 and
�9.77 kms�1. Clump A appears around �9.77 kms�1 and it is sig-
nificant until �8.08 kms�1, somewhat changing its position and
size. Clump B is present in these channels as well. Other small
clumps appear further northeast, to the south and to the south-
west. At �8.71 kms�1 there are only three strong clumps and
above �7.86 kms�1 there is no significant emission in the center.
However, even at �6 kms�1 there is emission in the southeastern
region of the map. There is no clear systematic change in the line
velocities but 13CO bright areas generally have higher velocities
and smaller line widths (2�2.5 kms�1) than the background.

The C18O line integrated intensity map shows emission
mainly to the north of the source, since between �9.35 kms�1

and �8.5 the strongest C18O emission comes from the bright-
est 13CO clumps, to the northeast, north and northwest. Simi-
larly to V1515 Cyg the 13CO channel maps might be interpreted
as a small expanding shell with the receding side seen around
�9.77 kms�1 and the approaching wall around �8.08 kms�1. This
is supported by the fact that there is no C18O emission peak to-
wards the FUor in any of the channels.

The temperatures are generally higher inside the bright 13CO
emission areas than at the edges of the map, with 10�20 K and
peaks of 45 and 75 K to the northeast. The high opacity filaments
to the north seem to be cold, around 10 K. We measure higher
NC18O values to the north than the south, with peaks of 4.8 and
7⇥ 1015 cm�2. Clump A with an average T= 27.3 K has a mass
of 0.22 M� and clump B with T= 17.9 K has a mass of 0.06 M�.

Integrating the 13CO emission in the line wings between
�12.9 and �10.7, then �7.4 and �6 kms�1 (see Fig. 11) the blue
wing shows emission mostly to the southwest and the red wing
to the southeast, in a somewhat clumpy structure. If this indeed
indicates an outflow, the source that drives it should be located
around 2000 to the south of the center, rather than V733 Cep it-
self.

4.7. V710 Cas

Both the 13CO and C18O lines towards V710 Cas (RNO 1B)
show multiple peaks and possibly self-absorption. The 13CO in-
tegrated intensity map has a bright peak at 2.500 to the northeast
of RNO 1B with 4.6 Jybeam�1 kms�1 (Fig. 10a). This circular
bright area that we call clump A is located between RNO 1B and
C. Further peaks can be found at the end of an arc-like struc-
ture to the west (clump B), little local peaks to the east and the
much fainter clump C to the south. The C18O integrated intensi-
ties show the same morphology with a peak of 1 Jybeam�1kms�1

at 3.800 from RNO 1B that roughly coincides with the 13CO peak.
Both the 13CO and the C18O velocity maps show clump A and
the eastern side of the arc at higher velocities than clump B,
with a gradient of 0.1 kms�1 arcsec�1 from the east to the west
(corresponding to 25.7 kms�1 pc�1 at 800 pc). Indeed at low ve-
locities the 13CO channel maps show a west-south elongated
clump where first clump B then clump A becomes more brighter.
Between �18.41 and �17.87 kms�1 several clumps form an S-
shaped structure and above �17.78 kms�1 the western arc of the
structure starts to disintegrate. Around �17.35 kms�1 only clump
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Fig. 11. Outflow features around V1735 Cyg, V733 Cep and V710 Cas. The greyscale shows the integrated intensity of the line similarly as on the
moment map, black crosses mark the position of the FUors and blue and red lines the integrated intensity contours on the line wings at 50, 70
and 90% of the peak value. The blue and red line wings were integrated between the following velocities: �0.2...2 (blue) and 7...9.4 kms�1 (red)
towards V1735 Cyg; �12.9...�10.7 (blue) and �7.4...�6.0 kms�1 (red) towards V733 Cep; �23.3...�19.6 (blue), and �15.6...�13.3 kms�1 (red)
towards V710 Cas. The yellow dashed contours mark the 13CO FWHM linewidth contours at 4 and 5 kms�1.

tended outflow lobes are centered on an unknown source south
from the FUor.

Both the continuum-based mass calculation and line-based
mass and column density calculation depend strongly on the
used envelope temperatures. For most of our target regions the
excitation temperatures derived from the optically thick 13CO
emission are consistent with the 20�50 K temperatures used by
studies of YSO envelopes (Andre & Montmerle 1994; Hoger-
heijde et al. 1999; Sandell & Weintraub 2001; Lommen et al.
2008; Dunham et al. 2012; Green et al. 2013; Kóspál et al. 2013).
The APEX study by Kóspál et al. (2017) derived lower temper-
atures (5�7 K) for lower mass envelopes and higher tempera-
tures (> 50 K) for high-mass envelopes. If we do not consider
V2493 Cyg, V1735 Cyg with the highest envelope mass shows
the highest average temperature (25 K) but the lower-mass enve-
lope of V2492 Cyg is around this value as well. Somewhat higher
temperatures are measured around the binary FUor, RNO 1B/C
(30�50 K). One explanation for such high values could be the
high energy input from several strong outflows driven by young
sources in the region.

The di↵erent evolutionary stages of YSOs can be distin-
guished by investigating their SED in the sub-millimeter and IR,
which is also connected to the amount of circumstellar material
associated with the central star. According to the dust continuum
studies of YSOs in ⇢Ophiuchi and Taurus by Andre & Mont-
merle (1994), Bontemps et al. (1996) and Moriarty-Schieven
et al. (1994), envelope masses higher than 0.5 M� are charac-
teristic for Class 0 protostars that are still in their main accretion
phase. Class I objects were found with masses between 0.015
and 0.15 M� with a median of 0.06 M� and Class II objects have
masses of 0.002�0.15 M� with a median of 0.01 M�. While the
majority of Class III sources were undetected at 1.3 mm, the cir-
cumstellar material around Class II stars remained usually un-
resolved with the approximately 1000 AU (1200) resolution of
the IRAM 30 m telescope. Additionally, Class I objects were de-
tected mostly as extended, resolved sources with radii of less
than a few thousand AU. Apart from the dust emission from the
disk, part of the emission from the envelope is also included in
the continuum detections of Class I sources (Terebey et al. 1993).

The line-based masses of the detected FUor envelopes pre-
sented in this paper span two orders of magnitude, from 0.024
to 0.51 M�. Similar masses were derived by Kóspál et al. (2017)

using 12CO and 13CO measurements by APEX for eight southern
and equatorial FUors. The continuum-based masses of the three
strongly detected FUors (V1057 Cyg, V2492 Cyg, V1735 Cyg)
are fairly uniform, around 0.3�0.4 M�. Some correlation of the
dust masses with the line-based values can be seen for the three
targets with no significant millimeter detections (V2493 Cyg,
V733 Cep, V710 Cas), since they have also no or very small
CO envelopes. The two targets with similar line-based masses
(V1057 Cyg and V2492 Cyg) also have very similar continuum
masses. However, V1735 Cyg with a high line-based envelope
mass also shows a continuum mass similar to those two and
V1515 Cyg, that was detected as a weak millimeter source, has
the second highest line-based envelope mass. The di↵erences in
gas/dust can be explained by the di↵erence in the mass of their
circumstellar disk, the di↵ering viewing angle of the system, dif-
ferent CO depletion of grain growth.

Considering the derived envelope masses, the evolutionary
states of our FUor targets span both very young and embedded,
early Class I stages (V1735 Cyg with a high mass and extended
gas envelope) and a more evolved, Class II stage (V2493 Cyg
with no continuum detection and a smaller, low-mass envelope).
The non-detection of gas features centered on V733 Cep and
V710 Cas also suggests low-mass envelopes and they are weakly
or not detected in the continuum, implying that they are also
more evolved, similar to Class II objects. The envelope masses of
V1057 Cyg, V1515 Cyg and V2492 Cyg implies a Class I classi-
fication but V1515 Cyg has a much more extended gas envelope
and is only weakly detected at 2.7 mm.

Gramajo et al. (2014) used the model set of Whitney et al.
(2003b,a) and Robitaille et al. (2006) to model the SED of al-
most all known FUors and derived the parameters of the stars,
the disks and the envelopes. They determined that in general
FUors have higher mass disks and higher disk accretion rates
than quiescent Class I and Class II sources in Taurus. Their best
fitting models of our targets have outer envelope radii of a few
thousands of AU, usually two times the values we calculated.
For V2492 Cyg both the envelope radii (2000 AU) and the enve-
lope mass (0.2 M�) from their model are very close to our line-
based values. Amongst our targets they find the lowest envelope
mass for V2493 Cyg (0.06 M�) and the highest for V1735 Cyg
(0.9 M�) which agrees with our results as well. However, they
derive almost a magnitude smaller masses for the envelopes of
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3.

T Tauri binary S CrA N and S CrA S
Near-infrared interferometric observation (VLTI-GRAVITY)
sub-au の円盤の構造を見る。（Brγとcontinuum）

inverse P-Cygni profiles

Garcia Lopez, R. et al.: Tracing the wind and the magnetospheric accretion of S CrA at sub-au resolution

Table 1. Observation log of the VLTI/GRAVITY high-resolution (R ⇠4000) observations of S CrA North and South conducted with the UTs.

UT Date Tot. Int. S CrA N Tot. Int. S CrA S DITa NDITb Proj. baselines PAc Calibrator UD diameterd

[s] [s] [s] # [m] [�] [mas]
2016-07-20 2100 600 60 5 42, 52, 60, 81, 93, 115 53, 38, 130, 100, 45, 76 HD 188787 0.252 ± 0.018
2016-08-16 1200 1200 60 5 47, 56, 59, 87, 102, 130 31, 18, 100, 70, 24, 50 HD 176047 0.309 ± 0.021

Notes.

(a) Detector integration time per interferogram. (b) Number of interferograms. (c) Baseline position angle from the shortest to longest baseline.
(d) The calibrator uniform-disk (UD) diameter (K band) was taken from Lafrasse et al. (2010) .

Fig. 1. GRAVITY observations of S CrA taken during the July campaign showing the spectra of S CrA North (top) and South (bottom). Insets
display the velocity calibrated Br� line profiles.

was much worse than those of the July run. Therefore while we
can use all the FT low-resolution datasets to fit the continuum of
each binary system component (Sect. 4.1), we can only use the
July HR observations of S CrA N to model the Br� line emitting
region of this component (Sect. 4.2). The spectro-interferometric
data for S CrA S around the Br� line have a poor signal-to-noise
ratio even in the July run and therefore they are only displayed
in the Appendix and could not be examined any further. Finally,
even with the good-quality July dataset of S CrA N, we were
not able to retrieve di↵erential interferometric signals across the
He i line (Sect. 3.1), because of its small line-to-continuum ratio
(<10%).

3. Results

VLTI-GRAVITY observations allow us to obtain the K-band
spectra (from ⇠2.0 µm to ⇠2.5 µm), as well as six spectrally dis-
persed visibility amplitudes and di↵erential phases, and three
closure phase measurements.

3.1. Spectrum of each component

The full K-band spectrum of S CrA N is shown in Fig. 1-top. It
displays bright He i 2.06 µm and Br� emission, as well as a faint
Na i doublet (at 2.206 µm and 2.209 µm) and H iPfund (24-20)
emission lines. These lines are usually found in the spectra of ac-
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Interferometric view of the circumstellar envelopes of northern FUOrionis-type stars
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FUOrionis-type objects are pre-main sequence, low-mass stars with large outbursts in visible light that last for several
years or decades. They are thought to represent an evolutionary phase during the life of every young star when
accretion from the circumstellar disk is enhanced during recurring time periods. These outbursts are able to rapidly
build up the star while affecting the physical conditions inside the circumstellar disk and thus the ongoing or future
planet formation. In many models infall from a circumstellar envelope seems to be necessary to trigger the outbursts.
We characterize the morphology and the physical parameters of the circumstellar material around FUOrionis-type
stars using the emission of millimeter wavelength molecular tracers. The high spatial resolution study gives insight
into the evolutionary state of the objects, the distribution of parameters in the envelopes and the physical processes
forming the environment of these stars.
We observed the J=1−0 rotational transition of 13CO and C18O towards eight northern FUOrionis-type stars
(V1057Cyg, V1515Cyg, V2492Cyg, V2493Cyg, V1735Cyg, V733Cep, RNO1B and RNO1C) and determine the
spatial and velocity structure of the circumstellar gas on the scale of a few thousands of AU. We derive temperatures
and envelope masses and discuss the kinematics of the circumstellar material. We detected extended CO emission
associated with all our targets. Smaller scale CO clumps were found to be associated with five objects with radii of
2000−5000AU and masses of 0.02−0.5M⊙; these are clearly heated by the central stars. Three of these envelopes are
also strongly detected in the 2.7mm continuum. No central CO clumps were detected around V733Cep and V710Cas
that can be interpreted as envelopes but there are many other clumps in their environments. Traces of outflow activity
were observed towards V1735Cyg, V733Cep and V710Cas.
The diversity of the observed envelopes enables us to set up an evolutionary sequence between the objects. We find
their evolutionary state to range from early, embedded Class I stage to late, Class II-type objects with very low-mass
circumstellar material. We also find evidence of larger scale circumstellar material influencing the detected spectral
features in the environment of our targets. These results reinforce the idea of FUOrionis-type stars as representatives
of a transitory stage between embedded Class I young stellar objects and classical T-Tauri stars.
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The wind and the magnetospheric accretion onto the T Tauri star S Coronae Australis
at sub-au resolution
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To investigate the inner regions of protoplanetary discs, we performed near-infrared interferometric observations of
the classical T Tauri binary system SCrA. We present the first VLTI-GRAVITY high spectral resolution (R ∼ 4000)
observations of a classical T Tauri binary, SCrA (composed of SCrAN and SCrAS and separated by∼1.4”), combining
the four 8m telescopes in dual-field mode. Our observations in the near-infrared K-band continuum reveal a disc around
each binary component, with similar half-flux radii of about 0.1 au at d∼130pc, inclinations (i =28±3o and i =22±6o),
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Fitting の結果
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Table 2. Parameters derived from the best fit of the FT continuum data for both S CrA components (see Fig. 2). See text for parameter definition.

SCrA Sp. Te↵ k

s

k

c

f

s

f

h

f

c

i PA

a

a a

Type [K] [�] [�] [mas] [au]

North G0 5920 1.35 -3.73±1.27 0.30±0.04 0.06±0.01 0.64±0.04 28±3 0±6 0.83±0.04 0.108±0.005
South K0 5280 1.25 -4.03±0.74 0.52±0.02 0.10±0.01 0.38±0.02 22±6 -2±12 0.70±0.04 0.090±0.005

Notes. The reduced �2 values of the best fit model are 1.71 and 1.35 for the North and South component, respectively. (a) The PA corresponds to
the major axis of the disk with North up and East to the left.

therefore two flux fractions among fs, fh, fc (since the sum of the
three fractions equals 1), the spectral index of the circumstellar
environment kc over the K band, the inclination i, the projected
angle PA (with respect to the major axis of the disk, with North
up and East to the left), and a, the angular size (HWHM) of the
circumstellar environment for a Gaussian radial profile.

The results of the best fit for each S CrA component are sum-
marised in Table 2, and the best fit model for each source is
overplotted in Fig. 2. Both components present the same inclina-
tions (very close to face-on) and the same PAs (along the North-
South direction). Considering a distance of 130 pc as Prato et al.
(2003), the angular sizes of the best fit model translate into
0.108 ± 0.005 au and 0.090 ± 0.005 au, which can be com-
pared to the sublimation radius. According to the authors and
the considered spectral type, the total luminosity of the S CrA
binary system ranges between 3.0 L� (Prato et al. 2003) and
5.5 L� (Wilking et al. 1992), which can be translated in a range
of inner rim radius of 0.11-0.15 au for S CrA N and of 0.06-
0.08 au for S CrA S. Our modelling leads to a fraction of total
flux over stellar flux of 3.3±0.4 for the North component, and
1.92±0.07 for the South one. These values are consistent with
the ones reported in Prato et al. (2003), namely 2.89±1.60 and
3.15±2.00, for the North and South component, respectively. Fi-
nally, we converted the spectral slope of the circumstellar com-
ponent k

c

derived from interferometric data into a dust tempera-
ture: we obtained dust temperatures varying around 810-1200 K
for S CrA N, and around 850-1050 K for S CrA S. These temper-
atures are lower than the a priori dust sublimation temperature
of 1500 K generally considered for the silicate, which is not sur-
prising since a part of the observed circumstellar environment is
beyond the dust sublimation radius.

4.2. Br� line emitting region of S CrA N

To further investigate the apparent di↵erent dimensions of the
red- and blue-shifted components of the Br� line, we performed
a channel by channel geometric modelling of the pure Br� line
visibilities shown in Fig. 4, using a Gaussian. First, we fitted the
line visibilities with only the Gaussian semi-major axis a as the
only one free parameter, and assuming the same disk inclination
and PAs as derived for the continuum (Table 2).

Table 3 shows the size of the semimajor axis (a
Br�) of our

best Gaussian fittings for each spectral channel, along with the
�2 values of the fitting. Open squares in Fig. B.2 show the results
of our fitting for each baseline and spectral channel. In principle,
the Br� line emission is not expected to have the same spatial dis-
tribution as the continuum, and indeed, the single-parameter fit
shows that at least the angular size is di↵erent. Accordingly, sim-
ilar series of fits were performed with three free parameters: a,
i and PA. The results are listed in Table 3 and shown in Fig. B.2
(triangles). The figure shows that the three parameter fit is only
slightly better than the one parameter fit. However, its reduced �2

r

is worse because of the larger number of free parameters (mean-
ing that the three-parameter-fit �2 value does not decrease signif-
icantly). No significant change in the channel by channel size of
the Br� line emitting region within the blue- and red-shifted Br�
line components is observed. However, the values of the PA in
the three-parameter fit do give some hint of di↵erent structures
of the Br� line emitting region between the blue and red wings
of the line. Presumably, the geometry is more complex than our
simple models, and our results should be considered as an incen-
tive to perform new observations with a better coverage of the uv
plane, allowing more complex models to be tested.

Notably, when averaging the visibilities of the red- and blue-
shifted line components over three spectral channels (Fig. B.1
in Appendix B), the averaged pure Br� line visibilities show
indeed a di↵erence between the blue- and red-shifted compo-
nents for the three longest baselines. The corresponding aver-
aged a

Br� over three spectral channels, at roughly ⇠-34 km s�1

and ⇠75 km s�1on average, shows that the size of the blue-
shifted Br� line emitting region (a

Br�=0.58±0.07 mas) is larger
than the red-shifted one (a

Br�=0.46±0.03 mas). At a distance of
130 pc, these values correspond to radii of 0.075±0.008 au and
0.060±0.004 au, which is much smaller than the inner rim size
and the dust sublimation radius that is larger than 0.11 au.

It should be noted that in addition to the statistical and ob-
servational errors, the absolute values of the continuum com-
pensated Br� line visibilities could be also a↵ected by the un-
certainty on the assumed stellar parameters (e.g. spectral type,
continuum flux). Taking this into account, we have recomputed
the pure Br� line visibilities assuming a 10% weaker line flux in
the wings and a 10% larger flux of the continuum (see Table B.1).
Both scenarios only marginally a↵ect the pure Br� line visibili-
ties, and our main conclusions are not a↵ected. Finally, it should
be noticed than the di↵erential phase values, as well as their er-
rors, were taken into account when estimating the pure contin-
uum compensated Br� line visibilities. Summarising, the di↵er-
ence in size between the blue- and red-shifted Br� line compo-
nents is mainly due to the asymmetry in shape of the total vis-
ibilities with respect to the line profile. Furthermore, a di↵erent
value of the assumed stellar parameters would not change the
slope of the pure Br� line visibilities, as they would a↵ect each
spectral channel in the same way, especially at this low spectral
resolution.

5. Discussion

Our K-band GRAVITY high spectral resolution results along
with previous H- and K-band AMBER and PIONIER low res-
olution observations add to one of the best studied T Tauri stars
in the near-infrared continuum dust and its innermost hydrogen
circumstellar gas and represent, up to date, the first detailed in-
terferometric study of the inner disk regions of a T Tauri binary
system (see Fig. 5).
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Table 2. Parameters derived from the best fit of the FT continuum data for both S CrA components (see Fig. 2). See text for parameter definition.
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Notes. The reduced �2 values of the best fit model are 1.71 and 1.35 for the North and South component, respectively. (a) The PA corresponds to
the major axis of the disk with North up and East to the left.

therefore two flux fractions among fs, fh, fc (since the sum of the
three fractions equals 1), the spectral index of the circumstellar
environment kc over the K band, the inclination i, the projected
angle PA (with respect to the major axis of the disk, with North
up and East to the left), and a, the angular size (HWHM) of the
circumstellar environment for a Gaussian radial profile.

The results of the best fit for each S CrA component are sum-
marised in Table 2, and the best fit model for each source is
overplotted in Fig. 2. Both components present the same inclina-
tions (very close to face-on) and the same PAs (along the North-
South direction). Considering a distance of 130 pc as Prato et al.
(2003), the angular sizes of the best fit model translate into
0.108 ± 0.005 au and 0.090 ± 0.005 au, which can be com-
pared to the sublimation radius. According to the authors and
the considered spectral type, the total luminosity of the S CrA
binary system ranges between 3.0 L� (Prato et al. 2003) and
5.5 L� (Wilking et al. 1992), which can be translated in a range
of inner rim radius of 0.11-0.15 au for S CrA N and of 0.06-
0.08 au for S CrA S. Our modelling leads to a fraction of total
flux over stellar flux of 3.3±0.4 for the North component, and
1.92±0.07 for the South one. These values are consistent with
the ones reported in Prato et al. (2003), namely 2.89±1.60 and
3.15±2.00, for the North and South component, respectively. Fi-
nally, we converted the spectral slope of the circumstellar com-
ponent k

c

derived from interferometric data into a dust tempera-
ture: we obtained dust temperatures varying around 810-1200 K
for S CrA N, and around 850-1050 K for S CrA S. These temper-
atures are lower than the a priori dust sublimation temperature
of 1500 K generally considered for the silicate, which is not sur-
prising since a part of the observed circumstellar environment is
beyond the dust sublimation radius.

4.2. Br� line emitting region of S CrA N

To further investigate the apparent di↵erent dimensions of the
red- and blue-shifted components of the Br� line, we performed
a channel by channel geometric modelling of the pure Br� line
visibilities shown in Fig. 4, using a Gaussian. First, we fitted the
line visibilities with only the Gaussian semi-major axis a as the
only one free parameter, and assuming the same disk inclination
and PAs as derived for the continuum (Table 2).

Table 3 shows the size of the semimajor axis (a
Br�) of our

best Gaussian fittings for each spectral channel, along with the
�2 values of the fitting. Open squares in Fig. B.2 show the results
of our fitting for each baseline and spectral channel. In principle,
the Br� line emission is not expected to have the same spatial dis-
tribution as the continuum, and indeed, the single-parameter fit
shows that at least the angular size is di↵erent. Accordingly, sim-
ilar series of fits were performed with three free parameters: a,
i and PA. The results are listed in Table 3 and shown in Fig. B.2
(triangles). The figure shows that the three parameter fit is only
slightly better than the one parameter fit. However, its reduced �2
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is worse because of the larger number of free parameters (mean-
ing that the three-parameter-fit �2 value does not decrease signif-
icantly). No significant change in the channel by channel size of
the Br� line emitting region within the blue- and red-shifted Br�
line components is observed. However, the values of the PA in
the three-parameter fit do give some hint of di↵erent structures
of the Br� line emitting region between the blue and red wings
of the line. Presumably, the geometry is more complex than our
simple models, and our results should be considered as an incen-
tive to perform new observations with a better coverage of the uv
plane, allowing more complex models to be tested.

Notably, when averaging the visibilities of the red- and blue-
shifted line components over three spectral channels (Fig. B.1
in Appendix B), the averaged pure Br� line visibilities show
indeed a di↵erence between the blue- and red-shifted compo-
nents for the three longest baselines. The corresponding aver-
aged a

Br� over three spectral channels, at roughly ⇠-34 km s�1

and ⇠75 km s�1on average, shows that the size of the blue-
shifted Br� line emitting region (a

Br�=0.58±0.07 mas) is larger
than the red-shifted one (a

Br�=0.46±0.03 mas). At a distance of
130 pc, these values correspond to radii of 0.075±0.008 au and
0.060±0.004 au, which is much smaller than the inner rim size
and the dust sublimation radius that is larger than 0.11 au.

It should be noted that in addition to the statistical and ob-
servational errors, the absolute values of the continuum com-
pensated Br� line visibilities could be also a↵ected by the un-
certainty on the assumed stellar parameters (e.g. spectral type,
continuum flux). Taking this into account, we have recomputed
the pure Br� line visibilities assuming a 10% weaker line flux in
the wings and a 10% larger flux of the continuum (see Table B.1).
Both scenarios only marginally a↵ect the pure Br� line visibili-
ties, and our main conclusions are not a↵ected. Finally, it should
be noticed than the di↵erential phase values, as well as their er-
rors, were taken into account when estimating the pure contin-
uum compensated Br� line visibilities. Summarising, the di↵er-
ence in size between the blue- and red-shifted Br� line compo-
nents is mainly due to the asymmetry in shape of the total vis-
ibilities with respect to the line profile. Furthermore, a di↵erent
value of the assumed stellar parameters would not change the
slope of the pure Br� line visibilities, as they would a↵ect each
spectral channel in the same way, especially at this low spectral
resolution.

5. Discussion

Our K-band GRAVITY high spectral resolution results along
with previous H- and K-band AMBER and PIONIER low res-
olution observations add to one of the best studied T Tauri stars
in the near-infrared continuum dust and its innermost hydrogen
circumstellar gas and represent, up to date, the first detailed in-
terferometric study of the inner disk regions of a T Tauri binary
system (see Fig. 5).
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Table 3. Geometric Gaussian fitting: pure Br� line visibilities.

Single-parameter fit Three-parameter fit
RV �2

r

a

a �2
r

a

a

i PA

b

[km/s] [mas] [mas] [o] [o]
-71 1.96 0.49 ± 0.04 2.51 0.63 ± 0.16 32+7

�9 162 ± 19
-35 2.03 0.51 ± 0.03 2.09 0.66 ± 0.14 31+7

�7 168 ± 15
3 1.45 0.54 ± 0.03 2.54 0.54 ± 0.07 40+4

�6 153 ± 44
39 0.60 0.48 ± 0.03 0.92 0.47 ± 0.04 38+7

�9 77 ± 48
75 2.12 0.46 ± 0.04 2.92 0.46 ± 0.05 32+12

�16 85 ± 31
112 2.38 0.47 ± 0.06 3.39 0.47 ± 0.07 29+12

�17 77 ± 36

Notes. Single and three-parameter fit of pure Br� line visibilities at di↵erent radial velocities (RV). (a) Size of the semimajor axis. (b) Position
Angle of the semimajor axis with North up and East to the left.

5.1. Continuum emission

The size derived for the continuum (r = 0.108 au) of S CrA N,
is in excellent agreement with the values found by Vural et al.
(2012) (r⇠0.11 au) and Anthonioz et al. (2015) (r⇠0.108 au).
Moreover our estimates of the disk orientation and inclina-
tion (PA =0�±6�and i =28�±3�) are close to those proposed
by Pontoppidan et al. (2011) for their disk wind model (i. e.
PA =15�and i =10�, respectively). These values were obtained
from the spectro-astrometric analysis of the CO fundamental
lines at 4.7 µm. For what concerns the spatial orientation of the
binary system, the similarity in PA and i of the disks of both com-
ponents indicates that they were likely formed from the fragmen-
tation of a common gravitationally unstable disk. Indeed, there
are two main pathways to form binary or multiple systems: large
scale fragmentation of turbulent cores and filaments or disk frag-
mentation (see e. g. Adams et al. 1989; Bonnell & Bate 1994;
Fisher 2004). There is direct and indirect observational evidence
for both mechanisms (see e. g. Jensen & Akeson 2014; Tobin
et al. 2016). Direct observation mostly rely on ALMA imaging
of the outer dusty disk (tens to hundreds of au), whereas indi-
rect evidence mainly comes from the orientation of the jets (on
scales from hundreds to thousands of au). Our analysis demon-
strates that NIR interferometry can provide further evidence, giv-
ing direct information on the inner dusty disk geometry (down to
sub-au scale) and on the system geometry of the binary system.

5.2. Br� emission line in S CrA N

Our GRAVITY-HR observations of S CrA N show a very com-
pact, but resolved, Br� emitting region with a radius of
r ⇠0.06 au, and thus, located well within the S CrA N dust subli-
mation radius which is larger than 0.11 au. This small size places
the origin of this line in the innermost regions of circumstellar
disks, where di↵erent physical processes can contribute to its
emission: magnetospheric accretion, wind, or heating of the hot
upper layers of the disk. Similar results have also been found
in other interferometric studies of Herbig Ae/Be and CTTSs
(Kraus et al. 2008; Eisner et al. 2014). Indeed the most recent
studies of Herbig Ae/Be stars have successfully modelled Br�
interferometric observations using the disk surface (Ellerbroek
et al. 2014; Mendigutía et al. 2015), a disk-wind, or a stellar-
wind (Weigelt et al. 2011; Garcia Lopez et al. 2015; Caratti o
Garatti et al. 2015; Garcia Lopez et al. 2016; Kurosawa et al.
2016) as the main emitting mechanism for the Br� line. On the
other hand, the origin of the Br� line in CTTSs is still uncertain
(Eisner et al. 2010). This is mostly due to the small size of the
emitting region, which requires long baselines (of the order of

100 m or more) to be spatially resolved, as well as high spectral
resolution to analyse the di↵erent velocity components of the
line.

Our GRAVITY observations add a fundamental ingredient to
the interpretation of the origin of the Br� line and the physical
processes taking place in the inner gaseous regions of CTTSs.
For the first time, it has been possible to constraint the size of
the emitting region and tentatively measure slight changes in the
continuum-compensated pure Br� visibilities as a function of the

line radial velocity (Fig. 4). Our simple geometric Gaussian fit-
ting points to slightly di↵erent dimensions of the region emitting
the blue- and red-shifted Br� line components in S CrA N, with
a red-shifted Br� emitting region slightly smaller than the blue-
shifted one (rred ⇠0.060±0.004 au vs. rblue ⇠0.075±0.008 au).
It should be noted, however, that our estimates of the con-
tinuum compensated Br� line visibilities are subject to unac-
counted uncertainties such as the uncertainty on the spectral type
of S CrA N and the continuum level across the Br� line. De-
spite this fact, the emitting region of the blue- and red-shifted
Br� line components is, however, around a factor of two larger
than the typical CTTS truncation radius of rtrun ⇠5 R⇤, that is
rtrun ⇠0.03 au assuming a stellar radius R⇤ of 1.4 R� (Petrov
et al. 2014). This would suggest a wind origin of the Br� line
in S CrA N, that would be supported by the presence of a large-
scale protostellar jet arising from this source (Peterson et al.
2011). The base of a wind launched from the disk would ini-
tially rotate at the disk Keplerian rotation expected at the loca-
tion of the footpoint of the wind. Assuming a stellar mass of
M⇤ ⇠1.5 M� (Prato et al. 2003), the disk Keplerian velocity at
a distance from the star of 0.06 au is RVK ⇠150 km s�1, which
translates into a radial velocity of ⇠70 km s�1assuming a disk
inclination angle of i = 28�. This value is then in good agree-
ment with both the Br� line FWHM (⇠180 km s�1) measured
in S CrA N, and the velocity range (-71 km s�1<RV<112 km s�1)
used to measure the size of the continuum-compensated Br� line
emitting region. Notably, Pontoppidan et al. (2011) also model
a disk-wind from their analysis of the CO fundamental lines in
S CrA N. However, this wind is emitted at larger distance from
the source (⇠100 R⇤ or ⇠0.6 au). Therefore it is reasonable to in-
fer that we are observing the more compact atomic component
of a disk-wind, that has a "onion-like" velocity structure, as pro-
posed, for example, in DG Tau by Agra-Amboage et al. (2014).

On the other hand, given that the di↵erence in size between
the blue- and red-shifted Br� line components is real, our data
exclude that the size asymmetry of the Br� line components
might be due to the jet (orthogonal to the disk major axis PA, i.e.
90�±6�), as the visibility does not decrease for baselines roughly
aligned with the jet PA. Moreover the analysed portion of the Br�
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ABSTRACT
Star forming molecular clouds are observed to be both highly magnetized and turbulent. Con-
sequently the formation of protostellar disks is largely dependent on the complex interaction
between gravity, magnetic fields, and turbulence. Studies of non-turbulent protostellar disk
formation with realistic magnetic fields have shown that these fields are e�cient in removing
angular momentum from the forming disks, preventing their formation. However, once tur-
bulence is included, disks can form in even highly magnetized clouds, although the precise
mechanism remains uncertain. Here we present several high resolution simulations of tur-
bulent, realistically magnetized, high-mass molecular clouds with both aligned and random
turbulence to study the role that turbulence, misalignment, and magnetic fields have on the
formation of protostellar disks. We find that when the turbulence is artificially aligned so that
the angular momentum is parallel to the initial uniform field, no rotationally supported disks
are formed, regardless of the initial turbulent energy. We conclude that turbulence and the
associated misalignment between the angular momentum and the magnetic field are crucial in
the formation of protostellar disks in the presence of realistic magnetic fields.

Key words: stars:formation - accretion discs - turbulence - MHD

1 INTRODUCTION

The formation of a rotationally supported gaseous disk around pro-
tostars is one of the most important phases during the formation
and evolution of protostars and for the formation of planets. In-
deed they are consistently found around low-mass Class II young
stellar objects (for a review see Williams & Cieza (2011)), and in-
creasingly around Class I (e.g., Jørgensen et al. 2009; Yen et al.
2013; Lee 2011; Takakuwa et al. 2012), and some Class 0 proto-
stars (Maury et al. 2010; Hara et al. 2013; Tobin et al. 2012, 2013,
2015, 2016). Class II sources in the Orion star forming region, for
example, have protostellar disks with an average radius of 75 au
and masses of 10�2 M

�

(Williams & Cieza 2011).
Tobin et al. (2015) state that there were four Class 0 sources

with Keplerian disks known prior to their work. In their study of
9 Class 0 protostars in Perseus, they found three strong disk can-
didates with radii exceeding 100 au; however, their resolution was
not adequate to determine if the disks were Keplerian. The median
mass of the compact components (presumed to be disks) in their
sample is 0.05 M

�

, larger than that inferred for disks associated
with Class I and II sources. Therefore, the formation of a rotation-

? E-mail: graywill@umich.edu

ally supported disk seems to be an ubiquitous feature of star forma-
tion.

It was originally thought that the formation of protostellar
disks was a natural consequence of the conservation of angular
momentum as a rotating molecular cloud undergoes gravitational
collapse (e.g., Bodenheimer 1995; Lin & Papaloizou 1996). If an-
gular momentum is conserved during the collapse, an element of
gas initially at radius ri rotating with angular velocity ⌦ will be in
Keplerian rotation at the centrifugal radius (e.g., Dapp et al. 2012)

rcf =
j2

GM
=

r4
i ⌦

2

GM
, (1)

where j is the specific angular momentum and M, the mass interior
to the element of gas, is assumed to be spherically symmetric and
to remain interior to the element of gas as the cloud contracts. It is
common to characterize the importance of rotation by the parame-
ter �, the ratio of rotational to gravitational energy. However, that
cannot be directly observed. Instead, observers measure rotation by
the value of � for a uniform cloud,

�O =
1
3

 
R3⌦2

GM

!
, (2)

where M is the mass of the cloud; the value actually observed is
�O sin2 i, where i is the angle of inclination (Goodman et al. 1993).
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磁気制動によって円盤形成は阻害されるか？ 
「乱流なら円盤ができる」や 
「角運動量と磁場がmisalignしていれば円盤ができる」という説がある。 
乱流とmisalignのどちらが重要か？ 
align している乱流状態を初期条件として検証
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Table 1. Simulation Runs

Name Mass µ� ✓ �x`max
ERot
EKE

↵vir �obs M MA Nstar Ndisk

AT0 300 2.0 0.0 2.50 0.595 0.071 0.0212 2.8 0.3 0 0
AT10 300 2.0 0.0 2.50 0.232 0.302 0.0350 5.7 0.6 1 0
AT50 300 2.0 0.0 2.50 0.103 1.101 0.0567 11.0 1.1 4 0
AT100 300 2.0 0.0 2.50 0.074 2.074 0.0765 15.0 1.6 16 0
AT100L8 300 2.0 0.0 1.25 0.074 2.074 0.0765 15.0 1.6 6 0
AT100NR 300 2.0 0.0 2.50 0.051 2.072 0.0524 15.0 1.6 12 0
RT100TH37 300 2.0 37.0 2.50 0.051 2.090 0.0524 15.0 1.6 10 1
RT100TH0 300 2.0 0.0 2.50 0.013 2.071 0.0139 15.0 1.6 3 1

RT10M5 5 2.0 44.0 1.75 0.012 0.177 0.0006 0.9 0.5 - -
RT10M5MU5 5 5.0 44.0 1.75 0.012 0.177 0.0006 0.9 1.2 - -
RT10M5L8 5 2.0 44.0 0.87 0.012 0.177 0.0006 0.9 0.5 - -
AT10M5 5 2.0 0.0 1.75 0.004 0.187 0.0002 0.9 0.5 - -

Note: Names: Runs labeled AT have the turbulence aligned with the initial magnetic field; RT denotes random
turbulence. The number after AT or NT denotes the percentage ratio of the virial parameter to about 2.1. All but two
of the simulations have 7 levels of refinement; the two with eight levels are labeled L8. Mass is the initial mass of
the cloud in units of M

�

(runs in which the initial mass is 5 M
�

are labeled ”M5”), �x`max is the finest resolution in
units of au, µ� is the mass-to-flux ratio (one run has µ� = 5, and that is labeled ḾU5)́, ✓ is the initial misalignment
angle, ERot/EKE is the ratio of the rotational energy to kinetic energy, ↵vir is the initial virial parameter, and �obs
is the observational ratio of rotational and gravitational energy.M andMA are the initial Mach and Alfv́en Mach
numbers, respectively. Nstar gives the number of star particles formed, while Ndisk gives the number of rotationally
supported disks formed. The velocity field in all models includes both a turbulent component and a solid body
component, except for AT100NR, which includes only the turbulent component, and AT0, which contains only a
solid body component aligned with the field. RT100TH37 is a completely random model in which the net turbulent
angular momentum is at an angle of 37� with respect to the initial magnetic field, whereas RT100TH0 is initially
aligned using a single shell, see Appendix A. Due to the sti↵er equation of state used in the ”M5” runs, no star
particles are formed.

molecular cores (Goodman et al. 1998). These can then be rotated
by ✓ to align with â.

The importance of the magnetic field is quantified by the nor-
malized mass-to-flux ratio, µ� = M/M�, where

M� = c�
�
p

G
(7)

is the magnetic critical mass, � is the magnetic flux threading the
cloud, and c� is a numerical constant. Cores are magnetically sup-
ported against collapse when µ� < 1 whereas cores with µ� > 1
can collapse provided gravity is strong enough to overcome other
sources of support. For the case of a cloud that is initially spheri-
cal and threaded by a uniform field, c� = 0.126 (Mouschovias &
Spitzer 1976). For the case in which the field threading the initial
cloud has a constant mass-to-flux ratio, c� = 0.17 (Tomisaka et al.
1988), which to within the accuracy of the calculations agrees with
the value c� = 1/(2⇡) for a uniformly magnetized sheet (Nakano
& Nakamura 1978).

Since our simulation has an initially uniform mass-to-flux ra-
tio, we adopt this value so that

µ� = 2⇡
p

G
✓M
�

◆
. (8)

Denoting the value of the normalized mass-to-flux ratio calculated
using c� = 0.126 by µ�0 , we have µ� = 0.79µ0�.

For our simulations, we adopt µ� = 2, the value generally
quoted based on Zeeman splitting measurements of CN (Falgar-
one et al. 2008), which probes densities of 104 <

⇠

nH < 106 cm�3,
and of OH (Troland & Crutcher 2008), which probes densities of
103 < nH < 104 cm�3. It should be noted that Li et al. (2015)
have shown that the median value of µ� in the sample of molecular
clumps analyzed by Crutcher et al. (2010) is actually about 3, some-
what larger than previously thought because the observational value
is density weighted whereas the value from theory is not. Observa-
tional di�culties measuring the magnetic field strength can lead to
a substantial scatter in µ� (e.g., Crutcher 2012; Li et al. 2012a). The
cores we simulate thus have mass-to-flux ratios somewhat lower
than the typical value, but well within the range of observed val-
ues. We require that the magnetic field have a profile that gives a
spatially uniform µ�, similar to the profiles presented in Joos et al.
(2012, 2013).

Details of the procedure used to generate the field, which is in
the z-direction, are given in Appendix B. On the central flux tube,
the field is 14 mG. Near the circumference in the x � y plane the
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�
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angle, ERot/EKE is the ratio of the rotational energy to kinetic energy, ↵vir is the initial virial parameter, and �obs
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supported disks formed. The velocity field in all models includes both a turbulent component and a solid body
component, except for AT100NR, which includes only the turbulent component, and AT0, which contains only a
solid body component aligned with the field. RT100TH37 is a completely random model in which the net turbulent
angular momentum is at an angle of 37� with respect to the initial magnetic field, whereas RT100TH0 is initially
aligned using a single shell, see Appendix A. Due to the sti↵er equation of state used in the ”M5” runs, no star
particles are formed.
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by ✓ to align with â.

The importance of the magnetic field is quantified by the nor-
malized mass-to-flux ratio, µ� = M/M�, where
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is the magnetic critical mass, � is the magnetic flux threading the
cloud, and c� is a numerical constant. Cores are magnetically sup-
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cal and threaded by a uniform field, c� = 0.126 (Mouschovias &
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using c� = 0.126 by µ�0 , we have µ� = 0.79µ0�.

For our simulations, we adopt µ� = 2, the value generally
quoted based on Zeeman splitting measurements of CN (Falgar-
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⇠

nH < 106 cm�3,
and of OH (Troland & Crutcher 2008), which probes densities of
103 < nH < 104 cm�3. It should be noted that Li et al. (2015)
have shown that the median value of µ� in the sample of molecular
clumps analyzed by Crutcher et al. (2010) is actually about 3, some-
what larger than previously thought because the observational value
is density weighted whereas the value from theory is not. Observa-
tional di�culties measuring the magnetic field strength can lead to
a substantial scatter in µ� (e.g., Crutcher 2012; Li et al. 2012a). The
cores we simulate thus have mass-to-flux ratios somewhat lower
than the typical value, but well within the range of observed val-
ues. We require that the magnetic field have a profile that gives a
spatially uniform µ�, similar to the profiles presented in Joos et al.
(2012, 2013).

Details of the procedure used to generate the field, which is in
the z-direction, are given in Appendix B. On the central flux tube,
the field is 14 mG. Near the circumference in the x � y plane the
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計算はAMRでideal MHD, sink size 10au, resolution 2.5au
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Figure 7. Density projections for the largest star formed in Top Panel: AT100, Middle Panel: RT100TH0, and Bottom Panel: RT100TH37. The left column
shows the face-on density projection while the middle column shows the edge-on density projection. The black arrows represent the velocity vectors. The right
column shows the velocity profile for the disk. The red (solid) line is the analytic Keplerian angular velocity using the stellar mass. The black points represent
the mean angular velocity as a function of the cylindrical radius Rz. The green region represents regions within the star particle’s accretion zone and shows
where the accretion zone alters the gas properties. The left and middle columns include only gas denser than 109 cm�3 (Criterion 5). The final stellar mass is
given above the face-on images for each model. Note that disks are formed in both RT100TH0 and RT100TH37 but not in AT100.

similar results as Joos et al. (2012): misalignment is critical to the
formation of Keplerian protostellar disks. Li et al. (2013) find that
misalignment alone promotes disk formation only in models with
µ� >4. However, there is disagreement between Joos et al. (2012)
and Li et al. (2013) for a model with a µ� of 2 and an initial mis-
alignment of 90�, where Joos et al. (2012) is able to form a disk
while Li et al. (2013) is not. As pointed out by Li et al. (2013), this
discrepancy is likely due to the a di↵erence in the shape of the mag-
netic field lines: Joos et al. (2012) adopted a unidirectional field in
a centrally concentrated cloud for their initial conditions, whereas
Li et al. (2013) adopted a uniform field in a uniform cloud. At the
time when Li et al. (2013)’s cloud reached the central concentration
of the Joos et al. (2012) cloud, their field had an hour-glass shape
that could exert a greater torque than the Joos et al. (2012) field.

Finally, we comment on the resolution used in each set of sim-
ulations. As found by Myers et al. (2013), high resolution is re-
quired to develop rotationally supported disks. If the resolution is

too low, the disk is found within the accretion region of the sink
particles used in these simulations. Myers et al. (2013) found that a
1.25 au resolution is su�cient to resolve these disks. Similar reso-
lution is found in the simulations of Joos et al. (2012) and Seifried
et al. (2013), with 0.4 au and 1.2 au respectively. This also matches
well with the resolution used here. The simulations presented in
Santos-Lima et al. (2012), however, employ a much larger grid res-
olution of 15.6 au. This does suggest that the resolution used in
Santos-Lima et al. (2012, 2013) is very coarse compared to other
groups and simulations.

Despite the di↵erences between our models and those dis-
cussed above, the results of all these studies are broadly consistent:
turbulence appears to be essential for the formation of protostellar
disks in clouds with mass-to-flux ratios similar to those observed.
Here we have shown that if the initial turbulent misalignment is
removed, then disks do not form.
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Figure 8. Density projections showing the large scale evolution of AT100, RT100TH37, and RT100TH0. The density is projected along the z-axis. AT100 is
shown in the first column, RT100TH37 in the second, and RT100TH0 in the third. Time runs forward starting at t = 0.1t↵ for the first row, t = 0.2t↵ in the
second row, t = 0.3t↵ in the third row, and t ' 0.4t↵ in the fourth row. The last row shows the same time but for a projection taken along the x-axis. Black
points show the positions of the star particles.

5.1 Comparison with Joos et al. (2013)

Joos et al. (2013) studied disk formation using a suite of models
with a 5 M

�

molecular cloud and a barotropic equation of state,
varying the initial turbulent energy and the mass-to-flux ratio. They
used a magnetic field profile that is very similar to ours in that they
achieve a constant µ� throughout the cloud and employ a random
turbulent velocity field. They find results that are similar to Seifried
et al. (2013), that is, a rotationally supported disk forms with a mass

of ⇠ 0.1M
�

and that disks are easier to form in turbulent environ-
ments. For example, for an initial µ� of 5, they find that a massive
1 M

�

disk forms in their turbulent model whereas a 0.5 M
�

disk
forms in a similar rotation-only model. They attribute this di↵er-
ence to the lowered magnetic braking e�ciency in the turbulent
simulation.

Since the models of Joos et al. (2013) share much of the same
physics as our models, we have run several models with a turbu-
lent, magnetized, 5 M

�

cloud that aim to reproduce their results.
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and position angles (PA=0o±6o and PA=-2o±12o), suggesting that they formed from the fragmentation of a common
disc. The SCrAN spectrum shows bright He I and Brγ line emission exhibiting inverse PCygni profiles, typically
associated with infalling gas. The continuum-compensated Brγ line visibilities of SCrAN show the presence of a
compact Brγ emitting region whose radius is about ∼0.06 au, which is twice as big as the truncation radius. This
component is mostly tracing a wind. Moreover, a slight radius change between the blue- and red-shifted Brγ line
components is marginally detected. The presence of an inverse PCygni profile in the He I and Brγ lines, along with
the tentative detection of a slightly larger size of the blue-shifted Brγ line component, hint at the simultaneous presence
of a wind and magnetospheric accretion in SCrAN.
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Star forming molecular clouds are observed to be both highly magnetized and turbulent. Consequently the formation
of protostellar disks is largely dependent on the complex interaction between gravity, magnetic fields, and turbulence.
Studies of non-turbulent protostellar disk formation with realistic magnetic fields have shown that these fields are
efficient in removing angular momentum from the forming disks, preventing their formation. However, once turbulence
is included, disks can form in even highly magnetized clouds, although the precise mechanism remains uncertain. Here
we present several high resolution simulations of turbulent, realistically magnetized, high-mass molecular clouds with
both aligned and random turbulence to study the role that turbulence, misalignment, and magnetic fields have on
the formation of protostellar disks. We find that when the turbulence is artificially aligned so that the angular
momentum is parallel to the initial uniform field, no rotationally supported disks are formed, regardless of the initial
turbulent energy. We conclude that turbulence and the associated misalignment between the angular momentum and
the magnetic field are crucial in the formation of protostellar disks in the presence of realistic magnetic fields.
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Fragmentation of Filamentary Cloud Permeated by Perpendicular Magnetic Field
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We examine the linear stability of an isothermal filamentary cloud permeated by a perpendicular magnetic field.
Our model cloud is assumed to be supported by gas pressure against the self-gravity in the unperturbed state. For
simplicity, the density distribution is assumed to be symmetric around the axis. Also for simplicity, the initial magnetic
field is assumed to be uniform and turbulence is not taken into account. The perturbation equation is formulated to
be an eigenvalue problem. The growth rate is obtained as a function of the wavenumber for fragmentation along the
axis and the magnetic field strength. The growth rate depends critically on the outer boundary. If the displacement
vanishes in the region very far from the cloud axis (fixed boundary), cloud fragmentation is suppressed by a moderate
magnetic field, which means the plasma beta is below 1.67 on the cloud axis. If the displacement is constant along the
magnetic field in the region very far from the cloud, the cloud is unstable even when the magnetic field is infinitely
strong. The cloud is deformed by circulation in the plane perpendicular to the magnetic field. The unstable mode is
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The x-component of the current density, jx, is not evalu-
ated, since it does not appear in the equation of motion.
The fixed boundary conditions are expressed as

ξx,nx+1/2,j =0, (44)

ξy,nx+1,j−1/2=0, (45)

ξz,nx+1,j =0, (46)

ξx,i−1/2,ny+1=0, (47)

ξy,i,ny+1/2=0, (48)

ξz,i,ny+1=0. (49)

When the free boundary is applied, the conditions are
replaced with

ξx,nx+1/2,j = ξx,nx−1/2,j, (50)

ξy,nx+1,j−1/2= ξy,nx,j−1/2, (51)

ξz,nx+1,j = ξz,nx,j , (52)

ξx,i−1/2,ny+1= ξx,i−1/2,ny
, (53)

ξy,i,ny+1/2= ξy,i,ny−1/2, (54)

ξz,i,ny+1= ξz,i,ny
. (55)

The equation of motion (30) is expressed as

σ2ρ0,i−1/2,jξx,i−1/2,j =−
c2sρ0,i−1/2,j

∆x

(

δϱi,j
ρ0,i,j

−
δϱi−1,j

ρ0,i−1,j

)

−
ρ0,i−1/2,j

∆x
(δψi,j − δψi−1,j) .(56)

σ2ρ0,i,j−1/2ξy,i,j−1/2 =−
c2sρ0,i,j−1/2

∆y

(

δϱi,j
ρ0,i,j

−
δϱi,j−1

ρ0,i,j−1

)

−
ρ0,i,j−1/2

∆y
(δψi,j − δψi,j−1)

+B0jz,i,j−1/2. (57)

σ2ρ0,i,jξz,i,j =−kc2sδϱi,j − kρ0,i,jδψi,j

−B0jy,i,j . (58)

Equations (56) through (58) are summarized in the
form

σ2Bζ =
(

A+B2
0C

)

ζ (59)

by using Equations (36), and (38) through (43). Here,
ζ denotes an array of components, ξx,i−1/2,j , ξy,i,j−1/2,
and ξz,i,j for all the combinations of i and j. The matrix
elements of A, B, and C are evaluated numerically as a
function of k. See Appendix B for further details. Then
the growth rate is given as the solution of

det
(

σ2B −A−B2
0C

)

= 0. (60)

We use the subroutine DGGEVX of LAPACK (see,
Anderson et al. 1999, for the software) to solve Equa-
tion (60). The subroutine returns all the eigenvalues
σ2.
The matrixes A, B, and C have dimension

(3nxny + 2nx + 2ny + 1). Thus, we obtain 3nxny +
2nx + 2ny + 1 eigenmodes. However, we select only one
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Figure 1. Growth rate σ as a function of the wavenumber
kH for the fixed boundary. The ordinate is normalized to
units of

√

4πGρc.

unstable mode (σ2 > 0) for a given k and B0. The
remaining eigenmodes denote oscillation of the filamen-
tary cloud. In the following, we restrict ourselves to the
unstable mode.

3. RESULTS

3.1. Growth Rate

Figure 1 shows the eigenvalue σ for the fixed boundary
condition as a function of kH . Each curve denotes σ in
units of

√
4πGρc for a given B0. The grid spacing is set

as∆x = ∆y = 0.6H and the computation region is spec-
ified as nx = ny = 40. Thus, the outer boundary is set
as x = 24H and y = 24H . The growth rate is evaluated
over the interval ∆(kH) = 2.5 × 10−2. Figure 1 shows
the eigenvalue only when σ > 3.16× 10−3

√
4πGρc, i.e.,

σ2 > 10−5 4πGρc. The imaginary part of σ2 is omitted
since it is negligibly small. We find at most one growing
mode for a given pair of k and B0.
The growth rate σ has its maximum around kH ≃

0.29 in the absence of the magnetic field (B0 = 0). The
growth rate is reduced greatly by the magnetic field hav-
ing its root fixed at infinity. We find an unstable mode
only in the range 0.05 < kH < 0.4 for β = 4. The
unstable mode disappears when B0 > 1.1

√

4πρcc2s, i.e.,
when the plasma beta is smaller than 1.67 (β < 1.67).
The stabilization due to the magnetic field is shown

clearly in Figure 2, where each curve is σ2 as a function
of 1/β = B2

0/(4πρcc
2
s) for a given kH . The square of

the growth rate, σ2, decreases in proportion to 1/β, i.e.,
B2

0 in the range β < 10. The proportional constant is
larger for a larger kH . The dispersion relation is similar
to that for the MHD fast wave,

ω2 =

(

c2s +
B2

0

4πρ0

)

k2, (61)

where the wave is assumed to propagate normal to the
magnetic field B.

分散関係 
B 大 で 最大成長の k 小

6

0.0 0.2 0.4 0.6
1/β

0.00

0.02

0.04

0.06

0.08

0.10

0.12

σ
2 /4
πG

ρ c

kH=0.25

kH=0.05

kH=0.15

kH
=0.35

Figure 2. Growth squared as a function of 1/β for a given
kH , where β denotes the initial plasma beta at the cloud
center, x = y = 0.
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Figure 3. Same as Fig. 1 except for the free boundary.

The growth rate shows a different dependence on the
magnetic field strength when we apply the free boundary
condition. Figure 3 is the same as Figure 1 except for
the free boundary. Each curve in Figure 3 denotes the
growth rate as a function of kH for a given β whose value
is designated by the same color. The dashed line denotes
the growth rate when β = 0, and the value is obtained by
extrapolation. As the magnetic field strength increases,
the growth rate decreases but remains positive for kH ≤
0.525, and therefore the cloud is unstable even when the
magnetic field is infinitely strong.
The result shown in Figure 3 seems to contradict the

naive expectation that a subcritical cloud is stable (see,
e.g., Nakano & Nakamura 1978). We explain the appar-
ent discrepancy in the next subsection.
Figure 4 is the same as Figure 2 except for the free

boundary. The growth rate approaches a certain value
in the limit of large B0. The growth rate is well approx-
imated by

σ2 (k,B0)= [σ∞(k)]2 + [σ′(k)]
2
β. (62)
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Figure 4. Growth squared as a function of 1/β for a given
kH for the free boundary.

The growth rate σ∞(k) is evaluated by a spline fit to
the growth rate in the range 0.2 ≤ β ≤ 1. The value of
σ∞(k) is shown by the dashed curve in Figure ??.
When kH is smaller, the growth rate is close to the

asymptotic value for a weaker magnetic field. This re-
sult implies that the magnetic field is bent or compressed
little by the unstable perturbation when the initial mag-
netic field is strong. Otherwise, the distorted magnetic
field would induce a strong force acting on the gas. At
the same time, the displacement should be appreciable
even in the region very far from the cloud center. Oth-
erwise, the growth rate would be independent of the
boundary condition in the x-direction. We confirm this
expectation in the next subsection.
The wavenumber of the most unstable mode is smaller

for a larger B0. The wavenumber is kH ≃ 0.29 for
B0 = 0 and kH ≃ 0.16 for a small β. The magnetic field
decreases the growth rate and increases the wavelength
of a typical perturbation.
The filamentary cloud is stable for any perturbation

having a wavenumber larger than k > kcr = 0.565H−1

when B0 = 0. When the free boundary is applied, the
critical wavenumber is slightly reduced, i.e., kcrH−1 ≃
0.51 for a largeB0. The critical wavenumber is evaluated
from the high resolution computation of ∆x = ∆y =
0.3H and nx = ny = 80.

3.2. Eigenmode

First, based on our stability analysis, we review the
unstable perturbation in the absence of the magnetic
field. When B0 = 0, both the growth rate and the eigen-
mode depend little on the boundary condition. Figure
5 shows the unstable mode for the fixed boundary when
B0 = 0 and kH = 0.2. The values are normalized so
that ξz = −H at the origin. The arrows indicate the
displacement (ξx, ξy), while the contours are of ξz . The
density perturbation δϱ/ρ0 is representing according to
the color scale given in the right panel. The displace-
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the growth rate when β = 0, and the value is obtained by
extrapolation. As the magnetic field strength increases,
the growth rate decreases but remains positive for kH ≤
0.525, and therefore the cloud is unstable even when the
magnetic field is infinitely strong.
The result shown in Figure 3 seems to contradict the

naive expectation that a subcritical cloud is stable (see,
e.g., Nakano & Nakamura 1978). We explain the appar-
ent discrepancy in the next subsection.
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The growth rate σ∞(k) is evaluated by a spline fit to
the growth rate in the range 0.2 ≤ β ≤ 1. The value of
σ∞(k) is shown by the dashed curve in Figure ??.
When kH is smaller, the growth rate is close to the

asymptotic value for a weaker magnetic field. This re-
sult implies that the magnetic field is bent or compressed
little by the unstable perturbation when the initial mag-
netic field is strong. Otherwise, the distorted magnetic
field would induce a strong force acting on the gas. At
the same time, the displacement should be appreciable
even in the region very far from the cloud center. Oth-
erwise, the growth rate would be independent of the
boundary condition in the x-direction. We confirm this
expectation in the next subsection.
The wavenumber of the most unstable mode is smaller

for a larger B0. The wavenumber is kH ≃ 0.29 for
B0 = 0 and kH ≃ 0.16 for a small β. The magnetic field
decreases the growth rate and increases the wavelength
of a typical perturbation.
The filamentary cloud is stable for any perturbation

having a wavenumber larger than k > kcr = 0.565H−1

when B0 = 0. When the free boundary is applied, the
critical wavenumber is slightly reduced, i.e., kcrH−1 ≃
0.51 for a largeB0. The critical wavenumber is evaluated
from the high resolution computation of ∆x = ∆y =
0.3H and nx = ny = 80.

3.2. Eigenmode

First, based on our stability analysis, we review the
unstable perturbation in the absence of the magnetic
field. When B0 = 0, both the growth rate and the eigen-
mode depend little on the boundary condition. Figure
5 shows the unstable mode for the fixed boundary when
B0 = 0 and kH = 0.2. The values are normalized so
that ξz = −H at the origin. The arrows indicate the
displacement (ξx, ξy), while the contours are of ξz . The
density perturbation δϱ/ρ0 is representing according to
the color scale given in the right panel. The displace-
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asymptotic value for a weaker magnetic field. This re-
sult implies that the magnetic field is bent or compressed
little by the unstable perturbation when the initial mag-
netic field is strong. Otherwise, the distorted magnetic
field would induce a strong force acting on the gas. At
the same time, the displacement should be appreciable
even in the region very far from the cloud center. Oth-
erwise, the growth rate would be independent of the
boundary condition in the x-direction. We confirm this
expectation in the next subsection.
The wavenumber of the most unstable mode is smaller

for a larger B0. The wavenumber is kH ≃ 0.29 for
B0 = 0 and kH ≃ 0.16 for a small β. The magnetic field
decreases the growth rate and increases the wavelength
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0.51 for a largeB0. The critical wavenumber is evaluated
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0.3H and nx = ny = 80.
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First, based on our stability analysis, we review the
unstable perturbation in the absence of the magnetic
field. When B0 = 0, both the growth rate and the eigen-
mode depend little on the boundary condition. Figure
5 shows the unstable mode for the fixed boundary when
B0 = 0 and kH = 0.2. The values are normalized so
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Figure 9. Eigenmode for the free boundary. The wavenum-
ber and initial plasma beta are set as kH = 0.2 and β = 4,
respectively. The notation is the same as that of Fig. 5.

same as Figure 6 except the boundary is free and β = 4.
The y-component of the displacement has a large value
even in the region of x ! 10H . The z-component of the
displacement changes its sign around y ≃ 9H .
When the free boundary is applied, the magnetic field

lines can rotate freely around the x-axis, as shown in Fig-
ure 10. Figure 10 shows the perturbation in the x = 0
plane for the eigenmode depicted in Figure 9. The ar-
rows indicate the displacement, while the color indicates
the relative change in the density, δρ(0, y, z)/ρ0(0, y, z).
The contours depict the change in the x-component of
the magnetic field in intervals of δBx(0, y, z)/B0 = 0.04.
The displacement is essentially incompressible circula-
tion, which deforms the shape of the filamentary cloud.
The cloud diameter increases in the y-direction at the
points where the density increases. In other words, each
dense fragment expands in the y-direction. It should be
noted that the cloud changes its form in the opposite
way when the magnetic field is absent or longitudinal.
In that case, the cloud diameter decreases at the points
where the density increases (see Figure 5). The density
enhancement is mainly due to the displacement along
the density gradient ξ · ∇ρ0. The compression by the
displacement perpendicular to the magnetic field is very
weak. Compared with the relative change in the den-
sity, the change in the magnetic field is much smaller,
i.e., |δBx/B0| ≪ |δρ|/ρ0.
Figures 11 is the same as Figure 9 except β = 2. The

z-component of displacement, ξz, changes sign around
y ≃ 12H . In contrast to the case of the fixed boundary,
the y-component of displacement is appreciably large in
the low-density region. This is because magnetic tension
does not arise by displacement when the free boundary
is applied.
Figure 12 is the same as Figure 9 except β = 0.2.

Although the model cloud is subcritical [see Equation
(13)], it is unstable. In other words, it is unstable though
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Figure 10. The displacement in the x = 0 plane is shown
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Figure 11. Same as Fig. 9 except β = 2.

the magnetic energy dominates over the gravitational
energy.
The free boundary allows rearrangement of the mag-

netic flux tubes in the yz plane while keeping them
straight and therefore without induction of magnetic
force. The rearrangement reduces the gravitational en-
ergy if it gathers more massive tubes, i.e., those tubes
initially located near the cloud axis. The gravitational
energy release by the rearrangement depends little on
the magnetic field. Thus, the growth rate also depends
little on B0. This mode is not taken into account in
Hanawa & Tomisaka (2015), where the mass-to-flux ra-
tio is assumed to be constant in the stability analysis for
simplicity.
Although it is due to the self-gravity of the gas, the

instability may not result in dynamical collapse, since
the displacement is dominated by circulation. The
change in gravity is due to the change in the cloud
shape. This instability is similar to that found by
Nagai, Inutsuka & Miyama (1998). They found that

固有モード（kH=0.2, β=4）
y/hでz方向の変位の 
向きが変わる（コントア）
密度が増加する場所で 
y方向に広がる
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Figure 9. Eigenmode for the free boundary. The wavenum-
ber and initial plasma beta are set as kH = 0.2 and β = 4,
respectively. The notation is the same as that of Fig. 5.

same as Figure 6 except the boundary is free and β = 4.
The y-component of the displacement has a large value
even in the region of x ! 10H . The z-component of the
displacement changes its sign around y ≃ 9H .
When the free boundary is applied, the magnetic field

lines can rotate freely around the x-axis, as shown in Fig-
ure 10. Figure 10 shows the perturbation in the x = 0
plane for the eigenmode depicted in Figure 9. The ar-
rows indicate the displacement, while the color indicates
the relative change in the density, δρ(0, y, z)/ρ0(0, y, z).
The contours depict the change in the x-component of
the magnetic field in intervals of δBx(0, y, z)/B0 = 0.04.
The displacement is essentially incompressible circula-
tion, which deforms the shape of the filamentary cloud.
The cloud diameter increases in the y-direction at the
points where the density increases. In other words, each
dense fragment expands in the y-direction. It should be
noted that the cloud changes its form in the opposite
way when the magnetic field is absent or longitudinal.
In that case, the cloud diameter decreases at the points
where the density increases (see Figure 5). The density
enhancement is mainly due to the displacement along
the density gradient ξ · ∇ρ0. The compression by the
displacement perpendicular to the magnetic field is very
weak. Compared with the relative change in the den-
sity, the change in the magnetic field is much smaller,
i.e., |δBx/B0| ≪ |δρ|/ρ0.
Figures 11 is the same as Figure 9 except β = 2. The

z-component of displacement, ξz, changes sign around
y ≃ 12H . In contrast to the case of the fixed boundary,
the y-component of displacement is appreciably large in
the low-density region. This is because magnetic tension
does not arise by displacement when the free boundary
is applied.
Figure 12 is the same as Figure 9 except β = 0.2.

Although the model cloud is subcritical [see Equation
(13)], it is unstable. In other words, it is unstable though
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Figure 10. The displacement in the x = 0 plane is shown
by the arrows for the eigenmode shown in Fig. 9. The
color indicates δρ(0, y, z)/ρ0(0, y, z), while the contours are
of δBx(0, y, z)/B0.

0 5 10 15 20
x/H

0

5

10

15

20

y
/H

-0.1

-0.1

0.10.30.50.70.9

  
 

 
δρ/ρ0

-0.3

-0.2

-0.1

0.0

0.1

0.2

0.3

Figure 11. Same as Fig. 9 except β = 2.

the magnetic energy dominates over the gravitational
energy.
The free boundary allows rearrangement of the mag-

netic flux tubes in the yz plane while keeping them
straight and therefore without induction of magnetic
force. The rearrangement reduces the gravitational en-
ergy if it gathers more massive tubes, i.e., those tubes
initially located near the cloud axis. The gravitational
energy release by the rearrangement depends little on
the magnetic field. Thus, the growth rate also depends
little on B0. This mode is not taken into account in
Hanawa & Tomisaka (2015), where the mass-to-flux ra-
tio is assumed to be constant in the stability analysis for
simplicity.
Although it is due to the self-gravity of the gas, the

instability may not result in dynamical collapse, since
the displacement is dominated by circulation. The
change in gravity is due to the change in the cloud
shape. This instability is similar to that found by
Nagai, Inutsuka & Miyama (1998). They found that

磁場を曲げずにyz面をガスが回転

重いflux tube が集まることで 
重力エネルギーを解放


