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ABSTRACT

Context. Pebble accretion is expected to be the dominant process for the formation of massive solid planets, such as the cores of giant
planets and super-Earths. So far, this process has been studied under the assumption that dust coagulates and drifts throughout the
full protoplanetary disk. However, observations show that many disks are structured in rings that may be due to pressure maxima,
preventing the global radial drift of the dust.
Aims. We aim to study how the pebble-accretion paradigm changes if the dust is confined in a ring.
Methods. Our approach is mostly analytic. We derived a formula that provides an upper bound to the growth of a planet as a function
of time. We also numerically implemented the analytic formulæ to compute the growth of a planet located in a typical ring observed
in the DSHARP survey, as well as in a putative ring rescaled at 5 AU.
Results. Planet Type I migration is stopped in a ring, but not necessarily at its center. If the entropy-driven corotation torque is
desaturated, the planet is located in a region with low dust density, which severely limits its accretion rate. If the planet is instead
near the ring’s center, its accretion rate can be similar to the one it would have in a classic (ringless) disk of equivalent dust density.
However, the growth rate of the planet is limited by the diffusion of dust in the ring, and the final planet mass is bounded by the total
ring mass. The DSHARP rings are too far from the star to allow the formation of massive planets within the disk’s lifetime. However,
a similar ring rescaled to 5 AU could lead to the formation of a planet incorporating the full ring mass in less than 1/2 My.
Conclusions. The existence of rings may not be an obstacle to planet formation by pebble-accretion. However, for accretion to be
effective, the resting position of the planet has to be relatively near the ring’s center, and the ring needs to be not too far from the
central star. The formation of planets in rings can explain the existence of giant planets with core masses smaller than the so-called
pebble isolation mass.

Key words. planets and satellites: formation – protoplanetary disks – planet-disk interactions

1. Introduction

The formation of massive planets (cores of giant planets, super-
Earths) is not yet fully elucidated. The classic model of oli-
garchic growth in a disk of planetesimals has difficulties produc-
ing such massive bodies within the disk’s lifetime, particularly
at distances typical of the giant planets of the solar system or
warm jupiters around other stars (Levison et al. 2010; Morbidelli
et al. 2015; Johansen & Lambrechts 2017; Johansen & Bitsch
2019). Oligarchic growth in planetesimal disks is also particu-
larly inefficient if the initial planetesimals are mostly ⇠100 km
in size (Fortier et al. 2013), as predicted by the streaming instabil-
ity model (Johansen et al. 2015; Simon et al. 2017) and suggested
by observations of the size-frequency distribution of the remain-
ing solar system planetesimals (for asteroids see e.g., Morbidelli
et al. 2009, Delbo’ et al. 2017; for Kuiper-belt objects see e.g.,
Morbidelli & Nesvorný 2020).

For these reasons, a new paradigm for planet formation has
been developed in the last decade, dubbed pebble accretion
(Ormel & Klahr 2010; Lambrechts & Johansen 2012, 2014;
Lambrechts et al. 2014; Levison et al. 2015; Ida et al. 2016;
Ormel 2017, to quote just a few). In this paradigm, planets grow
by accreting small solid material (dust grains, pebble-sized
objects) as this material drifts radially in the disk due to aerody-
namic drag. If the flux of material is sufficiently large, planetary
cores of 10–20 Earth masses can form within the lifetime of the
disk.

Nevertheless, the models of pebble accretion developed so
far are quite simplistic, because they assume a continuous flux
of pebbles as if their initial reservoir had an infinite radial exten-
sion. However, protoplanetary disks are not infinitely wide. The
median observed sizes (in gas) of Class-I and Class-II disks
are 100 and 200 AU, respectively, although some exceptional
ones can extend to ⇠1000 AU (Najita & Bergin 2018). Due
to observational biases, the real medians are certainly smaller.
There is evidence that the protoplanetary disk of the solar sys-
tem did not exceed 80 AU in radial extension (Kretke et al.
2012). Given the expected rates of growth and radial drift of
dust (Brauer et al. 2008; Birnstiel et al. 2010, 2016), in disks
of these sizes the flux of pebbles is expected to last much less
than the lifetime of the disk. For instance, Sato et al. (2016)
estimated that the flux of pebbles should decay sharply after a
time t ⇠ 2 ⇥ 105(rgas/100 AU)3/2 yr, where rgas is the radius of
the gas disk. As a corollary, one would expect that protoplane-
tary disks at several AUs from the star become dust poor very
rapidly because of dust growth and drift (Birnstiel et al. 2010;
Rosotti et al. 2019), but observations show that disks remain
dust rich (compared to gas) for at least a few My (Manara
et al. 2016), given the good correlation existing between the gas
accretion rate onto the central star and the disk mass in dust.
There is no evidence that disks are systematically smaller in dust
than gas, because the observed ratios (typically rgas/rdust ⇠ 2 –
Najita & Bergin 2018; Ansdell et al. 2018) could simply be
the consequence of optical depth effects (Trapman et al. 2019).
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Fig. 1. Radial profiles of pressure (black), gas surface density (red), and dust surface density (blue) for the DHSARP ring B77, from Dullemond
et al. (2018) – see Sect. 3. The vertical scale of each profile has been renormalized for illustrative purposes. The dashed thin red curves show the
profiles r

2.55 and 1/r, and their tangential points to the red solid curve shows the locations where the gas surface density profile has locally these
profiles. These two locations delimit the range of possible positions of the planet at the migration trap, depending on the degree of saturation of the
vortensity-driven corotation torque. Their distances relative to the location of the pressure maximum are given in terms of the parameter �, as well
as the location of the maximum of the gas surface-density distribution. The widths w and wd in Eqs. (1) and (4) are also graphically represented.

A caveat, however, needs to be mentioned. At � ⇠ 0, the gas
near the planet’s orbit is not pressure supported, and thus it has
to follow horseshoe streamlines relative to the planet, even if the
planet’s mass is small. The half-width of the horseshoe region
is xs = 1.16rp(M/M⇤)1/2(H/r)�1/2 when the planet mass is small
and tends to ⇠2.5RH when M/M⇤ & 10�4 (Masset et al. 2006b). If
one neglects the perturbations of the planet on the gas, the nom-
inal accretion radius in the Hill regime is racc = (⌧/0.1)1/3

RH. If
xs ⌧ racc, the dust reaches the Hill radius of the planet without
being substantially affected by the distortions of the gas stream-
lines, so the nominal accretion radius is the correct radius. But
if xs & racc, the specific flow of the gas becomes important. Only
the dust carried along a narrow stream of gas around the sep-
aratrix of the coorbital motion is accreted by the planet. The
radial width W(M, ⌧) of this stream is a complicated function of
planet mass and the particles’ Stokes number, and is described
in Kuwahara & Kurokawa (2020). On the other hand, the shear
velocity of this dust relative to the planet is 3/2xs⌦, which is
larger than 3/2racc⌦. Using numerical simulations, Kuwahara
and Kurokawa showed that, if the dust density is radially uni-
form, these two effects approximately cancel each other out, and
the actual accretion rate onto the planet is almost the same as
that computed, a priori incorrectly, using the nominal accretion
radius. However, in the case of a ring, the density of dust in
Formula (4) is not uniform. Thus, the estimate of the dust accre-
tion rate should be decreased by a factor exp(�x

2
s
/2w2

d
). In most

cases, this factor will be ⇠1, but it can be significantly smaller if
the ring is narrow (small wd) and the planet massive (large xs).

In any case, the planet cannot accrete more dust than the
amount that the ring can deliver by diffusion and/or advection.
Because the dust density profile (Eq. (4)) is set by the equilib-
rium between diffusion and advection, we can use either of them
to evaluate the dust delivery rate to the planet’s orbit. Using the
advection term (2) and expression (9), we find that the planet’s

accretion rate is capped by (assuming ↵ ⌧ ⌧ ⌧ 1):

ṀMax = 2 ⇥ 2⇡rp⌃d(rp)vr(rp) = A⌧�⌃d,0 exp
0
BBBB@�
�2w2⌧

2↵r
2
0

1
CCCCA , (11)

with A = 4⇡rpH
2
p
⌦p/r0. We note the first factor of 2 at the

right hand side of the first equals sign, which is due to the
fact that dust is delivered from both sides of the planet’s orbit
due to diffusion, unlike in a disk dominated by advection,
where the material flows only from one side. For the reasons
explained above, if � ⇠ 0, the dust flux should be computed
by setting � = max(racc, xs)r0/w2

d
. For comparison, the maxi-

mal accretion rate in a disk without pressure bump and dust
density ⌃d,0 would be ṀMax = 4⇡r2

p
⌦p⌧⌘⌃d,0, which is a fac-

tor ⇠1/� exp[�2w2⌧/(2↵r
2
0)] larger than the one in Eq. (11).

Formula (11) has a maximum for � =
p
↵/⌧r0/w, where ṀMax =

A
p
↵⌧r0/w⌃d,0 exp(�1/2), meaning it is proportional to the

square root of the diffusion coefficient in the disk.
Another aspect to consider about pebble accretion in a ring

is that the reservoir of solid mass is finite and equal to the dust
mass of the ring. As the planet is growing by accreting dust, the
total dust mass in the ring decreases as Mring = M

init
ring �M, where

M
init
ring is the initial dust mass in the ring, and M is the mass of

the planet. To obtain an upper bound on the planetary mass as a
function with time, we assume that the planet always accretes at
the maximal possible rate (Eq. (11)). By approximating

⌃d,0 =
Mring

(2⇡)3/2r0wd

=
Mring

(2⇡)3/2r0w

r
⌧

↵
, (12)

we find that the planet’s mass would evolve according to the
differential equation:

Ṁ =
A

(2⇡)3/2r0w

r
⌧3

↵
(M

init
ring � M)� exp

0
BBBB@�
�2w2⌧

2↵r
2
0

1
CCCCA (13)
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Ø 寡占成⻑では100 kmから成⻑しないのでドリフトでペブルを集めて成⻑。
Ø 数auでガスに対してダストがなくなっていない。降着しないペブルが内側で巨⼤惑星になっていない。
Ø 圧⼒バンプで⽌まるとうい解。リング分布のペブルを検証。

Ø ガウシアンリング圧⼒
Ø ガスドラッグと粘性拡散のバランスでダスト⾯密度。
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For balance, it should be noted that the size of disks in gas is
also very uncertain and may depend on the tracer that is used
(Anderson et al. 2019).

Another issue with the pebble accretion paradigm is that it
is inefficient. To form a core of 10 Earth masses starting from a
Moon-mass seed, more than 100 Earth masses of pebbles have to
pass through the planetary orbit, most of which are not accreted
by the growing planet (Morbidelli et al. 2015; Bitsch et al. 2019).
The same is true for the formation of a system of super-Earths
(Lambrechts et al. 2019). These unaccreted pebbles/dust should
accumulate at the inner edge of the disk, where the transition
from a turbulent to a more quiescent gas is expected to create a
local maximum in the pressure radial distribution (Flock et al.
2016, 2017). There, the accumulated material should form mas-
sive planets (Flock et al. 2019). The corollary is that every star
should have close-in massive planets, which is not observed.

These problems could be solved if the dust grows much more
slowly than expected in coagulation models, and so drifts toward
the star on a longer timescale (Johansen et al. 2019). However,
in this case the planets would also grow more slowly (because
the pebbles are smaller). Moreover, observations of disks at
mm-wavelength suggest that mm-size dust does exist in disks.
Another possibility is that there are impediments to dust-drift
in protoplanetary disks, possibly due to the presence of multi-
ple pressure bumps (Pinilla et al. 2012). Recent high-resolution
observations with ALMA do indeed show that most proto-
planetary disks have ring-like structures (ALMA Partnership
2015; Andrews et al. 2018; Long et al. 2018; Dullemond et al.
2018), indicating that bottlenecks for dust-drift exist at multiple
locations.

The origin of these rings is still debated. Magneto-
hydrodynamical (MHD) simulations show that the surface
density distribution of disks can become a radial wavy function
(Bethune et al. 2017), leading to the formation of multiple
pressure bumps and hence of dust rings (Riols et al. 2019).
More subtle dust-gas instabilities can also generate dust rings
(Tominaga et al. 2019). On the other hand, massive planets can
open gaps in the gas distribution and generate pressure bumps
(e.g., Zhang et al. 2018; Weber et al. 2017; Yang & Zhu 2020;
Wafflard-Fernandez & Baruteau 2020). Thus, whether rings are
a prerequisite for planet formation or a consequence of planet
formation is not yet known. Similarly, for the solar system, there
is evidence that the dust from the outer disk did not penetrate
into the inner disk in large quantities, leading to the observed
dichotomy in the isotopic properties of inner and outer solar sys-
tem planetesimals (Kruijer et al. 2017). Whether this separation
between the inner and outer disk’s dust was due to the existence
of a pressure bump in the disk (Brasser & Mojzsis 2020) or to
the formation of Jupiter (Kruijer et al. 2017) is under debate.

This short paper places itself in the first hypothesis (rings
exist before planet formation takes place) and explores how the
pebble accretion paradigm changes in the presence of rings. If
rings are a consequence of planet formation, what follows can
be regarded as a description of how a second generation of plan-
ets can grow, from the rings induced by the formation of the
first generation. Two important assumptions of this work are
that (i) the rings are due to pressure maxima, as advocated by
Dullemond et al. (2018), and (ii) they are long-lived structures
which, frankly, is not known. If the rings are ephemeral, or just
the result of a modulation of the dust drift speed, they probably
don’t have a significant impact on planet accretion.

There are three big changes in the pebble-accretion narrative
if the dust is confined in rings. Firstly, there is no net radial drift
of dust. Dust diffuses back and forth within the ring, which gives

the planet multiple chances to accrete it, alleviating the ineffi-
ciency of pebble accretion upon a single passage of a dust grain
through the planet’s orbit. Secondly, the reservoir of solid mass
available for planet growth is finite, limited by the mass of the
ring. Thirdly, there is no differential azimuthal velocity between
the planet and gas/dust near the pressure maximum. Section 2
analyzes all of these aspects, leading to an analytic upper bound
of the planet’s growth as a function of ring mass, turbulent dif-
fusion, and the dust’s Stokes number. Section 3 then presents a
more detailed computation of the growth of a planet in the rings
observed in the DSHARP survey, discussed in Dullemond et al.
(2018). The results are discussed in Sect. 4.

2. Dust dynamics in a ring and its accretion by a

planet

The formation of a dust ring in the disk is most likely due to the
appearance of a pressure bump in the disk, whatever the cause
for this pressure bump (e.g., MHD instabilities, dust-gas insta-
bilities, the existence of other planets). As in Dullemond et al.
(2018), we assume that the radial pressure profile is Gaussian,
namely:

p(r) = p0 exp
 
� (r � r0)2

2w2

!
, (1)

where r0 is the center of the pressure maximum and w its width.
Because of gas drag, the dust is attracted toward the pressure

maximum, with a radial speed that is

vr(r) = � H
2⌦⌧

w2(1 + ⌧2)
(r � r0) (2)

(see Formula 44 in Dullemond et al. 2018), where H is the pres-
sure scale-height of the disk,⌦ is the keplerian orbital frequency,
and ⌧ is the dust’s Stokes number1.

On the other hand, the dust also undergoes turbulent diffu-
sion. The diffusion coefficient for the dust is (Youdin & Lithwick
2007):

Dd =
D

1 + ⌧2 , (3)

where D is the turbulent diffusion in the gas, (usually assumed to
be equal to its viscosity) which, following the ↵-prescription of
Shakura & Sunyaev (1973), gives D = ↵H

2⌦, where ↵ is the tur-
bulent parameter. Observations of the dust distribution in disks
suggest that ↵ = 10�4–10�3 (Pinte et al. 2016; Dullemond et al.
2018).

The balance between diffusion (which tends to disperse the
dust) and the drag force (which tends to bring the dust back
towards the pressure maximum) gives the dust the steady state
radial distribution:

⌃d(r) = ⌃d,0 exp
0
BBBB@�

(r � r0)2

2w2
d

1
CCCCA , (4)

with a width wd related to the width w of the pressure bump by
the relationship

wd = w/
p

1 + ⌧/↵ (5)

(Dullemond et al. 2018), which reduces to the often-quoted
relationship wd = w

p
↵/⌧ for ↵ ⌧ ⌧. Dullemond et al. (2018)

showed that there is typically an order of magnitude contrast
1 The original formula in Dullemond et al. (2018) uses the sound speed
cs, which is equal to H⌦.
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between the center of the ring and its border (the “gap” between
rings), arguing that the description given by Eq. (4) is valid for
|r � r0| . 2wd.

The dynamics of the growing planet responds to the surface
density distribution of the gas ⌃g, which sets its migration speed
and direction. The latter is related to the pressure profile by the
relationship

p(r) = c
2
s
⌃g/(
p

2⇡H), (6)

where cs = H⌦ is the sound speed. Assuming, for simplicity,
H / r (flat disk), one gets ⌃g(r) / r

2
p(r), with p(r) given by

Eq. (1). It is trivial to see that ⌃g(r) is proportional to r
2 at the

location of the pressure maximum r0, whereas it has a maximum
at rM = r0(1 +

q
1 + 8w2/r2

0)/2. For w/r0 ⌧ 1, the location of
the maximum of ⌃g can be approximated by rM = r0 + 2w2/r0.
Approximating ⌃g(r) near its maximum by a parabolic profile,
we then find that that ⌃(r) / 1/r at r1 = r0 + 3w2/r0.

The planet’s radial migration in disks with arbitrary surface
density profiles has been studied in detail in Paardekooper et al.
(2010, 2011). They demonstrated that the planet feels a torque �
from the disk that is:

� =
�0

�

"
(�2.5 � 1.7b + 0.1a) + 1.1 fv(⌫,M)

 
3
2
� a

!

+ fE(⌫, �,M)
 
7.9
⇠

�

!#
, (7)

where �0 = [(M/M⇤)(rp/Hp)]2⌃g(rp)r2
p
⌦2

p
is the nominal torque

(M and M⇤ being the masses of the planet and the star respec-
tively and rp the location of the planet, where the disk has height
Hp and rotation frequency ⌦p). In Formula (7), the coefficient a

is the exponent of the gas surface-density profile, approximated
as a power-law of type ⌃g(r) = ⌃g(rp)/(r � rp)a around rp; simi-
larly, b is the exponent of the disk’s temperature profile, written
as T (r) = T0(rp)/(r � rp)b. Coherently with our assumption that
the ratio H/r in the disk is constant, we assume that b = 1. The
coefficient � in Eq. (7) is the adiabatic index, in general assumed
to be equal to 1.4 and ⇠ = b � (� � 1)a. In Formula (7), the first
term within (.) is due to the so-called Lindblad torque; the sec-
ond one is due to the vortensity-driven corotation torque, and the
last is due to the entropy-driven corotation torque.

The functions fV(⌫,M) and fE(⌫, �,M) are between 0 and 1
and depend on the disk’s viscosity ⌫, thermal conductivity �,
and the planet’s mass (Paardekooper et al. 2011). In particular,
fV(⌫,M) ! 0 as ⌫ ! 0; in other words, the vortensity-driven
corotation torque vanishes in the inviscid limit, which is called
torque saturation. In this case, the planet is capable of changing
the surface density profile of the disk in its corotation region
toward the slope with a = 3/2, which erases the corotation
torque. However, this is only true under the hypothesis that the
viscous torque is responsible for the original density profile in
the disk. However, in a low-viscosity disk, there must be other
processes that are responsible for shaping the pressure maxi-
mum, for instance the magnetic stress (Bethune et al. 2017), or
the torque from an already existing planet opening a gap between
two adjacent rings. It is reasonable to expect that these processes
would restore the original disk’s profile in the planet’s corota-
tion region, fighting against the planet’s action. Thus, we may
assume that fV(⌫,M) ⇠ 1 in our case, although a specific eval-
uation would be needed once the actual origin of the pressure
maximum is understood.

The function fE(⌫, �,M) ! 0 if � ! 0, for example, in the
adiabatic limit, where thermal diffusivity is null. Instead, in the

isothermal limit (� ! 1), the function fE tends to a limit value
f
1
E (⌫,M) < 1, and f

1
E (⌫,M) ! 0 if ⌫ ! 0. Thus, a variety of

values of fE can be envisioned.
There is a planet trap – where the planet stops migrating

(Masset et al. 2006a) – where the term within [.] in Formula (7)
vanishes. Assuming the limit case fV = fE = 1, this happens at
the location where a ⇠ 1 (precisely: 0.95), meaning ⇠3w2/r0
beyond the pressure bump. If instead fV = 1, but fE = 0, the
solution of the [.] = 0 equation occurs for a = �2.55, meaning
⇠0.5w2/r0 inward of the pressure bump (which corresponds to
a = �2). We note that, if the vortensity-driven torque were also
strongly saturated ( fV ⇠ 0), the equation [.] = 0 would not have
a solution: this means that there would be no planet trap and the
planet would migrate out of the ring. Because this study only
makes sense if the planet is confined in the ring, we assume that
the vortensity-driven corotation torque is strongly desaturated
( fV ⇠ 1, as justified above), so that the planet trap is at a dis-
tance �w2/r0 from the pressure bump, with � between �0.5 and
3 depending on the actual degree of saturation of the entropy-
driven corotation torque. Thus, � is a measure of where the planet
trap is relative to the pressure maximum, in units of w2/r0. The
radial profiles of pressure, gas, and dust surface densities, as well
as the range of possible locations of the planet trap and corre-
sponding values of � are illustrated in Fig. 1. For completeness,
had we assumed a flared disk, meaning with H/r / r

2/7 and
b = 3/7, the planet trap would be located at � = 0.15–2 (again,
depending on the saturation of the entropy-driven torque), and
the maximum of the gas surface density distribution would be at
� = 12/7.

The planet accretes pebbles/dust at a rate

Ṁ = C⌃d(rp), (8)

where ⌃d(rp) is the density of dust at the planet’s location,
and the coefficient C depends on the accretion cross-section of
the planet and the velocity of the dust relative to the planet,
according to the various accretion regimes (Bondi accretion, Hill
accretion, 2D, 3D, etc.; see the compendium in Ida et al. 2016).

From Formula (4), the density of the dust at the planet trap
is

⌃d(rp) = ⌃d,0 exp
0
BBBB@�
�2w4

2r
2
0w

2
d

1
CCCCA = ⌃d,0 exp

0
BBBB@�
�2w2(↵ + ⌧)

2↵r
2
0

1
CCCCA , (9)

where we expressed rp � r0 in terms of � and used Formula (5)
to pass from the second to the third expression. We note that,
in a low-viscosity disk with ↵ ⌧ �2w2⌧/(2r

2
0), the dust density

(Eq. (9)) is exponentially small at the location � of the planet, so
that the planet can accrete only at a slow rate. This is a first big
difference with respect to a disk without pressure traps, where
the dust density scales smoothly with r (approximately ⇠1/

p
r,

assuming ⌧ and the dust mass-flux to be independent of r), so
that, wherever the planet is, it can accrete at a comparable rate.

If, instead, � is small, ⌃d(�) ⇠ ⌃d,0. But in this case the veloc-
ity of the gas relative to the planet becomes small, because it is
given by the expression:

�v =
1
2

H
2⌦

r

d log P

d log r
=

1
2
�H2⌦

r0
. (10)

However, the planet’s accretion rate in the 3D Bondi regime,
for a given particle’s ⌧, is independent of �v, and it is equal to
3/2⇡R3

H⌦⇢d, where RH = rp[(M/(3M⇤)]1/3 is the Hill radius, and
⇢d is the volume density of dust near the midplane (Ida et al.
2016; Ormel 2017). Thus, the accretion rate is the same as in a
disk without pressure bump and dust surface density ⌃d,0.
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For balance, it should be noted that the size of disks in gas is
also very uncertain and may depend on the tracer that is used
(Anderson et al. 2019).

Another issue with the pebble accretion paradigm is that it
is inefficient. To form a core of 10 Earth masses starting from a
Moon-mass seed, more than 100 Earth masses of pebbles have to
pass through the planetary orbit, most of which are not accreted
by the growing planet (Morbidelli et al. 2015; Bitsch et al. 2019).
The same is true for the formation of a system of super-Earths
(Lambrechts et al. 2019). These unaccreted pebbles/dust should
accumulate at the inner edge of the disk, where the transition
from a turbulent to a more quiescent gas is expected to create a
local maximum in the pressure radial distribution (Flock et al.
2016, 2017). There, the accumulated material should form mas-
sive planets (Flock et al. 2019). The corollary is that every star
should have close-in massive planets, which is not observed.

These problems could be solved if the dust grows much more
slowly than expected in coagulation models, and so drifts toward
the star on a longer timescale (Johansen et al. 2019). However,
in this case the planets would also grow more slowly (because
the pebbles are smaller). Moreover, observations of disks at
mm-wavelength suggest that mm-size dust does exist in disks.
Another possibility is that there are impediments to dust-drift
in protoplanetary disks, possibly due to the presence of multi-
ple pressure bumps (Pinilla et al. 2012). Recent high-resolution
observations with ALMA do indeed show that most proto-
planetary disks have ring-like structures (ALMA Partnership
2015; Andrews et al. 2018; Long et al. 2018; Dullemond et al.
2018), indicating that bottlenecks for dust-drift exist at multiple
locations.

The origin of these rings is still debated. Magneto-
hydrodynamical (MHD) simulations show that the surface
density distribution of disks can become a radial wavy function
(Bethune et al. 2017), leading to the formation of multiple
pressure bumps and hence of dust rings (Riols et al. 2019).
More subtle dust-gas instabilities can also generate dust rings
(Tominaga et al. 2019). On the other hand, massive planets can
open gaps in the gas distribution and generate pressure bumps
(e.g., Zhang et al. 2018; Weber et al. 2017; Yang & Zhu 2020;
Wafflard-Fernandez & Baruteau 2020). Thus, whether rings are
a prerequisite for planet formation or a consequence of planet
formation is not yet known. Similarly, for the solar system, there
is evidence that the dust from the outer disk did not penetrate
into the inner disk in large quantities, leading to the observed
dichotomy in the isotopic properties of inner and outer solar sys-
tem planetesimals (Kruijer et al. 2017). Whether this separation
between the inner and outer disk’s dust was due to the existence
of a pressure bump in the disk (Brasser & Mojzsis 2020) or to
the formation of Jupiter (Kruijer et al. 2017) is under debate.

This short paper places itself in the first hypothesis (rings
exist before planet formation takes place) and explores how the
pebble accretion paradigm changes in the presence of rings. If
rings are a consequence of planet formation, what follows can
be regarded as a description of how a second generation of plan-
ets can grow, from the rings induced by the formation of the
first generation. Two important assumptions of this work are
that (i) the rings are due to pressure maxima, as advocated by
Dullemond et al. (2018), and (ii) they are long-lived structures
which, frankly, is not known. If the rings are ephemeral, or just
the result of a modulation of the dust drift speed, they probably
don’t have a significant impact on planet accretion.

There are three big changes in the pebble-accretion narrative
if the dust is confined in rings. Firstly, there is no net radial drift
of dust. Dust diffuses back and forth within the ring, which gives

the planet multiple chances to accrete it, alleviating the ineffi-
ciency of pebble accretion upon a single passage of a dust grain
through the planet’s orbit. Secondly, the reservoir of solid mass
available for planet growth is finite, limited by the mass of the
ring. Thirdly, there is no differential azimuthal velocity between
the planet and gas/dust near the pressure maximum. Section 2
analyzes all of these aspects, leading to an analytic upper bound
of the planet’s growth as a function of ring mass, turbulent dif-
fusion, and the dust’s Stokes number. Section 3 then presents a
more detailed computation of the growth of a planet in the rings
observed in the DSHARP survey, discussed in Dullemond et al.
(2018). The results are discussed in Sect. 4.

2. Dust dynamics in a ring and its accretion by a

planet

The formation of a dust ring in the disk is most likely due to the
appearance of a pressure bump in the disk, whatever the cause
for this pressure bump (e.g., MHD instabilities, dust-gas insta-
bilities, the existence of other planets). As in Dullemond et al.
(2018), we assume that the radial pressure profile is Gaussian,
namely:

p(r) = p0 exp
 
� (r � r0)2

2w2

!
, (1)

where r0 is the center of the pressure maximum and w its width.
Because of gas drag, the dust is attracted toward the pressure

maximum, with a radial speed that is

vr(r) = � H
2⌦⌧

w2(1 + ⌧2)
(r � r0) (2)

(see Formula 44 in Dullemond et al. 2018), where H is the pres-
sure scale-height of the disk,⌦ is the keplerian orbital frequency,
and ⌧ is the dust’s Stokes number1.

On the other hand, the dust also undergoes turbulent diffu-
sion. The diffusion coefficient for the dust is (Youdin & Lithwick
2007):

Dd =
D

1 + ⌧2 , (3)

where D is the turbulent diffusion in the gas, (usually assumed to
be equal to its viscosity) which, following the ↵-prescription of
Shakura & Sunyaev (1973), gives D = ↵H

2⌦, where ↵ is the tur-
bulent parameter. Observations of the dust distribution in disks
suggest that ↵ = 10�4–10�3 (Pinte et al. 2016; Dullemond et al.
2018).

The balance between diffusion (which tends to disperse the
dust) and the drag force (which tends to bring the dust back
towards the pressure maximum) gives the dust the steady state
radial distribution:

⌃d(r) = ⌃d,0 exp
0
BBBB@�

(r � r0)2

2w2
d

1
CCCCA , (4)

with a width wd related to the width w of the pressure bump by
the relationship

wd = w/
p

1 + ⌧/↵ (5)

(Dullemond et al. 2018), which reduces to the often-quoted
relationship wd = w

p
↵/⌧ for ↵ ⌧ ⌧. Dullemond et al. (2018)

showed that there is typically an order of magnitude contrast
1 The original formula in Dullemond et al. (2018) uses the sound speed
cs, which is equal to H⌦.
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For balance, it should be noted that the size of disks in gas is
also very uncertain and may depend on the tracer that is used
(Anderson et al. 2019).

Another issue with the pebble accretion paradigm is that it
is inefficient. To form a core of 10 Earth masses starting from a
Moon-mass seed, more than 100 Earth masses of pebbles have to
pass through the planetary orbit, most of which are not accreted
by the growing planet (Morbidelli et al. 2015; Bitsch et al. 2019).
The same is true for the formation of a system of super-Earths
(Lambrechts et al. 2019). These unaccreted pebbles/dust should
accumulate at the inner edge of the disk, where the transition
from a turbulent to a more quiescent gas is expected to create a
local maximum in the pressure radial distribution (Flock et al.
2016, 2017). There, the accumulated material should form mas-
sive planets (Flock et al. 2019). The corollary is that every star
should have close-in massive planets, which is not observed.
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in protoplanetary disks, possibly due to the presence of multi-
ple pressure bumps (Pinilla et al. 2012). Recent high-resolution
observations with ALMA do indeed show that most proto-
planetary disks have ring-like structures (ALMA Partnership
2015; Andrews et al. 2018; Long et al. 2018; Dullemond et al.
2018), indicating that bottlenecks for dust-drift exist at multiple
locations.

The origin of these rings is still debated. Magneto-
hydrodynamical (MHD) simulations show that the surface
density distribution of disks can become a radial wavy function
(Bethune et al. 2017), leading to the formation of multiple
pressure bumps and hence of dust rings (Riols et al. 2019).
More subtle dust-gas instabilities can also generate dust rings
(Tominaga et al. 2019). On the other hand, massive planets can
open gaps in the gas distribution and generate pressure bumps
(e.g., Zhang et al. 2018; Weber et al. 2017; Yang & Zhu 2020;
Wafflard-Fernandez & Baruteau 2020). Thus, whether rings are
a prerequisite for planet formation or a consequence of planet
formation is not yet known. Similarly, for the solar system, there
is evidence that the dust from the outer disk did not penetrate
into the inner disk in large quantities, leading to the observed
dichotomy in the isotopic properties of inner and outer solar sys-
tem planetesimals (Kruijer et al. 2017). Whether this separation
between the inner and outer disk’s dust was due to the existence
of a pressure bump in the disk (Brasser & Mojzsis 2020) or to
the formation of Jupiter (Kruijer et al. 2017) is under debate.

This short paper places itself in the first hypothesis (rings
exist before planet formation takes place) and explores how the
pebble accretion paradigm changes in the presence of rings. If
rings are a consequence of planet formation, what follows can
be regarded as a description of how a second generation of plan-
ets can grow, from the rings induced by the formation of the
first generation. Two important assumptions of this work are
that (i) the rings are due to pressure maxima, as advocated by
Dullemond et al. (2018), and (ii) they are long-lived structures
which, frankly, is not known. If the rings are ephemeral, or just
the result of a modulation of the dust drift speed, they probably
don’t have a significant impact on planet accretion.

There are three big changes in the pebble-accretion narrative
if the dust is confined in rings. Firstly, there is no net radial drift
of dust. Dust diffuses back and forth within the ring, which gives

the planet multiple chances to accrete it, alleviating the ineffi-
ciency of pebble accretion upon a single passage of a dust grain
through the planet’s orbit. Secondly, the reservoir of solid mass
available for planet growth is finite, limited by the mass of the
ring. Thirdly, there is no differential azimuthal velocity between
the planet and gas/dust near the pressure maximum. Section 2
analyzes all of these aspects, leading to an analytic upper bound
of the planet’s growth as a function of ring mass, turbulent dif-
fusion, and the dust’s Stokes number. Section 3 then presents a
more detailed computation of the growth of a planet in the rings
observed in the DSHARP survey, discussed in Dullemond et al.
(2018). The results are discussed in Sect. 4.

2. Dust dynamics in a ring and its accretion by a

planet

The formation of a dust ring in the disk is most likely due to the
appearance of a pressure bump in the disk, whatever the cause
for this pressure bump (e.g., MHD instabilities, dust-gas insta-
bilities, the existence of other planets). As in Dullemond et al.
(2018), we assume that the radial pressure profile is Gaussian,
namely:

p(r) = p0 exp
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where r0 is the center of the pressure maximum and w its width.
Because of gas drag, the dust is attracted toward the pressure

maximum, with a radial speed that is

vr(r) = � H
2⌦⌧

w2(1 + ⌧2)
(r � r0) (2)

(see Formula 44 in Dullemond et al. 2018), where H is the pres-
sure scale-height of the disk,⌦ is the keplerian orbital frequency,
and ⌧ is the dust’s Stokes number1.

On the other hand, the dust also undergoes turbulent diffu-
sion. The diffusion coefficient for the dust is (Youdin & Lithwick
2007):

Dd =
D

1 + ⌧2 , (3)

where D is the turbulent diffusion in the gas, (usually assumed to
be equal to its viscosity) which, following the ↵-prescription of
Shakura & Sunyaev (1973), gives D = ↵H

2⌦, where ↵ is the tur-
bulent parameter. Observations of the dust distribution in disks
suggest that ↵ = 10�4–10�3 (Pinte et al. 2016; Dullemond et al.
2018).

The balance between diffusion (which tends to disperse the
dust) and the drag force (which tends to bring the dust back
towards the pressure maximum) gives the dust the steady state
radial distribution:

⌃d(r) = ⌃d,0 exp
0
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with a width wd related to the width w of the pressure bump by
the relationship

wd = w/
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1 + ⌧/↵ (5)

(Dullemond et al. 2018), which reduces to the often-quoted
relationship wd = w

p
↵/⌧ for ↵ ⌧ ⌧. Dullemond et al. (2018)

showed that there is typically an order of magnitude contrast
1 The original formula in Dullemond et al. (2018) uses the sound speed
cs, which is equal to H⌦.
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Fig. 1. Radial profiles of pressure (black), gas surface density (red), and dust surface density (blue) for the DHSARP ring B77, from Dullemond
et al. (2018) – see Sect. 3. The vertical scale of each profile has been renormalized for illustrative purposes. The dashed thin red curves show the
profiles r

2.55 and 1/r, and their tangential points to the red solid curve shows the locations where the gas surface density profile has locally these
profiles. These two locations delimit the range of possible positions of the planet at the migration trap, depending on the degree of saturation of the
vortensity-driven corotation torque. Their distances relative to the location of the pressure maximum are given in terms of the parameter �, as well
as the location of the maximum of the gas surface-density distribution. The widths w and wd in Eqs. (1) and (4) are also graphically represented.

A caveat, however, needs to be mentioned. At � ⇠ 0, the gas
near the planet’s orbit is not pressure supported, and thus it has
to follow horseshoe streamlines relative to the planet, even if the
planet’s mass is small. The half-width of the horseshoe region
is xs = 1.16rp(M/M⇤)1/2(H/r)�1/2 when the planet mass is small
and tends to ⇠2.5RH when M/M⇤ & 10�4 (Masset et al. 2006b). If
one neglects the perturbations of the planet on the gas, the nom-
inal accretion radius in the Hill regime is racc = (⌧/0.1)1/3

RH. If
xs ⌧ racc, the dust reaches the Hill radius of the planet without
being substantially affected by the distortions of the gas stream-
lines, so the nominal accretion radius is the correct radius. But
if xs & racc, the specific flow of the gas becomes important. Only
the dust carried along a narrow stream of gas around the sep-
aratrix of the coorbital motion is accreted by the planet. The
radial width W(M, ⌧) of this stream is a complicated function of
planet mass and the particles’ Stokes number, and is described
in Kuwahara & Kurokawa (2020). On the other hand, the shear
velocity of this dust relative to the planet is 3/2xs⌦, which is
larger than 3/2racc⌦. Using numerical simulations, Kuwahara
and Kurokawa showed that, if the dust density is radially uni-
form, these two effects approximately cancel each other out, and
the actual accretion rate onto the planet is almost the same as
that computed, a priori incorrectly, using the nominal accretion
radius. However, in the case of a ring, the density of dust in
Formula (4) is not uniform. Thus, the estimate of the dust accre-
tion rate should be decreased by a factor exp(�x

2
s
/2w2

d
). In most

cases, this factor will be ⇠1, but it can be significantly smaller if
the ring is narrow (small wd) and the planet massive (large xs).

In any case, the planet cannot accrete more dust than the
amount that the ring can deliver by diffusion and/or advection.
Because the dust density profile (Eq. (4)) is set by the equilib-
rium between diffusion and advection, we can use either of them
to evaluate the dust delivery rate to the planet’s orbit. Using the
advection term (2) and expression (9), we find that the planet’s

accretion rate is capped by (assuming ↵ ⌧ ⌧ ⌧ 1):

ṀMax = 2 ⇥ 2⇡rp⌃d(rp)vr(rp) = A⌧�⌃d,0 exp
0
BBBB@�
�2w2⌧

2↵r
2
0

1
CCCCA , (11)

with A = 4⇡rpH
2
p
⌦p/r0. We note the first factor of 2 at the

right hand side of the first equals sign, which is due to the
fact that dust is delivered from both sides of the planet’s orbit
due to diffusion, unlike in a disk dominated by advection,
where the material flows only from one side. For the reasons
explained above, if � ⇠ 0, the dust flux should be computed
by setting � = max(racc, xs)r0/w2

d
. For comparison, the maxi-

mal accretion rate in a disk without pressure bump and dust
density ⌃d,0 would be ṀMax = 4⇡r2

p
⌦p⌧⌘⌃d,0, which is a fac-

tor ⇠1/� exp[�2w2⌧/(2↵r
2
0)] larger than the one in Eq. (11).

Formula (11) has a maximum for � =
p
↵/⌧r0/w, where ṀMax =

A
p
↵⌧r0/w⌃d,0 exp(�1/2), meaning it is proportional to the

square root of the diffusion coefficient in the disk.
Another aspect to consider about pebble accretion in a ring

is that the reservoir of solid mass is finite and equal to the dust
mass of the ring. As the planet is growing by accreting dust, the
total dust mass in the ring decreases as Mring = M

init
ring �M, where

M
init
ring is the initial dust mass in the ring, and M is the mass of

the planet. To obtain an upper bound on the planetary mass as a
function with time, we assume that the planet always accretes at
the maximal possible rate (Eq. (11)). By approximating

⌃d,0 =
Mring

(2⇡)3/2r0wd

=
Mring

(2⇡)3/2r0w

r
⌧

↵
, (12)

we find that the planet’s mass would evolve according to the
differential equation:

Ṁ =
A

(2⇡)3/2r0w

r
⌧3

↵
(M

init
ring � M)� exp

0
BBBB@�
�2w2⌧

2↵r
2
0

1
CCCCA (13)
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Fig. 1. Radial profiles of pressure (black), gas surface density (red), and dust surface density (blue) for the DHSARP ring B77, from Dullemond
et al. (2018) – see Sect. 3. The vertical scale of each profile has been renormalized for illustrative purposes. The dashed thin red curves show the
profiles r

2.55 and 1/r, and their tangential points to the red solid curve shows the locations where the gas surface density profile has locally these
profiles. These two locations delimit the range of possible positions of the planet at the migration trap, depending on the degree of saturation of the
vortensity-driven corotation torque. Their distances relative to the location of the pressure maximum are given in terms of the parameter �, as well
as the location of the maximum of the gas surface-density distribution. The widths w and wd in Eqs. (1) and (4) are also graphically represented.

A caveat, however, needs to be mentioned. At � ⇠ 0, the gas
near the planet’s orbit is not pressure supported, and thus it has
to follow horseshoe streamlines relative to the planet, even if the
planet’s mass is small. The half-width of the horseshoe region
is xs = 1.16rp(M/M⇤)1/2(H/r)�1/2 when the planet mass is small
and tends to ⇠2.5RH when M/M⇤ & 10�4 (Masset et al. 2006b). If
one neglects the perturbations of the planet on the gas, the nom-
inal accretion radius in the Hill regime is racc = (⌧/0.1)1/3

RH. If
xs ⌧ racc, the dust reaches the Hill radius of the planet without
being substantially affected by the distortions of the gas stream-
lines, so the nominal accretion radius is the correct radius. But
if xs & racc, the specific flow of the gas becomes important. Only
the dust carried along a narrow stream of gas around the sep-
aratrix of the coorbital motion is accreted by the planet. The
radial width W(M, ⌧) of this stream is a complicated function of
planet mass and the particles’ Stokes number, and is described
in Kuwahara & Kurokawa (2020). On the other hand, the shear
velocity of this dust relative to the planet is 3/2xs⌦, which is
larger than 3/2racc⌦. Using numerical simulations, Kuwahara
and Kurokawa showed that, if the dust density is radially uni-
form, these two effects approximately cancel each other out, and
the actual accretion rate onto the planet is almost the same as
that computed, a priori incorrectly, using the nominal accretion
radius. However, in the case of a ring, the density of dust in
Formula (4) is not uniform. Thus, the estimate of the dust accre-
tion rate should be decreased by a factor exp(�x

2
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/2w2

d
). In most

cases, this factor will be ⇠1, but it can be significantly smaller if
the ring is narrow (small wd) and the planet massive (large xs).

In any case, the planet cannot accrete more dust than the
amount that the ring can deliver by diffusion and/or advection.
Because the dust density profile (Eq. (4)) is set by the equilib-
rium between diffusion and advection, we can use either of them
to evaluate the dust delivery rate to the planet’s orbit. Using the
advection term (2) and expression (9), we find that the planet’s

accretion rate is capped by (assuming ↵ ⌧ ⌧ ⌧ 1):

ṀMax = 2 ⇥ 2⇡rp⌃d(rp)vr(rp) = A⌧�⌃d,0 exp
0
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with A = 4⇡rpH
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⌦p/r0. We note the first factor of 2 at the

right hand side of the first equals sign, which is due to the
fact that dust is delivered from both sides of the planet’s orbit
due to diffusion, unlike in a disk dominated by advection,
where the material flows only from one side. For the reasons
explained above, if � ⇠ 0, the dust flux should be computed
by setting � = max(racc, xs)r0/w2

d
. For comparison, the maxi-

mal accretion rate in a disk without pressure bump and dust
density ⌃d,0 would be ṀMax = 4⇡r2

p
⌦p⌧⌘⌃d,0, which is a fac-

tor ⇠1/� exp[�2w2⌧/(2↵r
2
0)] larger than the one in Eq. (11).

Formula (11) has a maximum for � =
p
↵/⌧r0/w, where ṀMax =

A
p
↵⌧r0/w⌃d,0 exp(�1/2), meaning it is proportional to the

square root of the diffusion coefficient in the disk.
Another aspect to consider about pebble accretion in a ring

is that the reservoir of solid mass is finite and equal to the dust
mass of the ring. As the planet is growing by accreting dust, the
total dust mass in the ring decreases as Mring = M

init
ring �M, where

M
init
ring is the initial dust mass in the ring, and M is the mass of

the planet. To obtain an upper bound on the planetary mass as a
function with time, we assume that the planet always accretes at
the maximal possible rate (Eq. (11)). By approximating

⌃d,0 =
Mring

(2⇡)3/2r0wd

=
Mring
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we find that the planet’s mass would evolve according to the
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whose solution is: M(t) = M
init
ring[1 � exp(Bt)], with

B =
A

(2⇡)3/2r0w

r
⌧3

↵
� exp

0
BBBB@�
�2w2⌧

2↵r
2
0

1
CCCCA . (14)

Therefore, initially the planet grows at a slow rate if ↵r
2
0/⌧w

2 ⌧
1 or ⌧3/↵�2 ⌧ 1 (we remind the reader that it’s an upper bound);
then the rate slows down as the mass of the planet approaches
the limit M

init
ring asymptotically.

3. An application: growth of a planet in a DSHARP

ring

To make a quantitative calculation of planet accretion in a dust
ring, we considered the rings studied in Dullemond et al. (2018).
In particular, we chose the ring denoted B77 in that paper, as
it is the “median ring” in terms of distance from the star and
width. The properties of this ring given in Dullemond et al.
(2018) are: r0 = 75 AU, T = 22 K, wd = 4.5 AU, Mdust = 40 M�.
These properties are deduced directly from the observations. The
maximal width of the pressure bump w is estimated from the
distance between adjacent rings and is w = 17 AU. The radio
wd/w sets ↵/⌧ = 7.7 ⇥ 10�2. Educated guesses on the gas den-
sity (⌃g = 10 g cm�2) and dust size then lead to ⌧ = 3 ⇥ 10�3

and ↵ = 2.3⇥ 10�4. Even if there are large uncertainties on some
of these parameters, we adopted them as fiducial numbers for the
sake of example. We also assumed, for simplicity, that the central
star has the mass of the Sun, even though the real star is 0.8 M�.
These parameters were also used to draw Fig. 1, for illustrative
purposes.

We considered a planetary seed with M = 0.1 M�. We first
assumed, for the sake of example, that the planet is fixed at
three different locations (� = 3,�0.5 or 0); then, we followed
the expected location of the planet as its mass grows, using the
Paardekooper et al. (2011) formulæ for torque saturation.

For the computation of the coefficient C in Eq. (8), we com-
puted the fraction of the local dust density accreted according
to the Bondi, Hill, 2D, or 3D accretion regimes, following the
formulæ in Ida et al. (2016).

If the planet is at � = 3, we find that the planet starts (and
remains) in the 3D Bondi accretion regime, so that

C =

p
8⇡

Hd

R
2
B

ts

tB

�v, (15)

where �v is given in (10), the Bondi radius is RB = GM/(�v)2,
the crossing time is tB = RB/�v, and the stopping time is ts =
⌧/⌦. The mass evolution of the planet is shown over the first
3 My in Fig. 2 (red curve). We kept the disk properties fixed
over this amount of time, for simplicity, but it would not be real-
istic to continue beyond this timescale, because the disk’s gas
and dust density should decay considerably. Also, we have no
knowledge of the actual lifetime of dust rings. The planet’s mass
seems constant, because it increases by only 12% on the consid-
ered timescale, which is invisible at the scale of the plot. This
is because, at � = 3, the dust density is very reduced, as can be
seen by extrapolating the blue curve below the lower boundary
of Fig. 1.

If the planet is instead at � = �0.5, the dust density is higher,
and the growth is significantly faster. After 1.6 My, the planet
has reached 0.27M� and the accretion switches to the 3D Hill
regime, so that

C =
3
p
⇡p

8Hd

R
3
H
⌧

0.1
⌦. (16)

Fig. 2. Evolution of the mass of a planet of initially 0.1 M� accreting
pebbles in the B77 DHARP ring, for three different locations (i.e., val-
ues of �) relative to the position of the pressure maximum as well as a
case (black curve) where the planet follows the (mass-dependent) loca-
tion of the planet trap as it grows, and therefore � changes with time
(from ⇠0.2 to ⇠0.4).

The planet reaches a final mass of 0.8 M� (Fig. 2, blue curve).
If the planet is at the dust trap, it can grow at the maximal

speed. In this case, the planet reaches 1.1 M� in the end (Fig. 2,
cyan curve), with a growth that is basically identical to that of a
planet in a disk with dust density ⌃d,0 without pressure bumps,
because xs ⌧ 2

p
2wd throughout the planet’s growth. In all three

cases we considered, the growth rate is much smaller than the
maximum rate reported in Eq. (13).

To add a bit of realism, we now compute, for each planet
mass, the expected location of the planet’s trap accounting for
the saturation of the corotation torques, and compute the accre-
tion rate of the planet at that location. To evaluate the saturation
of the corotation torques, we used formulæ (52) and (53) from
Paardekooper et al. (2011) using the disk parameters reported
above, and an opacity  = 0.03 cm2 g�1. The result is illustrated
by the black curve, which is very close to the cyan curve for
the planet at the pressure maximum. In this case, the planet
indeed starts at � = 0.2, meaning, very close to the pressure
maximum, and slowly moves away from it, reaching � = 0.4
at the end of the simulation, as labeled on the plot. Through-
out the simulation, the saturation functions fV and fE are very
close to the values corresponding to the linear components of the
torques, namely 0.7/1.1 and 1.7/7.9, respectively (Paardekooper
et al. 2011). In fact, for the considered planetary masses, the
ratios ⌫rp/(x

3
s
⌦) and �rp/(x

3
s
⌦), which enter in the saturation

functions, are both much larger than unity, meaning that the sys-
tem is in the isothermal, high-viscosity regime (Paardekooper
et al. 2011).

We conclude that planetary seeds are unlikely to become a
sizable (observable) planet in this ring (and probably all rings)
observed by the DSHARP survey. This is consistent with the fact
that these rings are observable. In fact, if the rings had formed a
planet containing most of their mass within the age of the disk,
they would no longer be visible.

It is therefore interesting to rescale the considered ring into
the inner disk. For simplicity, we multiplied r0, w and wd by
0.067, so that r0 = 5 AU. We kept the same values of ↵ and ⌧. We
multiplied the mass of the ring by

p
0.067, which is equivalent

to assuming a disk’s global surface-density profile / 1/r3/2. We
also reset the temperature to T = 120 K and the aspect ratio to
H/r = 0.05, which are appropriate for a disk at 5 AU.

The mass growths for planets situated at � = 3,�0.5, and 0
in such a rescaled ring are illustrated in Fig. 3. Both the planets
located at � = 0 and �0.5 grow at almost indistinguishable rates
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3. An application: growth of a planet in a DSHARP

ring

To make a quantitative calculation of planet accretion in a dust
ring, we considered the rings studied in Dullemond et al. (2018).
In particular, we chose the ring denoted B77 in that paper, as
it is the “median ring” in terms of distance from the star and
width. The properties of this ring given in Dullemond et al.
(2018) are: r0 = 75 AU, T = 22 K, wd = 4.5 AU, Mdust = 40 M�.
These properties are deduced directly from the observations. The
maximal width of the pressure bump w is estimated from the
distance between adjacent rings and is w = 17 AU. The radio
wd/w sets ↵/⌧ = 7.7 ⇥ 10�2. Educated guesses on the gas den-
sity (⌃g = 10 g cm�2) and dust size then lead to ⌧ = 3 ⇥ 10�3

and ↵ = 2.3⇥ 10�4. Even if there are large uncertainties on some
of these parameters, we adopted them as fiducial numbers for the
sake of example. We also assumed, for simplicity, that the central
star has the mass of the Sun, even though the real star is 0.8 M�.
These parameters were also used to draw Fig. 1, for illustrative
purposes.

We considered a planetary seed with M = 0.1 M�. We first
assumed, for the sake of example, that the planet is fixed at
three different locations (� = 3,�0.5 or 0); then, we followed
the expected location of the planet as its mass grows, using the
Paardekooper et al. (2011) formulæ for torque saturation.

For the computation of the coefficient C in Eq. (8), we com-
puted the fraction of the local dust density accreted according
to the Bondi, Hill, 2D, or 3D accretion regimes, following the
formulæ in Ida et al. (2016).

If the planet is at � = 3, we find that the planet starts (and
remains) in the 3D Bondi accretion regime, so that
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where �v is given in (10), the Bondi radius is RB = GM/(�v)2,
the crossing time is tB = RB/�v, and the stopping time is ts =
⌧/⌦. The mass evolution of the planet is shown over the first
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over this amount of time, for simplicity, but it would not be real-
istic to continue beyond this timescale, because the disk’s gas
and dust density should decay considerably. Also, we have no
knowledge of the actual lifetime of dust rings. The planet’s mass
seems constant, because it increases by only 12% on the consid-
ered timescale, which is invisible at the scale of the plot. This
is because, at � = 3, the dust density is very reduced, as can be
seen by extrapolating the blue curve below the lower boundary
of Fig. 1.

If the planet is instead at � = �0.5, the dust density is higher,
and the growth is significantly faster. After 1.6 My, the planet
has reached 0.27M� and the accretion switches to the 3D Hill
regime, so that
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Fig. 2. Evolution of the mass of a planet of initially 0.1 M� accreting
pebbles in the B77 DHARP ring, for three different locations (i.e., val-
ues of �) relative to the position of the pressure maximum as well as a
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(from ⇠0.2 to ⇠0.4).

The planet reaches a final mass of 0.8 M� (Fig. 2, blue curve).
If the planet is at the dust trap, it can grow at the maximal

speed. In this case, the planet reaches 1.1 M� in the end (Fig. 2,
cyan curve), with a growth that is basically identical to that of a
planet in a disk with dust density ⌃d,0 without pressure bumps,
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To add a bit of realism, we now compute, for each planet
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the saturation of the corotation torques, and compute the accre-
tion rate of the planet at that location. To evaluate the saturation
of the corotation torques, we used formulæ (52) and (53) from
Paardekooper et al. (2011) using the disk parameters reported
above, and an opacity  = 0.03 cm2 g�1. The result is illustrated
by the black curve, which is very close to the cyan curve for
the planet at the pressure maximum. In this case, the planet
indeed starts at � = 0.2, meaning, very close to the pressure
maximum, and slowly moves away from it, reaching � = 0.4
at the end of the simulation, as labeled on the plot. Through-
out the simulation, the saturation functions fV and fE are very
close to the values corresponding to the linear components of the
torques, namely 0.7/1.1 and 1.7/7.9, respectively (Paardekooper
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et al. 2011).

We conclude that planetary seeds are unlikely to become a
sizable (observable) planet in this ring (and probably all rings)
observed by the DSHARP survey. This is consistent with the fact
that these rings are observable. In fact, if the rings had formed a
planet containing most of their mass within the age of the disk,
they would no longer be visible.

It is therefore interesting to rescale the considered ring into
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0.067, so that r0 = 5 AU. We kept the same values of ↵ and ⌧. We
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to assuming a disk’s global surface-density profile / 1/r3/2. We
also reset the temperature to T = 120 K and the aspect ratio to
H/r = 0.05, which are appropriate for a disk at 5 AU.

The mass growths for planets situated at � = 3,�0.5, and 0
in such a rescaled ring are illustrated in Fig. 3. Both the planets
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ABSTRACT

Context. Pebble accretion is expected to be the dominant process for the formation of massive solid planets, such as the cores of giant
planets and super-Earths. So far, this process has been studied under the assumption that dust coagulates and drifts throughout the
full protoplanetary disk. However, observations show that many disks are structured in rings that may be due to pressure maxima,
preventing the global radial drift of the dust.
Aims. We aim to study how the pebble-accretion paradigm changes if the dust is confined in a ring.
Methods. Our approach is mostly analytic. We derived a formula that provides an upper bound to the growth of a planet as a function
of time. We also numerically implemented the analytic formulæ to compute the growth of a planet located in a typical ring observed
in the DSHARP survey, as well as in a putative ring rescaled at 5 AU.
Results. Planet Type I migration is stopped in a ring, but not necessarily at its center. If the entropy-driven corotation torque is
desaturated, the planet is located in a region with low dust density, which severely limits its accretion rate. If the planet is instead
near the ring’s center, its accretion rate can be similar to the one it would have in a classic (ringless) disk of equivalent dust density.
However, the growth rate of the planet is limited by the diffusion of dust in the ring, and the final planet mass is bounded by the total
ring mass. The DSHARP rings are too far from the star to allow the formation of massive planets within the disk’s lifetime. However,
a similar ring rescaled to 5 AU could lead to the formation of a planet incorporating the full ring mass in less than 1/2 My.
Conclusions. The existence of rings may not be an obstacle to planet formation by pebble-accretion. However, for accretion to be
effective, the resting position of the planet has to be relatively near the ring’s center, and the ring needs to be not too far from the
central star. The formation of planets in rings can explain the existence of giant planets with core masses smaller than the so-called
pebble isolation mass.

Key words. planets and satellites: formation – protoplanetary disks – planet-disk interactions

1. Introduction

The formation of massive planets (cores of giant planets, super-
Earths) is not yet fully elucidated. The classic model of oli-
garchic growth in a disk of planetesimals has difficulties produc-
ing such massive bodies within the disk’s lifetime, particularly
at distances typical of the giant planets of the solar system or
warm jupiters around other stars (Levison et al. 2010; Morbidelli
et al. 2015; Johansen & Lambrechts 2017; Johansen & Bitsch
2019). Oligarchic growth in planetesimal disks is also particu-
larly inefficient if the initial planetesimals are mostly ⇠100 km
in size (Fortier et al. 2013), as predicted by the streaming instabil-
ity model (Johansen et al. 2015; Simon et al. 2017) and suggested
by observations of the size-frequency distribution of the remain-
ing solar system planetesimals (for asteroids see e.g., Morbidelli
et al. 2009, Delbo’ et al. 2017; for Kuiper-belt objects see e.g.,
Morbidelli & Nesvorný 2020).

For these reasons, a new paradigm for planet formation has
been developed in the last decade, dubbed pebble accretion
(Ormel & Klahr 2010; Lambrechts & Johansen 2012, 2014;
Lambrechts et al. 2014; Levison et al. 2015; Ida et al. 2016;
Ormel 2017, to quote just a few). In this paradigm, planets grow
by accreting small solid material (dust grains, pebble-sized
objects) as this material drifts radially in the disk due to aerody-
namic drag. If the flux of material is sufficiently large, planetary
cores of 10–20 Earth masses can form within the lifetime of the
disk.

Nevertheless, the models of pebble accretion developed so
far are quite simplistic, because they assume a continuous flux
of pebbles as if their initial reservoir had an infinite radial exten-
sion. However, protoplanetary disks are not infinitely wide. The
median observed sizes (in gas) of Class-I and Class-II disks
are 100 and 200 AU, respectively, although some exceptional
ones can extend to ⇠1000 AU (Najita & Bergin 2018). Due
to observational biases, the real medians are certainly smaller.
There is evidence that the protoplanetary disk of the solar sys-
tem did not exceed 80 AU in radial extension (Kretke et al.
2012). Given the expected rates of growth and radial drift of
dust (Brauer et al. 2008; Birnstiel et al. 2010, 2016), in disks
of these sizes the flux of pebbles is expected to last much less
than the lifetime of the disk. For instance, Sato et al. (2016)
estimated that the flux of pebbles should decay sharply after a
time t ⇠ 2 ⇥ 105(rgas/100 AU)3/2 yr, where rgas is the radius of
the gas disk. As a corollary, one would expect that protoplane-
tary disks at several AUs from the star become dust poor very
rapidly because of dust growth and drift (Birnstiel et al. 2010;
Rosotti et al. 2019), but observations show that disks remain
dust rich (compared to gas) for at least a few My (Manara
et al. 2016), given the good correlation existing between the gas
accretion rate onto the central star and the disk mass in dust.
There is no evidence that disks are systematically smaller in dust
than gas, because the observed ratios (typically rgas/rdust ⇠ 2 –
Najita & Bergin 2018; Ansdell et al. 2018) could simply be
the consequence of optical depth effects (Trapman et al. 2019).
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の続き

Ø 0.1 MEを種にしてDSHARPのメディアンリング。
Ø à3 Myrでは⼤きくならない。⼤きくなっていればリングを⾷べ尽くすので観測とは合う。
Ø Σ∝r‒1.5でr0=5 auまでスケールすると3 Myrで10 MEになる。

Ø トルクはオパシティや磁場に敏感に依る。

Ø バンプがないとpebble-isolation質量に達する。。
これは>20 MEで⽊星コアより３倍は⼩さい。
リングによって⼩さいコアを実現可能。
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Therefore, initially the planet grows at a slow rate if ↵r
2
0/⌧w

2 ⌧
1 or ⌧3/↵�2 ⌧ 1 (we remind the reader that it’s an upper bound);
then the rate slows down as the mass of the planet approaches
the limit M

init
ring asymptotically.

3. An application: growth of a planet in a DSHARP

ring

To make a quantitative calculation of planet accretion in a dust
ring, we considered the rings studied in Dullemond et al. (2018).
In particular, we chose the ring denoted B77 in that paper, as
it is the “median ring” in terms of distance from the star and
width. The properties of this ring given in Dullemond et al.
(2018) are: r0 = 75 AU, T = 22 K, wd = 4.5 AU, Mdust = 40 M�.
These properties are deduced directly from the observations. The
maximal width of the pressure bump w is estimated from the
distance between adjacent rings and is w = 17 AU. The radio
wd/w sets ↵/⌧ = 7.7 ⇥ 10�2. Educated guesses on the gas den-
sity (⌃g = 10 g cm�2) and dust size then lead to ⌧ = 3 ⇥ 10�3

and ↵ = 2.3⇥ 10�4. Even if there are large uncertainties on some
of these parameters, we adopted them as fiducial numbers for the
sake of example. We also assumed, for simplicity, that the central
star has the mass of the Sun, even though the real star is 0.8 M�.
These parameters were also used to draw Fig. 1, for illustrative
purposes.

We considered a planetary seed with M = 0.1 M�. We first
assumed, for the sake of example, that the planet is fixed at
three different locations (� = 3,�0.5 or 0); then, we followed
the expected location of the planet as its mass grows, using the
Paardekooper et al. (2011) formulæ for torque saturation.

For the computation of the coefficient C in Eq. (8), we com-
puted the fraction of the local dust density accreted according
to the Bondi, Hill, 2D, or 3D accretion regimes, following the
formulæ in Ida et al. (2016).

If the planet is at � = 3, we find that the planet starts (and
remains) in the 3D Bondi accretion regime, so that

C =

p
8⇡

Hd

R
2
B

ts

tB

�v, (15)

where �v is given in (10), the Bondi radius is RB = GM/(�v)2,
the crossing time is tB = RB/�v, and the stopping time is ts =
⌧/⌦. The mass evolution of the planet is shown over the first
3 My in Fig. 2 (red curve). We kept the disk properties fixed
over this amount of time, for simplicity, but it would not be real-
istic to continue beyond this timescale, because the disk’s gas
and dust density should decay considerably. Also, we have no
knowledge of the actual lifetime of dust rings. The planet’s mass
seems constant, because it increases by only 12% on the consid-
ered timescale, which is invisible at the scale of the plot. This
is because, at � = 3, the dust density is very reduced, as can be
seen by extrapolating the blue curve below the lower boundary
of Fig. 1.

If the planet is instead at � = �0.5, the dust density is higher,
and the growth is significantly faster. After 1.6 My, the planet
has reached 0.27M� and the accretion switches to the 3D Hill
regime, so that

C =
3
p
⇡p

8Hd

R
3
H
⌧

0.1
⌦. (16)

Fig. 2. Evolution of the mass of a planet of initially 0.1 M� accreting
pebbles in the B77 DHARP ring, for three different locations (i.e., val-
ues of �) relative to the position of the pressure maximum as well as a
case (black curve) where the planet follows the (mass-dependent) loca-
tion of the planet trap as it grows, and therefore � changes with time
(from ⇠0.2 to ⇠0.4).

The planet reaches a final mass of 0.8 M� (Fig. 2, blue curve).
If the planet is at the dust trap, it can grow at the maximal

speed. In this case, the planet reaches 1.1 M� in the end (Fig. 2,
cyan curve), with a growth that is basically identical to that of a
planet in a disk with dust density ⌃d,0 without pressure bumps,
because xs ⌧ 2

p
2wd throughout the planet’s growth. In all three

cases we considered, the growth rate is much smaller than the
maximum rate reported in Eq. (13).

To add a bit of realism, we now compute, for each planet
mass, the expected location of the planet’s trap accounting for
the saturation of the corotation torques, and compute the accre-
tion rate of the planet at that location. To evaluate the saturation
of the corotation torques, we used formulæ (52) and (53) from
Paardekooper et al. (2011) using the disk parameters reported
above, and an opacity  = 0.03 cm2 g�1. The result is illustrated
by the black curve, which is very close to the cyan curve for
the planet at the pressure maximum. In this case, the planet
indeed starts at � = 0.2, meaning, very close to the pressure
maximum, and slowly moves away from it, reaching � = 0.4
at the end of the simulation, as labeled on the plot. Through-
out the simulation, the saturation functions fV and fE are very
close to the values corresponding to the linear components of the
torques, namely 0.7/1.1 and 1.7/7.9, respectively (Paardekooper
et al. 2011). In fact, for the considered planetary masses, the
ratios ⌫rp/(x

3
s
⌦) and �rp/(x

3
s
⌦), which enter in the saturation

functions, are both much larger than unity, meaning that the sys-
tem is in the isothermal, high-viscosity regime (Paardekooper
et al. 2011).

We conclude that planetary seeds are unlikely to become a
sizable (observable) planet in this ring (and probably all rings)
observed by the DSHARP survey. This is consistent with the fact
that these rings are observable. In fact, if the rings had formed a
planet containing most of their mass within the age of the disk,
they would no longer be visible.

It is therefore interesting to rescale the considered ring into
the inner disk. For simplicity, we multiplied r0, w and wd by
0.067, so that r0 = 5 AU. We kept the same values of ↵ and ⌧. We
multiplied the mass of the ring by

p
0.067, which is equivalent

to assuming a disk’s global surface-density profile / 1/r3/2. We
also reset the temperature to T = 120 K and the aspect ratio to
H/r = 0.05, which are appropriate for a disk at 5 AU.

The mass growths for planets situated at � = 3,�0.5, and 0
in such a rescaled ring are illustrated in Fig. 3. Both the planets
located at � = 0 and �0.5 grow at almost indistinguishable rates
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To make a quantitative calculation of planet accretion in a dust
ring, we considered the rings studied in Dullemond et al. (2018).
In particular, we chose the ring denoted B77 in that paper, as
it is the “median ring” in terms of distance from the star and
width. The properties of this ring given in Dullemond et al.
(2018) are: r0 = 75 AU, T = 22 K, wd = 4.5 AU, Mdust = 40 M�.
These properties are deduced directly from the observations. The
maximal width of the pressure bump w is estimated from the
distance between adjacent rings and is w = 17 AU. The radio
wd/w sets ↵/⌧ = 7.7 ⇥ 10�2. Educated guesses on the gas den-
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and ↵ = 2.3⇥ 10�4. Even if there are large uncertainties on some
of these parameters, we adopted them as fiducial numbers for the
sake of example. We also assumed, for simplicity, that the central
star has the mass of the Sun, even though the real star is 0.8 M�.
These parameters were also used to draw Fig. 1, for illustrative
purposes.

We considered a planetary seed with M = 0.1 M�. We first
assumed, for the sake of example, that the planet is fixed at
three different locations (� = 3,�0.5 or 0); then, we followed
the expected location of the planet as its mass grows, using the
Paardekooper et al. (2011) formulæ for torque saturation.

For the computation of the coefficient C in Eq. (8), we com-
puted the fraction of the local dust density accreted according
to the Bondi, Hill, 2D, or 3D accretion regimes, following the
formulæ in Ida et al. (2016).

If the planet is at � = 3, we find that the planet starts (and
remains) in the 3D Bondi accretion regime, so that
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where �v is given in (10), the Bondi radius is RB = GM/(�v)2,
the crossing time is tB = RB/�v, and the stopping time is ts =
⌧/⌦. The mass evolution of the planet is shown over the first
3 My in Fig. 2 (red curve). We kept the disk properties fixed
over this amount of time, for simplicity, but it would not be real-
istic to continue beyond this timescale, because the disk’s gas
and dust density should decay considerably. Also, we have no
knowledge of the actual lifetime of dust rings. The planet’s mass
seems constant, because it increases by only 12% on the consid-
ered timescale, which is invisible at the scale of the plot. This
is because, at � = 3, the dust density is very reduced, as can be
seen by extrapolating the blue curve below the lower boundary
of Fig. 1.

If the planet is instead at � = �0.5, the dust density is higher,
and the growth is significantly faster. After 1.6 My, the planet
has reached 0.27M� and the accretion switches to the 3D Hill
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Fig. 2. Evolution of the mass of a planet of initially 0.1 M� accreting
pebbles in the B77 DHARP ring, for three different locations (i.e., val-
ues of �) relative to the position of the pressure maximum as well as a
case (black curve) where the planet follows the (mass-dependent) loca-
tion of the planet trap as it grows, and therefore � changes with time
(from ⇠0.2 to ⇠0.4).

The planet reaches a final mass of 0.8 M� (Fig. 2, blue curve).
If the planet is at the dust trap, it can grow at the maximal

speed. In this case, the planet reaches 1.1 M� in the end (Fig. 2,
cyan curve), with a growth that is basically identical to that of a
planet in a disk with dust density ⌃d,0 without pressure bumps,
because xs ⌧ 2

p
2wd throughout the planet’s growth. In all three

cases we considered, the growth rate is much smaller than the
maximum rate reported in Eq. (13).

To add a bit of realism, we now compute, for each planet
mass, the expected location of the planet’s trap accounting for
the saturation of the corotation torques, and compute the accre-
tion rate of the planet at that location. To evaluate the saturation
of the corotation torques, we used formulæ (52) and (53) from
Paardekooper et al. (2011) using the disk parameters reported
above, and an opacity  = 0.03 cm2 g�1. The result is illustrated
by the black curve, which is very close to the cyan curve for
the planet at the pressure maximum. In this case, the planet
indeed starts at � = 0.2, meaning, very close to the pressure
maximum, and slowly moves away from it, reaching � = 0.4
at the end of the simulation, as labeled on the plot. Through-
out the simulation, the saturation functions fV and fE are very
close to the values corresponding to the linear components of the
torques, namely 0.7/1.1 and 1.7/7.9, respectively (Paardekooper
et al. 2011). In fact, for the considered planetary masses, the
ratios ⌫rp/(x

3
s
⌦) and �rp/(x

3
s
⌦), which enter in the saturation

functions, are both much larger than unity, meaning that the sys-
tem is in the isothermal, high-viscosity regime (Paardekooper
et al. 2011).

We conclude that planetary seeds are unlikely to become a
sizable (observable) planet in this ring (and probably all rings)
observed by the DSHARP survey. This is consistent with the fact
that these rings are observable. In fact, if the rings had formed a
planet containing most of their mass within the age of the disk,
they would no longer be visible.

It is therefore interesting to rescale the considered ring into
the inner disk. For simplicity, we multiplied r0, w and wd by
0.067, so that r0 = 5 AU. We kept the same values of ↵ and ⌧. We
multiplied the mass of the ring by

p
0.067, which is equivalent

to assuming a disk’s global surface-density profile / 1/r3/2. We
also reset the temperature to T = 120 K and the aspect ratio to
H/r = 0.05, which are appropriate for a disk at 5 AU.

The mass growths for planets situated at � = 3,�0.5, and 0
in such a rescaled ring are illustrated in Fig. 3. Both the planets
located at � = 0 and �0.5 grow at almost indistinguishable rates
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Fig. 3. Same as Fig. 2, but rescaling the geometry of the B77 DHSARP
ring at 5 AU and increasing the dust surface density / 1/r3/2.

and show the saturation effect discussed at the end of Sect. 2.
In fact, they accrete all the available mass (10.2 M�) in less than
1/2 My. The planet at � = 3 grows much more slowly, although
faster than in the ring at 75 AU, and in this case reaches 3.5 M� at
the end of the simulation. The planet that is allowed to migrate
as it grows (black curve) shows very interesting behavior. Ini-
tially, it is at � = 0.6, but the planet trap moves farther away from
the pressure maximum as the planet grows, reaching � = 2.7 at
M = 3M�. This limits the planet’s accretion rate relatively to the
cases with � = 0.5 or 0 shown before, because the density of
dust at large � is lower. Figure 3 labels the value of � as a func-
tion of the planet’s mass. For larger masses, the planet migrates
back toward the pressure maximum. This behavior is the effect
of the corotation torques; fV and fE are initially close to the val-
ues corresponding to the linear components of the torques, then
they evolve towards ⇠1 as the planet grows and furthermore they
decrease as the ratios ⌫rp/(x

3
s
⌦) and �rp/(x

3
s
⌦) approach unity.

As a result of this back and forth migration relative to the cen-
ter of the ring, the planet reaches the maximal mass of 10.2 M�
at 2.5 My. However, we warn that the saturation functions fV
and fE are very sensitive on the disk’s parameters, and differ-
ent assumptions may lead to different results and evolutions.
Here, we assumed an opacity  = 3 cm2 g�1. A lower value of
⌃g would have kept the planet closer to the pressure maximum,
enhancing its accretion rate. Also, we remind the reader that it is
unclear how saturation would occur in the presence of additional
forces (e.g., magnetic stresses) shaping the disk’s density profile.

Of course, we do not know whether rings of this kind exist
in the inner part of protoplanetary disks, but if they do, they may
be effective sites to produce giant planet cores, provided that the
planet remains in the proximity of the pressure maximum.

4. Conclusions

Pierre-Simon de Laplace is recognized to have been the first
scientist to theorize -back in 1796- the formation of a circum-
stellar disk due to angular momentum conservation during the
contraction of gas towards the central star (Emmanuel Kant had
also envisioned the formation of a disk, but his reasoning was
not scientifically correct). But what is less widely known is that
Laplace, to explain the final formation of a discrete set of plan-
ets, envisioned that the circumstellar disks would break in rings,
each ring giving origin to one planet. Astonishingly, modern
resolved observations of protoplanetary disks (Andrews et al.
2018) indeed show that most of them are structured in rings.

In this paper, we have examined how the now popular
paradigm of planet formation by pebble accretion changes if the
rings are due to pressure maxima that prevent the global drift of

dust in the disk. We discuss in the Introduction that the radial
drift of dust through the entire disk would lead to consequences
(in terms of dust distribution, dust/gas ratio, formation of planets
at the inner disk edge) that are inconsistent with the observations.
This suggests that pressure maxima are ubiquitous in protoplan-
etary disks (Pinilla et al. 2012), probably also in the inner parts
not yet observationally resolved by current instruments.

In the analytic part of this paper (Sect. 2), we point out that
planet Type I migration is probably stalled in a ring, but the
location at which the planet is at rest is not necessarily the pres-
sure maximum. It depends on the degree of saturation of the
so-called corotation torques, particularly the one depending on
the entropy gradient (Paardekooper et al. 2010, 2011). Thus, the
dust accumulation may be offset from the planet’s radial position
by a significant amount. In this case, the planet finds itself in a
low-density region of dust, and its accretion is necessarily slow.

If the planet location is near the pressure maximum instead,
the dust density is high, but pebble accretion still proceeds dif-
ferently than in the classic case where dust has a global radial
drift. Firstly, the difference in orbital velocity between the planet
and the gas/particles is much smaller (it is null at the exact pres-
sure maximum). Thus, the Bondi radius becomes very large, and
the accretion regime already transits to the Hill regime at small
planet masses (Ormel 2017). Moreover, in the absence of differ-
ential azimuthal velocity imposed by the gas pressure gradient,
the motion of dust relative to the planet is governed by three-
body co-orbital dynamics instead of being a simple flyby+drag
process (Kuwahara & Kurokawa 2020). We show, however, that
both these aspects have moderate effects on the accretion rate of
the planet, which remains similar to the one that the same planet
would have in a disk without pressure maximum but with the
same dust surface density.

More relevant is the fact that the planet cannot accrete more
mass than that advected towards the planet’s orbit in the ring. The
density profile in the ring is the result of the balance between
the drift of dust towards the pressure maximum and the turbu-
lent diffusion in the disk (Dullemond et al. 2018). Far from the
pressure maximum, the drift is fast, but the equilibrium surface
density of dust is exponentially low; approaching the pressure
maximum, it’s the drift speed that tends to be zero. Thus, the
maximal accretion rate is, in general, significantly lower than the
maximal accretion rate in a classic, power-law disk and it can,
in some cases, effectively taper the mass growth of the planet.
Moreover, the reservoir of mass available to the planet is finite
(i.e., the total mass of the ring) so that the maximal planet’s mass
is bounded. In Sect. 2 we obtain an analytic formula of the mass
evolution of a planet assuming that it accretes at the maximal rate
until exhausting the ring’s dust reservoir. Of course, this formula
is derived from very optimistic assumptions and serves just as an
upper bound of the real mass evolution.

In Sect. 3, we compute the accretion rate of a planet in
a typical ring observed by the DSHARP survey (Dullemond
et al. 2018), using a numerical implementation of the analytic
formulæ. We show that if the planet feels unsaturated corotation
torques, it basically does not grow because it lies too far from
the peak of the ring’s dust density. If the planet lies closer to the
ring’s center, its accretion is more significant, but nevertheless
insufficient for the planet to grow beyond one Earth masses in
3 My. However, it is fair to say that this inefficiency of planet
formation is not due to the dust being confined in a ring, but to
the long orbital timescales and low dust densities, even at peak
values.

This result suggests that it is unlikely that the DSHARP rings
themselves are the result of the formation of a first generation of
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Abstract

In this study, we analyze molecular gas formation in neutral atomic hydrogen (HI) clouds

using the latest CO data obtained from the four-beam receiver system on a 45-m tele-

scope (FOREST) unbiased Galactic plane imaging survey with the Nobeyama 45-m telescope

(FUGIN) and HI data taken from the Very Large Array (VLA) Galactic plane survey (VGPS).

We applied a dendrogram algorithm to the HI data cube to identify HI clouds, and we calcu-

lated the HI mass and molecular gas mass by summing the CO line intensity within each HI

cloud. On the basis of the results, we created a catalog of 5,737 identified HI clouds with

local standard of rest (LSR) velocity of VLSR ≤ −20 km s−1 in Galactic longitude and latitude

ranges of 20◦ ≤ l≤ 50◦ and −1◦ ≤ b≤ 1◦, respectively. We found that most of the HI clouds are

distributed within a Galactocentric distance of 16 kpc, most of which are in the Cold Neutral

Medium (CNM) phase. In addition, we determined that the high-mass end of the mass HI func-

tion is well fitted with the power-law function with an index of 2.3. Although two sequences of

self-gravitating and diffuse clouds are expected to appear in the Mtot-MH2 diagram according

to previous works based on a plane-parallel model, the observational data show only a sin-

gle sequence with large scattering within these two sequences. This implies that most of the

clouds are mixtures of these two types of clouds. Moreover, we suggest the following scenario

of molecular gas formation: An HI-dominant cloud evolved with increasing H2 mass along a

path of MH2 ∝M2
tot by collecting diffuse gas before reaching and moving along the curves of

the two sequences.

c© 2018. Astronomical Society of Japan.
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Fig. 1. Longitude-velocity diagrams of 12CO(J = 1–0) (top) and HI (bottom) data obtained from FUGIN and VGPS, respectively. The data were integrated in

the Galactic latitude ranges of |b| ≤ 1.0◦ for CO and |b| ≤ 1.3◦ for HI. This study focuses on the regions of |b| ≤ 1.0◦ and VLSR ≤ −20 km s−1.

Galactocentric distance; Column (7) shows the major and

minor axis radii; Column (8) shows the position angle;

Column (9) shows the velocity dispersion; Column (10)

shows the HI mass; and Column (11) shoes the H2 mass.

A complete list of these parameters is available online as

digital data.

The maximum and minimum values of the HI clouds

mass were 1.35× 104 M! and 14.0 M!, respectively. The

mean mass was calculated to be 5.59×102 M!. The near-

est and farthest HI clouds were located at the heliocentric

distances of 11.9 kpc and 25.1 kpc, respectively. The mean

heliocentric distance was 16.4 kpc, which can be regarded

as the typical distance of the HI clouds in our sample.

The corresponding minimum, maximum, and mean values

of the Galactocentric distances were 9.1 kpc, 18.2 kpc, and

11.3 kpc, respectively.

Considering that minimum voxel number of 125 and

minimum contour level of Tmin = 5 K were adopted as de-

scribed in section 3 and that the maximum heliocentric dis-

tance was Dmax = 25.1 kpc, HI clouds with mass less than

M =125XHITmin∆v(Dmax
18

3600
π

180 )
2 mp

M#
=36 M! were not

fully identified.

Similarly, because the minimum heliocentric distance

of the HI clouds was 11.9 kpc, the mass of the faintest

detectable cloud was estimated to be as small as 8.1 M!

The maximum, minimum, and mean values of the

mass of H2 gas were 1.37 × 104 M!, 0.300 M!, and

2.84 × 102 M!, respectively. The H2 gas was detected

among HI clouds in the heliocentric distance range of 11.9–

25.1 kpc. The mean heliocentric distance was 16.4 kpc,

which is almost the same as that of HI clouds. The cor-

responding minimum, maximum, and mean values of the

Galactocentric distances were 9.1 kpc, 18.2 kpc, and 11.3

kpc, respectively. Because the RMS noise in the convolved
12CO data, velocity resolution, and the maximum helio-

centric distance of HI cloud with detected CO emission

were ∆TCO = 0.2 K, ∆v = 0.824 km s−1, and Dmax = 25.1

kpc, respectively, HI clouds with molecular mass less than

M =
√
125XCOTmin∆v(Dmax

18
3600

π
180 )

2 2mp

M#
= 26 M! could

not be counted completely. Similarly to the case of HI, the

mass of the faintest detectable H2 gas was estimated to

be as small as 5.8 M!. It should be noted that H2 clouds
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without HI gas, referred to as naked H2 clouds, were not

considered in our study.

5 Properties of identified HI clouds

5.1 Mass fraction of HI clouds to the total HI gas

While analysis with the dendrogram algorithm can iden-

tify clumpy HI clouds, it cannot recover all the diffuse HI

component by definition as mentioned in the section 3.

Therefore, we first discuss the fraction of HI mass recovered

by our analysis to the total mass estimated by integrating

the original HI spectra.

Figure 2 shows the total HI mass, which was estimated

by integrating the original HI spectra, and the HI cloud

mass, which is estimated by summing up masses of HI

clouds identified by the dendrogram algorithm, as a func-

tion of the Galactocentric distance. The total HI mass was

estimated with

MHI=XHID
2(∆D)mp

∫ b2

b1

∫ l2

l1

∫ V2

V1

TB(VLSR)dVLSRdldb,(3)

where b1 = −1◦, b2 = +1◦, l1 = 20◦, l2 = 50◦, D1 =

D −∆D/2, D2 = D+∆D/2, V1 = VLSR(D1), and V2 =

VLSR(D2).

The total mass of all HI clouds identified by the dendro-

gram listed in table 1 amounts to 3.2×106 M" while total

HI mass in the ranges of 20◦ ≤ l ≤ 50◦ and R =9–19 kpc

measured 1.6× 107 M". Therefore, the fraction of the HI

emission recovered by the dendrogram analysis was 20 %.

The local fraction varies with the Galactocentric distance

R, being as high as 23% around R = 12 kpc and decreas-

ing below 20% beyond R = 13 kpc. This variation seems

related to the phase transition between the cold neutral

medium (CNM) and the warm neutral medium (WNM) as

discussed in the next subsection.

5.2 Radial variation of HI cloud number density

Figure 3 shows number density of the identified clouds as

a function of the Galactocentric distance. This value was

determined by counting the clouds within each sector of

a Galactocentric radius width of 1 kpc and in a Galactic

longitude range of 20◦≤ l≤50◦ and then dividing the cloud

number by the area in each sector.

The maximum density occurred around a

Galactocentric distance of 10 kpc, beyond which the

HI cloud number density decreased monotonically with

the Galactocentric distance. This peak coincides with

locus of the Cygnus arm (Outer arm), which is clearly

traced with the HI line, where numerous HI clouds are

expected to be identified. However, few clouds were
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to the standard deviation.

identified beyond a Galactocentric distance of 16 kpc in

spite of existence of HI gas as shown in figure 2.

Figure 3 additionally shows a comparison of HI cloud

number density and HI volume density n at a Galactic lat-

itude of b= 0◦, which was calculated by using the original

spectra of l = 20◦–50◦, |b| ≤ 0.5◦ and the aforementioned

rotation curve based on the equation

n=XHITHI∆VLSR/∆D, (4)

where D denotes the heliocentric distance. Because the

slopes of both plots were found to be similar, the number of

HI clouds is almost proportional to the HI volume density.

This similarity can be explained by considering the two-
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without HI gas, referred to as naked H2 clouds, were not

considered in our study.

5 Properties of identified HI clouds

5.1 Mass fraction of HI clouds to the total HI gas

While analysis with the dendrogram algorithm can iden-

tify clumpy HI clouds, it cannot recover all the diffuse HI

component by definition as mentioned in the section 3.

Therefore, we first discuss the fraction of HI mass recovered

by our analysis to the total mass estimated by integrating

the original HI spectra.

Figure 2 shows the total HI mass, which was estimated

by integrating the original HI spectra, and the HI cloud

mass, which is estimated by summing up masses of HI

clouds identified by the dendrogram algorithm, as a func-

tion of the Galactocentric distance. The total HI mass was

estimated with

MHI=XHID
2(∆D)mp

∫ b2

b1

∫ l2

l1

∫ V2

V1

TB(VLSR)dVLSRdldb,(3)

where b1 = −1◦, b2 = +1◦, l1 = 20◦, l2 = 50◦, D1 =

D −∆D/2, D2 = D+∆D/2, V1 = VLSR(D1), and V2 =

VLSR(D2).

The total mass of all HI clouds identified by the dendro-

gram listed in table 1 amounts to 3.2×106 M" while total

HI mass in the ranges of 20◦ ≤ l ≤ 50◦ and R =9–19 kpc

measured 1.6× 107 M". Therefore, the fraction of the HI

emission recovered by the dendrogram analysis was 20 %.

The local fraction varies with the Galactocentric distance

R, being as high as 23% around R = 12 kpc and decreas-

ing below 20% beyond R = 13 kpc. This variation seems

related to the phase transition between the cold neutral

medium (CNM) and the warm neutral medium (WNM) as

discussed in the next subsection.

5.2 Radial variation of HI cloud number density

Figure 3 shows number density of the identified clouds as

a function of the Galactocentric distance. This value was

determined by counting the clouds within each sector of

a Galactocentric radius width of 1 kpc and in a Galactic

longitude range of 20◦≤ l≤50◦ and then dividing the cloud

number by the area in each sector.

The maximum density occurred around a

Galactocentric distance of 10 kpc, beyond which the

HI cloud number density decreased monotonically with

the Galactocentric distance. This peak coincides with

locus of the Cygnus arm (Outer arm), which is clearly

traced with the HI line, where numerous HI clouds are

expected to be identified. However, few clouds were
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identified beyond a Galactocentric distance of 16 kpc in

spite of existence of HI gas as shown in figure 2.

Figure 3 additionally shows a comparison of HI cloud

number density and HI volume density n at a Galactic lat-

itude of b= 0◦, which was calculated by using the original

spectra of l = 20◦–50◦, |b| ≤ 0.5◦ and the aforementioned

rotation curve based on the equation

n=XHITHI∆VLSR/∆D, (4)

where D denotes the heliocentric distance. Because the

slopes of both plots were found to be similar, the number of

HI clouds is almost proportional to the HI volume density.

This similarity can be explained by considering the two-

Ø ⽔素分⼦⽐は圧⼒、紫外線（光解離）、⾦属量（シールド）の情報。
Ø コアの外殻でHI, CI, CIIがシールドと思われていたが、CI, CIIは粒々

という過去観測。⼀般にHI, H2雲はどうなのか。
Ø Four-beam 45 mとVLAで銀河⾯サーベイ。
VLA: HI, 1', 1.56 km/s, 2 K, missing fluxのためにGreen Bank 100 m.
45 m: CO, 20", 1.3 km/s, 0.2 K@1'.

Ø VLAのV<‒20 km/sへデンドログラムでHI雲同定。閾値：5 K, 125 
voxel。全ガスの20%が分⼦雲。

雲が少ない。
à

Ø 雲数と密度が⽐例。
ßclumpy-CNM, 
diffuse-WNM.
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Fig. 4. Density-pressure diagram. The thick curve is a theoretical model of

the thermal equilibrium calculated by using the heating and cooling functions

presented by Inoue et al. (2006). The dashed line shown in the lower HI

volume density range of n < 3 H cm−3 corresponds to the WNM phase,

and the higher range of n > 10 H cm−3 corresponds to the CNM phase.

The mean HI volume densities of each Galactocentric distance derived with

original spectra of b = 0 are plotted as filled squares.

low mean densities even though the number is small. A

possible interpretation is that these are mixtures of CNM-

and WNM-phase gases though such clouds are rare.

Fig. 5. Histograms of volume densities of HI clouds. The vertical line de-

notes the HI volume density of n = 3 H cm−3, which is the threshold value

dividing the phase into the WNM and CNM. HI clouds with and without CO

detection are separately plotted with black and gray lines, respectively.

5.4 Mass Function

Figure 6 shows the mass functions of the HI clouds, which

was obtained by counting the number of HI clouds in each

mass interval (∆ log10M) of 0.1. Because HI clouds with

mass less than 36 M! are incompletely identified, as ex-

plained in section 4, the mass function for such HI clouds

are plotted with a black line; others are plotted with a gray

line.

First, it should be mentioned that the minimum mass

of the HI clouds was 14.0 M!, whereas the minimum de-

tectable mass was 8.1 M!. This lower limit is close to a

mass of WNM within a sphere of acoustic scale la ∼ 10 pc,

which is calculated as la = cstc using sound speed cs and

cooling timescale tc (Inoue et al. 2006). This is reasonable

because the mass of WNM within a sphere of diameter la

is estimated as M =mHIn(4π/3)(la/2)
3 = 12M! assuming

an HI density of n = 1 cm−3. However, this lower limit

does not match CNM mass within a sphere of CNM at

an acoustic scale of ∼ 0.1 pc or Field length of ∼ 10−2 pc

as well as a WNM mass within a sphere of WNM Field

length of ∼ 10−1 pc. Therefore, the lower limit appears

to be consistent with the scenario of HI clouds forming in

shocked WNM owing to thermal instability, as suggested

by Koyama, & Inutsuka (2002).

The HI mass function plotted with the black line in

figure 6 can be well fitted with power-law function:

N =N0M
−α, (5)

in the mass range of M ≥ 1000 M! as shown in figure 6.

The factor N0 and power α were estimated to be N0 =

109.5±0.4 and α = 2.3± 0.1, respectively. The resultant

power of α=2.3±0.1 is much larger than that of the Giant

Molecular Cloud (GMC), which is known to be typically

α = 0.5 in the Galaxy (Solomon et al. 1987). Because

the HI clouds are much smaller in mass than GMCs, it

is understandable that they are very different. This steep

function seems to imply that most of the atomic mass is

within small CNM clouds.
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completeness and is plotted with a black thick line. The number for the other

is incomplete and is plotted with a gray line. The line denotes the power-law

function of dN

d(log10 M) = 109.5M−2.3 = (3.2× 109)M−2.3.
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Ø 内側の>~1000 K cm‒3
は外的擾乱でCNMに
なって雲を作れる。Ø 最⼩雲質量14 MsunはCNMではなくWNMの熱不安定（cstl内の質量）。
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Abstract

In this study, we analyze molecular gas formation in neutral atomic hydrogen (HI) clouds

using the latest CO data obtained from the four-beam receiver system on a 45-m tele-

scope (FOREST) unbiased Galactic plane imaging survey with the Nobeyama 45-m telescope

(FUGIN) and HI data taken from the Very Large Array (VLA) Galactic plane survey (VGPS).

We applied a dendrogram algorithm to the HI data cube to identify HI clouds, and we calcu-

lated the HI mass and molecular gas mass by summing the CO line intensity within each HI

cloud. On the basis of the results, we created a catalog of 5,737 identified HI clouds with

local standard of rest (LSR) velocity of VLSR ≤ −20 km s−1 in Galactic longitude and latitude

ranges of 20◦ ≤ l≤ 50◦ and −1◦ ≤ b≤ 1◦, respectively. We found that most of the HI clouds are

distributed within a Galactocentric distance of 16 kpc, most of which are in the Cold Neutral

Medium (CNM) phase. In addition, we determined that the high-mass end of the mass HI func-

tion is well fitted with the power-law function with an index of 2.3. Although two sequences of

self-gravitating and diffuse clouds are expected to appear in the Mtot-MH2 diagram according

to previous works based on a plane-parallel model, the observational data show only a sin-

gle sequence with large scattering within these two sequences. This implies that most of the

clouds are mixtures of these two types of clouds. Moreover, we suggest the following scenario

of molecular gas formation: An HI-dominant cloud evolved with increasing H2 mass along a

path of MH2 ∝M2
tot by collecting diffuse gas before reaching and moving along the curves of

the two sequences.

c© 2018. Astronomical Society of Japan.
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Fig. 4. Density-pressure diagram. The thick curve is a theoretical model of

the thermal equilibrium calculated by using the heating and cooling functions

presented by Inoue et al. (2006). The dashed line shown in the lower HI

volume density range of n < 3 H cm−3 corresponds to the WNM phase,

and the higher range of n > 10 H cm−3 corresponds to the CNM phase.

The mean HI volume densities of each Galactocentric distance derived with

original spectra of b = 0 are plotted as filled squares.

low mean densities even though the number is small. A

possible interpretation is that these are mixtures of CNM-

and WNM-phase gases though such clouds are rare.

Fig. 5. Histograms of volume densities of HI clouds. The vertical line de-

notes the HI volume density of n = 3 H cm−3, which is the threshold value

dividing the phase into the WNM and CNM. HI clouds with and without CO

detection are separately plotted with black and gray lines, respectively.

5.4 Mass Function

Figure 6 shows the mass functions of the HI clouds, which

was obtained by counting the number of HI clouds in each

mass interval (∆ log10M) of 0.1. Because HI clouds with

mass less than 36 M! are incompletely identified, as ex-

plained in section 4, the mass function for such HI clouds

are plotted with a black line; others are plotted with a gray

line.

First, it should be mentioned that the minimum mass

of the HI clouds was 14.0 M!, whereas the minimum de-

tectable mass was 8.1 M!. This lower limit is close to a

mass of WNM within a sphere of acoustic scale la ∼ 10 pc,

which is calculated as la = cstc using sound speed cs and

cooling timescale tc (Inoue et al. 2006). This is reasonable

because the mass of WNM within a sphere of diameter la

is estimated as M =mHIn(4π/3)(la/2)
3 = 12M! assuming

an HI density of n = 1 cm−3. However, this lower limit

does not match CNM mass within a sphere of CNM at

an acoustic scale of ∼ 0.1 pc or Field length of ∼ 10−2 pc

as well as a WNM mass within a sphere of WNM Field

length of ∼ 10−1 pc. Therefore, the lower limit appears

to be consistent with the scenario of HI clouds forming in

shocked WNM owing to thermal instability, as suggested

by Koyama, & Inutsuka (2002).

The HI mass function plotted with the black line in

figure 6 can be well fitted with power-law function:

N =N0M
−α, (5)

in the mass range of M ≥ 1000 M! as shown in figure 6.

The factor N0 and power α were estimated to be N0 =

109.5±0.4 and α = 2.3± 0.1, respectively. The resultant

power of α=2.3±0.1 is much larger than that of the Giant

Molecular Cloud (GMC), which is known to be typically

α = 0.5 in the Galaxy (Solomon et al. 1987). Because

the HI clouds are much smaller in mass than GMCs, it

is understandable that they are very different. This steep

function seems to imply that most of the atomic mass is

within small CNM clouds.
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Fig. 6. The number of the identified HI clouds in each mass interval

(∆ log10 M) of 0.1. Considering that HI clouds with mass less than 36 M"

were not fully identified, only the mass function for M > 36 M" meets the

completeness and is plotted with a black thick line. The number for the other

is incomplete and is plotted with a gray line. The line denotes the power-law

function of dN

d(log10 M) = 109.5M−2.3 = (3.2× 109)M−2.3.
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Fig. 10. Schematic diagram of the chocolate-chip scone model. The black

and gray clouds are self-gravitating and diffuse clouds, respectively, both

of which are in the CNM phase. Most of the clouds are composed of a

mixture of these two cloud types. The CNM clouds, resembling chocolate-

chip scones, are distributed within a soup of WNM.

1996), we adopted constant conversion factor in the above

discussions. Therefore, similarly to the case of kinematic

distance, let us test how much the choice of conversion

factor affects the Mtot-MH2 diagram. Right panel of figure

11 shows Mtot-MH2 diagram in adopting two times larger

conversion factor. Similarly to the previous case, the ap-

pearance of figure 11 is almost the same as figure 7 because

the conversion factor make both H2 and total masses larger

and plot moves upward from left to right in the diagram

but does not change the appearance.

7 Conclusion

We applied dendrogram analysis to the VGPS HI data

cube to create a catalog of HI clouds of the outer Galaxy,

which includes masses of H2 gas within each HI cloud that

were estimated by using FUGIN CO survey data. The

ranges of the detected HI and H2 masses are 14.0–1.35×104

M! and 0.300–1.37 × 104 M!, respectively. The radial

distribution of the HI cloud number density correlated

strongly with the HI volume density, and most of the iden-

tified HI clouds were found to be in the CNM phase. The

high-mass end of the mass function of the HI clouds fit well

with the power-law function, with index of 2.3. Previous

theoretical studies based on the jam-doughnut model indi-

cate that clouds can be divided into two sequences of self-

gravitating and diffuse. However, the Mtot-MH2 diagram

shows only a single sequence with large scattering rather

than two sequences. Considering that the Mtot-MH2 rela-

tion of each cloud is found between these two sequences, we

suggest that most of the clouds can be modeled by using

the chocolate-chip scone model, which contains a mixture

of self-gravitating clouds resembling chocolate chips and

diffuse clouds resembling a scone. This description is con-

sistent with the images shown in the CO and HI maps of

the four most massive clouds.

Considering that H2 gas increases with MH2 ∝ M2
tot,

as implied in a recent work, we suggest that the molecu-

lar clouds first evolved along the path of MH2 ∝ M2
tot by

collecting diffuse gas and then moved along the curves of

self-gravitating and diffuse clouds.
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Fig. 9. Distributions of HI gas (gray scale) and H2 gas (contours) in the four most massive HI clouds. The contour levels are 1, 2, 3,...17 K km s−1. The white

thick dashed lines denote the boundaries of HI clouds identified by using the dendrogram. The identification numbers correspond to those of the clouds listed

in table 1.

Table 2. Four most massive HI clouds
ID l b VLSR D R rmin× rmaj P.A. σv MHI MH2

[◦] [◦] [km s−1] [kpc] [kpc] [pc × pc] [◦] [km s−1] [M#] [M#]

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11)

2895 26.44 0.55 −35.3 18.8 12.1 7.2 × 18.8 −177.7 2.4 10413.0 ± 6.5 1922.7 ± 1.0

4443 24.99 −0.17 −29.5 18.2 11.4 10.2 × 16.7 −148.0 2.0 13549.1 ± 6.4 1270.1 ± 1.0

5584 31.41 0.44 −20.4 15.5 9.6 6.8 × 16.2 −175.6 3.3 9370.3 ± 4.7 11061.5 ± 0.8

5704 31.72 0.46 −20.4 15.5 9.6 5.8 × 10.0 139.7 1.7 3819.5 ± 3.1 13741.6 ± 0.5

6.3.1 Kinematic distance

Heliocentric distance D of each cloud was calculated based

on the kinematic distance, which depends on a choice of

the rotation curve and the Galactic constants R0 and V0.

These would systematically affect the estimation of mass

by factor of D2. In order to test how much it affects the

Mtot-MH2 diagram, let us check the case of adopting a

flat rotation curve and another set of Galactic constants

R0 = 10 kpc and V0 = 250 km s−1. Left panel of figure

11 shows Mtot-MH2 diagram in adopting this kinematic

distance. Whereas the kinematic distance is estimated to

be larger, figure 11 is almost the same appearance as figure

7 because both HI and H2 masses are estimated largely and

plot moves upward from left to right in the diagram but

does not change the appearance.

6.3.2 CO-to-H2 conversion factor

The H2 mass depends on a choice of CO-to-H2 conver-

sion factor. While it is suggested that the conversion fac-

tor varies with the Galactocentric distance (Arimoto et al.

H2コントア
HIグレーØ HIガスは球状ではなく、分⼦ガス

も点在。特に端は分⼦雲衝突など
外的ラム圧。

Ø ジャムドーナッツではなくチョコ
チップスコーン。
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phase with no further increase in the molecular mass. This

path is indicated in the figure by the arrow aligned with

the self-gravitating cloud line. Similarly, if a cloud reaches

the curve of the diffuse cloud phase, the molecular fraction

will increase rapidly, as indicated by the arrow aligned with

the curve of diffuse cloud phase.
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Fig. 7. H2 mass versus total mass including HI and H2 gas masses. The

power-law function MH2 =10−0.75M1.06
tot =0.17M1.06

tot , obtained by least-

squares fitting, is plotted with a gray dashed line. The curves of the theo-

retical model based on Elmegreen (1993) are also plotted and labeled as

self-gravitating cloud and diffuse cloud.
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shown in figure 7. The dashed lines labeled (Mtot/7)
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(Mtot/700)
2 denote paths predicted by Inoue & Inutsuka (2012).

6.2 HI and CO distributions of the four most massive

HI clouds

Figure 9 shows the HI and H2 distributions in the four most

massive HI clouds, which are presented by gray images and

contours, respectively. The thick dashed lines indicate the

edges of the HI clouds identified by using the dendrogram.

The same physical parameters shown in table 1 are listed

in table 2 for these four HI clouds. As shown in figure 9,

the HI gas was distributed asymmetrically in all cases.

Previous research indicates that ISM clouds con-

sist of molecular cores at the centers that are sur-

rounded by spherical HI envelopes, resembling jam-

doughnuts (Elmegreen 1993; Krumholz et al. 2008; McKee

& Krumholz 2010; Sternberg et al. 2014). However, they

actually consist of small molecular clouds distributed over

large HI clouds, resembling chocolate-chip scones.

Although we do not consider the theoretical model given

by previous research to be vastly different from actual con-

ditions because the model has been able to roughly explain

the observations thus far, we suggest that the model re-

quires modification. Considering that the relation between

molecular gas and total gas mass is restricted within the

range of theoretically predicted self-gravitating and diffuse

clouds, as discussed in the previous section, a large molec-

ular cloud likely consists of an assemblage of smaller self-

gravitating clouds.

As shown in figure 9, clouds 2895 and 4443 exhibit

the most typical characteristics of the aforementioned

chocolate-chip scone model. Clouds 5584 and 5704 contain

more molecular gas, which can be seen at the edges as well

as the centres of the HI clouds. This seems to indicate that

the cloud previously collided with another cloud or expe-

rienced ram pressure owing to gas flow to form molecular

gas in a triggered shock front.

These images effectively illustrate the chocolate-chip

scone model, in which the CNM cloud consists of H2-

dominant small self-gravitating clouds (chocolate-chips)

and cold HI-dominant diffuse clouds (plain scone). Both

self-gravitating and diffuse clouds are essentially in the

CNM phase because the volume density is in the range

of the CNM phase, as shown in subsection 5.3. Such CNM

clouds are distributed inside a soup of HI-dominant WNM.

A schematic diagram of the chocolate-chip scone model de-

scribed above is given in figure 10.

6.3 Possible Systematic Errors in the Analysis

In addition to the errors due to random noise in the ob-

servational data considered above, we discuss how possible

systematic errors, such as kinematic distance and CO-to-

H2 conversion factors, affect the main result shown in fig-

ure 7. As shown below, these systematic errors do not

change the appearance of Mtot-MH2 diagram and does not

affect our result.

MH2/Mtot~17%
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ABSTRACT
Dark rings with bright rims are the indirect signposts of planets embedded in protoplanetary
discs. In a recent first, an azimuthally elongated AU-scale blob, possibly a planet, was resolved
with ALMA in TW Hya. The blob is at the edge of a cliff-like rollover in the dust disc rather
than inside a dark ring. Here we build time-dependent models of TW Hya disc. We find that
the classical paradigm cannot account for the morphology of the disc and the blob. We propose
that ALMA-discovered blob hides a Neptune mass planet losing gas and dust. We show that
radial drift of mm-sized dust particles naturally explains why the blob is located on the edge
of the dust disc. Dust particles leaving the planet perform a characteristic U-turn relative to
it, producing an azimuthally elongated blob-like emission feature. This scenario also explains
why a 10 Myr old disc is so bright in dust continuum. Two scenarios for the dust-losing planet
are presented. In the first, a dusty pre-runaway gas envelope of a ∼ 40 M⊕ Core Accretion
planet is disrupted, e.g. as a result of a catastrophic encounter. In the second, a massive dusty
pre-collapse gas giant planet formed by Gravitational Instability is disrupted by the energy
released in its massive core. Future modelling may discriminate between these scenarios and
allow us to study planet formation in an entirely new way – by analysing the flows of dust and
gas recently belonging to planets, informing us about the structure of pre-disruption planetary
envelopes.

Key words: planets and satellites: formation – protoplanetary discs.

1 IN T RO D U C T I O N

Recent advent in the high-resolution imaging of protoplanetary
discs via scattering light techniques and mm-continuum with
ALMA yielded many exciting examples of sub-structures in the
discs, such as large-scale asymmetries (Casassus et al. 2013), spirals
(Benisty et al. 2017), dark and bright rings and/or gaps (ALMA
Partnership et al. 2015; Andrews et al. 2018; Dullemond et al. 2018;
Long et al. 2018), clumps and young planets (Mesa et al. 2019). In
fact it is believed that most protoplanetary discs have substructures;
those that do not may simply be those that have not yet been imaged
at high enough resolution (Garufi et al. 2018). The fact that these

! E-mail: sergei.nayakshin@astro.le.ac.uk

substructures are seen in very young discs, and that the masses of
these discs appear to be insufficient to form planetary systems that
we observe (Greaves & Rice 2010; Manara, Morbidelli & Guillot
2018; Williams et al. 2019), indicates that planets form very rapidly,
possibly faster than 1 Myr.

On the one hand, these observations bring new challenges. The
presence of mm-sized dust in a few Myr old discs is surprising
because of the rapid inward radial drift of the grains (Weiden-
schilling 1977; Birnstiel, Klahr & Ercolano 2012). While the radial
drift can be slowed down by invoking very massive gas discs, Mgas

! (0.1 − 0.2)M$ (e.g. Powell, Murray-Clay & Schlichting 2017;
Powell et al. 2019), other arguments point against that. Veronesi
et al. (2019) shows that the prevalence of annular rather than
spiral features in many of the observed discs indicates that the
mm-sized particles have rather large Stokes numbers, limiting disc

C© 2020 The Author(s)
Published by Oxford University Press on behalf of the Royal Astronomical Society
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Figure 3. Same as Fig. 2 but for planet mass Mpl = 3 M⊕. The effects of
the planet on the disc are now barely observable just around its orbit.

thick not at R ∼ 50 AU but at R ∼ 30 AU. However, that would
contradict the observed intensity profile. Further, 9 mm EVLA data
pose a separate but physically similar challenge. To match the
correct intensity level at ∼50 AU in this wavelength the disc needs
to be very optically thin. This then implies that the EVLA emission
must track the strong rise in !dust inward, but the observed profile
is rather flat in the ∼30–60 AU region.

In fact, it is well known that the outer disc in TW Hydra must be
optically thin in sub-mm and longer wavelengths from pre-ALMA
photometry (the integrated disc luminosity) data: the luminosity
of the source rises as ∝ ν2.6 rather than ∝ ν2 as expected for
the optically thick disc (e.g. see Section 3 and fig. 1 in Pascucci,
Gorti & Hollenbach 2012). Furthermore, the image of the T19
excess emission is significantly smaller than the disc pressure scale
height, and that too implies that the disc is optically thin in the
ALMA bands (see Section 9.1).

Summarizing, the quasi-steady state scenario cannot fully ac-
count for the observed continuum dust emission from TW Hydra’s
protoplanetary disc. In Section 9 and Section 10.1 we shall see that
it faces many additional challenges.

6 A P H E N O M E N O L O G I C A L D U S T SO U R C E
M O D E L

We now make a single but significant alternation to the physical
setup of our simulations. We assume that the planet ejects dust in

Figure 4. Disc Intensity profiles for the three wavelengths (top panel) and
the disc properties (lower panel) for the t = 6 Myr dust profile from Fig. 3.
Note that while this model matches the location and shape of the rollover
well, it overpredicts the disc luminosity by a factor of ∼3 in the ALMA
bands, as well as contradicting the EVLA data strongly.

the surrounding disc. The simulation setup and initial conditions
are exactly the same as those presented in Section 5.2 except that
we assume a negligible amount of dust into the gaseous disc at
t = 0 for simplicity. The dust mass-loss rate from the planet is a
free parameter of the model; we found that choosing ṀZ = 6 ×
10−6 M⊕ yr−1 (with other parameters of the model unchanged)
provides a somewhat promising spectral model. As in Section 5.2 we
keep the planet mass and orbital radius fixed for now, even though
this violates both mass conservation and Newton’s second law.

The dust lost by the planet is deposited in a relatively narrow ring
with a Gaussian profile around the planet location, with the surface
density deposition rate given by

!̇ = C exp

[
− (R − Rp)2

2w2
inj

]
, (24)

where Rp is the current position of the planet, and winj = 0.15Rp

is the width of the Gaussian. The normalization constant C ensures
that the mass injection rate into the disc is equal to the planet mass-
loss rate ṀZ . Through numerical experimentation we found that
our results are insensitive to the exact injection profile as long as it
is not too broad, and while winj & Rp.

Fig. 5 shows the disc intensity at 1.3 mm (top panel), !dust,
and maximum grain size a (bottom panel) at several different
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Ø 若い円盤のサブ構造があって、そんな円盤の質量は惑星形成には不⼗分
à<1 Myrでの惑星形成。

Ø a few Myrの円盤にmmダストを観測 vs. ドリフト。 Md ~ 1 MJならば
速く移動しない。

Ø TW Hya, 60 pc, 10 Myr, 1.8x10‒9 Msun/yr。1, 24, 41 auにギャップ、しか
し惑星候補は外側の崖にある。MdustがClass II平均の100倍。

Ø 結論：Steady-stateではなく惑星から質量放出。

Ø SS. 冪乗、α粘性、50 auで10 Myrのドリフト。
à Md~0.2 Msun, Mcpd > 10ME << Mp（✖） 。
外の⽅がドリフト時間が短いので元はもっと急（✖） 。
タイプI移動時間は0.04 Myr。惑星100個（✖） 。

Ø Mpなどパラメーターを調整してもダメ 。à

Planet disruption in TW Hydra 287

Figure 1. Top: TW Hydra ALMA image reproduced from Tsukagoshi et al. (2019). Note the excess emission inside the white box in panel (a), and the
zoom in on this feature in panel (b). Bottom: The gas surface density models (black curves) versus azimuthally averaged deprojected ALMA and EVLA dust
continuum intensity profiles, and the dust surface density model from Hogerheijde et al. (2016). Note how compact the dust distribution is compared to that of
the gas, and that the cliff-like rollover in !dust neatly coincides with the location of the T19 excess emission in the top panels.

is 7◦ and the position angle is −30◦ from the North. We see that
the ALMA continuum emission plunges by an order of magnitude
from R ∼ 52 AU to R = 70 AU. This behaviour is not apparent in
the EVLA data, but because the beam size is ∼15 AU it is possible
that the intrinsic disc Iν also has a similarly sharp rollover at the
same location.

While dust discs much smaller than the gas discs as traced by
CO emission are not uncommon, and while there are other dust
discs with sharp outer cutoffs (e.g. Trapman et al. 2019), TW Hya
is certainly the best resolved disc of this kind. Hogerheijde et al.
(2016) searched for a broken power-law fit to ALMA data at the
wavelength of 820µm. They found the power-law index of p ≈
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0.5 x 2.2 au
半径x⽅位

３倍のズレ。
崖で光学的に厚い。
（TW Hya; ∝ν2.6）
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ABSTRACT
Dark rings with bright rims are the indirect signposts of planets embedded in protoplanetary
discs. In a recent first, an azimuthally elongated AU-scale blob, possibly a planet, was resolved
with ALMA in TW Hya. The blob is at the edge of a cliff-like rollover in the dust disc rather
than inside a dark ring. Here we build time-dependent models of TW Hya disc. We find that
the classical paradigm cannot account for the morphology of the disc and the blob. We propose
that ALMA-discovered blob hides a Neptune mass planet losing gas and dust. We show that
radial drift of mm-sized dust particles naturally explains why the blob is located on the edge
of the dust disc. Dust particles leaving the planet perform a characteristic U-turn relative to
it, producing an azimuthally elongated blob-like emission feature. This scenario also explains
why a 10 Myr old disc is so bright in dust continuum. Two scenarios for the dust-losing planet
are presented. In the first, a dusty pre-runaway gas envelope of a ∼ 40 M⊕ Core Accretion
planet is disrupted, e.g. as a result of a catastrophic encounter. In the second, a massive dusty
pre-collapse gas giant planet formed by Gravitational Instability is disrupted by the energy
released in its massive core. Future modelling may discriminate between these scenarios and
allow us to study planet formation in an entirely new way – by analysing the flows of dust and
gas recently belonging to planets, informing us about the structure of pre-disruption planetary
envelopes.

Key words: planets and satellites: formation – protoplanetary discs.

1 IN T RO D U C T I O N

Recent advent in the high-resolution imaging of protoplanetary
discs via scattering light techniques and mm-continuum with
ALMA yielded many exciting examples of sub-structures in the
discs, such as large-scale asymmetries (Casassus et al. 2013), spirals
(Benisty et al. 2017), dark and bright rings and/or gaps (ALMA
Partnership et al. 2015; Andrews et al. 2018; Dullemond et al. 2018;
Long et al. 2018), clumps and young planets (Mesa et al. 2019). In
fact it is believed that most protoplanetary discs have substructures;
those that do not may simply be those that have not yet been imaged
at high enough resolution (Garufi et al. 2018). The fact that these

! E-mail: sergei.nayakshin@astro.le.ac.uk

substructures are seen in very young discs, and that the masses of
these discs appear to be insufficient to form planetary systems that
we observe (Greaves & Rice 2010; Manara, Morbidelli & Guillot
2018; Williams et al. 2019), indicates that planets form very rapidly,
possibly faster than 1 Myr.

On the one hand, these observations bring new challenges. The
presence of mm-sized dust in a few Myr old discs is surprising
because of the rapid inward radial drift of the grains (Weiden-
schilling 1977; Birnstiel, Klahr & Ercolano 2012). While the radial
drift can be slowed down by invoking very massive gas discs, Mgas

! (0.1 − 0.2)M$ (e.g. Powell, Murray-Clay & Schlichting 2017;
Powell et al. 2019), other arguments point against that. Veronesi
et al. (2019) shows that the prevalence of annular rather than
spiral features in many of the observed discs indicates that the
mm-sized particles have rather large Stokes numbers, limiting disc

C© 2020 The Author(s)
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Planet disruption in TW Hydra 299

Figure 12. 2D dust particle dynamics in the vicinity of the planet as seen face-on to the disc. The disc and the planet rotate in the clock-wise direction.
Left-hand panel: Locations of individual dust particles emitted by the planet at a steady rate are shown with red dots. The planet is located at the centre of
the coordinates in the image and travels along the circular black-dashed path. Right-hand panel: The simulated ALMA image of the emission from the dust
distribution shown in the left-hand panel. The image bears a certain resemblance to observations shown in the right top panel of Fig. 1.

most likely physical origin for a dust particle outflow from a planet
is a thermally driven gas outflow that picks and carries the dust with
it. The dynamics of grains in the planet vicinity, at radii between
the planet radius and the Hills radius, rp ! r ! RH, clearly deserves
a separate detailed investigation which is outside the scope of this
paper. Here we are concerned with how the flow may manifest
itself to ALMA on scales of much larger than rp. We perform a 2D
calculation of dust particle orbits assuming their trajectories lie in
the mid-plane (note that RH ! H for a low mass planet).

The dust particle size at the outflow is likely to be much smaller
than the mm-sized particles that ALMA sees in TW Hydra’s disc.
This is because the inner region of the planet is expected to be
sufficiently hot to vaporize even the most refractory dust (Brouwers
et al. 2018). This is relevant because for both the CA and GI planet
losing mass scenarios the time when the model fits the data best is
close to the end of the mass-loss phase from the planet, when the
most central regions of the planet are lost into the disc.

As the outflow leaves the planet, the gas density drops, and so
does its optical depth. Due to adiabatic expansion and radiation
(the outflow eventually becomes transparent to radiation) the gas
temperature drops with distance from the planet and the metals re-
condense into dust particles. The grains then grow rapidly. In the
disc geometry, the grain growth time scale is tgrow ∼ (1/!K)("/"dust)
(Birnstiel et al. 2012). For the gas just lost by the planet the gas-
to-dust ratio is not very large as the planet central regions are very
metal rich in our model, therefore tgrow may be expected to be of
order a few orbital times in the disc, 2π /!K.

The dynamics of dust particles is most sensitive to the Stokes
number, St, and hence we reformulate the problem in its terms. The
dust particles are ejected by the planet with initial Stokes number
Stmin = 10−3, and grow to a maximum size corresponding to the
maximum Stokes number of Stmax = 0.1. We describe the particle
growth process as a time-dependent St number

ln St = (1 − q ′) ln Stmin + q ′ ln Stmax, (31)

where q
′ = t

′
/(tgrow + t

′
), where time t

′
counted from the time the

grain was ejected by the planet, tgrow = Ng(2π /!) is the growth
time-scale, with Ng = 4. For reference, St =

√
Stmin Stmax = 0.01

at t
′ = tgrow.
The planet is assumed to be of a sufficiently small mass that

we can neglect its dynamical influence on the surrounding gas.
Similarly, we neglect the planet physical size compared with the
scales of interest, assuming that dust is emitted from a point (planet
position). The planet is on a circular orbit around the star at R =
51.5 AU. We integrate the standard 2D equations of motion for
individual dust grains lost by the planet. Grains are ejected by the
planet at a steady rate. As expected, the grains are blown inward
by the radial drift and eventually disappear into the star but here
we are interested in the dust particle morphology in the immediate
vicinity of the planet to compare to the T19 ALMA image of the
excess emission region.

The left-hand panel of Fig. 12 shows the location of the dust
particles integrated as described above. The coordinates are centred
on the planet which is on a prograde circular orbit that follows the
dashed circular path. We observe that the dust particles perform
a U-turn as seen from the planet location. Since initially the dust
particles are small ( St ! 1), they are very tightly coupled to gas
at t ! tgrow. In the frame of the planet they start to lag behind the
planet because the dust is picked up by the gas in the disc and so
travels with the velocity

vgas = vK

(
1 − η

H 2

R2

)1/2

< vK, (32)

which is smaller than the planet orbital speed vK. However, as the
dust particles grow, they start to drift inward of the planetary orbit.
When the dust particle drifts to radius R

′
< R such that its angular

speed there exceeds that of the planet, that is, vφ(R
′
)/R

′
> vK(R)/R =

!K(R), it starts to orbit around the star faster than the planet. Hence
the particle overtakes the planet eventually.
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gas disc mass of a factor of 50 between the two models shows that
there is a certain degeneracy in the model parameters, e.g. a higher
value of α could be compensated for by a higher vbr.

8 G I PL A N E T D I S RU P T I O N

8.1 Physical motivation and constraints

In Section 7.1 we argued that a core accretion planet may lose
a major fraction of its gas-dust envelope if two conditions are
satisfied: (i) the envelope is in the extended, pre-collapse state; (ii)
a significant energy is injected in it, e.g. via collision with another
massive core. We now detail conditions under which a GI planet
disruption could be relevant to TW Hydra’s observations.

8.1.1 The need for a very rapid primordial disc dissipation

In the Gravitational Instability (GI; Kuiper 1951) theory for planet
formation, massive and very young gaseous discs fragment at
separations ∼50–100 AU on to Jovian mass gas clumps (e.g.
Rafikov 2005; Rice, Lodato & Armitage 2005). Hydrodynamical
simulations show that these planets migrate inward very rapidly
in massive discs (e.g. Vorobyov & Basu 2006; Boley et al.
2010; Baruteau, Meru & Paardekooper 2011), perhaps explaining
(Humphries et al. 2019) why wide-orbit separation gas giants are
so rare in direct imaging surveys (Vigan et al. 2012; Chauvin et al.
2015). On the other hand, planet–planet scatterings may allow some
GI planets to survive on wide orbits (Vigan et al. 2017), especially
if the primordial disc is dispersed rapidly. For the early massive
protoplanetary discs, the primary time-scale on which its mass is
lost (Clarke, Gendrin & Sotomayor 2001) is the viscous time,

tvisc = 1
3α"K

R2

H 2
= 5.4 × 104 yr α−1

−1, (26)

where α−1 = (α/0.1) and the estimate is made at R = 51.5 AU.
Numerical simulations show that the α parameter due to self-gravity
of the disc may reach values of order ∼0.1 in early massive discs
(Gammie 2001; Rice et al. 2005; Haworth et al. 2020), and even
α ∼ 0.2 in the magnetized discs (Deng et al. 2020). Additionally,
disc depletion due to external photoevaporation may be faster than
previously thought (e.g. Haworth & Clarke 2019).

For the case at hand we must require that the primordial gas disc
is long gone in TW hydra. This is because the migration time-scale
of a GI planet with mass initially exceeding 1 MJ would be much
shorter than 10 Myr. Indeed, if the planet did not open a gap and
migrated in the type I regime then its migration time is less than
1 Myr even for a disc as low mass as a few MJ. If, on the other
hand, the planet did open a wide gap and migrated in type II then
the migration time-scale is (e.g. Lodato & Clarke 2004)

tmig2 ≈ Mp

Ṁ∗
∼ 106 yr, (27)

where we used Mp ∼ 2 MJ (this will be justified later) and Ṁ∗ ∼
2 × 10−9M& yr−1. Therefore, the planet would have been long lost
into the star if the disc was there for the last 10 Myr.

We emphasize the distinction with the CA problem setting dis-
cussed in Section 7 brought about by the different planet formation
mechanisms. In the CA scenario the planet does not need to be born
at t ≈ 0. As is well known, in the classical CA model massive cores
are most likely to be made at late times, e.g. at t ∼ 5–10 Myr (Ida &
Lin 2004b; Mordasini et al. 2012a) since the process of core growth

Figure 8. Same as Fig. 4 but now for the core accretion dust source model
at t = 6.8 × 104 yr.

is slow. Further, due to its lower mass the type I migration time-
scale is longer. Therefore, there is no reason to demand a complete
disappearance of the primordial gas disc before the planet disruption
commences in the CA framework.

8.1.2 Why did the planet not collapse in 10 Myr?

GI planets are born extended, with their radius rp ∼ 1 a few AU,
and cool: their central temperature is in hundreds of K (e.g. Helled,
Podolak & Kovetz 2008). If dust growth inside the GI planet is
neglected, then it cools, contracts, and eventually collapses dynam-
ically when the endothermic reaction of H2 molecule dissociation
absorbs a vast amount of thermal energy of the planet (Bodenheimer
1974). The collapse terminates in formation of a planet that is
∼ Million times denser, with radius R ∼ 2RJ and an effective
temperature of 1000 to 2000 K. This luminous post-collapse state is
often called the ‘hot start’ of gas giant planets (Marley et al. 2007).
Similar to the post-collapse gas giant CA planets, the post-collapse
GI planets are unlikely to lose mass at ∼50 AU from the star.

Hence we must demand that the planet remains in the pre-collapse
state before the onset of the mass-loss. This is surprising given the
age of the system. The evolution from birth to collapse (hot start) is
usually thought to be very fast. This result is rooted in the pioneering
work of Bodenheimer (1974) who found planet collapse time-scales
!0.5 Myr for Mp = 1 MJ, and even shorter for higher mass planets.
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Figure 11. Same as Fig. 4 but now for the GI model (Section 8.3) at t =
6.8 × 104 yr.

the gas surface density profile around its orbit due to gravitational
torques acting from the planet on to the gas. This effect is noticeable
while the planet mass is in the gas giant planet regime. By t ≈
0.1 Myr the planet has lost too much mass (the remnant mass Mp =
10 M⊕) to affect the gas surface density profile gravitationally at
this relatively high value of α for our disc. However, the GI planet
legacy lives on in the form of the significant break in gas " profile;
the break is coincident with the planet location. Physically, the break
appears because gas flows inward towards the star inside the orbit
of the planet, and outward outside the orbit.

The thicker lines show the dust surface density profile at the
respective times. We see that initially the dust surface density is
narrower than that of the gas, but eventually the dust spreads. This
spread is mainly inward of the planet. As in Section 7, at late times
the dust dynamics is dominated by the radial drift: Once ejected by
the planet, large dust particles are blown inward of the planet by the
aerodynamical friction. The resultant dust surface density profile
at t ≈ 0.1 Myr is qualitatively similar to the broken power-law fit
(the thick green dashed line) used by Hogerheijde et al. (2016) to
fit TW Hydra’s ALMA dust continuum intensity profile in Band 7.
The upturn in " just inward of the planet is due to the assumed dust
composition profile within the planet (equation 30) in which the
dust concentration near the core is far greater than at the outer edge.

Fig. 11 shows the resultant disc emissivity profile in the three
wavelengths in the top panel and the disc properties in the bottom
panel. The model fits the data reasonably well except for the rollover,
which is too sharp, just like the model in Section 7.2. This model
is optically thin, as is observationally desired. The total mass of the
dust in the disc in this model is about 15 M⊕, much smaller than
∼ 80 M⊕ estimated by Andrews et al. (2016) and also smaller than
∼ 35 M⊕ estimated by Woitke et al. (2019). This is mainly due to the

different dust models used in these studies. The standard DIANA
dust opacity (Woitke et al. 2016) are higher by a factor of a few
than that used by Andrews et al. (2016), Hogerheijde et al. (2016).
Although we use the public DIANA opacity code to compute our
dust opacities here, we use the standard a−3.5 dust size distribution
whereas Woitke et al. (2019) found that a−4 power law was a better
fit in their modelling.

9 TH E A LM A IM AG E O F T1 9 FE AT U R E

Here we discuss the implications of the 2D morphology of the
excess emission observed by Tsukagoshi et al. (2019). We use these
as additional probes of the scenarios explored in this paper.

9.1 The disc is optically thin

As found by Tsukagoshi et al. (2019), the excess has a radial half
width of ∼0.5 AU and an azimuthal half-width of ∼2.2 AU. The disc
pressure scale height for TW Hydra is H ∼ 3.5 AU at separation
of 51.5 AU, and thus the observed feature is significantly smaller
than H. We note that this immediately implies that the disc (but not
necessarily the feature) is optically thin at 51.5 AU. This is because
photons emitted from the disc mid-plane perform a random walk in
an optically thick disc until they escape vertically out of the disc.
Therefore, an image of a point source placed in the mid-plane of
such a disc would be broadened by ∼H at least. This forms an
independent confirmation, in addition to the arguments spelled out
in Section 5.2 that TW Hydra’s disc is optically thin and thus the
rollover in "dust observed behind the T19 feature could not be due
to the disc becoming optically thin at this radius.

9.2 A vortex or a circumplanetary disc?

Vortices (e.g. Li et al. 2001) have been suggested to trap dust
material in the protoplanetary discs and thus produce bright
excess in the dust continuum emission (Baruteau & Zhu 2016).
Furthermore, vortices are azimuthally elongated structures, with
axial ratio ∼4–6 (Richard, Barge & Le Dizès 2013), exactly as
observed. However, the radial half-width of vortices is at least H,
and likely ∼ twice that (e.g. fig. 3 in Lin 2012). For the same reason
a vortex would also look much more extended in the azimuthal
direction (see fig. 4 in Baruteau & Zhu 2016) than observed. Just
like with a gap edge created by a planet, we expect a hole in the
dust density distribution inward of the vortex (fig. 10 in Baruteau &
Zhu 2016), which is not observed.

Circumplanetary discs are believed to be at most ∼1/3 (Bate et al.
2003; Ayliffe & Bate 2009), and more likely 1/10 of the planet Hills
radius, as shown by the more recent higher resolution calculations
(Wang et al. 2014; Ormel et al. 2015b). Thus, the planet would have
to exceed the mass of ∼ 1.5 MJ to account for just the radial size
of the feature. This does not account for the much larger azimuthal
extent of the T19 excess emission. Such a high planet mass would
produce a noticeable gap at the disc gas surface density and the dust
intensity profile near the planet even for disc viscosity as high as
α = 0.025. This is not observed. Finally, Tsukagoshi et al. (2019)
also points out that the total flux from the circumplanetary disc is
insufficient to account for the total flux in the feature.

9.3 The dust trail of a planet losing mass

Here we consider the dynamics of grains lost by a low mass planet
on a circular orbit embedded in a laminar gas disc around it. The
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Ø リング状放出。𝑀̇Z=6x10‒6 ME/yr。
Ø 成⻑すると内側へ落下à⾃然に崖。光学的にも薄い。

Ø 惑星は質量も軌道も⼀定なので物理を追加。

Ø CA: 崩壊前Mp~20 MEはケプラー速度程度で壊れる。
落ちないようにMdを下げて𝑀̇ を変えないようにαを上げた。

Ø GI: 早く惑星ができるので円盤が> MJだと落ちてしまう。
最近のオパシティを使うと崩壊まで5-10 Myrかかる。
崩壊前のコアが>10 MEだとエンベロープが吹き⾶ぶ。

Ø 惑星からの質量放出によって⽅位⾓⽅向の伸びも説明。
ß放出されたダストがガスの速度になって離れる。

296 S. Nayakshin et al.

Figure 9. Top: Evolution of gas giant planet radius, rp, for different
metallicities of the planet with (thick dashed) and without (thin solid) core
formation. Bottom: Core mass as a function of time for different metallicities
Z (in units of Z!).

However, the collapse time-scale is sensitive to the dust opacity
model used. More recent dust opacity calculations (e.g. Semenov
et al. 2003; Zhu, Hartmann & Gammie 2009; Woitke et al. 2016)
indicate that dust opacity may be higher by up to a factor of ∼30 at T
∼ 10–30 K (the effective temperature of GI protoplanets) compared
to the opacity employed in the 1980s (e.g. Pollack, McKay &
Christofferson 1985; see Appendix A). We find that these higher
dust opacities lengthen the duration of the pre-collapse phase by a
factor of 5–10. Further, 3D simulations of GI planets immersed in
protoplanetary discs show that these planets accrete pebbles very
rapidly and become significantly enriched in dust (Boley & Durisen
2010; Boley, Helled & Payne 2011; Humphries & Nayakshin 2018;
Baehr & Klahr 2019; Vorobyov & Elbakyan 2019). Putting these
factors together we find that metal rich Mp ! 2 MJ gas giants may
spend as long as 5–10 Myr in the precollapse configuration (see
Appendix B and Fig. 9).5

5This conclusion holds as long as grain growth and settling do not deplete
a <∼ 100µm population of grains. At higher grain sizes, Rosseland mean
dust opacity may drop (cf. Fig. A1). In that case higher Z planets may
actually cool more rapidly (Helled & Bodenheimer 2011).

8.1.3 GI planet disruption by a core

A number of authors have shown that pre-collapse GI planets may
develop massive solid cores via grain growth and sedimentation
(Kuiper 1951; McCrea & Williams 1965; Boss 1998; Helled &
Schubert 2008; Boley et al. 2010; Cha & Nayakshin 2011; Nayak-
shin 2011; Vorobyov & Elbakyan 2019). The time-scales on which
the core grows are a minimum of thousands of years but may be
much longer, depending on convection and grain material/growth
properties, such as vb (Helled et al. 2008). If the core grows more
massive than ∼ 10 M⊕, then the energy release during its formation
can be too large for the pre-collapse planet – its envelope expands
and is eventually lost (Nayakshin & Cha 2012; Nayakshin 2016;
Humphries & Nayakshin 2018). This scenario for the core-initiated
disruption of GI protoplanets is physically analogous to how cores
of AGB stars eject their envelopes except for the energy source –
the gravitational potential energy rather than the nuclear energy of
the core – and the physical scales of the systems.

At present, there exists no stellar/planet evolution code that takes
into account all the relevant physics that we wish to explore here. For
example, Helled et al. (2008), Helled & Bodenheimer (2011) present
models of grain growth and sedimentation in pre-disruption isolated
planets cooling radiatively. Vazan & Helled (2012) investigate
how external irradiation affects contraction of these planets. These
studies did not include the effects of the massive core energy release
on to the planet, which is central for us here. On the other hand,
Nayakshin (2015, 2016) include grain growth, sedimentation, core
formation, and the effects of the core energy feedback on to the
envelope, but use a simplified follow-adiabats approach to model
radiative cooling of the envelope, and a simpler equation of state
than Vazan & Helled (2012) do. Further, the opacities used by the
two codes are different.

Here we shall use the code of Nayakshin (2016) to understand the
physical constraints on the pre-disruption planet mass, metallicity,
and the mass of the core responsible for the planet disruption.
These constrains will be seen to place significant limitations on
the disrupted GI planet scenario (e.g. the planet mass is unlikely
to exceed ∼ 2 MJ). In Appendix B we compare for the first time
the results of uniform planet contraction calculations (no dust
sedimentation allowed) computed with this code with that of the
proper stellar evolution model of Vazan & Helled (2012) at the
same (Pollack et al. 1985) dust opacity. We find that the difference
in the planet collapse time-scale computed by the two codes is
within a factor of two, which we deem sufficiently close given the
much larger dust opacity uncertainties (Section A).

The thick dashed curves in the top panel of Fig. 9 show the
evolution of the radius rp of a 2 MJ planet circling the star with TW
Hydra properties at 60 AU for different planet metallicities, from
Z = 1 (in units of Z! = 0.015) to Z = 12. All the models start with the
central planet temperature of 200 K, the uniform composition and
an initial grain size of a = 0.01 mm. The Zhu et al. (2009) opacity
table is used for this calculation. The dust opacity is assumed to be
proportional to the metallicity Z of the envelope. The bottom panel
of Fig. 9 presents the core mass versus time. The grain breaking
velocity is here set at vbr = 5 m s−1. The thin curves in the top
panel show the same calculations but where grain growth and core
formation are artificially suppressed.

Fig. 9 shows that at Solar metallicity, Z = Z!, the planet contracts
and collapses by t ≈ 1 Myr, whether core formation is allowed or
not. The planet evolutionary time-scale increases as the metallicity
of the planet increases, and so does the core mass. Formation of
the core in the planet speeds up evolution of the planet in all the
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(Accepted by ApJ 7th April 2020)

ABSTRACT

We present a detailed characterization of 2MASS J04435750+3723031, a low-mass companion orbit-
ing the young M2 star ” 2MASS J04435686+3723033 at 7.006 (550 AU) with potential membership in
the 23 Myr � Pictoris moving group (�PMG). Using near-infrared spectroscopy of the companion from
IRTF/SpeX we have found a spectral type of M6 ± 1 and indications of youth through age-sensitive
absorption lines and a low surface gravity index (VL-G). A young age is supported by H↵ emission
and lithium absorption in the host. We re-evaluate the membership of this system and find that it is a
marginally consistent kinematic match to the �PMG using Gaia parallaxes and new radial velocities
for the host and companion. If this system does belong to the �PMG, it would be a kinematic outlier
and the companion would be over-luminous compared to other similar ultracool objects like PZ Tel B;
this would suggest 2M0443+3723 B could be a close brown dwarf binary (⇡52+52 MJup if equal-flux,
compared with 99 ± 5 MJup if single), and would make it the sixth substellar companion in this group.
To test this hypothesis, we acquired NIR AO images with Keck II/NIRC2, but they do not resolve
the companion to be a binary down to the di↵raction limit of ⇠3 AU. If 2M0443+3723 AB does not
belong to any moving group then its age is more uncertain. In this case it is still young (.30 Myr),
and the implied mass of the companion would be between ⇠30–110 MJup.

Keywords: binaries: close – stars: brown dwarfs, imaging, individual (2MASS J04435750+3723031 ,
2MASS J04435686+3723033), low-mass

1. INTRODUCTION

The study and characterization of the lowest-mass
stars and brown dwarfs (BDs) is a relatively new field,
with the first brown dwarfs, Gliese 229 B (Nakajima
et al. 1995; Oppenheimer et al. 1995), Teide 1 (Rebolo
et al. 1995), and PPL 15 (Basri et al. 1996) having been
discovered less than a quarter century ago. BDs (. 75
MJup) are not massive enough to stably burn hydrogen
in their cores and thus represent the transition region be-
tween gas giant planets and low–mass stars. Substellar
objects that fall below the hydrogen burning limit grad-
ually cool and grow dimmer as they age and thus follow
a degenerate mass-age-luminosity relationship (Burrows
et al. 2001; Saumon & Marley 2008). This is contrary to
low–mass stars which have stable luminosities over the
main course of their lifetime. These objects are gener-

ally defined based on the limit for the onset of hydrogen
and deuterium burning, not necessarily their formation:
stars have masses greater than 75 MJup, BDs span 13–75
MJup, and objects between 0.2 MJup and 13 MJup are
considered gas giant planets if they are companions to
stars (Burrows et al. 2001).
Benchmark systems are objects that have two or more

measured fundamental quantities such as luminosity and
age; for brown dwarfs these parameters can be used to
infer other properties like mass, temperature, and ra-
dius using substellar evolutionary models (Burrows et al.
2001). For example, BDs that are companions to stars
and members of young moving groups have ages that
can be determined from the age of the host star or from
age-dating the moving group. Benchmark brown dwarfs
provide valuable tests for substellar atmospheric and
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Abstract

We present a catalog of high-precision proper motions in the Orion Nebula Cluster (ONC), based on Treasury
Program observations with the Hubble Space Telescope’s (HST) ACS/WFC camera. Our catalog contains 2454
objects in the magnitude range of 14.2<mF775W<24.7, thus probing the stellar masses of the ONC from
∼0.4M☉ down to ∼0.02M☉ over an area of ∼550 arcmin2. We provide a number of internal velocity dispersion
estimates for the ONC that indicate a weak dependence on stellar location and mass. There is good agreement with
the published velocity dispersion estimates, although nearly all of them (including ours at T � 0.94v x, and
T � 1.25v y, masyr−1) might be biased by the overlapping young stellar populations of Orion A. We identified four
new ONC candidate runaways based on HST and the Gaia DR 2 data, all with masses less than ∼1M☉. The total
census of known candidate runaway sources is 10—one of the largest samples ever found in any Milky Way open
star cluster. Surprisingly, none of them have tangential velocities exceeding 20 km s−1. If most of them indeed
originated in the ONC, it may compel the re-examination of dynamical processes in very young star clusters. It
appears that the mass function of the ONC is not significantly affected by the lost runaways.

Unified Astronomy Thesaurus concepts: Hubble Space Telescope (761); Space astrometry (1541); Proper motions
(1295); Young star clusters (1833); Low mass stars (2050); Stellar dynamics (1596); Runaway stars (1417)
Supporting material: machine-readable table

1. Introduction

As one of the most recognizable objects in the astronomical
sky and one of the most popular in studies of star formation, the
Orion Nebula Cluster (ONC) may not need a formal
introduction. Its basic properties are reviewed by, e.g., O’Dell
(2001), O’Dell et al. (2008), and Muench et al. (2008). Over
the past two decades, our understanding of the ONC has
significantly improved, as evidenced by several hundred
publications listed in the SIMBAD6 astronomical bibliography.
Our contribution to this huge body of various data for the ONC
is a new set of relative proper motions obtained from a massive
imaging effort by the Hubble Space Telescope (HST).

Until recently, there were only two studies (Jones &
Walker 1988; van Altena et al. 1988) that provided accurate
relative proper motions, albeit limited to stars brighter than
I�16 mag (V∼20). Both studies produced a clean sample of
cluster members indicated by high membership probabilities:
Pμ>90%. The calculated proper-motion dispersion along one
axis ranges from 0.76 mas yr−1 to 1.18 mas yr−1. Assuming
that the ONC is at a distance of 414±7pc (Menten et al.
2007), this range of dispersions translates into velocity
dispersions of 1.5 and 2.3 km s−1. Both studies indicate a
larger velocity dispersion in the Y-direction (south–north).

More recent contributions to the kinematics of ONC
members are the studies by Kuhn et al. (2019) and Kim et al.
(2019). The first of these studies analyzed Gaia DR 2 (Gaia
Collaboration et al. 2018) proper motions in 28 young star

clusters and associations. Among them, the ONC was given
special attention due to its prominent role in our understanding
of star formation. These authors found that the ONC is an
ordinary gravitationally bound cluster, while the known
asymmetry in the internal velocity distribution is re-confirmed.
Similar conclusions were reached by Kim et al. (2019) using
archival ONC images from various HST cameras and from
ground-based Keck NIRC2 data, over a small field centered on
the Trapezium.
These new proper-motion measurements have also stimu-

lated searches of the objects likely ejected from the ONC (Kim
et al. 2019; McBride & Kounkel 2019) and generated lists of
potential low-mass runaways (<1M☉). Wang et al. (2019)
performed N-body simulations, specifically designed to imitate
the ONC, which indicate that, within 1Myr, a few-body
dynamical decay can eject a few massive OB stars. These
simulations, however, do not address the low-mass escapees.
The N-body simulations by Moyano Loyola & Hurley (2013)
appear to be more universal, considering a variety of dynamical
interactions between the stars and potential mechanisms for
making the runaways at a large range of escape velocities and
stellar masses. Over 4Gyr, this study predicts a high
percentage of slow-moving runaways.
The supremacy of Gaia absolute astrometry appears to be

unassailable. Then, what is the contribution of our new relative
proper motions? The strongest argument is that the Gaia
limiting magnitude is at G∼21 mag, while HST can observe
objects several magnitudes fainter. Another issue is the highly
irregular nebulosity that forms a backdrop to the ONC and
presumably adds semi-random noise to the Gaia measurements,
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ハッブル望遠鏡でONCの固有運動を⾼精度でカタログ。10個のrunawayはどれも20 km/s超えず。
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ABSTRACT

Context. While exoplanets are now routinely detected, the detection of small bodies in extrasolar systems remains challenging. Since
the discovery of sporadic events interpreted as exocomets (Falling Evaporating Bodies) around � Pic in the early 80s, only ⇠20 stars
have been reported to host exocomet-like events.
Aims. We aim to expand the sample of known exocomet-host stars, as well as to monitor the hot-gas environment around stars with
previously known exocometary activity.
Methods. We have obtained high-resolution optical spectra of a heterogeneous sample of 117 main-sequence stars in the spectral type
range from B8 to G8. The data have been collected in 14 observing campaigns expanding over 2 years from both hemispheres. We
have analysed the Ca ii K&H and Na i D lines in order to search for non-photospheric absorptions originated in the circumstellar
environment, and for variable events that could be caused by outgassing of exocomet-like bodies.
Results. We have detected non-photospheric absorptions towards 50% of the sample, attributing a circumstellar origin to half of the
detections (i.e. 26% of the sample). Hot circumstellar gas is detected in the metallic lines inspected via narrow stable absorptions,
and/or variable blue-/red-shifted absorption events. Such variable events were found in 18 stars in the Ca ii and/or Na i lines; 6 of
them are reported in the context of this work for the first time. In some cases the variations we report in the Ca ii K line are similar to
those observed in � Pic. While we do not find a significant trend with the age or location of the stars, we do find that the probability
of finding CS gas in stars with larger v sin i is higher. We also find a weak trend with the presence of near-infrared excess, and with
anomalous (� Boo-like) abundances, but this would require confirmation by expanding the sample.

Key words. stars: general - planetary systems - comets:general - ISM: clouds - circumstellar matter

1. Introduction

Main sequence (MS) stars are known to host a complex circum-
stellar (CS) environment populated by a plethora of planets, de-
bris discs, and minor bodies, inherited from the physics that reg-
ulates the formation of stars. Later, the mutual dynamical inter-
action among those bodies and their host stars determines the
evolution of the planetary systems.

Since the discovery of a giant planet orbiting the solar-type
star 51 Peg (Mayor & Queloz 1995), thousands of planets have
been detected, which make up planetary systems with diversi-

fied architectures (see e.g. The Extrasolar Planets Encyclopae-
dia1). Minor bodies, such as asteroids and comets, are expected
in these planetary systems. Their study is relevant as they pro-
vide clues for understanding the formation and dynamical evo-
lution of planetary systems (e.g. Armitage 2010). However, ev-
idences of their presence are practically limited to indirect ob-
servations, such as the detection of circumstellar dust and gas in
debris discs and, to a considerable less extent, to more direct ev-
idences such as observations of some metallic line absorptions.

1 exoplanet.eu
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ABSTRACT

Context. While exoplanets are now routinely detected, the detection of small bodies in extrasolar systems remains challenging. Since
the discovery of sporadic events interpreted as exocomets (Falling Evaporating Bodies) around � Pic in the early 80s, only ⇠20 stars
have been reported to host exocomet-like events.
Aims. We aim to expand the sample of known exocomet-host stars, as well as to monitor the hot-gas environment around stars with
previously known exocometary activity.
Methods. We have obtained high-resolution optical spectra of a heterogeneous sample of 117 main-sequence stars in the spectral type
range from B8 to G8. The data have been collected in 14 observing campaigns expanding over 2 years from both hemispheres. We
have analysed the Ca ii K&H and Na i D lines in order to search for non-photospheric absorptions originated in the circumstellar
environment, and for variable events that could be caused by outgassing of exocomet-like bodies.
Results. We have detected non-photospheric absorptions towards 50% of the sample, attributing a circumstellar origin to half of the
detections (i.e. 26% of the sample). Hot circumstellar gas is detected in the metallic lines inspected via narrow stable absorptions,
and/or variable blue-/red-shifted absorption events. Such variable events were found in 18 stars in the Ca ii and/or Na i lines; 6 of
them are reported in the context of this work for the first time. In some cases the variations we report in the Ca ii K line are similar to
those observed in � Pic. While we do not find a significant trend with the age or location of the stars, we do find that the probability
of finding CS gas in stars with larger v sin i is higher. We also find a weak trend with the presence of near-infrared excess, and with
anomalous (� Boo-like) abundances, but this would require confirmation by expanding the sample.

Key words. stars: general - planetary systems - comets:general - ISM: clouds - circumstellar matter

1. Introduction

Main sequence (MS) stars are known to host a complex circum-
stellar (CS) environment populated by a plethora of planets, de-
bris discs, and minor bodies, inherited from the physics that reg-
ulates the formation of stars. Later, the mutual dynamical inter-
action among those bodies and their host stars determines the
evolution of the planetary systems.

Since the discovery of a giant planet orbiting the solar-type
star 51 Peg (Mayor & Queloz 1995), thousands of planets have
been detected, which make up planetary systems with diversi-

fied architectures (see e.g. The Extrasolar Planets Encyclopae-
dia1). Minor bodies, such as asteroids and comets, are expected
in these planetary systems. Their study is relevant as they pro-
vide clues for understanding the formation and dynamical evo-
lution of planetary systems (e.g. Armitage 2010). However, ev-
idences of their presence are practically limited to indirect ob-
servations, such as the detection of circumstellar dust and gas in
debris discs and, to a considerable less extent, to more direct ev-
idences such as observations of some metallic line absorptions.

1 exoplanet.eu
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Ca II K, Ca II H, Na I D輝線で117個の主系列星で系外彗星を調査。
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Abstract

We present an analysis of K2 light curves (LCs) from Campaigns 4 and 13 for members of the young (∼3Myr)
Taurus association, in addition to an older (∼30Myr) population of stars that is largely in the foreground of the
Taurus molecular clouds. Out of 156 of the highest-confidence Taurus members, we find that 81% are periodic.
Our sample of young foreground stars is biased and incomplete, but nearly all stars (37/38) are periodic. The
overall distribution of rotation rates as a function of color (a proxy for mass) is similar to that found in other
clusters: the slowest rotators are among the early M spectral types, with faster rotation toward both earlier FGK and
later M types. The relationship between period and color/mass exhibited by older clusters such as the Pleiades is
already in place by Taurus age. The foreground population has very few stars but is consistent with the USco and
Pleiades period distributions. As found in other young clusters, stars with disks rotate on average slower, and few
with disks are found rotating faster than ∼2 days. The overall amplitude of the LCs decreases with age, and higher-
mass stars have generally lower amplitudes than lower-mass stars. Stars with disks have on average larger
amplitudes than stars without disks, though the physical mechanisms driving the variability and the resulting LC
morphologies are also different between these two classes.

Unified Astronomy Thesaurus concepts: Star formation (1569); Stellar rotation (1629); Starspots (1572)
Supporting material: machine-readable tables

1. Introduction

The Taurus-Auriga star-forming region has fundamentally
shaped our understanding of how low-mass stars form (see,
e.g., Kenyon & Hartmann 1995). At an age of 3Myr (e.g.,
Kraus & Hillenbrand 2009; Luhman 2018) and a distance of
∼140 pc (e.g., Esplin & Luhman 2017), even the low-mass
objects (mid-M to early-L) are bright enough to be well
studied. A significant fraction of the members have an infrared
(IR) excesses indicative of circumstellar disks.

From the earliest studies of the prototype TTauri and other
stars in Taurus, variability was included as a defining
characteristic of young stars (Joy 1945). The variability arises
from starspots, flares, disk interactions, disk accretion, disk
structure occulting the star, and more. NASA’s K2 mission
(Howell et al. 2014) has recently provided high-quality, long
duration (∼70 days), high cadence (∼30 minutes) light curves
(LCs) for stars in many different clusters. In two of K2ʼs
Campaigns (4 and 13), members of the Taurus-Auriga
molecular cloud population were included. Those Taurus
members, along with the ρ Oph members observed in K2ʼs
Campaign 2 (e.g., Rebull et al. 2018), are the youngest cluster
stars observed with K2.

Aperiodic variability is expected and common in young stars
(see, e.g., Cody et al. 2014; Cody & Hillenbrand 2018).
However, when the variability is periodic, we can infer the
rotation rate of the star, and hence, we can explore the rotation
rates of young stars as a function of stellar mass and disk
presence. When combined with comparable observations of
other clusters, we can study trends as a function of age. In this
paper, we explore the periodic variability of the Taurus
members observed with K2. A. M. Cody et al. (2020, in

preparation) will explore the range of LC properties of the
disked members.
We have previously published our analysis of the K2 data for

the Pleiades (∼125Myr; Rebull et al. 2016a, 2016b; Stauffer
et al. 2016b; Papers I, II, and III, respectively), Praesepe
(∼790 Myr; Rebull et al. 2017; Paper IV), and Upper Sco/ρ
Oph (∼8 and ∼1Myr; Rebull et al. 2018; Paper V). We have
deliberately performed our analyses of these clusters, now
including Taurus, in a very homogeneous fashion in order to
allow for the best intercomparison of the rotation data across
the full age range observed with K2. Upper Sco has less
reddening and fewer disks than Taurus; ρ Oph has more
reddening than, and a comparable disk fraction to, Taurus.
While there are nearly 1000 member stars with periodic LCs in
each of the Pleiades, Praesepe, and Upper Sco, there are far
fewer stars with suitable K2 data at the youngest ages. In ρ
Oph, there are 174 member LCs, 106 (∼60%) of which are
periodic. There are comparable numbers in Taurus, where there
are 156 highest-quality members (see Section 2.2 and Table 1
below), and 81% (127) of those are periodic. In context with
the older clusters, Taurus and ρ Oph seem to suffer in
comparison, because of fewer stars, more stochastic contribu-
tions to the LCs (from disks and accretion, generally yielding a
lower fraction of periodic LCs), more reddening and spatial
variability in reddening (affecting the scatter in the diagrams),
and more uncertainty in membership (yielding a higher
contamination rate).
In Section 2, we summarize the data we amassed, including

information about the K2 data, literature information, member
selection, dereddening, and disk identification. Section 3 begins
with period identification and interpretation as well as a
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studied. A significant fraction of the members have an infrared
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allow for the best intercomparison of the rotation data across
the full age range observed with K2. Upper Sco has less
reddening and fewer disks than Taurus; ρ Oph has more
reddening than, and a comparable disk fraction to, Taurus.
While there are nearly 1000 member stars with periodic LCs in
each of the Pleiades, Praesepe, and Upper Sco, there are far
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Oph, there are 174 member LCs, 106 (∼60%) of which are
periodic. There are comparable numbers in Taurus, where there
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below), and 81% (127) of those are periodic. In context with
the older clusters, Taurus and ρ Oph seem to suffer in
comparison, because of fewer stars, more stochastic contribu-
tions to the LCs (from disks and accretion, generally yielding a
lower fraction of periodic LCs), more reddening and spatial
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and more uncertainty in membership (yielding a higher
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Taurusの光度曲線。早期M型で遅い回転、早期FGKと後期M型で速い回転。
光度曲線の強度は年齢とともに下がり、重いほど弱い。円盤があると強い。


