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• 宇宙のスケールを実感する
• 物理学の知識で宇宙に挑む
• 宇宙の星を理解する
• 星の構造、星の「進化」

• 星の爆発現象を理解する
• 爆発のメカニズム、光るメカニズム

• 宇宙の元素の起源を理解する
• 最先端の天文学と宇宙の謎を味わう

宇宙物理学特論「宇宙の爆発現象」



様々な疑問を物理の言葉で理解しよう

• なぜ星は星でいられるのか？つぶれないのか？
• なぜ核融合が起きるのか？
• なぜ星は「進化」するのか？
• なぜ質量で運命が変わるのか？
• なぜ星はつぶれるのか？なぜ爆発するのか？
• 超新星の膨大なエネルギーはどこからきたのか？
• ...
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Figure 29. Top: H-R diagram for 10–100 M⊙ models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)

et al. (2001), Nugis & Lamers (2000), and Nieuwenhuijzen &
de Jager (1990), as described in Section 6.6. These massive
star models are non-rotating, use no semi-convection, employ a
mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.

Most of this section consists of comparisons to results from
other stellar evolution codes. However, for consistency (and
completeness), we show in Figure 29 the H-R diagram and
central condition evolution of 10–100 M⊙ stars from the PMS
to the end of core helium burning. Though these are stars with
Z = 0.02, we turned off mass loss during this calculation so
that the plot would be easier to read and of some pedagogical
use. The tendency of Tc to scale with ρ

1/3
c (also a constant

radiation entropy) during these stages of evolution is expected
from hydrostatic balance with only a mildly changing mean
molecular weight. The rest of the calculations in this section
included mass loss as described above.

7.3.1. 25 M⊙ Model Comparisons

Figure 30 shows the Tc–ρc evolution in Mi = 25 M⊙ solar
metallicity models from MESA star, KEPLER (A. Heger 2010,
private communication), Hirschi et al. (2004), and FRANEC
(Limongi & Chieffi 2006) from helium burning until iron-
core collapse. The curves fall below the Tc ∝ ρ

1/3
c scaling

relation as the mean molecular weight increases due to the
subsequent burning stages. The curves are also punctuated with
non-monotonic behavior when nuclear fuels are first ignited
in shells. Figure 30 shows that MESA star produces core
evolutionary tracks consistent with other pre-supernova efforts.
The bump in the MESA star curve around carbon burning is

Figure 30. Evolution of the central temperature and central density in solar
metallicity Mi = 25 M⊙ models from different stellar evolution codes. The
locations of core helium, carbon, neon, oxygen, and silicon burning are labeled,
as is the relation Tc ∝ ρ

1/3
c .

(A color version of this figure is available in the online journal.)

Figure 31. Mass fraction profiles of the inner 2.5 M⊙ of the solar metallicity
Mi = 25 M⊙ model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M⊙ of this
Mi = 25 M⊙ model are shown in Figure 31 at the onset of core
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大質量星
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Figure 12.5. Evolution of central temperature and density of 15M⊙ and 25M⊙ stars at Z = 0.02 through all
nuclear burning stages up to iron-core collapse. The dashed line indicated where electrons become degenerate,
and the dash-dotted line shows where electrons become relativistic (ϵe ≈ mec2). The dotted line and arrow in-
dicates the trend Tc ∝ ρc1/3 that is expected from homologous contraction. Non-monotonic (non-homologous)
behaviour is seen whenever nuclear fuels are ignited and a convective core is formed. Figure adapted from
Woosley, Heger & Weaver (2002, Rev.Mod. Ph. 74, 1015).

12.3.1 Evolution with significant neutrino losses

In Sect. 6.5 we discussed several weak interaction processes that result in spontaneous neutrino emis-
sion at high temperatures and densities, such as photo-neutrinos, plasma-neutrinos and pair annihila-
tion neutrinos. When the central temperature exceeds ∼ 5 × 108 K, these neutrino losses are the most
important energy leak from the stellar centre, taking away energy much more rapidly than photon
diffusion or even convection can transport it to the surface. From this point onwards the neutrino
luminosity from the core far exceeds the luminosity radiated from surface, Lν ≫ L.

The dependence of the nuclear energy generation rate ϵnuc and the neutrino loss rate ϵν on temper-
ature are depicted in Fig. 12.6, for the centre of a typical massive star (i.e. following an evolution track
approximating those shown in Fig. 12.5). Both ϵν and ϵnuc increase strongly with temperature, but the
T -dependence of ϵnuc is larger than that of ϵν. During nuclear burning cycles energy production and
neutrino cooling are in balance, ϵnuc = ϵν, and this condition (the intersection of the two lines) defines
the temperature at which burning takes place.1

During each nuclear burning phase, Lnuc = Ėnuc ≈ Lν, which thus results in a much shorter
nuclear timescale than if neutrino losses were absent: τnuc = Enuc/Lν ≪ Enuc/L. Similarly, in
between burning cycles the rate of core contraction (on the thermal timescale) speeds up: Ėgr ≈ Lν
so that τth = Egr/Lν ≪ Egr/L. Therefore the evolution of the core speeds up enormously, at an
accelerating rate as the core continues to contract and heat up. The lifetime of each nuclear burning
stage can be estimated from Fig. 12.6 by approximating τnuc ∼ q/ϵnuc, where q is the energy gain per
unit mass from nuclear burning (∼ 4.0, 1.1, 5.0 and 1.9 × 1017 erg/g for C-, Ne-, O- and Si-burning,

1Note that because ϵnuc is a steeper function of T than ϵν, nuclear burning is stable also in the presence of neutrino losses:
a small perturbation δT > 0 would increase the local heat content (ϵnuc > ϵν), leading to expansion and cooling of the core
until thermal equilibrium is re-established.
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ニュートリノ

ICRR

物質とほとんど相互作用しない
反応断面積	σ	~	10-44	cm2

反応するまでの典型的な距離（平均自由行程）
l	~	1/(nσ)	~	mH/(ρσ)	
																		~	1020	ρ-1	cm
																		~	1014	(ρ/106)-1	cm	=	1,000	(ρ/106)-1	Rsun

ρ	=	nmH



大質量星の進化におけるニュートリノの効果

（１）系からエネルギーが失われるため、
　　　T	~	ρ1/3からずれる（ある温度でより高密度側へ）
（２）星の進化が早くなる
　　　進化の時間スケール
　　　τ	~	Etot/Ltot	~	Etot/Lnu	<<	Etot/Lph

T	>	5	x	108K	
=>	星の中心でニュートリノによる
　エネルギーロスが卓越 Lnu	>>	Lph

(Ltot	=	Lnu	+	Lph)



Carbon burning

Carbon burning proceeds via the 12C + 12C reaction, which produces a mixture of products, mainly
20Ne and some 24Mg. Most of the energy produced escapes in the form of neutrinos and only a small
fraction is carried away by photons. In stars with masses up to about 20M⊙ the photon luminosity is
large enough to produce a convective core (as shown in Fig. 12.7) of about 0.5M⊙. In more massive
stars carbon burns radiatively, because the initial 12C abundance is smaller and the luminosity not

H −> He He −> C, O

Si     "Fe"C     O, Ne

O Si

O     Si, S

He     C, O

C     O, Ne

Ne

Figure 12.7. Kippenhahn diagram of the evolution of a 15M⊙ star showing convective regions (cross-hatching)
and nuclear burning intensity (blue shading) during central H and He burning (top panel) and during the late
stages in the inner 5M⊙ of the star (bottom panel). A complicated series of convective burning cores and
shells appear, due to respectively carbon burning (around log t ∼ 3), neon burning (around log t ∼ 0.6), oxygen
burning (around log t ∼ 0) and silicon burning (around log t ∼ −2). Figure from Woosley, Heger & Weaver
(2002.)
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各核反応フェイズの継続時間

Figure 12.6. Energy generation rate and neutrino loss rate during the advanced evolution of a massive star.
The stellar center is assumed to follow a track approximating that shown in Fig. 12.5. The intersections of
the nuclear burning lines with the neutrino loss line define the burning temperature of the corresponding fuel.
Figure from Woosley, Heger & Weaver (2002).

respectively) and ϵnuc is the energy generated per gram and per second at the intersection with ϵν in
Fig. 12.6. Thus the lifetime ranges from several 103 years for C-burning to about a day for Si-burning!

12.3.2 Nuclear burning cycles: carbon burning and beyond

When the temperature in the contracting C-O core reaches 5 − 8 × 108 K (depending on the mass of
the core), carbon is the first nuclear fuel to be ignited. The reactions involved in carbon burning and
further nuclear burning cycles were treated in Sec. 6.4.3. In the following sections we briefly review
these and discuss the consequences for the structure and evolution of the star. A typical example of
the interior evolution is shown in Fig. 12.7 for a 15M⊙ star, and the corresponding stellar properties
are given in Table 12.1.

Table 12.1. Properties of nuclear burning stages in a 15M⊙ star (from Woosley et al. 2002).

burning stage T (109 K) ρ (g/cm3) fuel main products timescale

hydrogen 0.035 5.8 H He 1.1 × 107 yr
helium 0.18 1.4 × 103 He C, O 2.0 × 106 yr
carbon 0.83 2.4 × 105 C O, Ne 2.0 × 103 yr
neon 1.6 7.2 × 106 Ne O, Mg 0.7 yr
oxygen 1.9 6.7 × 106 O, Mg Si, S 2.6 yr
silicon 3.3 4.3 × 107 Si, S Fe, Ni 18 d
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レポート課題	5

5a:	一様密度の球が自己重力でつぶれるときの
						典型的な時間「自由落下時間		=	free	fall	$me」
　	の概念を説明し、その表式を導出せよ

5b:	平均密度を使って
　		大質量星の鉄コアと、星全体（赤色超巨星）の
		　自由落下時間をそれぞれ概算せよ



超新星SN	1987A
最近100年で最も近い超新星
	(銀河系のとなり、大マゼラン雲、50	kpc)



SN	1987Aから
ニュートリノを検出

スーパーカミオカンデ

ICRR

カミオカンデ

Enu	~	1053	ergが確認された！
=>	ニュートリノ加熱メカニズムの基礎



2002年ノーベル賞 2015年ノーベル賞
小柴昌俊氏 梶田隆章氏

for	the	discovery	of	neutrino	oscilla$ons,	
which	shows	that	neutrinos	have	mass

C:	Nobel	Media	AB	2015/	Pi	Frisk

"for	pioneering	contribu$ons	to	
astrophysics,	in	par$cular	for	the	
detec$on	of	cosmic	neutrinos"
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コンピュータシミュレーションの結果
（１次元球対称を仮定）

However, there is also negative feedback in the deleptonization
during collapse (Liebendörfer et al. 2002). Smaller electron cap-
ture rates keep the electron fraction high, which then leads to an
increase of the free proton fraction and consequently to electron
captures after all. The resultant electron fraction turns out to be
not significantly different as we see below.

It is also noticeable that the mass fraction of alpha particles
differs substantially and the abundance of nuclei is slightly re-
duced in model SH. This difference of alpha abundances in the
two models persists during the collapse and even in the post-
bounce phase. The nuclear species appearing in the central core
during collapse are shown in the nuclear chart (Fig. 4). The
nuclei in model SH are always less neutron-rich than those in
model LS by more than several neutrons. This is also due to the
effect of the symmetry energy, which gives nuclei closer to the
stability line in model SH. The mass number reaches up to !80
and!100 at the central density of 1011 g cm"3 ( filled circles) and
1012 g cm"3 (open circles), respectively. In the current simula-

tions, the electron capture on nuclei is suppressed beyond N ¼
40 due to the simple prescription employed here and a difference
in species does not make any difference. However, results may
turn out differently when more realistic electron capture rates are
adopted (Hix et al. 2003). It would be interesting to see whether
the difference found in two EOSs leads to differences in central
cores using recent electron capture rates on nuclei (Langanke &
Martinez-Pinedo 2003). Further studies are necessary to discuss
the abundances of nuclei and the influence of more updated elec-
tron capture rates for the mixture of nuclear species beyond the
approximation of single species in the current EOSs.
The profiles of lepton fractions at bounce are shown in Fig-

ure 5. The central electron fraction in model SH is Ye ¼ 0:31,
which is slightly higher than Ye ¼ 0:29 in model LS. The central
lepton fractions including neutrinos for models SH and LS are
rather close to each other, being YL ¼ 0:36 and 0.35, respec-
tively. The difference of lepton fraction results in a different size

Fig. 3.—Mass fractions in the supernova cores as a function of baryon mass
coordinate at the time when the central density reaches 1011 g cm"3. Solid,
dashed, dotted, and dot-dashed lines show mass fractions of protons, neutrons,
nuclei, and alpha particles, respectively. The results for models SH and LS are
shown by thick and thin lines, respectively.

Fig. 4.—Nuclear species appearing in supernova cores plotted on the nuclear
chart. Stable nuclei and the neutron drip line (Horiguchi et al. 2000) are shown
by open square symbols and a dashed line, respectively. Nuclear species at the
center of the core are marked by filled circles (!c ¼ 1011 g cm"3) and open
circles (!c ¼ 1012 g cm"3). The results for models SH and LS are shown by
thick and thin lines, respectively.

Fig. 2.—Radial positions of shock waves in models SH (thick lines) and LS (thin lines) as a function of time after bounce. The evolution at early (left) and late (right)
times is shown. Small fluctuations in the curves are due to a numerical artifact in the procedure for determining the shock position from a limited number of grid points.
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Rνのニュートリノ球から光度Lνのニュートリノが放出されているとすると，半径Rに
おける核子によるニュートリノの吸収反応 n + νe → e− + p、p + ν̄e → e+ + nによるエ
ネルギー吸収率は

Q+
ν =

Lν σ(ϵν)Yn

4πR2

∼ 30
! Lν

1052 erg s−1

"! ϵν
15 MeV

"2! R

200 km

"−2! Yn

1.0

" # MeV

s · nucleon

$
,(13)

となる。ここで、ϵνはニュートリノの平均エネルギー、σ(ϵν)は吸収断面積である。衝撃
波の通過した領域で原子核は分解されてしまうので、自由核子の (質量比での)割合 Yn

は 1とみなしてよい。上式の典型的な値は，Liebendoerfer[18]らの最近の球対称シミュ
レーションの結果に基づく値である。

Figure 27. 衝撃波の復活段階でのコア。Rν , Rns, Rg, Rsは、ニュートリノ球と原始中
性子星の半径、gain半径、停滞した衝撃波の位置である。[19].

一方、半径Rにおける一核子あたりの重力結合エネルギーは

−GMNSmu

R
= −6.5

! MNS

1.4M⊙

"! R

200km

"−2

[MeV/nucleon], (14)

で評価できる。ここで、原始中性子星の質量MNSとして典型的な 1.4M⊙をとり、muは
原子質量単位である。この結合エネルギーとニュートリノ加熱率と比較し 0.2秒のニュー
トリノ加熱でコアの重力的束縛から逃れることが可能であることがわかる。実際には、
加熱過程の逆反応が冷却に寄与するので，爆発のタイムスケールは 100 msec ∼ 1 sec[20]

と長くなる。このタイムスケールは、prompt explosion mechanism のタイムスケール
(O(10 msec))より長く、ニュートリノ加熱による爆発は delayed explosion mechanism

と呼ばれるのである。
衝撃波の背面領域は、ニュートリノ加熱が冷却にまさる領域と冷却がまさる領域に

分けられ (図 27)、その境界を「gain 半径」と呼んでいる [21]。そのおおよその位置は，

Janka	01

多次元的な効果が重要

1次元:	落ちる	or	外に向かう
多次元:	ある部分は落ちる、ある部分は外に向かう（対流）
　　　	=>	物質が長い間ニュートリノ加熱を受けられる



アメリカのグループの結果

A.	Burrows



ドイツのグループの結果

http://www.rzg.mpg.de/visualisation/scientificdata/rzgprojects/type-ii-supernova-simulations
Marek	&	Janka	(MPA)

http://www.rzg.mpg.de/visualisation/scientificdata/rzgprojects/type-ii-supernova-simulations
http://www.rzg.mpg.de/visualisation/scientificdata/rzgprojects/type-ii-supernova-simulations
http://www.rzg.mpg.de/visualisation/scientificdata/rzgprojects/type-ii-supernova-simulations


日本のグループの結果

4D2U http://4d2u.nao.ac.jp
Takiwaki	et	al.	2012

http://www.jicfus.jp/jp/promotion/pr/mj/2011-1/
http://www.jicfus.jp/jp/promotion/pr/mj/2011-1/
http://www.jicfus.jp/jp/promotion/pr/mj/2011-1/


最新の結果

The Astrophysical Journal, 786:83 (8pp), 2014 May 10 Takiwaki, Kotake, & Suwa

Figure 1. Three-dimensional plots of entropy per baryon (top panel), τres/τheat
(bottom left panel), which is the ratio of the residency to the neutrino-heating
timescale (see the text for details), and the net neutrino-heating rate (bottom
right panel, in units of erg cm−3 s−1) for three snapshots (top and bottom left:
t = 230 ms, and bottom right: t = 150 ms measured after the bounce (t ≡ 0) of
our model 3D-H-1). The contours on the cross sections in the x = 0 (back right),
y = 0 (back bottom), and z = 0 (back left) planes are projected on the sidewalls
of the graphs. For each snapshot, the length of the white line is indicated in the
bottom right text.
(A color version of this figure is available in the online journal.)

shock expansion in this study. It should be mentioned that, by
comparing our νx luminosity estimated by the leakage scheme
with that obtained by the work of Buras et al. (2006) with
detailed neutrino transport, the peak luminosity is more than
20% smaller in our case. Such underestimation of cooling
by heavy-lepton neutrinos should lead to artificially larger
maximum shock extent (Rmax ∼ 260 km, blue line in the right
panel of Figure 2) compared to Rmax ∼ 170 km in Buras et al.
(2006). We have to emphasize that the use of the leakage scheme,
together with the omission of inelastic neutrino scattering on
electrons and general relativity (GR) effects in the present
scheme, is likely to facilitate artificially easier explosions.
Regarding our 2D models, the relatively earlier shock revival
(∼100 ms postbounce) coincides with the decline of the mass
accretion rate onto the central PNS. This could be the reason
that the timescale is similar to that in Müller et al. (2012) who
reported 2D (GR) models for the same progenitor model with
detailed neutrino transport.

As seen from Figure 3, the angle-averaged neutrino lu-
minosity (⟨Lν⟩) and the mean neutrino energy (⟨ϵν⟩ =!

E3F sdE/
!

E2F sdE, where E is neutrino energy) are barely
affected by the imposed initial perturbations (presumably at a
few-percent levels in amplitude). This again supports our finding
that the explosion stochasticity is very influential in determining
the blast morphology but not the working of the neutrino-heating
mechanism.

From the bottom panel of Figure 3, it can be seen that
the overall trend in the neutrino luminosities and the mean
energies is similar between our 3D and 2D models. The neutrino
luminosities in the 2D model (green lines) show a short-time
variability (with periods of milliseconds to !10 ms) after around
100 ms postbounce. Such fast variations in the postbounce
luminosity evolution have been already found in previous 2D
studies (e.g., Ott et al. 2008; Marek et al. 2009). This is caused
by the modulation of the mass accretion rate due to convective
plumes and downflows hitting onto the PNS surface (see also
Lund et al. 2012 and Tamborra et al. 2013 about the detectability
of these neutrino signals). It is interesting to note that such a
fast variability is less pronounced in our 3D model (red lines
in the bottom panel). This is qualitatively consistent with Lund
et al. (2012) who analyzed the neutrino signals from 2D and 3D
models, in which an approximate neutrino transport was solved
(Wongwathanarat et al. 2010) as in Scheck et al. (2006).

Figure 4 shows the evolution of the average PNS radius
for the 1D (blue line), 2D (green line), and 3D models (red
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Figure 2. Same as the top panel in Figure 1, but for models 3D-H-2 (left panel) and 3D-H-2 (middle panel), which produce stronger explosions closer toward the
north (left panel) and south poles (middle panel), respectively. The right panel shows the evolution of average shock radii for the high-resolution 2D (green lines) and
3D (red lines) models explored in this study (e.g., Table 1).
(A color version of this figure is available in the online journal.)
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ただし、まだE	~	1050	erg	(１桁足りない)

現代宇宙物理学の最大の謎の１つ



様々な疑問を物理の言葉で理解しよう

• なぜ星は星でいられるのか？つぶれないのか？
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• ...


