
• 宇宙のスケールを実感する
• 物理学の知識で宇宙に挑む
• 宇宙の星を理解する
• 星の構造、星の「進化」

• 星の爆発現象を理解する
• 爆発のメカニズム、光るメカニズム

• 宇宙の元素の起源を理解する
• 最先端の天文学と宇宙の謎を味わう

宇宙物理学特論「宇宙の爆発現象」



• 9/20	(火)	2,3,4,5限	(4回)	

• 全体の概論、星の構造
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• 星の進化、星の爆発
• 9/29	(木)	2,3,4,5限	(4回)	

• 超新星からの放射、超新星の観測
• 9/30	(金)	2,3,4限	(3回)	

• 突発天体探査、元素の起源、重力波
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1. 宇宙の爆発現象	概観
2. 宇宙のスケールとさまざまな星
3. 星の構造と核融合反応	

4. 星をなすガスの性質

5. 星の進化
6. 重力崩壊型超新星(1)	爆発まで
7. 重力崩壊型超新星(2)	爆発後
8. 核爆発型超新星

先週の内容



Sec$on	9.
復習：星の進化と超新星

9.1	星の進化（復習）

9.2	超新星爆発（復習）

9.3	さまざまな超新星
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1a.	水素燃焼	(pp	chain)

Note the similarity between the expressions for the nuclear energy generation rate (6.37) and the
equation for composition changes (6.41), both of which are proportional to ri j. Using eq. (6.35) for
the energy released per gram, we can write the reaction rate as

ri j =
ϵi j

qi j(Ai + Aj)
ρ

mu
. (6.42)

If we substitute this expression into eq. (6.41) the factor ρ/mu drops out. We obtain a useful expression
in simple cases where only one reaction occurs, or a reaction chain in which one reaction determines
the overall rate. An example is the fusion of 4 1H into 4He, which is the net result of a chain of
reactions (see Sec. 6.4.1). In that case you may verify that (6.41) and (6.42) reduce to

dY
dt
= −

dX
dt
=
ϵH

qH
, (6.43)

where ϵH is the energy generation rate by the complete chain of H-burning reactions, and qH is amount
of energy produced by converting 1 gram of 1H into 4He.

6.4 The main nuclear burning cycles

In principle, many different nuclear reactions can occur simultaneously in a stellar interior. If one is
interested in following the detailed isotopic abundances produced by all these reactions, or if structural
changes occur on a very short timescale, a large network of reactions has to be calculated (as implied
by eq. 6.41). However, for the calculation of the structure and evolution of a star usually a much
simpler procedure is sufficient, for the following reasons:

• The very strong dependence of nuclear reaction rates on the temperature, combined with the
sensitivity to the Coulomb barrier Z1Z2, implies that nuclear fusions of different possible fuels
– hydrogen, helium, carbon, etc. – are well separated by substantial temperature differences.
The evolution of a star therefore proceeds through several distinct nuclear burning cycles.

• For each nuclear burning cycle, only a handful of reactions contribute significantly to energy
production and/or cause major changes to the overall composition.

• In a chain of subsequent reactions, often one reaction is by far the slowest and determines the
rate of the whole chain. Then only the rate of this bottleneck reaction needs to be taken into
account.

6.4.1 Hydrogen burning

The net result of hydrogen burning is the fusion of four 1H nuclei into a 4He nucleus,

4 1H→ 4He + 2 e+ + 2 ν . (6.44)

You may verify using Sec. 6.1.1 that the total energy release is 26.734MeV. In order to create a 4He
nucleus two protons have to be converted into neutrons. Therefore two neutrinos are released by weak
interactions (p→ n+ e+ + ν), which escape without interacting with the stellar matter. It is customary
not to include the neutrino energies into the overall energy release Q, but to take into account only
the energy that is used to heat the stellar gas. This includes energy released in the form of γ-rays
(including the γ-rays resulting from pair annihilation after e+ emission) and in the form of kinetic
energies of the resulting nuclei. The effective Q-value of hydrogen burning is therefore somewhat
smaller than 26.734MeV and depends on the reaction in which the neutrinos are emitted.
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Since a simultaneous reaction between four protons is extremely unlikely, a chain of reactions is
always necessary for hydrogen burning. This can take place in two distinct ways: either direct fusion
of protons via the p-p chain, or by using already present CNO-nuclei as catalysts in the CNO cycle.
Hydrogen burning in stars takes place at temperatures ranging between 8 × 106 K and 5.0 × 107 K,
depending on stellar mass and evolution stage.

The p-p chains

The first reaction is the so-called p-p reaction:
1H + 1H→ 2H + e+ + ν or p + p→ D + e+ + ν . (6.45)

This involves the simultaneous β-decay of one of the protons during the strong nuclear interaction.
This is very unlikely and the p-p reaction therefore has an extremely small cross-section, about 10−20
times that of a typical reaction involving only strong interactions. The reaction rate cannot be mea-
sured in the laboratory and is only known from theory.

After some deuterium is produced, it rapidly reacts with another proton to from 3He. Subse-
quently three different branches are possible to complete the chain towards 4He:

1H + 1H→ 2H + e+ + ν
2H + 1H→ 3He + γ

✟
✟

✟
✟✟✙

❍
❍

❍
❍❍❥

3He + 3He→ 4He + 2 1H

pp1

3He + 4He→ 7Be + γ
✟

✟
✟

✟✟✙

❍
❍

❍
❍❍❥

7Be + e− → 7Li + ν
7Li + 1H→ 4He + 4He

pp2

7Be + 1H→ 8B + γ
8B→ 8Be + e+ + ν
8Be→ 4He + 4He

pp3 (6.46)

The pp1 branch requires two 3He nuclei, so the first two reactions in the chain have to take place
twice. The alternative pp2 and pp3 branches require only one 3He nucleus and an already existing 4He
nucleus (either present primordially, or produced previously by hydrogen burning). The resulting 7Be
nucleus can either capture an electron or fuse with another proton, giving rise to the second branching
into pp2 and pp3. Three of the reactions in the chains are accompanied by neutrino emission, and the
(average) neutrino energy is different in each case: ⟨Eν⟩ = 0.265MeV for the p-p reaction, 0.814MeV
for electron capture of 7Be and 6.71MeV for the β-decay of 8B. Therefore the total energy release
QH for the production of one 4He nucleus is different for each chain: 26.20MeV (pp1), 25.66MeV
(pp2) and only 19.76MeV for pp3.

The relative frequency of the three chains depends on temperature and chemical composition.
Because the 3He + 4He reaction is slightly more sensitive to temperature than the 3He + 3He reaction
(it has a somewhat higher reduced mass and larger τ, eq. 6.25), the pp1 chain dominates over the other
two at relatively low temperature (T7 ∼< 1.5). The pp1 chain is the main energy-producing reaction
chain in the Sun. At increasing T , first the pp2 chain and then the pp3 chain become increasingly
important.
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1b.	水素燃焼	(CNO	cycle)

At low temperatures (T < 8 × 106 K) the rates of all reactions should be calculated separately to
obtain the energy generation rate and the changes in abundances. In particular, the 3He+ 3He reaction
is quite slow and a substantial abundance of 3He can accumulate before further reactions occur. For
T ∼> 8 × 106 K all reactions in the chain are fast enough that they reach a steady state, where once a
D nucleus is produced by the first, very slow reaction, all successive reactions proceed very quickly
until 4He is formed. The nuclear lifetimes (eq. 6.39) of the intermediate nuclei D, 3He, 7Li, etc,
are very short compared to the overall nuclear timescale, and their abundances are very small. The
overall rate of the whole reaction chain is then set by the rate of the bottleneck p-p reaction, rpp. In
this steady-state or ‘equilibrium’ situation the rate of each subsequent reaction adapts itself to the pp
rate.1 The energy generation rate (given by the sum of energies released by each reaction, eq. 6.37)
can then be expressed in a single term of the form (6.33), i.e. ϵnuc = QHrpp/ρ where QH is the total
energy released in the whole chain (6.44). The above expression applies to the pp2 and pp3 chains,
which each require one p-p reaction to complete. For the pp1 chain two p-p reactions are needed and
therefore in that case ϵnuc = 1

2QHrpp/ρ. Expressing rpp in terms of the cross section factor ⟨συ⟩pp and
the hydrogen abundance X, we can compute the energy generation rate for hydrogen burning by the
combination of pp chains as

ϵpp = ψ qHX2
ρ

mu
⟨συ⟩pp, (6.47)

where qH = QH/4mu is the total energy release per gram of hydrogen burning and ψ is a factor be-
tween 1 (for the pp1 chain) and 2 (for the pp2 and pp3 chains), depending on the relative frequency of
the chains. Both ψ and qH therefore depend on the temperature, because the three chains have differ-
ent neutrino losses. The overall temperature dependence of ϵpp is dominated by the T -dependence of
⟨συ⟩pp and is shown in Fig. 6.5. The pp chain is the least temperature-sensitive of all nuclear burning
cycles with a power-law exponent ν (eq. 6.30) varying between about 6 at T6 ≈ 5 and 3.5 at T6 ≈ 20.

The CNO cycle

If some C, N, and O is already present in the gas out of which a star forms, and if the temperature
is sufficiently high, hydrogen fusion can take place via the so-called CNO cycle. This is a cyclical
sequence of reactions that typically starts with a proton capture by a 12C nucleus, as follows:

12C + 1H→ 13N + γ
13N→ 13C + e+ + ν

13C + 1H→ 14N + γ
14N + 1H→ 15O + γ

15O→ 15N + e+ + ν
15N + 1H→ 12C + 4He

❄

→ 16O + γ
16O + 1H→ 17F + γ

17F→ 17O + e+ + ν
17O + 1H→ 14N + 4He

✲

(6.48)
1For example, if we denote by rpD the rate of 2H + 1H, one has rpD = rpp, etc. Note that describing the p-p reaction as

‘slow’ and the 2H + 1H as ‘fast’ refers to the difference in cross-section factors ⟨συ⟩ and not to the number of reactions per
second r given by eq. (6.8).
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2.	ヘリウム燃焼	(triple	alpha)

Textbook	by	Prialnik

where ⟨συ⟩pN is the cross-section factor of the 14N(p, γ)15O reaction which controls the rate of the
whole cycle. X14 is the 14N mass fraction in the energy-generating zone of the star, which is close
to the total abundance XCNO of CNO nuclei once equilibrium is reached in the full CNO cycle. The
energy release per unit mass qH = QH/4mu takes into account the neutrino losses, which for the CNO
cycle in equilibrium amounts to QH = 24.97MeV. The temperature sensitivity of the CNO cycle is
much higher than for the pp chain, with ν varying between 23 and 13 for T7 ranging from 1.0 to 5.0.
This is illustrated in Fig. 6.5 where the temperature dependence of ϵCNO is compared to that of ϵpp.
For the purpose of very simple approximations one can take

ϵpp ∝ X2 ρ T 4 and ϵCNO ∝ XX14 ρ T 18. (6.51)

The strong difference in temperature sensitivity has the consequence that the pp chain dominates at
low temperatures, T7 ∼< 1.5, while the CNO cycle is dominant at higher temperatures.

6.4.2 Helium burning

Helium burning consists of the fusion of 4He into a mixture of 12C and 16O, which takes place at
temperatures T ∼> 108 K. Such high temperatures are needed because (1) the Coulomb barrier for
He fusion is higher than that of the H-burning reactions considered above, and (2) fusion of 4He is
hindered by the fact that no stable nucleus exists with mass number A = 8. Therefore helium burning
must occur in two steps:

4He + 4He↔ 8Be
8Be + 4He→ 12C∗ → 12C + γ

(6.52)

The 8Be nucleus temporarily formed in the first reaction has a ground state that is 92 keV higher in
energy than that of two separate 4He nuclei. It therefore decays back into two α particles after a few
time 10−16 s. While extremely short, this time is long enough to build up a very small equilibrium
concentration of 8Be, which increases with temperature and reaches about 10−9 at T ≈ 108 K. Then
the second reaction 8Be(α, γ)12C starts to occur at a significant rate, because of a resonance at just
the Gamow peak energy. The result is an excited compound nucleus 12C∗ which subsequently decays
to the ground state of 12C with emission of a γ photon. The corresponding energy level in the 12C
nucleus was predicted by Fred Hoyle in 1954, because he could not otherwise explain the existence
of large amounts of carbon in the Universe. This excited state of 12C was subsequently found in
laboratory experiments.

The net effect of the two reactions (6.52) is called the triple-α reaction,

3 4He→ 12C + γ, (6.53)

which has Q = 7.275MeV. The energy release per unit mass is q3α = Q/m(12C) = 5.9 × 1017 erg/g,
which is about 1/10 smaller than for H-burning. Since the two reactions need to occur almost simul-
taneously, the 3α reaction behaves as if it were a three-particle reaction and its rate is proportional to
n3α. The energy-generation rate can be written as

ϵ3α = q3α X34 ρ
2 λ3α, (6.54)

where the temperature dependence is described by the factor λ3α, which depends on the combined
cross-sections of the two reactions (6.52). X4 ≈ Y is the mass fraction of 4He. The temperature
sensitivity of the 3α rate is extremely high, with ν ≈ 40 at T8 ≈ 1.0.

When a sufficient amount of 12C has been created by the 3α reaction, it can capture a further α
particle to form 16O,

12C + 4He→ 16O + γ, (6.55)
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Figure 21. Comparisons of the sound speed profiles within the sun. The red
solid line shows the relative difference in the sound speed between MESA star
predictions and the inferred sound speed profile from helioseismic data (taken
from Bahcall et al. 1998). The green-dashed and blue-dotted lines show the same
for the standard solar models of Bahcall et al. (1998, BBP98) and Serenelli et al.
(2009, S09), respectively.
(A color version of this figure is available in the online journal.)

Figure 22. Top: MESA star H-R diagram for 2–10 M⊙ models from the PMS
to the end of the first thermal pulse (2–7 M⊙) or into C-burning (8 and 10 M⊙).
Bottom: trajectories of the central conditions. The filled red points show the
ZAMS.
(A color version of this figure is available in the online journal.)

He-shell flash convection zone we use f = 0.008 (Herwig
2005).

In both codes we use the mass-loss formula of Blöcker (1995,
see Section 6.6). Thermal pulses start at a slightly lower core

Figure 23. 2 M⊙, Z = 0.01 tracks up to the first thermal pulse from EVOL
(solid black line) and MESA star (thick gray line) in the H-R diagram.

mass, and hence luminosity, in the EVOL model. In order to
maintain similar envelope mass evolution through the TP-AGB,
the parameter ηBl in the mass-loss formula was set to 0.05 in
MESA star and 0.1 in EVOL. Every effort has been made to
tailor the MESA star model to the EVOL model. However,
the AGB evolution is very sensitive to the initial core mass,
which depends on the mixing assumptions and their numerical
implementation during the preceding He-core burning phase.
Consequently, small differences on the TP-AGB are unavoidable
when comparing tracks from two codes.

As shown in Figure 23, the EVOL and MESA star tracks
compare well in the H-R diagram. Table 11 shows that key
properties differ by less than 5%. MESA star has the ability
to impose a minimum size on convection zones below which
overshoot mixing is ignored. EVOL does not have such limits,
leading to more mixing of He into the core and, hence, the ≈ 4%
larger age of the EVOL sequence at the first thermal pulse.

The TP-AGB is characterized by recurrent thermonuclear
instabilities of the He-shell, leading to complex mixing and
nucleosynthesis. These processes are properly represented in
MESA star calculations, as revealed in Figure 24. The ability
of MESA star to calculate the evolution of stellar parameters
in a smooth and continuous manner even during the advanced
thermal pulse phases and beyond is demonstrated in Figure 25.
The top panel shows the evolution in the H-R diagram, whereas
the bottom panel shows the evolution of the conditions in the
C/O core. The adiabatic cooling in the C/O core that occurs
during the He flash (due to the pressure dropping at the surface
of the C/O core) is evident in the downturns that are parallel
to the line of constant degeneracy (which is also the adiabatic
slope). The overall trend of increasing ρc reflects the growing
C/O core mass, which for this model is shown in the top panel
of Figure 24.

An example of the evolution of convection zones, shell
burning, and total luminosities as well as core boundaries for two
subsequent thermal pulses is shown in Figure 26 as a function
of model number; compare to Figure 3 in Herwig (2005).
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Figure 29. Top: H-R diagram for 10–100 M⊙ models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)

et al. (2001), Nugis & Lamers (2000), and Nieuwenhuijzen &
de Jager (1990), as described in Section 6.6. These massive
star models are non-rotating, use no semi-convection, employ a
mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.

Most of this section consists of comparisons to results from
other stellar evolution codes. However, for consistency (and
completeness), we show in Figure 29 the H-R diagram and
central condition evolution of 10–100 M⊙ stars from the PMS
to the end of core helium burning. Though these are stars with
Z = 0.02, we turned off mass loss during this calculation so
that the plot would be easier to read and of some pedagogical
use. The tendency of Tc to scale with ρ

1/3
c (also a constant

radiation entropy) during these stages of evolution is expected
from hydrostatic balance with only a mildly changing mean
molecular weight. The rest of the calculations in this section
included mass loss as described above.

7.3.1. 25 M⊙ Model Comparisons

Figure 30 shows the Tc–ρc evolution in Mi = 25 M⊙ solar
metallicity models from MESA star, KEPLER (A. Heger 2010,
private communication), Hirschi et al. (2004), and FRANEC
(Limongi & Chieffi 2006) from helium burning until iron-
core collapse. The curves fall below the Tc ∝ ρ

1/3
c scaling

relation as the mean molecular weight increases due to the
subsequent burning stages. The curves are also punctuated with
non-monotonic behavior when nuclear fuels are first ignited
in shells. Figure 30 shows that MESA star produces core
evolutionary tracks consistent with other pre-supernova efforts.
The bump in the MESA star curve around carbon burning is

Figure 30. Evolution of the central temperature and central density in solar
metallicity Mi = 25 M⊙ models from different stellar evolution codes. The
locations of core helium, carbon, neon, oxygen, and silicon burning are labeled,
as is the relation Tc ∝ ρ

1/3
c .

(A color version of this figure is available in the online journal.)

Figure 31. Mass fraction profiles of the inner 2.5 M⊙ of the solar metallicity
Mi = 25 M⊙ model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M⊙ of this
Mi = 25 M⊙ model are shown in Figure 31 at the onset of core
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大質量星
（ケイ素燃焼まで）



元素はいかにつくられたか（岩波書店）



Carbon burning

Carbon burning proceeds via the 12C + 12C reaction, which produces a mixture of products, mainly
20Ne and some 24Mg. Most of the energy produced escapes in the form of neutrinos and only a small
fraction is carried away by photons. In stars with masses up to about 20M⊙ the photon luminosity is
large enough to produce a convective core (as shown in Fig. 12.7) of about 0.5M⊙. In more massive
stars carbon burns radiatively, because the initial 12C abundance is smaller and the luminosity not

H −> He He −> C, O

Si     "Fe"C     O, Ne

O Si

O     Si, S

He     C, O

C     O, Ne

Ne

Figure 12.7. Kippenhahn diagram of the evolution of a 15M⊙ star showing convective regions (cross-hatching)
and nuclear burning intensity (blue shading) during central H and He burning (top panel) and during the late
stages in the inner 5M⊙ of the star (bottom panel). A complicated series of convective burning cores and
shells appear, due to respectively carbon burning (around log t ∼ 3), neon burning (around log t ∼ 0.6), oxygen
burning (around log t ∼ 0) and silicon burning (around log t ∼ −2). Figure from Woosley, Heger & Weaver
(2002.)
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質量放出



星風	“stellar	wind”

WR124

ベテルギウス
（赤外線画像、Herschel）

質量放出率	~	10-5	Msun	yr-1



ウォルフ・レイエ星	(Wolf-Rayet星)
C. Georgy et al.: Grids of stellar models with rotation. II.

Fig. 1. HRD of the massive models from 20 to 120 M⊙ with the different types/phases marked in colours (O-type: blue; neither O-type nor WR:
red; WNL: green; WNE: purple; WC: cyan). Left: non-rotating models. Right: rotating models. We plotted the effective temperature at the surface
of the hydrostatic core. The endpoints of the tracks are indicated by a circle.

is of the order of the mass-loss rates estimated by van Loon
et al. (2005) for RSGs.

3. The WR stellar models

3.1. HR diagram

We used the following criteria to determine the type of the star at
a given time (Meynet & Maeder 2003; Smith & Maeder 1991):

– a star with log(Teff/K) > 4.0 and a surface hydrogen mass
fraction XH < 0.3 is considered as a WR star2;

– a star with log(Teff/K) > 4.5 that is not a WR star is an
O-type star;

– a WR star with a surface hydrogen mass fraction XH > 10−5

is a WNL star;
– a WR star without hydrogen and with a carbon surface abun-

dance lower than the nitrogen abundance is a WNE star;
– a WR star without hydrogen and with a carbon surface abun-

dance higher than the nitrogen abundance is a WC or a
WO star. If the surface ratio C+O

He (in number) is less than 1,
the star is classified as a WC; otherwise, it is classified as
a WO;

– a WR star without hydrogen, and with a surface ratio XC
XN

be-
tween 0.1 and 10 is a WNC star.

The O-type, WNL, WNE, WC, and WO phases are exclusive.
The WNC phase lies between the WNE and WC phases. We
point out here that the observational classification of WR stars is
based on spectroscopic characteristics and not on surface abun-
dances. A firm classification of our models would therefore re-
quire computing the output spectrum. While some attempts in
that direction have already been made (Schaerer et al. 1996a,b;
Schaerer & de Koter 1997), this is by far not yet a standard pro-
cedure. We decided here to follow the usual procedure most

2 The duration of the corresponding WR phase is not very sensitive to
the choice of this limit if it remains in the range 0.3–0.4 as mentioned
by Meynet & Maeder (2003).

often found in the literature to connect WR spectral types to
surface abundances. Below we present some numerical exam-
ples that illustrate how numbers change when different rules
are adopted for the connection between surface abundances and
WR subtypes. In Fig. 1 we show where each WR phase occurs
in the HRD for the models between 20 and 120 M⊙.

Comparing the rotating and non-rotating models, we note the
following differences:

– The MS rotating tracks for the most massive stars (M ≥
60 M⊙ and vini ≥ 350 km s−1) follow a nearly homogeneous
evolution during the MS phase (Maeder 1987). As a numeri-
cal example, the mass fraction of hydrogen at the stellar sur-
face is 0.32 in the rotating 120 M⊙ model when the mass
fraction of hydrogen at the centre is 0.28. We note that al-
though these models remain quite compact and hence blue
during the MS, their surface velocity decreases a lot. Indeed,
at the end of the core H-burning phase, the surface velocity
is only a few km s−1 for stars with initial masses equal or su-
perior to 60 M⊙. This is caused by the high mass-loss rates
undergone by these stars.

– Without rotation, only the 120 M⊙ enters the WR phase at
the end of the MS, while with rotation, the 60 M⊙ and more
massive stars already enter into the WR phase during the
MS phase.

– A small range of initial masses go through an RSG stage
before entering the WR regime. These models reach
log(Teff/K) ∼ 3.5 at the RSG stage, and then, due to the
strong mass loss, evolve back to the blue part of the HRD.
They finally become WR stars at the very end of their evolu-
tion, ending as a WNL or WNE stars with an effective tem-
perature (at the border of the hydrostatic core) of roughly
log(Teff/K) ∼ 4.5. Rotation restricts the mass domain of the
family of tracks evolving into a WR phase after a RSG phase
(see Fig. 2). As a consequence, rotation decreases the max-
imum luminosity of the RSGs from 5.7 without rotation to
about 5.4 with rotation. The last value agrees better with the
upper limit of RSGs, which was found by Levesque et al.
(2005) to be between 5.2 and 5.4.
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-	WN型	(N,	He-rich)

		Hが少ない
			MMS	>~	25	Msun

-	WC型	(C-rich)

		Heも少ない
		MMS	>~	40	Msun



星の質量と超新星のタイプ
Msun10 20 40

II型

~10 ~25 ~40

30

赤色超巨星 WR	(WN) WR	(WC)

Ib型 Ic型

観測的な検証が必要
（今日の講義）

水素あり 水素なし
ヘリウムあり

水素なし
ヘリウムなし



Sec$on	9.
復習：星の進化と超新星

9.1	星の進化（復習）

9.2	超新星爆発（復習）

9.3	さまざまな超新星



大質量星の最期

「たまねぎ構造」

鉄コア
半径	~2000	km	~	108	cm

質量	~1.4	Msun

赤色超巨星	

半径	1000	Rsun	~	1014	cm



「重力崩壊」
(~0.1	秒)

main : 2016/2/29(10:57)

5.3 陽子・原子核の電子捕獲反応 85

µe = 3.9 MeV

„
ρ

109 g/cm3

Ye

0.46

« 1
3

(5.20)

であり，密度が上がると増加する．56Feは安定な原子核であるが，電子のフェ
ルミエネルギーが増加して原子核の質量差 (∆MMn−Fe c2 = 3.7 MeV)を越える
ようになると，原子核が電子を捕獲する反応

e− +56 Fe −→ νe +56 Mn (5.21)

が起きるようになる．この反応により電子数が減少するため，星を支える源で
あった電子縮退圧が減少することとなり，重力崩壊が始まる．この電子捕獲反
応により原子核は，より中性子過剰になるが，重力崩壊が進むにつれて電子の
エネルギーが高くなり質量差 Q = M(A, Z − 1) −M(A, Z)が Ee > Qとなれ
ば，次々と

e− + (A, Z) −→ νe + (A, Z-1) (5.22)

が起きる．また，原子核に束縛されていない陽子（自由陽子）も電子捕獲反応

e− + p −→ νe + n (5.23)

に寄与する．これらの電子捕獲反応は，ニュートリノ発生源であると共に，陽
子を中性子へ変換する中性子化に寄与しており，親星から中性子星へと向かう
全体の方向を決めている．

4.3節で述べたように，中性子星における陽子と中性子の混合割合はベータ平
衡の条件により決まる．この時，中性子星内部では電子捕獲反応（式 5.23）お
よび中性子崩壊（式 5.5）のように陽子・中性子の間で互いに変換を行う反応の
組み5)が頻繁に起こっており，組成比が安定に保たれる．超新星内部において
も，重力崩壊が進んで密度・温度が高くなると，例えば，中性子による陽電子
吸収反応

e+ + n −→ ν̄e + p (5.24)

が起きて，陽子と中性子の組成バランスが保たれるようになる．次節で述べる
5)この反応は陽子の割合が多い時のみに起きる．（5.5節）

the adiabatic exponent γad is close to 4
3 . The iron core is therefore very close to a state of dynamical

instability. Two processes occur at high density and temperature that contribute to accelerating the
(already rapid) contraction into a dynamical collapse of the core.

Electron captures At very high density free electrons can be captured and bound into otherwise
β-unstable heavy nuclei. This process, also known as inverse β-decay, occurs when the most
energetic electrons have energies high enough to overcome the difference in nuclear binding
energy (see also Sec. 11.2). As a result, the composition becomes increasingly neutron-rich
– a process known as neutronization. Furthermore, the electron pressure decreases which can
destroy the precarious state of hydrostatic equilibrium and trigger the collapse of the core.

If the core is significantly degenerate, the Chandrasekhar mass plays an important role. For a
composition of predominantly 56Fe one would expect MCh = 5.83 µ−2e M⊙ ≈ 1.26M⊙. Elec-
tron captures increase the average mass per free electron (µe) and thus decrease the effective
Chandrasekhar mass. This can bring the core mass above this critical mass and facilitate its
collapse.

Electron captures can also trigger the collapse of stars with initial masses below ≈ 11M⊙,
which develop degenerate O-Ne cores at the end of their lives. If the mass of this core can grow
(through shell burning) to 1.37M⊙, electrons are captured by 24Mg and 20Ne which initiates the
collapse of the core. Stellar explosions caused by this mechanism are called electron-capture
supernovae.

Photo-disintegration If the temperature in the contracting core reaches values close to 1010 K, the
energy of the photons becomes large enough to break up the heavy nuclei into lighter ones, in
particular 56Fe is disintegrated into α particles and neutrons:

56Fe + γ ↔ 13 4He + 4 n (13.1)

This reaction is in statistical equilibrium and the abundances of the nuclei involved are de-
termined by a Saha-type equation, the balance shifting more towards the right-hand side the
higher the temperature. The process is thus similar to the ionization of hydrogen, and results in
lowering γad to below the critical value of 43 . The core therefore becomes dynamically unstable.
This process dominates in relatively massive iron cores.

The photo-disintegration of 56Fe requires a lot of energy, about 2MeV per nucleon. This energy
is absorbed from the radiation field and thus ultimately from the internal energy of the gas. As
a result the pressure decreases quite drastically, triggering an almost free-fall collapse of the
core.

The collapse is extremely rapid, taking of the order of 10msec, because of the short dynamical
timescale at the high density (∼ 1010 g/cm3) when the collapse is initiated. During the collapse the
temperature and pressure keep rising, but never enough to reverse the collapse until nuclear densities
are reached. Further photo-disintegrations can occur due to the increasing photon energies, which
was once thought (prior to 1980) to dissociate even the α particles completely into free protons and
neutrons (4He + γ → 2 p + 2 n, which would require another 7MeV per nucleon of internal energy
from the gas). It has since become clear that full dissociation of 56Fe into α particles and free nucleons
does not occur during the collapse. On the other hand, electron captures onto protons (p+e− → n+ν)
inside the heavy nuclei continue the process of neutronization, creating more and more neutron-rich
nuclei. These eventually merge, creating what is essentially a gigantic stellar-mass nucleus, when ρ
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電子捕獲

光分解

高密度 = フェルミエネルギーが高い

電子数減る 
=> 密度上がる
=> より電子捕獲が進む

高温 = 光子が高いエネルギーをもつ

急熱反応
=> つぶれる、温度上がる
=> より光分解が進む



1. 重力崩壊
重力エネルギー	(2000	km	=>	10	km)	E	~	1053	erg

2. ニュートリノの閉じ込め
ρ	~>	1012	g	cm-3

3. コアバウンス	=>	衝撃波発生
ρ	~>	1014	g	cm-3	(核密度)	=>	衝撃波@0.6	Msun

4. 衝撃波の停滞
鉄の光分解、落下してくる外層の圧力

5. 衝撃波の復活
ニュートリノ加熱	=>		E	~	1051	erg
	(エネルギーの99%はニュートリノが持ち逃げ)

重力崩壊型超新星が起きるまで



超新星SN	1987A
最近100年で最も近い超新星
	(銀河系のとなり、大マゼラン雲、50	kpc)



SN	1987Aから
ニュートリノを検出

スーパーカミオカンデ

ICRR

カミオカンデ

Enu	~	1053	erg	が確認された！
=>	ニュートリノ加熱メカニズムの基礎



コンピュータシミュレーションの結果
（１次元球対称を仮定）

However, there is also negative feedback in the deleptonization
during collapse (Liebendörfer et al. 2002). Smaller electron cap-
ture rates keep the electron fraction high, which then leads to an
increase of the free proton fraction and consequently to electron
captures after all. The resultant electron fraction turns out to be
not significantly different as we see below.

It is also noticeable that the mass fraction of alpha particles
differs substantially and the abundance of nuclei is slightly re-
duced in model SH. This difference of alpha abundances in the
two models persists during the collapse and even in the post-
bounce phase. The nuclear species appearing in the central core
during collapse are shown in the nuclear chart (Fig. 4). The
nuclei in model SH are always less neutron-rich than those in
model LS by more than several neutrons. This is also due to the
effect of the symmetry energy, which gives nuclei closer to the
stability line in model SH. The mass number reaches up to !80
and!100 at the central density of 1011 g cm"3 ( filled circles) and
1012 g cm"3 (open circles), respectively. In the current simula-

tions, the electron capture on nuclei is suppressed beyond N ¼
40 due to the simple prescription employed here and a difference
in species does not make any difference. However, results may
turn out differently when more realistic electron capture rates are
adopted (Hix et al. 2003). It would be interesting to see whether
the difference found in two EOSs leads to differences in central
cores using recent electron capture rates on nuclei (Langanke &
Martinez-Pinedo 2003). Further studies are necessary to discuss
the abundances of nuclei and the influence of more updated elec-
tron capture rates for the mixture of nuclear species beyond the
approximation of single species in the current EOSs.
The profiles of lepton fractions at bounce are shown in Fig-

ure 5. The central electron fraction in model SH is Ye ¼ 0:31,
which is slightly higher than Ye ¼ 0:29 in model LS. The central
lepton fractions including neutrinos for models SH and LS are
rather close to each other, being YL ¼ 0:36 and 0.35, respec-
tively. The difference of lepton fraction results in a different size

Fig. 3.—Mass fractions in the supernova cores as a function of baryon mass
coordinate at the time when the central density reaches 1011 g cm"3. Solid,
dashed, dotted, and dot-dashed lines show mass fractions of protons, neutrons,
nuclei, and alpha particles, respectively. The results for models SH and LS are
shown by thick and thin lines, respectively.

Fig. 4.—Nuclear species appearing in supernova cores plotted on the nuclear
chart. Stable nuclei and the neutron drip line (Horiguchi et al. 2000) are shown
by open square symbols and a dashed line, respectively. Nuclear species at the
center of the core are marked by filled circles (!c ¼ 1011 g cm"3) and open
circles (!c ¼ 1012 g cm"3). The results for models SH and LS are shown by
thick and thin lines, respectively.

Fig. 2.—Radial positions of shock waves in models SH (thick lines) and LS (thin lines) as a function of time after bounce. The evolution at early (left) and late (right)
times is shown. Small fluctuations in the curves are due to a numerical artifact in the procedure for determining the shock position from a limited number of grid points.
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Rνのニュートリノ球から光度Lνのニュートリノが放出されているとすると，半径Rに
おける核子によるニュートリノの吸収反応 n + νe → e− + p、p + ν̄e → e+ + nによるエ
ネルギー吸収率は

Q+
ν =

Lν σ(ϵν)Yn

4πR2

∼ 30
! Lν

1052 erg s−1

"! ϵν
15 MeV

"2! R

200 km

"−2! Yn

1.0

" # MeV

s · nucleon

$
,(13)

となる。ここで、ϵνはニュートリノの平均エネルギー、σ(ϵν)は吸収断面積である。衝撃
波の通過した領域で原子核は分解されてしまうので、自由核子の (質量比での)割合 Yn

は 1とみなしてよい。上式の典型的な値は，Liebendoerfer[18]らの最近の球対称シミュ
レーションの結果に基づく値である。

Figure 27. 衝撃波の復活段階でのコア。Rν , Rns, Rg, Rsは、ニュートリノ球と原始中
性子星の半径、gain半径、停滞した衝撃波の位置である。[19].

一方、半径Rにおける一核子あたりの重力結合エネルギーは

−GMNSmu

R
= −6.5

! MNS

1.4M⊙

"! R

200km

"−2

[MeV/nucleon], (14)

で評価できる。ここで、原始中性子星の質量MNSとして典型的な 1.4M⊙をとり、muは
原子質量単位である。この結合エネルギーとニュートリノ加熱率と比較し 0.2秒のニュー
トリノ加熱でコアの重力的束縛から逃れることが可能であることがわかる。実際には、
加熱過程の逆反応が冷却に寄与するので，爆発のタイムスケールは 100 msec ∼ 1 sec[20]

と長くなる。このタイムスケールは、prompt explosion mechanism のタイムスケール
(O(10 msec))より長く、ニュートリノ加熱による爆発は delayed explosion mechanism

と呼ばれるのである。
衝撃波の背面領域は、ニュートリノ加熱が冷却にまさる領域と冷却がまさる領域に

分けられ (図 27)、その境界を「gain 半径」と呼んでいる [21]。そのおおよその位置は，

Janka	01

多次元的な効果が重要

1次元:	落ちる	or	外に向かう
多次元:	ある部分は落ちる、ある部分は外に向かう（対流）
　　　	=>	物質が長い間ニュートリノ加熱を受けられる



日本のグループの結果

4D2U http://4d2u.nao.ac.jp
Takiwaki	et	al.	2012

http://www.jicfus.jp/jp/promotion/pr/mj/2011-1/
http://www.jicfus.jp/jp/promotion/pr/mj/2011-1/
http://www.jicfus.jp/jp/promotion/pr/mj/2011-1/


最新の結果

The Astrophysical Journal, 786:83 (8pp), 2014 May 10 Takiwaki, Kotake, & Suwa

Figure 1. Three-dimensional plots of entropy per baryon (top panel), τres/τheat
(bottom left panel), which is the ratio of the residency to the neutrino-heating
timescale (see the text for details), and the net neutrino-heating rate (bottom
right panel, in units of erg cm−3 s−1) for three snapshots (top and bottom left:
t = 230 ms, and bottom right: t = 150 ms measured after the bounce (t ≡ 0) of
our model 3D-H-1). The contours on the cross sections in the x = 0 (back right),
y = 0 (back bottom), and z = 0 (back left) planes are projected on the sidewalls
of the graphs. For each snapshot, the length of the white line is indicated in the
bottom right text.
(A color version of this figure is available in the online journal.)

shock expansion in this study. It should be mentioned that, by
comparing our νx luminosity estimated by the leakage scheme
with that obtained by the work of Buras et al. (2006) with
detailed neutrino transport, the peak luminosity is more than
20% smaller in our case. Such underestimation of cooling
by heavy-lepton neutrinos should lead to artificially larger
maximum shock extent (Rmax ∼ 260 km, blue line in the right
panel of Figure 2) compared to Rmax ∼ 170 km in Buras et al.
(2006). We have to emphasize that the use of the leakage scheme,
together with the omission of inelastic neutrino scattering on
electrons and general relativity (GR) effects in the present
scheme, is likely to facilitate artificially easier explosions.
Regarding our 2D models, the relatively earlier shock revival
(∼100 ms postbounce) coincides with the decline of the mass
accretion rate onto the central PNS. This could be the reason
that the timescale is similar to that in Müller et al. (2012) who
reported 2D (GR) models for the same progenitor model with
detailed neutrino transport.

As seen from Figure 3, the angle-averaged neutrino lu-
minosity (⟨Lν⟩) and the mean neutrino energy (⟨ϵν⟩ =!

E3F sdE/
!

E2F sdE, where E is neutrino energy) are barely
affected by the imposed initial perturbations (presumably at a
few-percent levels in amplitude). This again supports our finding
that the explosion stochasticity is very influential in determining
the blast morphology but not the working of the neutrino-heating
mechanism.

From the bottom panel of Figure 3, it can be seen that
the overall trend in the neutrino luminosities and the mean
energies is similar between our 3D and 2D models. The neutrino
luminosities in the 2D model (green lines) show a short-time
variability (with periods of milliseconds to !10 ms) after around
100 ms postbounce. Such fast variations in the postbounce
luminosity evolution have been already found in previous 2D
studies (e.g., Ott et al. 2008; Marek et al. 2009). This is caused
by the modulation of the mass accretion rate due to convective
plumes and downflows hitting onto the PNS surface (see also
Lund et al. 2012 and Tamborra et al. 2013 about the detectability
of these neutrino signals). It is interesting to note that such a
fast variability is less pronounced in our 3D model (red lines
in the bottom panel). This is qualitatively consistent with Lund
et al. (2012) who analyzed the neutrino signals from 2D and 3D
models, in which an approximate neutrino transport was solved
(Wongwathanarat et al. 2010) as in Scheck et al. (2006).

Figure 4 shows the evolution of the average PNS radius
for the 1D (blue line), 2D (green line), and 3D models (red
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Figure 2. Same as the top panel in Figure 1, but for models 3D-H-2 (left panel) and 3D-H-2 (middle panel), which produce stronger explosions closer toward the
north (left panel) and south poles (middle panel), respectively. The right panel shows the evolution of average shock radii for the high-resolution 2D (green lines) and
3D (red lines) models explored in this study (e.g., Table 1).
(A color version of this figure is available in the online journal.)
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ただし、まだE	~	1050	erg	(１桁足りない)

現代宇宙物理学の最大の謎の１つ



小・中質量星の最期

白色矮星
半径	~4000	km	~	4	x	108	cm

質量	~0.4-1.0	Msun酸素
炭素

何も起きない



C:	David	Hardy

普通の星から降着

連星系中の白色矮星	

=>	質量がチャンドラセカール限界に近づく

２つの白色矮星が合体

C:	NASA

single	degenerate
(SDシナリオ)

double	degenerate
(DDシナリオ)

どちらの経路なのかは未解決の問題（どちらも？）



1. 白色矮星の質量が増える

2. チャンドラセカール限界質量に近づく
=>	密度上昇

3. 炭素燃焼に火がつく
ρ	~	(2-3)	x	109	g	cm-3	

4. 縮退しているので暴走的に進む
T	~	1010	K

5. 星全体で核融合がおきて爆発する
核融合	E	~	1.7	x	1051	erg,	束縛	E	~	0.5	x	1051	erg

=>	超新星爆発	E	~	1.2	x	1051	erg

核爆発型超新星が起きるまで



白色矮星の爆発

Nomoto+84, Timmes+
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星の中・超新星爆発

元素の周期表

~25%ビッグバン



質量

炭素 酸素 ケイ素 鉄

太陽
	x1

太陽	
x0.5

「重力崩壊」超新星
「核爆発」超新星
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Sec$on	9.
復習：星の進化と超新星

9.1	星の進化（復習）

9.2	超新星爆発（復習）

9.3	さまざまな超新星



銀河系外の超新星爆発

歴史上の超新星爆発
• 銀河系内の肉眼で見えた超新星
• その残骸が今でも見える

• 多数の銀河を望遠鏡で監視して、
年間500天体以上が発見されている

• 元素によってタイプに分かれる

観測される超新星爆発



超新星の分類：分光学
C: NASA/HST
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超新星：４つのタイプ
水素

II型
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超新星：４つのタイプ
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超新星：４つのタイプ
水素

ケイ素

ヘリウム

II型

I型
なし あり

あり

Ia型

Ib型 Ic型
あり

なし

なし「核爆発型」
超新星

「重力崩壊型」
超新星
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超新星の光度曲線
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II型超新星のバラエティ(1)
The Astrophysical Journal Letters, 756:L30 (6pp), 2012 September 10 Arcavi et al.
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Figure 1. Top panel: R-band light curves of 15 Type II SNe from CCCP (excluding the four events presented in Figure 4), normalized in peak magnitude (SN2004fx
data taken from Hamuy et al. 2006; SN2005ay data taken from Gal-Yam et al. 2008a; SN2005cs data taken from Pastorello et al. 2009). A clear subdivision into three
distinct subtypes is apparent: plateau, slowly declining, and rapidly declining SNe (the latter consisting only of SNe IIb). Reference SNe are shown for comparison
(SN1999em from Leonard et al. 2002; SN2009kr from Fraser et al. 2010, found to be a member of the IIL subclass as claimed by Elias-Rosa et al. 2010; SN1993J
from Richmond et al. 1994; SN2011dh from Arcavi et al. 2011). We also overplot the SN Ib/c template derived by Drout et al. (2011). The data have been interpolated
with spline fits (except for SN2005by, where a polynomial fit provided a better trace to the data). The shaded regions denote the average light curve ±2σ of each
subclass. The maximal 7 day uncertainty in determining the explosion times is illustrated by the interval in the top right corner. Bottom panel: R-band light curves of
9 Type IIP SNe from CCCP with respect to their estimated explosion time (except for SN2005au and SN2005bw, marked by dashed lines, for which the explosion date
is not known to good accuracy). The light curve of SN2004fx is taken from Hamuy et al. (2006), that of SN2005ay from Gal-Yam et al. (2008a), and that of SN2005cs
from Pastorello et al. (2009). SN1999em (Leonard et al. 2002) is shown for comparison. A spread in plateau luminosities is apparent while plateau lengths seem to
converge around 100 days. Spline fits were applied to the data.
(A color version of this figure is available in the online journal.)

continuum, we find that the light curves group into three distinct
subclasses: plateau, slowly declining (1–2 mag/100 days), and
initially rapidly declining (5–6 mag/100 days) events (see also
Table 1). We note that the three rapidly declining events are
all Type IIb and that they display similar light curve shapes
to those of Type Ib/c SNe (Drout et al. 2011). We perform a
Kolmogorov–Smirnov test and find that the probability that the
measured ∆M15R values for the rapid- and slow-decline groups
are drawn from a single underlying distribution is 2%.

Three events (SN2004ek, SN2005ci, and SN2005dp;
Figure 4) display prolonged rising periods in their light curves.
They do not show signs of interaction in their spectra and
may be explosions of compact blue supergiant progenitors
(Kleiser et al. 2011; Pastorello et al. 2012), as demonstrated

directly in the case of SN 1987A (see Arnett et al. 1989 for
a review).

Finally, one event (SN2004em; Figure 4) displays a very
peculiar photometric behavior. For the first few weeks it is
similar to a Type IIP SN, while around day 25 it suddenly
changes behavior to resemble an SN 1987A-like event.

The full photometric data set is available online through
WISeREP15 (Yaron & Gal-Yam 2012).

3.1. Declining SNe

Aside from establishing a different rate of decline for SNe
IIb compared to SNe IIL, Figure 1 (top panel) suggests that the

15 http://www.weizmann.ac.il/astrophysics/wiserep
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プラトー

単調に暗くなる
Ib,	Ic型

II	P型	(plateau):	平坦な部分がある
II	L型	(linear):	単調に暗くなる

Arcavi+11



II型超新星のバラエティ(2)
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II型 SN	1993J
-	最初はII型
-	時間がたつにつれて
		Hが弱く、Heが強くなる
		=>	Ib型に似る

IIb型

Filippenko+93



II型超新星のバラエティ(2)

IIb型
-	プラトーはない
-	Ibc型に似ている
-	最初明るいものも

Van	Dyk+13

The Astronomical Journal, 147:37 (9pp), 2014 February Van Dyk et al.

Figure 2. BVRIzJH light curves of SN 2013df from KAIT (solid points) and
RATIR (open points; with r and i converted to R and I, respectively, following
http://www.sdss.org/dr7/algorithms/sdssUBVRITransform.html#Lupton2005).
The observed curves have been offset from each other for clarity. Shown for
comparison are the BVRIJH light curves of SN 1993J (Richmond et al. 1994,
1996; Matthews et al. 2002; dashed lines) and of SN 2011dh (Arcavi et al.
2011; Van Dyk et al. 2013b; Ergon et al. 2013; dot–dashed lines), and the
z-band light curve of SN 2008ax (Pastorello et al. 2008, solid line), all adjusted
in time and relative brightness. The estimated time t = 0 of the explosion is
indicated.
(A color version of this figure is available in the online journal.)

each band. Consequently, the photometry presented here should
be considered preliminary; however, the SN is far from the
main light from the host galaxy, so results including template
subtraction prior to photometry might not substantially differ
from what we present here.

2.2. Early-time Spectroscopy

We have obtained a number of spectra of the SN at early
times, using the Kast spectrograph (Miller & Stone 1993) on the
Lick Observatory 3 m Shane telescope and the DEep Imaging
Multi-Object Spectrograph (DEIMOS; Faber et al. 2003) on the
Keck-II 10 m telescope. Ultraviolet (UV) spectroscopy has also
been obtained using the Hubble Space Telescope (HST) Space
Telescope Imaging Spectrograph as part of program GO-13030
(PI: A. V. Filippenko). The results of these HST observations
will be presented in a future paper, together with the bulk of
the ground-based optical spectra. However, here we present and
analyze a representative spectrum obtained on 2013 July 11.2
with DEIMOS using the 600 l mm−1 grating.

2.3. HST Imaging

The region of the host galaxy containing the SN site was
observed with the HST Wide Field Planetary Camera 2 on 1999
April 29 by program GO-8400 (PI: K. Noll), as part of the
Hubble Heritage Project. The bands used were F439W (two
individual images with 40 s exposure times and two with 1000 s),
F555W (four 400 s exposures), F606W (two 60 s exposures),
and F814W (two 40 s and four 400 s exposures). The F555W and
F814W data were combined with images obtained by programs
GO-5397 and GO-5972 at an earlier time for the rest of the

Figure 3. Absolute V light curve for SN 2013df (solid points), compared to those
at V for SNe 1993J (dashed line; colored red in the online version), 2008ax (solid
line; colored green in the online version), and 2011dh (dot–dashed line; colored
blue in the online version) shown in Figure 2. All of the curves are displayed
relative to the day of V maximum; see the text.
(A color version of this figure is available in the online journal.)

galaxy, and drizzled into mosaics in each band at the scale
0.′′05 pix−1 by Holwerda et al. (2005).

We have also observed the SN on 2013 July 15 with HST using
the Wide Field Camera 3 (WFC3) UVIS channel in F555W, as
part of our Target of Opportunity program GO-12888 (PI: S.
Van Dyk). The observations consisted of 28 exposures of 5 s;
the short exposure time was intended to avoid saturation in each
frame by the bright SN.

3. ANALYSIS

3.1. Light Curves

In Figure 2 we display the early-time KAIT and RATIR light
curves in all bands for SN 2013df. We also include the very
early V measurement from June 11.202 by Stan Howerton.14

We compare these curves with those at BVRIJH for SN 1993J
(Richmond et al. 1994, 1996; Matthews et al. 2002) and for
SN 2011dh (Arcavi et al. 2011; Van Dyk et al. 2013b; Ergon et al.
2013). We also compare the z-band light curve of SN 2008ax
(Pastorello et al. 2008). The curves for the comparison SNe were
adjusted in time and relative brightness to match the curves of
SN 2013df, particularly at the secondary maximum in each
band. Clearly, from its overall photometric similarity with the
other SNe, SN 2013df appears to be an SN IIb; see Arcavi et al.
(2012) for a general description of SN IIb light-curve shapes.
What is most notable from the comparison is that the post-shock-
breakout cooling of SN 2013df occurred at a later epoch in all
bands, relative to that of SN 1993J. The post-breakout decline
of SN 2011dh occurred at an even earlier relative epoch (e.g.,
Arcavi et al. 2011; Bersten et al. 2012).

We show in Figure 3 the absolute V-band light curve of
SN 2013df, relative to those of SNe 1993J, 2008ax, and 2011dh.

14 http://www.flickr.com/photos/watchingthesky/9035874997
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II型超新星のバラエティ(3)
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The Astronomical Journal, 144:131 (13pp), 2012 November Zhang et al.

Figure 3. U − B, B − V, V − R, and V − I color curves of SN 2010jl compared with those of Type IIn SNe 1997cy (Germany et al. 2000), 1998S (Fassia et al. 2000),
and 2006tf (Smith et al. 2008). All of the comparison SNe have been dereddened for the reddening in the Milky Way. The dotted lines are the least-squares fit to the
colors of SN 2010jl.

Figure 4. Absolute R-band light curve of SN 2010jl compared with other notable
Type IIn SNe 1997cy (Germany et al. 2000), 1998S (Fassia et al. 2000), 2006gy
(Smith et al. 2007), and 2006tf (Smith et al. 2008); Type Ia SN 2005cf (Wang
et al. 2009); and Type IIP SN 1999em (Leonard et al. 2002).

3.3. Absolute Magnitudes and Bolometric Light Curves

In Figure 4, we compare the absolute R-band light curves of
SN 2010jl with other SN samples. The pre-maximum data points
are extrapolated through the V-band light curves published by
Stoll et al. (2011) and the linear V −R color curve as presented
in Figure 3. Overplotted are the light curves of a typical Type
Ia SN 2005cf (Wang et al. 2009) and Type IIP SN 1999em
(Leonard et al. 2002). The Hubble constant H0 is taken to be
72 km s−1 Mpc−1 (Freedman et al. 2001) in deriving the absolute
magnitudes for these objects. Days of the light curves are given
relative to the estimated phase of the maximum brightness. One
notable feature of this plot is the heterogeneous light curves of
the SNe IIn. Compared with Type Ia and IIP SNe, the SN IIn
samples are very luminous and their high luminosity lasts for a
long time after the peak. A recent study by Kiewe et al. (2012)
suggests that the rise time for those luminous core-collapse can
be very long (>20 days). As seen from the plot, SN 2006gy
could have a rise time longer than 60 days, which is the most
luminous SNe IIn ever recorded in recent years. Although less
extreme relative to SN 2006gy, SN 2010jl clearly shows a high
luminosity with a long duration. It is interesting to note that
the light curve of SN 2010jl is similar to that of SN 2006tf and
SN 1997cy at early times, but remarkable difference between
them emerges at late times. By t ∼ 90 days from the maximum
light, the light curve of SN 2010jl becomes almost flat, unlike
SN 1998S or SN 2006tf, which declined in R at a faster pace
at a similar phase. By t ! 200 days, SN 2010jl becomes the
most luminous SN IIn of our samples due to its remarkably
slow evolution at late times. Such a long-duration emission at
high luminosity demands a large amount of emitting materials.
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II型超新星のバラエティ(3)

IIn型
-	IIP型よりも明るい
		ものが多い

-	明るい時期が長い
		ものも
(ゆっくりと暗くなる)

-	多様性が大きい

Zhang+12
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Figure 1. Relative fractions of CCSN types in a volume-limited sample
from LOSS. This is slightly different from the fractions quoted in Paper II,
in order to better suit the aim of this paper as explained in the text. The main
difference is that we exclude SNe in highly inclined galaxies because of
extinction effects, and we reorganize the class of SNe Ibc-pec (namely, we
moved broad-lined SNe Ic from the ‘Ibc-pec’ category to the ‘Ic’ group).

included them, the fraction of SNe IIn would be significantly higher;
note that even without the SN impostors, however, our relative frac-
tion of SNe IIn is higher than in previous studies (Cappellaro et al.
1997; Smartt 2009). The criteria for excluding an individual SN im-
postor are admittedly somewhat subjective, but this is a necessary
step since the diversity and potential overlap of SNe IIn and massive
star eruptions are not fully understood yet. Generally, if an object
has a peak absolute R or unfiltered magnitude brighter than −15
and has linewidths indicating expansion speeds faster than about
1000 km s−1, we include it as a real SN IIn. Less luminous and
slower objects are considered impostors and are excluded.

Unlike previous studies, we include a category called ‘SNe
Ibc-pec’ (peculiar; see Paper II). This category was necessary to
introduce in Paper II because some SN Ibc vary significantly from
the template light curves used to derive the control times for SNe
Ib and Ic. As such, the ‘Ibc-pec’ category in Paper II includes some

Table 1. Volume-limited core-collapse SN fractions.

SN type Fraction Error
(per cent) (per cent)

Ic 14.9 +4.2/−3.8
Ib 7.1 +3.1/−2.6
Ibc-pec 4.0 +2.0/−2.4
IIb 10.6 +3.6/−3.1
IIn 8.8 +3.3/−2.9
II-L 6.4 +2.9/−2.5
II-P 48.2 +5.7/−5.6

Ibc (all) 26.0 +5.1/−4.8
Ibc+IIb 36.5 +5.5/−5.4

broad-lined SNe Ic such as SN 2002ap that are clearly SNe Ic.
We have moved these to the SN Ic category for the purpose of
this paper, since they clearly correspond to massive stars that have
fully shed their H and He envelopes. This has a small effect on the
overall statistics, because broad-lined SNe Ic are very rare in our
sample, contributing only 1–2 per cent of all CCSNe. This is in
agreement with the recent study of Arcavi et al. (2010), who find
that broad-lined SNe Ic contribute only 1.8 per cent of CCSNe in
large galaxies. It is noteworthy, however, that Arcavi et al. (2010)
find broad-lined SNe Ic to be much more common (∼13 per cent
of CCSNe) in low-metallicity dwarf host galaxies. We also exclude
SNe occurring in highly inclined galaxies, where dust obscuration
may introduce statistical problems that are difficult to correct. As
a result of these minor adjustments, made because our goal of in-
vestigating implications for massive-star evolution is different from
the goal of deriving relative rates and correcting for observational
biases, the relative fractions of various SN types in Table 1 and
Fig. 1 differ slightly from the results in Paper II.

In quoting fractions of various SN types, we ignore metallicity,
galaxy class, and other properties, although we are cognizant of the
importance of these properties and consider them in our discussion
below. The galaxies included in the LOSS survey span a range of
luminosity, with most of the CCSN hosts corresponding roughly
to metallicities of 0.5–2 Z⊙ (Garnett 2002; the LOSS galaxy sam-
ple spans a range of MK from about −20 to −26 mag, but most of
the CCSN hosts are in the range of −22 to −25 mag; see Paper
II). We note some trends in Paper II, such as the fact that SNe IIn
appear to prefer lower luminosity spirals, whereas SNe Ibc seem
to prefer large galaxies and therefore higher metallicity, consistent
with previous studies (Prantzos & Boissier 2003; Prieto et al. 2008;
Boissier & Prantzos 2009). LOSS is biased against very faint dwarf
galaxies, since larger galaxies with potentially more SNe were tar-
geted to yield a richer harvest of SNe. However, low-luminosity
galaxies seem to have more than their expected share of star for-
mation per unit mass, and probably contribute 5–20 per cent of the
local star formation (Young et al. 2008). If unusually luminous SNe
IIn and II-L favour such low-luminosity galaxies, as some recent
studies may imply (Smith et al. 2008b; Miller et al. 2009; Quimby
et al. 2009), then this may slightly raise the relative fractions of
SNe IIn and II-L compared to our study. Recently commissioned
untargeted surveys can help constrain this contribution (see Arcavi
et al. 2010, as noted above regarding broad-lined SNe Ic in dwarf
hosts).

Our volume-limited survey within 60 Mpc includes 80 CCSNe,
compared to the heterogeneous volume-limited study of 92 CCSNe
within 28 Mpc summarized by Smartt (2009). However, because the
LOSS survey was conducted with the same telescope in a system-
atic way, we are able to make proper corrections for the observing
biases, as Paper II describes in detail. We also have much more
complete spectroscopic follow-up observations and we monitor the
photometric evolution of the SNe we discovered, which particu-
larly affects the relative fractions of SN II-P versus II-L, IIn and
IIb, all of which are sometimes called simply ‘Type II’ in initial
reports. Thus, samples of SNe using identifications from initial re-
ports are often unreliable or unspecific, but our study resolves this
issue because our more extensive photometric and spectroscopic
follow-up observations allow us to more reliably place the SNe
in subclasses. Consequently, our observed fractions of CCSN types
differ from those of previous studies in a few key respects. The main
differences compared to SN fractions listed in various studies re-
viewed by Smartt (2009) are as follows.

C⃝ 2011 The Authors, MNRAS 412, 1522–1538
Monthly Notices of the Royal Astronomical Society C⃝ 2011 RAS
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Ia型超新星のバラエティ

C:	Supernova
	Cosmology	Project

明るさに約2倍程度のばらつき
（原因は分かっていない）clear that essentially the same physical processes are oc-

curring in all of these explosions.
The detailed uniformity of the type Ia supernovae im-

plies that they must have some common triggering mech-
anism (see the box on page 56). Equally important, this
uniformity provides standard spectral and light-curve
templates that offer the possibility of singling out those su-
pernovae that deviate slightly from the norm. The complex
natural histories of galaxies had made them difficult to
standardize. With type Ia supernovae, however, we saw
the chance to avoid such problems. We could examine the
rich stream of observational data from each individual ex-
plosion and match spectral and light-curve fingerprints to
recognize those that had the same peak brightness.

Within a few years of their classification, type Ia su-
pernovae began to bear out that expectation. First, David
Branch and coworkers at the University of Oklahoma
showed that the few type Ia outliers—those with peak
brightness significantly different from the norm—could
generally be identified and screened out.4 Either their
spectra or their “colors” (the ratios of intensity seen
through two broadband filters) deviated from the tem-
plates. The anomalously fainter supernovae were typically
redder or found in highly inclined spiral galaxies (or both).
Many of these were presumably dimmed by dust, which
absorbs more blue light than red. 

Soon after Branch’s work, Mark Phillips at the Cerro
Tololo Interamerican Observatory in Chile showed that
the type Ia brightness outliers also deviated from the tem-
plate light curve—and in a very predictable way.5 The su-
pernovae that faded faster than the norm were fainter at
their peak, and the slower ones were brighter (see figure
1). In fact, one could use the light curve’s time scale to pre-
dict peak brightness and thus slightly recalibrate each su-
pernova. But the great majority of type Ia supernovae, as
Branch’s group showed, passed the screening tests and
were, in fact, excellent standard candles that needed no
such recalibration.6

Cosmological distances
When the veteran Swiss researcher Gustav Tammann and
his student Bruno Leibengut first reported the amazing
uniformity of type Ia supernovae, there was immediate in-
terest in trying to use them to determine the Hubble con-
stant, H0, which measures the present expansion rate of
the cosmos. That could be done by finding and measuring
a few type Ia supernovae just beyond the nearest clusters
of galaxies, that is, explosions that occurred some 100 mil-
lion years ago. An even more challenging goal lay in the

tantalizing prospect that we could find such standard-
candle supernovae more than ten times farther away and
thus sample the expansion of the universe several billion
years ago. Measurements using such remote supernovae
might actually show the expected slowing of the expansion
rate by gravity. Because that deceleration rate would de-
pend on the cosmic mean mass density rm, we would, in ef-
fect, be weighing the universe.

If mass density is, as was generally supposed a decade
ago, the primary energy constituent of the universe, then
the measurement of the changing expansion rate would
also determine the curvature of space and tell us about
whether the cosmos is finite or infinite. Furthermore, the
fate of the universe might be said to hang in the balance:
If, for example, we measured a cosmic deceleration big
enough to imply a rm exceeding the “critical density” rc
(roughly 10–29 gm/cm3), that would indicate that the uni-
verse will someday stop expanding and collapse toward an
apocalyptic “Big Crunch.”

All this sounded enticing: fundamental measure-
ments made with a new distance standard bright enough
to be seen at cosmological distances. The problem was that
type Ia supernovae are a pain in the neck, to be avoided if
anything else would do. At the time, a brief catalog of rea-
sons not to pursue cosmological measurement with type Ia
supernovae might have begun like this: 
! They are rare. A typical galaxy hosts only a couple of
type Ia explosions per millennium.
! They are random, giving no advance warning of where
to look. But the scarce observing time at the world’s largest
telescopes, the only tools powerful enough to measure
these most distant supernovae adequately, is allocated on
the basis of research proposals written more than six
months in advance. Even the few successful proposals are
granted only a few nights per semester. The possible oc-

54 April 2003    Physics Today http://www.physicstoday.org

–20

–20

–19

–19

–18

–18

–17

–17

–16

–16

–15

–15

A
B

SO
L

U
T

E
 M

A
G

N
IT

U
D

E
SC

A
L

E
D

 M
A

G
N

IT
U

D
E

–20 0 20 40 60
DAYS

a

b

Figure 1. Light curves of nearby, low-redshift type Ia super-
novae measured by Mario Hamuy and coworkers.7 (a) Ab-

solute magnitude, an inverse logarithmic measure of intrinsic
brightness, is plotted against time (in the star’s rest frame) be-

fore and after peak brightness. The great majority (not all of
them shown) fall neatly onto the yellow band. The figure

emphasizes the relatively rare outliers whose peak brightness
or duration differs noticeably from the norm. The nesting of

the light curves suggests that one can deduce the intrinsic
brightness of an outlier from its time scale. The brightest

supernovae wax and wane more slowly than the faintest. (b)
Simply by stretching the time scales of individual light

curves to fit the norm, and then scaling the brightness by an
amount determined by the required time stretch, one gets all

the type Ia light curves to match.5,8
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clear that essentially the same physical processes are oc-
curring in all of these explosions.

The detailed uniformity of the type Ia supernovae im-
plies that they must have some common triggering mech-
anism (see the box on page 56). Equally important, this
uniformity provides standard spectral and light-curve
templates that offer the possibility of singling out those su-
pernovae that deviate slightly from the norm. The complex
natural histories of galaxies had made them difficult to
standardize. With type Ia supernovae, however, we saw
the chance to avoid such problems. We could examine the
rich stream of observational data from each individual ex-
plosion and match spectral and light-curve fingerprints to
recognize those that had the same peak brightness.

Within a few years of their classification, type Ia su-
pernovae began to bear out that expectation. First, David
Branch and coworkers at the University of Oklahoma
showed that the few type Ia outliers—those with peak
brightness significantly different from the norm—could
generally be identified and screened out.4 Either their
spectra or their “colors” (the ratios of intensity seen
through two broadband filters) deviated from the tem-
plates. The anomalously fainter supernovae were typically
redder or found in highly inclined spiral galaxies (or both).
Many of these were presumably dimmed by dust, which
absorbs more blue light than red. 

Soon after Branch’s work, Mark Phillips at the Cerro
Tololo Interamerican Observatory in Chile showed that
the type Ia brightness outliers also deviated from the tem-
plate light curve—and in a very predictable way.5 The su-
pernovae that faded faster than the norm were fainter at
their peak, and the slower ones were brighter (see figure
1). In fact, one could use the light curve’s time scale to pre-
dict peak brightness and thus slightly recalibrate each su-
pernova. But the great majority of type Ia supernovae, as
Branch’s group showed, passed the screening tests and
were, in fact, excellent standard candles that needed no
such recalibration.6

Cosmological distances
When the veteran Swiss researcher Gustav Tammann and
his student Bruno Leibengut first reported the amazing
uniformity of type Ia supernovae, there was immediate in-
terest in trying to use them to determine the Hubble con-
stant, H0, which measures the present expansion rate of
the cosmos. That could be done by finding and measuring
a few type Ia supernovae just beyond the nearest clusters
of galaxies, that is, explosions that occurred some 100 mil-
lion years ago. An even more challenging goal lay in the

tantalizing prospect that we could find such standard-
candle supernovae more than ten times farther away and
thus sample the expansion of the universe several billion
years ago. Measurements using such remote supernovae
might actually show the expected slowing of the expansion
rate by gravity. Because that deceleration rate would de-
pend on the cosmic mean mass density rm, we would, in ef-
fect, be weighing the universe.

If mass density is, as was generally supposed a decade
ago, the primary energy constituent of the universe, then
the measurement of the changing expansion rate would
also determine the curvature of space and tell us about
whether the cosmos is finite or infinite. Furthermore, the
fate of the universe might be said to hang in the balance:
If, for example, we measured a cosmic deceleration big
enough to imply a rm exceeding the “critical density” rc
(roughly 10–29 gm/cm3), that would indicate that the uni-
verse will someday stop expanding and collapse toward an
apocalyptic “Big Crunch.”

All this sounded enticing: fundamental measure-
ments made with a new distance standard bright enough
to be seen at cosmological distances. The problem was that
type Ia supernovae are a pain in the neck, to be avoided if
anything else would do. At the time, a brief catalog of rea-
sons not to pursue cosmological measurement with type Ia
supernovae might have begun like this: 
! They are rare. A typical galaxy hosts only a couple of
type Ia explosions per millennium.
! They are random, giving no advance warning of where
to look. But the scarce observing time at the world’s largest
telescopes, the only tools powerful enough to measure
these most distant supernovae adequately, is allocated on
the basis of research proposals written more than six
months in advance. Even the few successful proposals are
granted only a few nights per semester. The possible oc-
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Figure 1. Light curves of nearby, low-redshift type Ia super-
novae measured by Mario Hamuy and coworkers.7 (a) Ab-

solute magnitude, an inverse logarithmic measure of intrinsic
brightness, is plotted against time (in the star’s rest frame) be-

fore and after peak brightness. The great majority (not all of
them shown) fall neatly onto the yellow band. The figure

emphasizes the relatively rare outliers whose peak brightness
or duration differs noticeably from the norm. The nesting of

the light curves suggests that one can deduce the intrinsic
brightness of an outlier from its time scale. The brightest

supernovae wax and wane more slowly than the faintest. (b)
Simply by stretching the time scales of individual light

curves to fit the norm, and then scaling the brightness by an
amount determined by the required time stretch, one gets all

the type Ia light curves to match.5,8
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clear that essentially the same physical processes are oc-
curring in all of these explosions.

The detailed uniformity of the type Ia supernovae im-
plies that they must have some common triggering mech-
anism (see the box on page 56). Equally important, this
uniformity provides standard spectral and light-curve
templates that offer the possibility of singling out those su-
pernovae that deviate slightly from the norm. The complex
natural histories of galaxies had made them difficult to
standardize. With type Ia supernovae, however, we saw
the chance to avoid such problems. We could examine the
rich stream of observational data from each individual ex-
plosion and match spectral and light-curve fingerprints to
recognize those that had the same peak brightness.

Within a few years of their classification, type Ia su-
pernovae began to bear out that expectation. First, David
Branch and coworkers at the University of Oklahoma
showed that the few type Ia outliers—those with peak
brightness significantly different from the norm—could
generally be identified and screened out.4 Either their
spectra or their “colors” (the ratios of intensity seen
through two broadband filters) deviated from the tem-
plates. The anomalously fainter supernovae were typically
redder or found in highly inclined spiral galaxies (or both).
Many of these were presumably dimmed by dust, which
absorbs more blue light than red. 

Soon after Branch’s work, Mark Phillips at the Cerro
Tololo Interamerican Observatory in Chile showed that
the type Ia brightness outliers also deviated from the tem-
plate light curve—and in a very predictable way.5 The su-
pernovae that faded faster than the norm were fainter at
their peak, and the slower ones were brighter (see figure
1). In fact, one could use the light curve’s time scale to pre-
dict peak brightness and thus slightly recalibrate each su-
pernova. But the great majority of type Ia supernovae, as
Branch’s group showed, passed the screening tests and
were, in fact, excellent standard candles that needed no
such recalibration.6

Cosmological distances
When the veteran Swiss researcher Gustav Tammann and
his student Bruno Leibengut first reported the amazing
uniformity of type Ia supernovae, there was immediate in-
terest in trying to use them to determine the Hubble con-
stant, H0, which measures the present expansion rate of
the cosmos. That could be done by finding and measuring
a few type Ia supernovae just beyond the nearest clusters
of galaxies, that is, explosions that occurred some 100 mil-
lion years ago. An even more challenging goal lay in the

tantalizing prospect that we could find such standard-
candle supernovae more than ten times farther away and
thus sample the expansion of the universe several billion
years ago. Measurements using such remote supernovae
might actually show the expected slowing of the expansion
rate by gravity. Because that deceleration rate would de-
pend on the cosmic mean mass density rm, we would, in ef-
fect, be weighing the universe.

If mass density is, as was generally supposed a decade
ago, the primary energy constituent of the universe, then
the measurement of the changing expansion rate would
also determine the curvature of space and tell us about
whether the cosmos is finite or infinite. Furthermore, the
fate of the universe might be said to hang in the balance:
If, for example, we measured a cosmic deceleration big
enough to imply a rm exceeding the “critical density” rc
(roughly 10–29 gm/cm3), that would indicate that the uni-
verse will someday stop expanding and collapse toward an
apocalyptic “Big Crunch.”

All this sounded enticing: fundamental measure-
ments made with a new distance standard bright enough
to be seen at cosmological distances. The problem was that
type Ia supernovae are a pain in the neck, to be avoided if
anything else would do. At the time, a brief catalog of rea-
sons not to pursue cosmological measurement with type Ia
supernovae might have begun like this: 
! They are rare. A typical galaxy hosts only a couple of
type Ia explosions per millennium.
! They are random, giving no advance warning of where
to look. But the scarce observing time at the world’s largest
telescopes, the only tools powerful enough to measure
these most distant supernovae adequately, is allocated on
the basis of research proposals written more than six
months in advance. Even the few successful proposals are
granted only a few nights per semester. The possible oc-
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Figure 1. Light curves of nearby, low-redshift type Ia super-
novae measured by Mario Hamuy and coworkers.7 (a) Ab-

solute magnitude, an inverse logarithmic measure of intrinsic
brightness, is plotted against time (in the star’s rest frame) be-

fore and after peak brightness. The great majority (not all of
them shown) fall neatly onto the yellow band. The figure

emphasizes the relatively rare outliers whose peak brightness
or duration differs noticeably from the norm. The nesting of

the light curves suggests that one can deduce the intrinsic
brightness of an outlier from its time scale. The brightest

supernovae wax and wane more slowly than the faintest. (b)
Simply by stretching the time scales of individual light

curves to fit the norm, and then scaling the brightness by an
amount determined by the required time stretch, one gets all

the type Ia light curves to match.5,8
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C:	Supernova	Cosmology	Project

明るい天体ほど
ゆっくりと暗くなる

時間進化が分かれば
真の明るさが分かる



Ia型超新星	=	宇宙の距離指標

1.	どのIa型超新星も明るさがほぼ同じ

チャンドラセカール限界質量のおかげ！

2.	ばらつきも補正できる

3.	見かけの明るさから
　超新星までの距離(R)を測ることができる
　=>	光速(c)は一定なので、超新星がおきたときの
　　宇宙の時間を測れる	(t	=	R/c)



宇宙の歴史
大きさ

時間ビッグバン 現在

減速
等速

加速！



http://supernova.lbl.gov

http://supernova.lbl.gov
http://supernova.lbl.gov
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OBSERVATIONAL EVIDENCE FROM SUPERNOVAE FOR AN ACCELERATING UNIVERSE
AND A COSMOLOGICAL CONSTANT
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ABSTRACT
We present spectral and photometric observations of 10 Type Ia supernovae (SNe Ia) in the redshift

range 0.16 π z π 0.62. The luminosity distances of these objects are determined by methods that employ
relations between SN Ia luminosity and light curve shape. Combined with previous data from our
High-z Supernova Search Team and recent results by Riess et al., this expanded set of 16 high-redshift
supernovae and a set of 34 nearby supernovae are used to place constraints on the following cosmo-
logical parameters : the Hubble constant the mass density the cosmological constant (i.e., the(H

0
), ()

M
),

vacuum energy density, the deceleration parameter and the dynamical age of the universe)"), (q
0
), (t

0
).

The distances of the high-redshift SNe Ia are, on average, 10%È15% farther than expected in a low mass
density universe without a cosmological constant. Di†erent light curve Ðtting methods, SN Ia()

M
\ 0.2)

subsamples, and prior constraints unanimously favor eternally expanding models with positive cosmo-
logical constant (i.e., and a current acceleration of the expansion (i.e., With no prior)" [ 0) q

0
\ 0).

constraint on mass density other than the spectroscopically conÐrmed SNe Ia are statistically)
M

º 0,
consistent with at the 2.8 p and 3.9 p conÐdence levels, and with at the 3.0 p and 4.0 pq

0
\ 0 )" [ 0

conÐdence levels, for two di†erent Ðtting methods, respectively. Fixing a ““minimal ÏÏ mass density, )
M

\

results in the weakest detection, at the 3.0 p conÐdence level from one of the two methods.0.2, )" [ 0
For a Ñat universe prior the spectroscopically conÐrmed SNe Ia require at 7 p()

M
] )" \ 1), )" [ 0

and 9 p formal statistical signiÐcance for the two di†erent Ðtting methods. A universe closed by ordinary
matter (i.e., is formally ruled out at the 7 p to 8 p conÐdence level for the two di†erent Ðtting)

M
\ 1)

methods. We estimate the dynamical age of the universe to be 14.2 ^ 1.7 Gyr including systematic uncer-
tainties in the current Cepheid distance scale. We estimate the likely e†ect of several sources of system-
atic error, including progenitor and metallicity evolution, extinction, sample selection bias, local
perturbations in the expansion rate, gravitational lensing, and sample contamination. Presently, none of
these e†ects appear to reconcile the data with and)" \ 0 q

0
º 0.

Key words : cosmology : observations È supernovae : general
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1. INTRODUCTION

This paper reports observations of 10 new high-redshift
Type Ia supernovae (SNe Ia) and the values of the cosmo-
logical parameters derived from them. Together with the
four high-redshift supernovae previously reported by our
High-z Supernova Search Team et al.(Schmidt 1998 ;

et al. and two others et al.Garnavich 1998a) (Riess 1998b),
the sample of 16 is now large enough to yield interesting
cosmological results of high statistical signiÐcance. Con-
Ðdence in these results depends not on increasing the
sample size but on improving our understanding of system-
atic uncertainties.

The time evolution of the cosmic scale factor depends on
the composition of mass-energy in the universe. While the
universe is known to contain a signiÐcant amount of ordi-
nary matter, which decelerates the expansion, its)

M
,

dynamics may also be signiÐcantly a†ected by more exotic
forms of energy. Preeminent among these is a possible
energy of the vacuum EinsteinÏs ““ cosmological con-()"),

1009

THE ASTROPHYSICAL JOURNAL, 517 :565È586, 1999 June 1
1999. The American Astronomical Society. All rights reserved. Printed in U.S.A.(

MEASUREMENTS OF ) AND " FROM 42 HIGH-REDSHIFT SUPERNOVAE
S. PERLMUTTER,1 G. ALDERING, G. GOLDHABER,1 R. A. KNOP, P. NUGENT, P. G. CASTRO,2 S. DEUSTUA, S. FABBRO,3

A. GOOBAR,4 D. E. GROOM, I. M. HOOK,5 A. G. KIM,1,6 M. Y. KIM, J. C. LEE,7 N. J. NUNES,2 R. PAIN,3
C. R. PENNYPACKER,8 AND R. QUIMBY

Institute for Nuclear and Particle Astrophysics, E. O. Lawrence Berkeley National Laboratory, Berkeley, CA 94720

C. LIDMAN

European Southern Observatory, La Silla, Chile

R. S. ELLIS, M. IRWIN, AND R. G. MCMAHON

Institute of Astronomy, Cambridge, England, UK

P. RUIZ-LAPUENTE

Department of Astronomy, University of Barcelona, Barcelona, Spain

N. WALTON

Isaac Newton Group, La Palma, Spain

B. SCHAEFER

Department of Astronomy, Yale University, New Haven, CT

B. J. BOYLE

Anglo-Australian Observatory, Sydney, Australia

A. V FILIPPENKO AND T. MATHESON

Department of Astronomy, University of California, Berkeley, CA

A. S. FRUCHTER AND N. PANAGIA9
Space Telescope Science Institute, Baltimore, MD

H. J. M. NEWBERG

Fermi National Laboratory, Batavia, IL

AND

W. J. COUCH

University of New South Wales, Sydney, Australia

(THE SUPERNOVA COSMOLOGY PROJECT)
Received 1998 September 8 ; accepted 1998 December 17

ABSTRACT
We report measurements of the mass density, and cosmological-constant energy density, of)

M
, )",

the universe based on the analysis of 42 type Ia supernovae discovered by the Supernova Cosmology
Project. The magnitude-redshift data for these supernovae, at redshifts between 0.18 and 0.83, are Ðtted
jointly with a set of supernovae from the Supernova Survey, at redshifts below 0.1, to yieldCala" n/Tololo
values for the cosmological parameters. All supernova peak magnitudes are standardized using a SN Ia
light-curve width-luminosity relation. The measurement yields a joint probability distribution of the
cosmological parameters that is approximated by the relation in the region0.8)

M
[ 0.6)" B [0.2 ^ 0.1

of interest For a Ñat cosmology we Ðnd (1 p statistical)()
M

[ 1.5). ()
M

] )" \ 1) )
M
flat \ 0.28~0.08`0.09 ~0.04`0.05

(identiÐed systematics). The data are strongly inconsistent with a " \ 0 Ñat cosmology, the simplest
inÑationary universe model. An open, " \ 0 cosmology also does not Ðt the data well : the data indicate
that the cosmological constant is nonzero and positive, with a conÐdence of P(" [ 0) \ 99%, including
the identiÐed systematic uncertainties. The best-Ðt age of the universe relative to the Hubble time is

Gyr for a Ñat cosmology. The size of our sample allows us to perform a variety oft0flat \ 14.9~1.1`1.4(0.63/h)
statistical tests to check for possible systematic errors and biases. We Ðnd no signiÐcant di†erences in
either the host reddening distribution or Malmquist bias between the low-redshift sampleCala" n/Tololo
and our high-redshift sample. Excluding those few supernovae that are outliers in color excess or Ðt
residual does not signiÐcantly change the results. The conclusions are also robust whether or not a
width-luminosity relation is used to standardize the supernova peak magnitudes. We discuss and con-
strain, where possible, hypothetical alternatives to a cosmological constant.
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さまざまな超新星：まとめ

•重力崩壊型超新星
星の質量などによって、さまざまなバラエティ

• II型	=>	光度曲線によりIIP,	IIL型

• 水素の細い輝線があるIIn型

• II	=>	Ibへと進化するIIb型

•核爆発型超新星(Ia型)

• 一様な性質（チャンドラセカール限界を反映）
• 宇宙の距離指標	=>	宇宙の加速膨張の発見


