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• 7/10(月)		1.5コマ	+	談話会		
• 全体の概論	

• 星の構造と核融合反応	

• 談話会：重力波天体からの電磁波を捉える	

• 7/11	(火)	3コマ	
• 星の進化	

• 超新星爆発のメカニズム	

• 7/12	(水)	3コマ	
• 超新星からの電磁波放射	

• 超新星の観測量の解釈	

• 突発天体研究の最前線

予定

成績 • 出席、質問	

• レポート

資料 h5p://th.nao.ac.jp/MEMBER/tanaka/hiroshima2017

http://th.nao.ac.jp/MEMBER/tanaka/hiroshima2017


•物理学を使って宇宙の爆発天体に挑む
•星はなぜ爆発するのかを理解する
• 星の構造とその性質、核融合、恒星進化
• 超新星の爆発メカニズム

•超新星爆発の観測量を解釈する
• 電磁波放射のメカニズム
• 観測量から物理を引き出す

•突発天体研究の最前線を味わう

物理科学特別講座「恒星の爆発に関する天体物理学」



昨日の内容のまとめ（１）
• 宇宙では星が爆発している	

• 観測的な分類	

• II型	(水素あり)	

• I型	(水素なし)	=>	Ia	(ケイ素),	Ib	(ヘリウム),	Ic		

• 物理的な分類	

• 大質量星	==>	重力崩壊型超新星	(II,	Ib,	Ic)	

• 小中質量星	(の一部)	==>	核爆発型超新星	(Ia)	

• 重元素は星の中や爆発の瞬間に作られた	

• 重力崩壊型超新星:	主にO,	Mg,	Caなど	(星の進化時の元素合成)	

• 核爆発型超新星:	主にFe,	Siなど	(爆発時に合成)



• 星の中では核融合が起きている	

• 静水圧平衡：圧力勾配	と	重力のつり合い	

• ビリアル定理（理想気体）	

• 核融合が起きなくなると、縮んで温度が上がる	  
「負の比熱」	

• T	~	ρ1/3の依存性	=>	次の核融合反応へ	

• どこまで進化は続く（=	温度が上がる）？ 
ガスの微視的振る舞いが重要	(理想気体、縮退圧、輻射圧)	
=>	今日の最初の話題

昨日の内容のまとめ（２）
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質問1:	Nova	vs	Supernova



質問1:	Nova	vs	Supernova

• 銀河系内の天体の距離はどうやって測った？

• わし座新星:	元の星(伴星)がA型星	(~11	mag) 
=>	大雑把な距離の推定	(~250	pc)	

• ティコの超新星:	見た目が特に明るい 
その場所に星が見えない



質問2:	トリプルアルファ

where ⟨συ⟩pN is the cross-section factor of the 14N(p, γ)15O reaction which controls the rate of the
whole cycle. X14 is the 14N mass fraction in the energy-generating zone of the star, which is close
to the total abundance XCNO of CNO nuclei once equilibrium is reached in the full CNO cycle. The
energy release per unit mass qH = QH/4mu takes into account the neutrino losses, which for the CNO
cycle in equilibrium amounts to QH = 24.97MeV. The temperature sensitivity of the CNO cycle is
much higher than for the pp chain, with ν varying between 23 and 13 for T7 ranging from 1.0 to 5.0.
This is illustrated in Fig. 6.5 where the temperature dependence of ϵCNO is compared to that of ϵpp.
For the purpose of very simple approximations one can take

ϵpp ∝ X2 ρ T 4 and ϵCNO ∝ XX14 ρ T 18. (6.51)

The strong difference in temperature sensitivity has the consequence that the pp chain dominates at
low temperatures, T7 ∼< 1.5, while the CNO cycle is dominant at higher temperatures.

6.4.2 Helium burning

Helium burning consists of the fusion of 4He into a mixture of 12C and 16O, which takes place at
temperatures T ∼> 108 K. Such high temperatures are needed because (1) the Coulomb barrier for
He fusion is higher than that of the H-burning reactions considered above, and (2) fusion of 4He is
hindered by the fact that no stable nucleus exists with mass number A = 8. Therefore helium burning
must occur in two steps:

4He + 4He↔ 8Be
8Be + 4He→ 12C∗ → 12C + γ

(6.52)

The 8Be nucleus temporarily formed in the first reaction has a ground state that is 92 keV higher in
energy than that of two separate 4He nuclei. It therefore decays back into two α particles after a few
time 10−16 s. While extremely short, this time is long enough to build up a very small equilibrium
concentration of 8Be, which increases with temperature and reaches about 10−9 at T ≈ 108 K. Then
the second reaction 8Be(α, γ)12C starts to occur at a significant rate, because of a resonance at just
the Gamow peak energy. The result is an excited compound nucleus 12C∗ which subsequently decays
to the ground state of 12C with emission of a γ photon. The corresponding energy level in the 12C
nucleus was predicted by Fred Hoyle in 1954, because he could not otherwise explain the existence
of large amounts of carbon in the Universe. This excited state of 12C was subsequently found in
laboratory experiments.

The net effect of the two reactions (6.52) is called the triple-α reaction,

3 4He→ 12C + γ, (6.53)

which has Q = 7.275MeV. The energy release per unit mass is q3α = Q/m(12C) = 5.9 × 1017 erg/g,
which is about 1/10 smaller than for H-burning. Since the two reactions need to occur almost simul-
taneously, the 3α reaction behaves as if it were a three-particle reaction and its rate is proportional to
n3α. The energy-generation rate can be written as

ϵ3α = q3α X34 ρ
2 λ3α, (6.54)

where the temperature dependence is described by the factor λ3α, which depends on the combined
cross-sections of the two reactions (6.52). X4 ≈ Y is the mass fraction of 4He. The temperature
sensitivity of the 3α rate is extremely high, with ν ≈ 40 at T8 ≈ 1.0.

When a sufficient amount of 12C has been created by the 3α reaction, it can capture a further α
particle to form 16O,

12C + 4He→ 16O + γ, (6.55)
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エネルギー発生率	
q	~	ρ2T40

T	~	1.5	x	108	K

ヘリウム原子核	=	α粒子



質問3:	反応率の決まり方

	Eが大きい粒子は少ない	
(Maxwell分布)

トンネル効果の確率 
Eが大きい方が高い

“Gamow	peak”

h<p://pages.erau.edu/~reynodb2/blog/blog001.html



質問4:	「水素がなくなった」という意味は？

H

He He

H シェルで	
核融合	
「殻燃焼」

外側に水素は残る	
 核融合に関与しない	

(温度が高くない)
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レポート課題	2

2a.	マクスウェル分布から  
　	理想気体の圧力の式を導け	

2b.	電子が非相対論的、超相対論的なときの  
　	縮退圧の式を導き、  
　	実際に数字を入れて計算せよ	

2c.	プランク関数から輻射圧の式を導け



2d.	密度	-	温度平面で	

-	理想気体のガス圧	

-	電子の縮退圧（非相対論的）	

-	電子の縮退圧（超相対論的）	

-	輻射圧	

がそれぞれ支配的になる境界を求め、図示せよ

レポート課題	2



(C: Essay Web)

軽い星 赤色巨星
惑星状星雲

白色矮星

星間空間

重い星
赤色超巨星

超新星爆発
中性子星

ブラックホール図の大きさは天体の大きさと一致していません

1.	重い星の場合

約1千万年

*	太陽の10倍以上



水素 ヘリウム

図の大きさは天体の大きさと一致していません

炭素
酸素

ネオン
マグネシウム

ケイ素鉄

電子が縮退せず、収縮が続く



Fe

Si
O/Mg
C/O

He

H

20太陽質量の場合	
（重力崩壊直前は約16太陽質量）

質量	
(太陽質量)

半径	
（太陽半径）

中心に落ちる
までの時間	(秒)

16

6

5
4
2
1.5

1000

0.5

0.2

0.08
0.005
0.003

太陽半径	=	7	x	1010	cm

鉄コア半径	~	0.003	x	7	x	1010	cm	
~	2	x	108	cm	~	2,000	km

3x	107	
(1yr)

300

50
20
1
0.1



He

H

実際のイメージ	
（本当はもっと極端）

1000

0.5



(C: Essay Web)

軽い星

白色矮星

星間空間

重い星
赤色超巨星

超新星爆発
中性子星

ブラックホール図の大きさは天体の大きさと一致していません

　　　赤色巨星

*	太陽の10倍以下

惑星状星雲

2.	軽い星の場合

約10-100億年



水素 ヘリウム

約10-100億年

図の大きさは天体の大きさと一致していません

炭素
酸素

酸素
炭素

白色矮星

何も起きない

電子が縮退して、星が支えられる



星をなすガスの性質：まとめ
• ガスの性質(ミクロ)	==>	星の性質	(マクロ)	

• 状態方程式	

• 理想気体	P	~	ρT	

• 縮退圧	P	~	ρ5/3	(非相対論的)、P	~	ρ4/3	(相対論的)	

• 輻射圧	P	~	T4	

			==>	密度	-	温度平面で各状態方程式が支配的な領域	

• 星の進化への影響	

• 縮退圧で支えられるようになる 
=>	温度が上がらない	=>	核融合終わる	

• 太陽はヘリウム燃焼の後に縮退コアを作る
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MESA	code	
h5p://mesa.sourceforge.net/index.html

http://mesa.sourceforge.net/index.html


1	Msunの星の進化計算(ρ-T平面)



1	Msunの星の進化計算(HR図)





20	Msunの星の進化計算	(ρ-T平面)



20	Msunの星の進化計算	(HR図)





コアの収縮	=>	外層の膨張

1.	重力エネルギーの保存 
				ビリアル定理:	全エネルギーが保存する時、 
					重力エネルギーと内部エネルギーはそれぞれ保存	

2.	コアの密度温度上昇に伴う、殻燃焼の活発化 
				外層の力学平衡とは関係ないエネルギー供給
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Figure 21. Comparisons of the sound speed profiles within the sun. The red
solid line shows the relative difference in the sound speed between MESA star
predictions and the inferred sound speed profile from helioseismic data (taken
from Bahcall et al. 1998). The green-dashed and blue-dotted lines show the same
for the standard solar models of Bahcall et al. (1998, BBP98) and Serenelli et al.
(2009, S09), respectively.
(A color version of this figure is available in the online journal.)

Figure 22. Top: MESA star H-R diagram for 2–10 M⊙ models from the PMS
to the end of the first thermal pulse (2–7 M⊙) or into C-burning (8 and 10 M⊙).
Bottom: trajectories of the central conditions. The filled red points show the
ZAMS.
(A color version of this figure is available in the online journal.)

He-shell flash convection zone we use f = 0.008 (Herwig
2005).

In both codes we use the mass-loss formula of Blöcker (1995,
see Section 6.6). Thermal pulses start at a slightly lower core

Figure 23. 2 M⊙, Z = 0.01 tracks up to the first thermal pulse from EVOL
(solid black line) and MESA star (thick gray line) in the H-R diagram.

mass, and hence luminosity, in the EVOL model. In order to
maintain similar envelope mass evolution through the TP-AGB,
the parameter ηBl in the mass-loss formula was set to 0.05 in
MESA star and 0.1 in EVOL. Every effort has been made to
tailor the MESA star model to the EVOL model. However,
the AGB evolution is very sensitive to the initial core mass,
which depends on the mixing assumptions and their numerical
implementation during the preceding He-core burning phase.
Consequently, small differences on the TP-AGB are unavoidable
when comparing tracks from two codes.

As shown in Figure 23, the EVOL and MESA star tracks
compare well in the H-R diagram. Table 11 shows that key
properties differ by less than 5%. MESA star has the ability
to impose a minimum size on convection zones below which
overshoot mixing is ignored. EVOL does not have such limits,
leading to more mixing of He into the core and, hence, the ≈ 4%
larger age of the EVOL sequence at the first thermal pulse.

The TP-AGB is characterized by recurrent thermonuclear
instabilities of the He-shell, leading to complex mixing and
nucleosynthesis. These processes are properly represented in
MESA star calculations, as revealed in Figure 24. The ability
of MESA star to calculate the evolution of stellar parameters
in a smooth and continuous manner even during the advanced
thermal pulse phases and beyond is demonstrated in Figure 25.
The top panel shows the evolution in the H-R diagram, whereas
the bottom panel shows the evolution of the conditions in the
C/O core. The adiabatic cooling in the C/O core that occurs
during the He flash (due to the pressure dropping at the surface
of the C/O core) is evident in the downturns that are parallel
to the line of constant degeneracy (which is also the adiabatic
slope). The overall trend of increasing ρc reflects the growing
C/O core mass, which for this model is shown in the top panel
of Figure 24.

An example of the evolution of convection zones, shell
burning, and total luminosities as well as core boundaries for two
subsequent thermal pulses is shown in Figure 26 as a function
of model number; compare to Figure 3 in Herwig (2005).
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小・中質量星

コアの収縮	
=>	外層の膨張	

=>	赤色巨星
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Figure 29. Top: H-R diagram for 10–100 M⊙ models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)

et al. (2001), Nugis & Lamers (2000), and Nieuwenhuijzen &
de Jager (1990), as described in Section 6.6. These massive
star models are non-rotating, use no semi-convection, employ a
mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.

Most of this section consists of comparisons to results from
other stellar evolution codes. However, for consistency (and
completeness), we show in Figure 29 the H-R diagram and
central condition evolution of 10–100 M⊙ stars from the PMS
to the end of core helium burning. Though these are stars with
Z = 0.02, we turned off mass loss during this calculation so
that the plot would be easier to read and of some pedagogical
use. The tendency of Tc to scale with ρ

1/3
c (also a constant

radiation entropy) during these stages of evolution is expected
from hydrostatic balance with only a mildly changing mean
molecular weight. The rest of the calculations in this section
included mass loss as described above.

7.3.1. 25 M⊙ Model Comparisons

Figure 30 shows the Tc–ρc evolution in Mi = 25 M⊙ solar
metallicity models from MESA star, KEPLER (A. Heger 2010,
private communication), Hirschi et al. (2004), and FRANEC
(Limongi & Chieffi 2006) from helium burning until iron-
core collapse. The curves fall below the Tc ∝ ρ

1/3
c scaling

relation as the mean molecular weight increases due to the
subsequent burning stages. The curves are also punctuated with
non-monotonic behavior when nuclear fuels are first ignited
in shells. Figure 30 shows that MESA star produces core
evolutionary tracks consistent with other pre-supernova efforts.
The bump in the MESA star curve around carbon burning is

Figure 30. Evolution of the central temperature and central density in solar
metallicity Mi = 25 M⊙ models from different stellar evolution codes. The
locations of core helium, carbon, neon, oxygen, and silicon burning are labeled,
as is the relation Tc ∝ ρ

1/3
c .

(A color version of this figure is available in the online journal.)

Figure 31. Mass fraction profiles of the inner 2.5 M⊙ of the solar metallicity
Mi = 25 M⊙ model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M⊙ of this
Mi = 25 M⊙ model are shown in Figure 31 at the onset of core
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et al. (2001), Nugis & Lamers (2000), and Nieuwenhuijzen &
de Jager (1990), as described in Section 6.6. These massive
star models are non-rotating, use no semi-convection, employ a
mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.

Most of this section consists of comparisons to results from
other stellar evolution codes. However, for consistency (and
completeness), we show in Figure 29 the H-R diagram and
central condition evolution of 10–100 M⊙ stars from the PMS
to the end of core helium burning. Though these are stars with
Z = 0.02, we turned off mass loss during this calculation so
that the plot would be easier to read and of some pedagogical
use. The tendency of Tc to scale with ρ

1/3
c (also a constant

radiation entropy) during these stages of evolution is expected
from hydrostatic balance with only a mildly changing mean
molecular weight. The rest of the calculations in this section
included mass loss as described above.

7.3.1. 25 M⊙ Model Comparisons

Figure 30 shows the Tc–ρc evolution in Mi = 25 M⊙ solar
metallicity models from MESA star, KEPLER (A. Heger 2010,
private communication), Hirschi et al. (2004), and FRANEC
(Limongi & Chieffi 2006) from helium burning until iron-
core collapse. The curves fall below the Tc ∝ ρ

1/3
c scaling

relation as the mean molecular weight increases due to the
subsequent burning stages. The curves are also punctuated with
non-monotonic behavior when nuclear fuels are first ignited
in shells. Figure 30 shows that MESA star produces core
evolutionary tracks consistent with other pre-supernova efforts.
The bump in the MESA star curve around carbon burning is

Figure 30. Evolution of the central temperature and central density in solar
metallicity Mi = 25 M⊙ models from different stellar evolution codes. The
locations of core helium, carbon, neon, oxygen, and silicon burning are labeled,
as is the relation Tc ∝ ρ

1/3
c .

(A color version of this figure is available in the online journal.)

Figure 31. Mass fraction profiles of the inner 2.5 M⊙ of the solar metallicity
Mi = 25 M⊙ model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M⊙ of this
Mi = 25 M⊙ model are shown in Figure 31 at the onset of core
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コアの収縮	=>	外層の膨張

コアの性質で	ρ-Tの進化が決まる	

T	~	M2/3	ρ1/3					
(Mが下がる)	=>	ρ-T平面で下側へ
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Figure 29. Top: H-R diagram for 10–100 M⊙ models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)
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mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.

Most of this section consists of comparisons to results from
other stellar evolution codes. However, for consistency (and
completeness), we show in Figure 29 the H-R diagram and
central condition evolution of 10–100 M⊙ stars from the PMS
to the end of core helium burning. Though these are stars with
Z = 0.02, we turned off mass loss during this calculation so
that the plot would be easier to read and of some pedagogical
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from hydrostatic balance with only a mildly changing mean
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included mass loss as described above.
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Figure 30 shows the Tc–ρc evolution in Mi = 25 M⊙ solar
metallicity models from MESA star, KEPLER (A. Heger 2010,
private communication), Hirschi et al. (2004), and FRANEC
(Limongi & Chieffi 2006) from helium burning until iron-
core collapse. The curves fall below the Tc ∝ ρ
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relation as the mean molecular weight increases due to the
subsequent burning stages. The curves are also punctuated with
non-monotonic behavior when nuclear fuels are first ignited
in shells. Figure 30 shows that MESA star produces core
evolutionary tracks consistent with other pre-supernova efforts.
The bump in the MESA star curve around carbon burning is

Figure 30. Evolution of the central temperature and central density in solar
metallicity Mi = 25 M⊙ models from different stellar evolution codes. The
locations of core helium, carbon, neon, oxygen, and silicon burning are labeled,
as is the relation Tc ∝ ρ
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(A color version of this figure is available in the online journal.)

Figure 31. Mass fraction profiles of the inner 2.5 M⊙ of the solar metallicity
Mi = 25 M⊙ model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M⊙ of this
Mi = 25 M⊙ model are shown in Figure 31 at the onset of core
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コアは縮退圧が重要
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Figure 12.5. Evolution of central temperature and density of 15M⊙ and 25M⊙ stars at Z = 0.02 through all
nuclear burning stages up to iron-core collapse. The dashed line indicated where electrons become degenerate,
and the dash-dotted line shows where electrons become relativistic (ϵe ≈ mec2). The dotted line and arrow in-
dicates the trend Tc ∝ ρc1/3 that is expected from homologous contraction. Non-monotonic (non-homologous)
behaviour is seen whenever nuclear fuels are ignited and a convective core is formed. Figure adapted from
Woosley, Heger & Weaver (2002, Rev.Mod. Ph. 74, 1015).

12.3.1 Evolution with significant neutrino losses

In Sect. 6.5 we discussed several weak interaction processes that result in spontaneous neutrino emis-
sion at high temperatures and densities, such as photo-neutrinos, plasma-neutrinos and pair annihila-
tion neutrinos. When the central temperature exceeds ∼ 5 × 108 K, these neutrino losses are the most
important energy leak from the stellar centre, taking away energy much more rapidly than photon
diffusion or even convection can transport it to the surface. From this point onwards the neutrino
luminosity from the core far exceeds the luminosity radiated from surface, Lν ≫ L.

The dependence of the nuclear energy generation rate ϵnuc and the neutrino loss rate ϵν on temper-
ature are depicted in Fig. 12.6, for the centre of a typical massive star (i.e. following an evolution track
approximating those shown in Fig. 12.5). Both ϵν and ϵnuc increase strongly with temperature, but the
T -dependence of ϵnuc is larger than that of ϵν. During nuclear burning cycles energy production and
neutrino cooling are in balance, ϵnuc = ϵν, and this condition (the intersection of the two lines) defines
the temperature at which burning takes place.1

During each nuclear burning phase, Lnuc = Ėnuc ≈ Lν, which thus results in a much shorter
nuclear timescale than if neutrino losses were absent: τnuc = Enuc/Lν ≪ Enuc/L. Similarly, in
between burning cycles the rate of core contraction (on the thermal timescale) speeds up: Ėgr ≈ Lν
so that τth = Egr/Lν ≪ Egr/L. Therefore the evolution of the core speeds up enormously, at an
accelerating rate as the core continues to contract and heat up. The lifetime of each nuclear burning
stage can be estimated from Fig. 12.6 by approximating τnuc ∼ q/ϵnuc, where q is the energy gain per
unit mass from nuclear burning (∼ 4.0, 1.1, 5.0 and 1.9 × 1017 erg/g for C-, Ne-, O- and Si-burning,

1Note that because ϵnuc is a steeper function of T than ϵν, nuclear burning is stable also in the presence of neutrino losses:
a small perturbation δT > 0 would increase the local heat content (ϵnuc > ϵν), leading to expansion and cooling of the core
until thermal equilibrium is re-established.
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Sec$on	3.	
星の進化

3.1	星をなすガスの性質	

3.2	星の進化計算	

3.3	白色矮星とチャンドラセカール限界質量



Cat’s	eye	nebula	
	(J.P.	Harrington	and	K.J.	Borkowski,	and	NASA)



Helix	nebula		
(NASA,	ESA,	and	C.R.	O'Dell)



Ring	nebula	(STScI/AURA)



IC	418:	The	Spirograph	Nebula		
NASA,	ESA,	and	the	Hubble	Heritage	Team	(STScI/AURA)	

	R.	Sahai	(JPL)	et	al.

http://heritage.stsci.edu/2000/28/bio/bio_sahai.html


星の進化：まとめ
• 星をなすガスの性質	

• 理想気体の圧力、電子の縮退圧（相対論的/非相対論的）、
輻射圧	

• 星の進化計算	

• 基礎方程式（＋吸収係数＋核反応率）の連立	

• コアの収縮	+	殻燃焼	=>	星が膨らむ	

• 白色矮星	

• 縮退	=>	基礎方程式の一部だけで解ける	

• 重い白色矮星ほど小さい	(R	~	M-1/3)	

• 支えられる限界:	チャンドラセカール限界質量	(~1.4	Msun)


