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導入
• 低光度活動銀河核	


• Collisionless FlowとRIAF 中での粒子加速	


• ダイナミクスへの影響	


• IceCube neutrino 	


• 研究目的



Spectral models for LLAGNs in LINERs 2817

Figure 14. Panel a (left): the average SEDs (geometric mean) computed separately for the AD and JD models (dashed and dotted lines, respectively). The data
points correspond to the geometric mean computed by EHF10. The ‘error bars’ on the OUV data points represent the range of extinction corrections. Panel
b (right): 1σ scatter around the average (model and observed) SEDs illustrating the diversity of individual SEDs. The solid line shows the average AD SED
and the shaded region corresponds to the standard deviation from the AD models. The points correspond to the mean computed by EHF10 and the error bars
show the scatter in the measurements. In the OUV, the filled circles correspond to measurements without any reddening correction whereas the open circles
correspond to the maximal extinction correction.

Figure 15. The average JD and AD model SEDs compared to the average
radio-loud and radio-quiet quasar SEDs computed by Shang et al. (2011).
All SEDs are normalized to the same 2–10 keV luminosity.

As expected, the average model SEDs agree well with the ob-
served constraints. There are some details that are worth mentioning.
The shape of the X-ray spectrum of the average JD SED is slightly
softer than the corresponding shape of the average AD SED. Both
are within the 1σ uncertainty in the photon index of the average ob-
served SED. In the OUV, even though the model SEDs agree with
the observed constraints they are quite different from each other.
For instance, the red bump is stronger in the average AD SED. The
average JD SED predicts a lower UV flux. In the radio band, the
model SEDs are quite similar to each other.

Fig. 15 shows the average AD and JD SEDs compared to the
average ones of radio-loud and radio-quiet quasars computed by
Shang et al. (2011). The average quasar SEDs computed by Shang

et al. (2011) are very similar to the ones of Elvis et al. (1994)
but the former include more detailed features and are based on
more recent data obtained with improved instrumentation. As in
Fig. 14(a), the SEDs were normalized such that they all have the
same X-ray luminosity in the 2–10 keV band of 1040 erg s−1. The UV
excess in the quasar SEDs (the big blue bump) is clearly apparent
in comparison to the LLAGN ones. It is also interesting that for
ν > 1017 Hz the average AD, average JD and the radio-loud quasar
SEDs are quite similar.

It is worth investigating how the luminosity is partitioned in dif-
ferent wavebands for the SEDs plotted in Fig. 15. For this purpose,
we computed the luminosity contained in the radio (108–1012.5 Hz),
IR (1012.5–1014.5), OUV (1014.5–1016.5), X-rays (2−10 keV) and
‘other’ (1016.5 Hz−2 keV and E > 10 keV) wavebands by integrat-
ing the SEDs, with the values in parenthesis denoting the range of
frequencies or energies that we adopted for each waveband. The
pie charts in Fig. 16 display the Lband/Lbol for each waveband de-
fined above, for the average SEDs of LLAGNs and quasars. In
the case of quasars, as is well known, the emission is dominated
by the UV bump with the IR emission corresponding to the re-
processed emission of the accretion disc by the dust torus. In the
case of the average AD and JD SEDs for the LLAGNs in our
sample, the IR, OUV and ‘other’ bands release comparable frac-
tions of the bolometric luminosity contrary to the case of quasars.
In particular, the IR dominates the energy budget of the SED in
the AD case. It is also notable that a higher fraction of the en-
ergy is released in the radio and X-rays compared to the quasar
SEDs.

We remind the reader that the shape of the SEDs of individual
objects may display a significant variance with respect to the average
SEDs (e.g. Shang et al. 2011; Runnoe, Brotherton & Shang 2012;
see also the discussion in Section 7.3). As such, although the energy
budget displayed in Fig. 16 is an average representation of the whole
sample of LLAGNs studied in our work and the Shang et al. quasar
SEDs, it should be regarded with care when applied to individual
sources.

MNRAS 438, 2804–2827 (2014)
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more global, environmental scale, shifting the emphasis from the disk to the jet changes the bal-
ance between kinetic versus radiative output, with important implications for prescriptions of
AGN feedback in models of galaxy formation because BHs spend most of their lives in a low-
state. From empirical and theoretical considerations (Heinz, Merloni & Schwab 2007; Körding,
Jester & Fender 2008), the jet carries a substantial fraction of the accreted rest mass energy:
Pjet ≈ 0.2ηṀc 2 ≈ 7.2 × 1036(Lrad/1030 ergs s−1)12/17 ergs s−1. In fact, the total kinetic energy
injected by LLAGN jets is comparable to or perhaps even greater than the contribution from
supernovae. At low redshifts, radiative feedback from quasars, which is commonly assumed to
operate with an efficiency of ∼5%, may be less important then jet-driven feedback from LLAGNs
(Körding, Jester & Fender 2008).

8.3. The Central Engine of LLAGNs
The preceding sections argue that the weak nuclear activity seen in the majority of nearby galaxies
traces low-level BH accretion akin to the more familiar form observed in powerful AGNs. How-
ever, multiple lines of evidence indicate that LLAGNs are not simply scaled-down versions of
their more luminous cousins. They are qualitatively different. From the somewhat fragmentary
clues presented in this review, we can piece together a schematic view of the structure of the central
engine in LLAGNs (Ho 2002b, 2003, 2005). As sketched in Figure 13, it has three components.

1. Radiatively inefficient accretion flow. In the present-day Universe, and especially in the
centers of big bulges, the amount of material available for accretion is small, resulting in mass
accretion rates that fall far below 10−2 ṀEdd. In such a regime, the low-density, tenuous ma-
terial is optically thin and cannot cool efficiently. Rather than settling into a classic optically
thick, geometrically thin, radiatively efficient disk—the normal configuration for luminous
AGNs—the accretion flow puffs up into a hot, quasi-spherical, radiatively inefficient dis-
tribution, whose dynamics may be dominated by advection, convection, or outflows. This

RIAF
Thin disk

Rtr ≈ 100 – 1000 RS

Jet/outflow

Figure 13
A diagram of the central engine of LLAGNs, consisting of three components: an inner, radiatively inefficient
accretion flow (RIAF); an outer, truncated thin disk; and a jet or outflow. (Courtesy of S. Ho.)
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Collisionless flow 
(trelax >> tfall)

Blue Bump がない → 標準降着円盤がない 
ーー＞降着流はRadiation Inefficient Accretion Flow (RIAF)

LHα ≦ 3x1041 erg/s

(Mahadevan+’97



RIAF内での粒子加速
降着流での散逸と角運動量輸送!
　→　磁気回転不安定 (MRI)

乱れた磁場のリコネクション　→　非熱的粒子生成

Hoshino ’13  
(see also Riquelme+’12)

– 35 –

5.86
6.05
6.81

Torbit=0.09

7.95

5.39
5.48

Fig. 7.— Evolution of energy spectra for the plasma � = 1536. The initial stage at

T
orbit

= 0.09 shows a cold drift Maxwellian distribution function with a Keplerian motion.

At T
orbit

= 5.39 just before the onset of magnetic reconnection, the spectrum still remains

a hot Maxwellian-like distribution function. At T
orbit

= 5.48 just after the onset of recon-

nection, high-energy, nonthermal particles are generated. At T
orbit

= 7.95 the high energy

component can be approximated by a power-law function with N(")d" / "�1.

runs. The precise dependence on the field strength is difficult
to measure because of the small range between the limits. The
origins of the limits are discussed in the next subsection.

We perform an additional numerical experiment to dem-
onstrate the importance of the amount of net magnetic flux. So
far the initial field is assumed to be uniform everywhere in the

computational domain. However, model Z62p has an initially
uniform field that is localized within a small part of the
domain. At the beginning, the magnetic field is confined to
!0:5 < x < 0:5 and !1 < y < 1 and fills one-quarter of the
volume of the box. The field strength and the other parameters
are exactly the same as model Z62. The time evolution of the

Fig. 7.—Magnetic fields in model Z62p, on x-z slices at y ¼ 0. The model is started with a localized vertical field, uniform in !0:5 < x < 0:5 and !1 < y < 1.
Colors show the logarithm of magnetic pressure, and arrows the strength and direction of the poloidal magnetic field. The MRI enlarges the magnetized region, and
after a few orbits the entire domain is turbulent.

ANGULAR MOMENTUM TRANSPORT BY MHD TURBULENCE 331No. 1, 2004

runs. The precise dependence on the field strength is difficult
to measure because of the small range between the limits. The
origins of the limits are discussed in the next subsection.

We perform an additional numerical experiment to dem-
onstrate the importance of the amount of net magnetic flux. So
far the initial field is assumed to be uniform everywhere in the

computational domain. However, model Z62p has an initially
uniform field that is localized within a small part of the
domain. At the beginning, the magnetic field is confined to
!0:5 < x < 0:5 and !1 < y < 1 and fills one-quarter of the
volume of the box. The field strength and the other parameters
are exactly the same as model Z62. The time evolution of the

Fig. 7.—Magnetic fields in model Z62p, on x-z slices at y ¼ 0. The model is started with a localized vertical field, uniform in !0:5 < x < 0:5 and !1 < y < 1.
Colors show the logarithm of magnetic pressure, and arrows the strength and direction of the poloidal magnetic field. The MRI enlarges the magnetized region, and
after a few orbits the entire domain is turbulent.

ANGULAR MOMENTUM TRANSPORT BY MHD TURBULENCE 331No. 1, 2004

Sano et al. ’04 (see also Balbus & Hawley’91)

MHD simu.
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巨大ブラックホール
(太陽質量の１億倍)

ブラックホール降着円盤とは？
•ブラックホールに引きつけられたガスは, 回転しながらブラックホールに
吸い込まれる (降着円盤 or 降着流). 

•ガスの重力エネルギーが変換され, 明るく輝き, 場合によってはジェット
を噴出する.

•高エネルギー天体のエネルギー源

白鳥座X-1の想像図

恒星(可視光で光る)

降着円盤
(X線で光る)

ブラックホール
(太陽質量の10倍程度)

銀河(白)

ジェット(赤)

電波銀河
の観測

2011年10月12日水曜日

無衝突プラズマでのMRI? 

→PIC simulations in shearing box



降着流中の高エネルギー粒子

• 陽子の拡散による逃走

• パイオン生成反応  

p + p —> p + p + A(π++ π-)+ Bπ0 

p + γ —> n + π+ or p + π0   
π± —> e± + 3 ν 

• 降着流内の高エネルギー陽子は降着流内の 

陽子や光子と反応

陽子によるエネルギー損失あり	

ダイナミクスへの影響は？

・trelax >> tdissより、加速陽子の注入率は高くなりうる

γ

e+e-

γ

π±

γ
ν

π0

R



ダイナミクスへの影響

1. 力学構造への影響はほとんどない ( Lloss << 0.1Ṁc2)  
2. ニュートリノやガンマ線の光度 ~ 10-5-10-3 Ṁc2  (~ LX of LLAGN)  
3. 無理矢理エネルギーを抜けばケプラー円盤 (Lloss ~ 0.1 Ṁc2)

SSK, Toma, & Takahara ‘14
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Figure 3. Radial distributions of (a) the surface density Σ, (b) the specific angular momentum lz, (c) the radial velocity vr , and the effective sound speed cs, for group
B. The solid, dot–dashed, and dotted lines are for B2 (fv = 0.9), B1 (fv = 0.3), and A1 (no HEPs for reference), respectively. The thin solid line in (b) represents the
Keplerian angular momentum. (d) Radial distributions of the integrated pressure for B2. The solid and dashed lines represent PTP and PHEP, respectively. The dotted
line depicts PTP for A1 (no HEPs) for reference.

For D3 (fv = fc = 0.9), the injection from the viscous
dissipation mainly energizes HEPs because PTP is so small that
the injection from the compressional heating is inefficient. On
the other hand, the injection from the compressional heating is
dominant for D1 (fv = fc = 0.3) because PTP is large enough
to satisfy Qvis < QV,TP. Both the viscous dissipation and the
compressional heating make nearly the same contribution to the
injection for D2 (fv = fc = 0.6).

3.3. Luminosities of Escaping Particles

We also calculate luminosities of escaping gamma rays,
neutrinos, neutrons, and protons. We define the luminosities
as

Li =
∫ rout

rin

2πrQidr, (57)

where i refers to the kind of escaping particles and Qi is the
energy flux. We use Qn = Qesc for the neutron luminosity
and Qp = Qdiff for the proton luminosity. For estimating the
luminosity of gamma rays and neutrinos, we assume that all
kinds of pions produced by pp collisions have the same energy,
Qπ j = Qπ/3, where j = +, −, or 0. Neutral pions decay into
gamma rays following Equation (32), and charged pions decay
into neutrinos, electrons, and positrons following Equations (33)
and (34). The electrons and the positrons are considered to lose
most of their energies rapidly by emitting gamma rays, and
thus we assume that their energies are converted to the energy
of gamma rays. Roughly speaking, the pion energy is equally

divided among the final products (Begelman et al. 1990). Under
these assumptions and assuming that all photons and neutrinos
can escape, Qν and Qγ are represented as

Qν = 3
4
Qπ+ +

3
4
Qπ− = 1

2
Qπ , (58)

Qγ = Qπ0 +
1
4
Qπ+ +

1
4
Qπ− = 1

2
Qπ . (59)

In this treatment, Qγ = Qν is always satisfied, which leads
to Lγ = Lν . When all the neutrons escape, the ratio of Ln to
Lγ (= Lν) is determined exclusively by Pp→n and Kπ as

Ln/Lγ = [Pp→n(1 − Kπ )]/Kπ . (60)

In this model, we use Pp→n = 1/2 and Kπ = 1/2, so that
Ln/Lγ = 1/2.

We see the parameter dependences of the luminosities of
the escaping particles. We choose model D1 as a reference
model. The parameters of the models calculated additionally
are tabulated in Table 3. We calculate various values of fv = fc
(for groups D and F), Ṁ (for group G), Cdiff (for groups H and I),
and γinj (for groups J and K). Figure 7 shows the luminosities of
protons, neutrons, and gamma rays, Lp, Ln, and Lγ . Panel (a)
shows the luminosities as a function of the allocation parameters
under the condition fv = fc, where we show the results of
groups D and F. We calculate the models in group F in order
to show the effects of β. The luminosity of the protons is

8

• 加熱率の一部faccelが非熱的粒子の加速に使われると仮定して 
降着流の構造を解いた ( 1次元, α粘性, mono-Ep CR)

The Astrophysical Journal, 791:100 (14pp), 2014 August 20 Kimura, Toma, & Takahara
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Figure 6. Radial distributions of (a) the surface density Σ, (b) the specific angular momentum lz, (c) the radial velocity vr , and the effective sound speed cs, for model
E1. The solid and dotted lines are for E1 (fv = fc = 0.9) and A1 (no HEPs for reference), respectively. The thin solid line in (b) represents the Keplerian angular
momentum. (d) Radial distributions of the integrated pressure for E1. The solid and dashed lines represent PTP and PHEP, respectively. The dotted line depicts PTP for
A1 (no HEPs) for reference.

Since Lp ∝ γinj in usual, Ṁp is independent of γinj. On the
other hand, Ṁn is larger as γinj is smaller because Ln has
a weak dependence on γinj. We find that Ṁp ! 10−4Ṁ and
Ṁn ! 10−3Ṁ in our calculation. Since both Ṁn and Ṁp are
sufficiently less than Ṁ , the assumption that we neglect the sink
term in Equations (3) and (4) is valid.

4. DISCUSSION

4.1. Implications for Jet Production

The observations suggest that Lorentz factors of the jets are
typically Γ ∼ 10–100, and that their luminosities are broadly
distributed over Ljet ! Ṁc2 (Fernandes et al. 2011; Punsly &
Zhang 2011). As described in Section 1, if the energy source
of a jet is gravitational energy that is released by mass ac-
cretion, some mechanisms that concentrate the energy on a
small fraction of mass are necessary in order to produce rel-
ativistic jets. It is likely that the gravitational energy is con-
verted to Poynting and/or kinetic energies and they are in-
jected into the polar region above the SMBH, “the funnel,”
where the gas is very dilute due to the centrifugal barrier.
The most actively discussed model is the magnetically driven
jet model investigated by magnetohydrodynamic simulations
(McKinney 2006; Komissarov et al. 2007). The electromag-
netic force accelerates the flow to relativistic speed, and it is

considered that the amount of mass injected in the funnel de-
termines the terminal Lorentz factor. An alternative idea is the
kinetically dominated jet model, in which the relativistic ther-
mal energy (i.e., random kinetic energy of particles) is trans-
ferred to the acceleration of the bulk flow (Asano & Takahara
2007; Becker et al. 2011). In this model, the terminal Lorentz
factor is roughly equal the averaged random Lorentz factor
of particles.

HEPs that escape from accretion flows are likely to inject
some amount of kinetic energy and mass in the funnel, which is
available to launch the kinetically dominated jet. Although the
escaping particles are considered to be isotropic, we discuss the
case with the most efficient injection in which all the escaping
particles are injected in the funnel. If the accretion rate is large,
the neutron luminosity is larger than the proton luminosity,
and it amounts to Ln ∼ 10−2Ṁc2 for G2. We note that what
occurs in the large mass accretion rate is controversial because
the electron component is not expected to be negligible (see
Section 4.2). For the smaller mass accretion rates, Ln is smaller
since the neutron production is ineffective. In such situation, Lp
is larger than Ln if γinj is large, and the proton luminosity attains
Lp ∼ 10−2Ṁc2 for the efficient escaping models H2, I3, J2, and
K3 (Cdiff = 106 or γinj = 105). Therefore, for AGN jets with
Ljet ! 10−2Ṁc2, the energy injection by escaping particles
is one of the viable mechanisms for launching a relativistic
jet over a broad range of mass accretion rates. However, if
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実線：CRあり 
点線：CRなし

実線：CRあり 
点線：CRなし

faccel =0.3, Lloss~10-3Ṁc2 faccel =0.9, Lloss~0.1Ṁc2
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FIG. 12. Unfolding the non-atmospheric excess as piecewise-
constant per-flavor fluxes E2�. The horizontal error bars
show the range of primary neutrino energies that contribute to
each bin, while the vertical error bars show the range of E2�
that change the �2� lnL test statistic by less than 1. The
black points show the fit to the data sample presented here;
the light grey data points are from the 3-year data sample of
[7], shifted slightly to the right for better visibility. Above the
highest observed energy, the error bars provide upper limits
on the flux; these are less constraining than the upper lim-
its of [83] above 10 PeV. The thin lines show models for the
di↵use astrophysical neutrino background: the upper bound
from the total luminosity of EeV cosmic rays from [60], the
AGN core emission model of [40], and the starburst galaxy
model of [46].

地球外ニュートリノの観測

観測されたνスペクトルの特徴 
1. 強度はUHECRと同程度 
2. スペクトル指数 ~ 2.3 - 2.5

Aartsen et al. ’13
Aartsen et al. ’14

• Ice Cube が 10TeVから
PeVの Neutrinoを検出

• 起源天体は不明 
galaxy mergers, GRBs,  
Starburst Galaxy,  
AGN(Blazars, Quasars, Seyferts)  
などが考えられてきた

低光度活動銀河核(LLAGN)の 
降着流(RIAF)は?



研究目的
• 降着流内で粒子加速がおこる 
→乱流加速で実現するスペクトルは？	


• 拡散や反応によりp, ν(, γ)が降着流から逃走  
逃走粒子のスペクトルの特徴は？	


• LLAGN は数が多い  
NLLAGN ~ 0.01Mpc-3  >> NSeyfert ~ 10-4 Mpc-3 

→個々は暗くても背景放射に寄与する可能性あり 
→ LLAGNは 天体ニュートリノの起源になり得るか？

Ho ’08



• モデル、背景場	


• タイムスケール	


• 逃走粒子のスペクトル

RIAFからの p, ν(, γ)放射



MODEL

• Physical Quantities in RIAF  (H ~ R)

着目するエネルギー 1017[eV]=100PeVでは、スペクトルの傾きが E < 1016[eV]では
E2dN/dEで 0.7、1016 < E < 1017では 1.1程度であるため、

(U100PeVvd,100PeV) ∼ (U1GeV vd,1Gev)× 10−0.7×(16−9)−1.1 (2)

となる。vd,100PeVについては不定性が大きいが、光速よりは小さくて 1GeV の宇宙線より
大きいことは間違いないと考えられる。ここでは vd,100PeV ∼ 109cm sec−1程度としてお
く。すると、式 (2)より

Uknee ∼ U1GeV

(
vd,1GeV

vd,100PeV

)
10−5 ∼ 10−8eV cm−3 (3)

ここで、宇宙に一様に宇宙線が満ちていると仮定する。このU100PeVを用いると、100PeV
の宇宙線源となるものの宇宙線光度は

Lcr =
U100PeVV

tcr
(4)

と表される。V は宇宙線源１つが占める体積であり、tcrは宇宙線を作り出す年齢である。
LLAGN の降着流を宇宙線源と思うと、V ∼ n−1

LLAGN ∼ 102Mpc3 (Ho 08)、tcr = 1010yr
とすれば良いので、Lcr ∼ 1038erg sec−1 となる。LLAGNの標準的な X線光度は LX ∼
1040erg sec−1であり (Ho 08)、X線の光度の 1%程度の宇宙線を出していれば 100 PeV 付
近の宇宙線源として候補となりうる。

こういう見積もりをしている文献はありますか？

3 Photon Fields from RIAF in LLAGN

LLAGN の降着流で乱流加速が起こると、周囲の光子や熱的陽子と反応してガンマ線や
ニュートリノを生成する。反応率は光子場によって決まるため、加速領域 (RIAF内) での
光子場を求めることが重要となる。ここでは RIAF 内にいる電子による Synchrotron +
Bremsstrahlung + Inverse Compton scattering のスペクトルを計算し、それを背景光子
場として用いる。降着流は one-zone を仮定する。また、外側にある標準降着円盤からの
放射やジェットからの放射は、ブラックホール近傍の RIAF 内の背景光子場への寄与は小
さいと考えられるため無視する。

3.1 Background values of physical variables

落下速度は
vr = αvK (5)

とする。ここで vK はケプラー速度、αは粘性の alphaパラメータのようなもの。
降着流は分厚いと仮定して、降着流のスケールハイトH ∼ Rとすると、降着流中の熱

的陽子密度は
np =

Ṁ

2πR2vr
(6)

2

で与える。Ṁ は質量降着率、Rは加速領域の大きさである。降着流中では電子と陽子の
みからプラズマを考え、np = ne とする。
磁場についてはプラズマベータ βを一定と仮定して求める。

B =

√
8πPth

β
(7)

ここで Pthは背景粒子の温度であり、

Pth = npkBTvir = np
2GMBH

3R
mp (8)

と表される。温度はビリアル温度を仮定した。

3.2 Distribution function of electrons

RIAF は希薄なため、電子温度は陽子温度とはずれていると考えられる。ここでは電子温
度 θe ≡ kTe/(mec2)をパラメータとして与える。電子の分布関数は relativistic Maxwellian
とする (Kino et al. 2000).

Ne(γ) = ne
γ2β exp(−γ/θe)

θeK2(1/θe)
(9)

K2(x) は 2次のModified Bessel function である。

3.3 Bremsstrahlung and Synchrotron

制動放射と Synchrotron放射については Fitting formula を使う (Narayan & Yi 1995,
Manmoto et al. 1997, Kino et al. 2000)。制動放射の emissivity は

jν,br = qbr
h

kBTe
exp

(
− hν

kBTe

)
erg cm−3 s−1 Hz−1 (10)

ガウント因子は 1とした。以降、明記しない限り単位は全て cgs とする。qbr = qei + qee
は振動数積分した単位体積辺りの cooling rateであり、

qei = 1.48× 10−22n2
eFei(θe) (11)

Fei =

{ (
2θe
π3

)0.5
(1 + 1.781θ1.34e ) (θe < 1)

9θe
2π [ln(1.123θe + 0.48) + 1.5] (θe > 1)

(12)

qee =

{
2.56× 10−22n2

eθ
3/2
e

(
1 + 1.1θe + θ2e − 1.25θe − 5/2

)
(θe < 1)

3.40× 10−22n2
eθe [ln(1.123θe + 1.28)] (θe > 1)

(13)

3

着目するエネルギー 1017[eV]=100PeVでは、スペクトルの傾きが E < 1016[eV]では
E2dN/dEで 0.7、1016 < E < 1017では 1.1程度であるため、

(U100PeVvd,100PeV) ∼ (U1GeV vd,1Gev)× 10−0.7×(16−9)−1.1 (2)

となる。vd,100PeVについては不定性が大きいが、光速よりは小さくて 1GeV の宇宙線より
大きいことは間違いないと考えられる。ここでは vd,100PeV ∼ 109cm sec−1程度としてお
く。すると、式 (2)より

Uknee ∼ U1GeV

(
vd,1GeV

vd,100PeV

)
10−5 ∼ 10−8eV cm−3 (3)

ここで、宇宙に一様に宇宙線が満ちていると仮定する。このU100PeVを用いると、100PeV
の宇宙線源となるものの宇宙線光度は

Lcr =
U100PeVV

tcr
(4)

と表される。V は宇宙線源１つが占める体積であり、tcrは宇宙線を作り出す年齢である。
LLAGN の降着流を宇宙線源と思うと、V ∼ n−1

LLAGN ∼ 102Mpc3 (Ho 08)、tcr = 1010yr
とすれば良いので、Lcr ∼ 1038erg sec−1 となる。LLAGNの標準的な X線光度は LX ∼
1040erg sec−1であり (Ho 08)、X線の光度の 1%程度の宇宙線を出していれば 100 PeV 付
近の宇宙線源として候補となりうる。

こういう見積もりをしている文献はありますか？

3 Photon Fields from RIAF in LLAGN

LLAGN の降着流で乱流加速が起こると、周囲の光子や熱的陽子と反応してガンマ線や
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放射やジェットからの放射は、ブラックホール近傍の RIAF 内の背景光子場への寄与は小
さいと考えられるため無視する。

3.1 Background values of physical variables

落下速度は
vr = αvK (5)

とする。ここで vK はケプラー速度、αは粘性の alphaパラメータのようなもの。
降着流は分厚いと仮定して、降着流のスケールハイトH ∼ Rとすると、降着流中の熱

的陽子密度は
np =

Ṁ

2πR2vrmp
(6)

2

で与える。Ṁ は質量降着率、Rは加速領域の大きさである。降着流中では電子と陽子の
みからプラズマを考え、np = ne とする。
磁場についてはプラズマベータ βを一定と仮定して求める。

B =

√
8πPth

β
(7)

ここで Pthは背景粒子の圧力であり、

Pth = npkBTvir = np
GMBH

3R
mp (8)

と表される。ここでは解放した重力エネルギーの半分が内部エネルギーになったと仮定
した。

3.2 Distribution function of electrons

RIAF は希薄なため、電子温度は陽子温度とはずれていると考えられる。ここでは電子温
度 θe ≡ kTe/(mec2)をパラメータとして与える。電子の分布関数は relativistic Maxwellian
とする (Kino et al. 2000).

Ne(γ) = ne
γ2β exp(−γ/θe)

θeK2(1/θe)
(9)

K2(x) は 2次のModified Bessel function である。

3.3 Bremsstrahlung and Synchrotron

制動放射と Synchrotron放射については Fitting formula を使う (Narayan & Yi 1995,
Manmoto et al. 1997, Kino et al. 2000)。制動放射の emissivity は

jν,br = qbr
h

kBTe
exp

(
− hν

kBTe

)
erg cm−3 s−1 Hz−1 (10)

ガウント因子は 1とした。以降、明記しない限り単位は全て cgs とする。qbr = qei + qee
は振動数積分した単位体積辺りの cooling rateであり、

qei = 1.48× 10−22n2
eFei(θe) (11)

Fei =

{ (
2θe
π3

)0.5
(1 + 1.781θ1.34e ) (θe < 1)

9θe
2π [ln(1.123θe + 0.48) + 1.5] (θe > 1)
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Parameters :  
α, β, r=R/Rs, ṁ=Ṁ/ṀEdd, MBH

Fixed parameters : α=0.1, β=3, r=10

2 Kimura, Murase, & Toma

target photon fields come from the standard, Shakura-
Sunyaev disk (Shakura & Sunyaev 1973), but the disk
temperature to account for ! 300 TeV neutrinos has to
be higher than typical values (Dermer et al. 2014).
One big issue in the AGN core models is how to

have non-thermal protons in such inner regions. Elec-
tric field acceleration has been discussed (Levinson 2000),
but the formation of a gap above the black hole is
not clear in the presence of copious plasma. The
shock dissipation may also occur in accretion flows
(Begelman et al. 1990; Alvarez-Muniz & Mészáros 2004;
Becker et al. 2008), although efficient shock acceleration
is possible when the shock is not mediated by radiation.
When the accretion rate is large enough to form the stan-
dard disk (Shakura & Sunyaev 1973) or the slim disk
(Abramowicz et al. 1988), protons and electrons should
be thermalized via the Coulomb scattering within the
infall time. This indicates that turbulent acceleration is
unlikely in the bulk of the accretion flow, although pos-
sible non-thermal proton acceleration in the corona of
standard disks has also been discussed (e.g. Dermer et al.
1996; Romero et al. 2010).
In this work, we consider the possibility of high-energy

neutrino emission from low-luminosity AGN (LLAGN),
which has not been discussed in light of the IceCube data.
It has been considered that LLAGN do not have stan-
dard or slim disks and their spectra show no blue bump
(Ho 2008). Instead, LLAGN are believed to have the ra-
diation inefficient accretion flows (RIAFs, Narayan & Yi
1994), in which plasma can be collisionless with low ac-
cretion rates, allowing the existence of non-thermal par-
ticles (Mahadevan & Quataert 1997; Toma & Takahara
2012). In the unified picture of AGN, BL Lac ob-
jects correspond to LLAGN viewed from an on-axis
observer, whereas quasar-hosted blazars correspond to
highly-accreted AGN with optically thick disks.
Turbulent magnetic fields play an important role for

the angular momentum transport in accretion disks,
and the magnetic rotational instability (MRI) has been
believed to be responsible for the effective viscosity
(e.g., Balbus & Hawley 1991; Sano et al. 2004). Re-
cent particle-in-cell simulations have shown that the
magnetic reconnection occurring in the MRI turbulence
generates non-thermal particles (Riquelme et al. 2012;
Hoshino 2013), although these simulations follow the
plasma scale structure that is much smaller than the real-
istic scale of the accretion flow. It would be also natural
to expect stochastic acceleration in the presence of strong
turbulence in RIAFs (e.g., Lynn et al. 2014).
Protons accelerated in RIAFs lead to gamma ray emis-

sion via pp and pγ processes (Mahadevan et al. 1997;
Niedzwiecki et al. 2013). In this work, we focus on neu-
trino and CR emission, motivated by the latest IceCube
discovery. The acceleration efficiency is uncertain at
present. Kimura et al. (2014) shows that high-energy
particles do not affect the dynamical structure, except
for the cases that they extract most of the heating energy
from RIAFs. This implies that the energy loss rate by
high-energy protons is limited to several percents of Ṁc2,
where Ṁ is the mass accretion rate, but we show that
it is still possible for LLAGN to make significant contri-
butions to the cumulative neutrino background without
violating existing observational limits.

In this paper, we consider stochastic acceleration in
RIAFs of LLAGN and suggest that they are potential
sources of high-energy neutrinos. In Section 2, we set
up physical states of RIAFs. In Section 3, we formulate
and calculate energy spectra of the non-thermal protons
inside RIAFs. The spectra of escaping protons and neu-
trinos from RIAFs are also presented in Section 3. Then,
the diffuse neutrino intensity is estimated and compared
to the IceCube data in Section 4. We discuss several re-
lated issues such as the detectability in gamma rays in
Section 5, and summarize our results in Section 6.

2. PHYSICAL SETUP

We model emission from RIAFs with the one-zone ap-
proximation, where it is assumed that particles are accel-
erated only within some radius R. When one considers
the structure of accretion disks, the multi-dimensionality
is important in general. But we consider that our ap-
proach is enough as the first step to consider high-energy
neutrino emission from RIAFs.

2.1. Physical quantities of RIAFs

RIAFs are the hot and rapid infall accretion flows. We
set the radial velocity vr, thermal proton density np,
thermal pressure Pth, and strength of magnetic fields B
of our RIAF model as follows,

vr =αvK, (1)

np=
Ṁ

2πR2vrmp
, (2)

Pth=np
GMBH

3R
mp, (3)

B=

√

8πPth

β
, (4)

where α is the alpha parameter (Shakura & Sunyaev
1973), vK =

√

GMBH/R is the Keplerian velocity, Ṁ
is the mass accretion rate, MBH is the mass of the su-
per massive black hole (SMBH), and β is the plasma
beta parameter. We assume the scale height of the flow
H ∼ R. We normalize the radius and mass accretion rate
as r = R/RS and ṁ = Ṁ/ṀEdd, respectively, where we
use the Schwarzschild radius RS = 2GMBH/c2 and the
Eddington accretion rate ṀEdd = LEdd/c2. This makes

R=2.95× 1013 r1MBH,7 cm , (5)

vr =6.7× 108 r−1/2
1 α−1 cm s−1 , (6)

np=1.1× 109 r−3/2
1 α−1

−1M
−1
BH,7ṁ−2 cm−3 , (7)

B=4.9× 102 r−5/4
1 α−1/2

−1 β−1/2
3 M−1/2

BH,7 ṁ
1/2
−2 Gauss ,(8)

where An = A/10n, except MBH,n = MBH/(10nM⊙)
and β3 = β/3. If we consider small r ! 5, vr and np is
quite different from above expression because the flow be-
comes supersonic and particles go into the SMBH quickly
(Narayan et al. 1997; Kimura et al. 2014). In this paper,
we fix the parameters α = 0.1, β = 3, and r = 10 for
demonstration.

2.2. Target photon fields

γ

e+e-
γ

π±

γ
ν

π0

RR

• One Zone model
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The photomeson production is an important process of
the neutrino and/or gamma ray production. To estimate
this, we need to obtain target photon spectra.
First, one needs to know the electron temperature.

Since the relaxation time between electrons and pro-
tons in RIAFs is longer than the infall time tfall (see
Section 3), electrons would have different temperature
from that of the protons (Takahara & Kusunose 1985).
The mechanism of electron heating in RIAFs is deter-
mined by details of dissipation in collisionless plasma
(Quataert & Gruzinov 1999; Sharuma et al. 2007; Howes
2010), but the accurate prescription for the turbu-
lent heating is not well understood. According to
Sharuma et al. (2007), the electron temperature in RI-
AFs with ṁ = 0.01 is ∼ 5 × 109 K and little depends
on the heating prescription. The dependence of elec-
tron temperature on ṁ is not so strong, Te ∼ 2 × 1010

K at ṁ = 10−4. In this work, for simplicity, we treat
θe ≡ kBTe/(mec2) as a parameter, and consider the range
of 1 ! θe ! 4. Then, when electrons are thermalized
(Mahadevan & Quataert 1997), they obey the relativis-
tic Maxwellian distribution,

Ne(γe) = ne
γ2
eβe exp(−γe/θe)

θeK2(1/θe)
, (9)

where ne is the electron number density, βe and γe are the
velocity and the Lorentz factor of the thermal electrons,
respectively, and K2(x) is the second modified Bessel
function. We ignore effects of the pair production on the
thermal component for simplicity, which gives np = ne.
It has been suggested that in LLAGN emission

comes from a jet, an outer thin disk, and a RIAF
(Nemmen et al. 2006, 2014). In this paper, we con-
sider only radiation from the RIAF because the radiation
from the jet and the thin disk would be sub-dominant.
We use one-zone approximation and calculate the pho-
ton spectrum within the acceleration radius R. Ther-
mal electrons in the RIAF emit radiation through the
synchrotron, bremsstrahlung, and inverse Compton scat-
tering. We use fitting formulae of the emissivity of
bremsstrahlung and synchrotron (Narayan & Yi 1995).
Assuming the local thermodynamic equilibrium with Ed-
dington approximation (Rybicki & Lightman 1979), we
can get the photon fields from the synchrotron and
bremsstrahlung. This treatment consistently includes
the synchrotron self absorption (Manmoto et al. 1997).
Using this photon fields as the seed photons, spectra
of inverse Compton scattering are calculated. See Ap-
pendix A for details of the calculation of the target pho-
ton fields.
Figure 1 shows target photon spectra in RIAFs for

models A1, A2, and A3, whose parameters are tabulated
in Table 1 (where the parameter ζ will be introduced
in section 3). We fix the parameters α = 0.1, β = 3,
r = 10, and θe = 2.0. For the reference model A1, the
synchrotron component has a peak at Eγ ∼ 0.03 eV.
The thermal electrons scatter seed synchrotron photons
efficiently, and make a few peaks from the infrared to
soft X-ray range. Multiple-scattered photons may make
almost flat spectrum for hard X-ray range. The spec-
trum has a cutoff corresponding to the electron temper-
ature. The inverse Compton scattering dominates over
the bremsstrahlung in all the frequency range for A1.

TABLE 1
Model parameters for the spectrum from a LLAGN

model ṁ MBH[M⊙] ζ

A1 (reference) 10−2 107 0.1
A2 10−3 107 0.1
A3 10−2 108 0.1
A4 10−2 107 0.3

Fig. 1.— Target photon spectra emitted by thermal electrons
in RIAFs. The red-solid, the brown-dashed, and blue-dotted lines
show models A1 (reference), A2 (small ṁ), A3 (large MBH), re-
spectively. The target photon spectrum for model A4 is the same
with that for A1.

The efficiency of the inverse Compton scattering de-
pends on y parameter, y ∼ neσTRθ2e ∝ ṁr−1/2α−1θ2e ,
where σT is the Thomson cross section. Small ṁ
makes the y parameter small, so that the spectrum by
the inverse Compton scattering is soft. This causes
that bremsstrahlung is dominant at hard X-ray range.
For A2, y parameter is less than unity, and the
bremsstrahlung dominates over the inverse Compton in
Eγ " 2 × 104 eV. The y parameter is independent of
MBH in our formulation. The large MBH makes lumi-
nosity higher due to large values of R and Ṁ . It also
makes the synchrotron peak frequency small because of
small B. The profile of the spectrum for A3 is similar to
that for A1 but the luminosity for A3 is about ten times
larger than that for A1.

3. SPECTRA OF NON-THERMAL PARTICLES IN A
TYPICAL RIAF

3.1. Plasma in accretion flows

If the infall time tfall is shorter than the relaxation
time due to the Coulomb scattering trel, it allows the
existence of non-thermal particles. The infall time for
RIAFs is estimated to be

tfall ≃
R

vr
∼ 4.4× 104r3/21 α−1

−1MBH,7 s , (10)

whereas the relaxation time is estimated as

trel=
4
√
π

lnΛ

1

npσTc

(

mp

me

)2 (kBTp

mpc2

)3/2

∼ 2.1× 107α−1MBH,7ṁ
−1
−2 s (11)

TARGET PHOTONS

log(νLν[erg/s])

log(ν[Hz])

I. C. Brems.

Synch.

I. C. 

・ṁによってICの効率が 
大きく異なる	

・MBHが大きいと磁場は弱ま
るが光度は大きくなる

reference

ṁ x0.1

Synchrotron & Bremsstrahlung : Fitting Formula (Narayan & Yi ‘95)

Inverse Compton : 種光子はSynch. + Brems

パラメータθe=kTe/(mec2)　(1≲θe≲4) Sharma+, 07 

cf.) Coppi & Blandford ’90, Kino+ ‘00
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that of the protons (Takahara & Kusunose 1985). The
mechanism of electron heating in RIAFs is determined by
details of dissipation in collisionless plasma (Quataert &
Gruzinov 1999; Sharuma et al. 2007; Howes 2010), but
the accurate prescription for the turbulent heating is not
well understood. According to Sharuma et al. (2007),
the electron temperature in RIAFs with ṁ = 0.01 is
∼ 5 × 109 K and little depends on the heating prescrip-
tion. The dependence of electron temperature on ṁ is
not so strong, Te ∼ 2 × 1010 K at ṁ = 10−4. In this
work, for simplicity, we treat θe ≡ kBTe/(mec2) as a pa-
rameter, and consider the range of 1 ! θe ! 4. Then,
when electrons are thermalized (Mahadevan & Quataert
1997), they obey the relativistic Maxwellian distribution,

Ne(γe) = ne
γ2
eβe exp(−γe/θe)

θeK2(1/θe)
, (9)

where ne is the electron number density, βe and γe are the
velocity and the Lorentz factor of the thermal electrons,
respectively, and K2(x) is the second modified Bessel
function. We ignore effect of the pair production on the
thermal component for simplicity, which gives np = ne.
It is suggested that in a LLAGN, radiations are emit-

ted from a jet, an outer thin disk, and a RIAF (Nemmen
et al. 2006, 2014). In this paper, we consider only radia-
tions emitted from the RIAF because the radiations from
the jet and the thin disk are unlikely to work as the target
photons inside the RIAF. We use one-zone approxima-
tion and calculate the photon spectrum within the accel-
eration radius R. Thermal electrons in the RIAF emit
radiations through the synchrotron, bremsstrahlung, and
inverse Compton scattering. We use fitting formulae
for the emissivity of bremsstrahlung and synchrotron
(Narayan & Yi 1995). Assuming the local thermody-
namic equilibrium with Eddington approximation (Ry-
bicki & Lightman 1979), we can get the photon fields
from the synchrotron and bremsstrahlung. This treat-
ment consistently includes the synchrotron self absorp-
tion (Manmoto et al. 1997). Using this photon fields as
the seed photons, spectra of inverse Compton scattering
is calculated. See Appendix A for detail of calculation
for the target photon fields.
Figure 1 shows the target photon spectra in the RI-

AFs for models A1, A2, and A3, whose parameters are
tabulated in Table 1. We fix some parameters α = 0.1,
β = 3, r = 10, and θe = 2.0. For the reference model
A1, the synchrotron makes a peak at Eγ ∼ 0.03 eV.
The thermal electrons scatter these synchrotron photons
efficiently, and make a few peaks from infrared to soft X-
ray range. Multiple-scattered photons make almost flat
spectrum for hard X-ray range. The spectrum has cut-off
corresponding to the electron temperature. The inverse
Compton scattering dominates over the bremsstrahlung
in all the frequency range for A1.
The efficiency of the Compton scattering depends on

y parameter, y ∼ neσTRθ2e ∝ ṁr−1/2α−1θ2e , where σT is
the Thomson cross section. Small ṁ makes the y param-
eter small, so that the spectrum by the inverse Compton
scattering is soft. This causes that bremsstrahlung is
dominant at hard X-ray range. For A2, y parameter is
less than unity, and the bremsstrahlung dominates over
the inverse Compton in Eγ " 2× 104 eV. The y parame-
ter is independent of MBH in our formulation. The large
MBH makes luminosity large due to the large R and the

TABLE 1
Model parameters for the spectrum from a LLAGN

model ṁ MBH[M⊙] ζ
A1 (reference) 10−2 107 0.1

A2 10−3 107 0.1
A3 10−2 108 0.1
A4 10−2 107 0.3

Fig. 1.— Target photon spectra emitted by thermal electrons
in RIAFs. The red-solid, the green-dashed, and blue-dotted lines
show models A1 (reference), A2 (small ṁ), A3 (large MBH), re-
spectively. The target photon spectrum for model A4 is the same
with that for A1.

large Ṁ . It also makes the synchrotron peak frequency
small because of small B. The profile of the spectrum
for A3 is similar to that for A1 but the luminosity for A3
is about ten times larger than that for A1.

3. SPECTRA OF NON-THERMAL PARTICLES IN A
TYPICAL RIAF

3.1. Plasma in accretion flows

If the infall time tfall is shorter than the relaxation
time due to Coulomb collision trel, it allows the existence
of non-thermal particles. The infall time for RIAFs is
estimated as

tfall ≃
R

vr
≃ 4.4× 104r3/21 α−1

−1MBH,7 s , (10)

whereas the relaxation time is estimated as

trel=
4
√
π

lnΛ

1

npσTc

(
mp

me

)2 (kBTp

mpc2

)3/2

∼ 2.1× 107α−1MBH,7ṁ
−1
−2 s (11)

where lnΛ is the Coulomb logarithm (e.g. Spitzer 1962).
Thus, RIAFs satisfy trel ≫ tfall, which allows F (p) to be
non-thermal (cf. Takahara & Kusunose 1985; Mahade-
van & Quataert 1997). For RIAFs, tfall is the same or-
der with the dissipation time via alpha viscous tdis (e.g.
Pringle 1981). Thus, the proton distribution function
in RIAFs are unable to become maxwellian within the
heating time. This implies that the Coulomb energy-loss
is negligible for relativistic protons in RIAFs.
The protons inside RIAFs are scattered by turbulent

magnetic fields. This process changes the momentum of

α=0.1, β=3, r=10, θe=2



Stochastic Acceleration

• 相対論的陽子はFokker-Plank方程式に従うとする

4 The spectrum of accelerated protons

陽子のスペクトルを求めるには、運動量空間の拡散方程式に補正項を加えた以下の式を解
けば良い。

∂

∂t
f =

1

p2
∂

∂p

[
p2

(
Dp

∂

∂p
f +

f

tcool/p

)]
− f

tesc
+ ḟinj (23)

ここで、ḟinj は注入関数で、

ḟinj =
L

cp0V Vp
= ηcr

GMBH

R
Ṁ

3

cp04πR3(p0)3
(24)

となる。p0は注入時の陽子エネルギー、L = ηcrGMBHṀ/Rは宇宙線注入光度である。注
入関数の次元をあわせるため、V = 4πR3/3は加速領域の体積、Vp = (p0)3は運動量空間
体積を使った。
前節で求めた背景場、タイムスケールを使ってこの方程式を解くと、AGNコア内での

陽子スペクトルが得られる。計算された陽子の数スペクトル dN/dpを図 2に示す。高エ
ネルギー側で冷却が効いて指数関数的なカットオフができる。カットオフエネルギーより
少し小さいエネルギーのところに分布関数の山が出来ている。
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Figure 2: 数スペクトル dN/dp。高エネルギー側で冷却が効き、指数関数的にカットオフ
となる。カットオフの手前に山ができる。

拡散時間も求めているので、拡散的に逃走する陽子の光度スペクトルも計算できる。陽
子の光度スペクトルは

Lcr =

∫
dV

4πp2fpc

tesc
=

16π2cR3p2f

3tesc
(25)
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each protons whose distribution function could be dif-
ferent from the Maxwellian. In this paper, we focus on
relativistic protons in RIAFs and assume the relativistic
protons obey the Fokker-Plank equation (e.g. Stawarz &
Petrosian 2008)

∂

∂t
F (p) =

1

p2
∂

∂p

[
p2

(
Dp

∂

∂p
F (p) +

p

tcool
F (p)

)]
−F (p)

tesc
+Ḟinj,

(12)
where F (p) is the distribution function of the non-
thermal protons, p is the momentum of the protons, Dp

is the diffusion coefficient for the momentum space, Ḟinj

is the injection term, tcool is the cooling time, and tesc
is the escaping time. We do not consider non-thermal
electrons because electrons have much smaller relaxation
time than protons. They become thermalized within dy-
namical time when ṁ ! 10−4 (Mahadevan & Quataert
1997).
Note that for standard disks, which are ex-

pected to settle in quasars, the situation is differ-
ent from that for RIAFs. Here, we estimate the
time scales for the Shakura-Sunyaev disks of gas
pressure dominant regime (gas-SSD) (Shakura &
Sunyaev 1973). In gas-SSD, tfall is very long,
tfall = R/vr ≃ R/(αvK)(r/H)2 ∼ 3 × 108 s, trel is
very short, trel ≃ 3 × 10−9 s ≪ tdis, and tdis is the
same (see Equation (10)), compared to those of
RIAFs. Thus, trel ≪ tdis ≪ tfall is satisfied in
gas-SSD. This may cause the distribution func-
tion F (p) to be Maxwellian due to the efficient
Coulomb scattering. We use trel for the thermal
particles so far. If considering more accurately,
we should use the Coulomb loss time for relativis-
tic particles tCoul as a function of particle energy.
Even for relativistic particles of Lorentz factor
γp, the Coulomb loss time is much smaller than
the dissipation time, tCoul ∼ 50(γp/τT)(R/c) ≪ tdis
for γp " 103, where τT ∼ 104 is the optical depth
for Thomson scattering (cf. Dermer et al. 1996).
Therefore, it seems difficult to accelerate the par-
ticles in gas-SSD. If we consider other solutions,
such as the standard disks of radiation pressure
dominant regime (Shakura & Sunyaev 1973), the
magnetically arrested disks (Bisnovatyi-Kogan &
Ruzmaikin 1974), optical depth is not as large
as SSD-gas, and it may be possible to satisfy
tdis < tCoul.

3.2. Timescales

For obtaining the distribution function, there is three
important timescales, the acceleration time taccel ≡
p2/Dp, the escape time tesc, and the cooling time tcool.
In this paper, we assume isotropic turbulent

fields whose power spectrum P (k) ∝ k−q. In this
paper, we fix the index of the power spectrum
q = 5/3 for simplicity. This value is expected to
be realized for Alfvénic turbulence (Goldreich &
Sridhar 1995), although the fast modes seem to
play an important role for the stochastic accelera-
tion Yan & Lazarian (2002). According to the quasi-
linear theorem, the diffusion coefficient is (e.g. Stawarz
& Petrosian 2008)

Dp ≃ (mpc)
2(ckmin)

(vA
c

)2
ζ(rLkmin)

q−2γq
p, (13)

where kmin ∼ R−1 is the minimum wave number of
the turbulence, vA = B/

√
4πmpnp is the Alfven speed,

rL = mpc2/(eB), γp is the Lorentz factor of protons, and
ζ = 8π

∫
P (k)dk/B2

0 is the ratio of the strength of tur-
bulent fields to that of the non-turbulent fields. Then,
the acceleration time is

taccel ≃
p2

Dp
≃ 1

ζ

(vA
c

)−2 R

c

(rL
R

)2−q
γ2−q
p

≃ 1.1× 103r1/121 α1/6
−1 β

−5/6
3 M5/6

BH,7ṁ
−1/6
−2 ζ−1

−1γ
1/3
p,1 s.(14)

We consider diffusion and infall for the escape time and
write the escaping rate as

t−1
esc = t−1

fall + t−1
diff , (15)

where tdiff is the diffusion time after which the particles
escape through random walk and tfall is the infall time.
The particles fall to the central black hole in the infall
time, given by Equation (10). For the isotropically tur-
bulent magnetic fields, the diffusion time is (e.g. Stawarz
& Petrosian 2008)

tdiff ≃ 9R

c
ζ
(rL
R

)q−2
γq−2
p

≃ 6.7× 106r11/121 α−1/6
−1 β−1/6

3 M7/6
BH,7ṁ

1/6
−2 ζ

1
−1γ

−1/3
p,1 s.(16)

For the cooling time, we consider the inelastic collisions
of protons, the photomeson production, and the proton
synchrotron. The total cooling rate is given as

t−1
cool = t−1

pp + t−1
pγ + t−1

sync, (17)

where tpp, tpγ , and tsync are the cooling time for the
inelastic collision, the photomeson production, and the
synchrotron, respectively. We neglect the inverse Comp-
ton scattering by the protons and the Bethe-Heitler pro-
cess because they are sub-dominant in our models. The
synchrotron cooling rate is

t−1
sync =

4

3

(
me

mp

)3 cσTUB

mec2
γp, (18)

where UB = B2/(8π) is the energy density of the mag-
netic fields. The cooling rate for inelastic collisions of
protons is

t−1
pp = npσppcKpp, (19)

where Kpp ≃ 0.5 is the inelasticity of the process. The
total cross section of this process σpp is represented as a
function of the proton energy Ep,

σpp ≃ (34.3 + 1.88L+ 0.25L2)

[
1−

(
Epp,thr

Ep

)4
]2

(20)

for Ep ≥ Epp,thr, where L = log(Ep/1TeV) and
Epp,thr =1.22 GeV (Kelner et al. 2006). The cooling
rate for photomeson production is

t−1
pγ =

c

2γ2
p

∫ ∞

ε̄thr

dε̄σpγ(ε̄)Kpγ(ε̄)ε̄

×
∫ ∞

ε̄/(2γp)
dEγ

Nγ(Eγ)

E2
γ

, (21)

where ε̄ and Eγ are the photon energy in the proton
rest frame and the black hole frame, respectively, Nγ(Eγ)
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• Luminosity of escaping protons

逃走陽子スペクトル

4.4 comparison of the timescales

上記のタイムスケールを運動量の関数として図 2、3にプロットした。使用したパラメー
タは表 1にまとめた (rSはシュワルツシルト半径、ηcrは宇宙線注入率、後述)。運動量が
小さい間は加速が効率的だが、高エネルギー側では proton Synchrotronによる冷却や拡
散的逃走が効くようになる。Model A の場合には Ep ! 106 程度で tesc < tacc となり、
γp ! 1010 程度で tcool < taccとなる。

Bethe-Heitler processは、pγが効かなかったので見積もりませんでした。

5 Spectrum of non-thermal particles

上記のタイムスケールを用いて Fokker-Plank equation を解いて分布関数を求める。その
際、降着エネルギーの一部が注入されると仮定し、注入関数としてデルタ関数を用いる。

ḟinj = ḟ0∆pδ (p− pinj) (39)

ḟ0は任意の定数で、f の規格化は、2次加速を解いた後の宇宙線の光度が質量降着率の ηcr
倍となるように定める。 ∫

dV

∫
dp

4πp2fEp

tesc
= ηcrṀc2 (40)

この粒子注入率と f の規格化を用いて、陽子の分布関数を求めた。降着流内の非熱的
粒子の数スペクトルN(p) = 4πp2f を図 4に示す。γinj < γp " 106でベキ型スペクトルが
実現しており、106 " γpでは徐々にN(p)の減少率が増加していく。Pcr ≡ 4π

∫
cp3fdp/3

より降着流内の宇宙線の圧力を計算すると、Pcr/Pth ∼ 5× 10−4程度となっており、降着
流のダイナミクスに影響しないという仮定はよさそうである。
この数スペクトルを使って、逃走陽子の光度を求める。逃走陽子の光度スペクトルは、

ELE の次元で書いて、以下のように表される。

EpLEp =

∫
dV

4πp3fEp

tdiff
=

4π2cR3p4f

tdiff
(41)

ニュートリノの光度は以下のようになる。

EνLEν =

(
1

2tpp
+

3

8tpγ

)
EppN(p) (42)

非弾性度とパイオン崩壊後のエネルギー分布より、デルタ共鳴の場合にはEν ≃ 0.05Epと
近似的に表すことができる。ここでは陽子陽子反応に着いてもそのことを仮定して計算し
ている。この定式化を用いて、逃走粒子の光度スペクトルを計算した。図 5に逃走陽子光
度 (赤)、逃走ニュートリノ光度 (ppが黄緑、pγが青)を示す。
全逃走陽子光度はLesc ≡

∫
LEpdEpと表される。今回の場合、高エネルギーでは粒子逃

走が効いているため、Lesc ∼ ηcrṀc2程度となる。逃走陽子はエネルギーEmax,p ∼ 1016[eV]
付近にピークを持つ分布となっており、モデル A では second knee のエネルギーには
少し足りない。このエネルギーの陽子が反応して放出するニュートリノのエネルギーは
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EpLEp ∝  Ṁ ∝ ṁMBH

・Normalization：逃走 = 注入
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is the photon occupation number, and ε̄thr =145 MeV.
We use ∆-resonance approximation for this process (e.g.
Waxman & Bahcall 1997). Assuming σpγ(ε̄)Kpγ(ε̄) =
δ(ε̄− ϵ̄pk)σpkKpk∆ϵ̄pk, we write tpγ as

t−1
pγ =

c

2γ2
p

ϵ̄pk∆ϵ̄pkσpkKpk

×
∫ ∞

ϵ̄pk/(2γp)
dEγ

Nγ(Eγ)

E2
γ

, (22)

ϵ̄pk ≃ 0.3 GeV, σpk ≃ 5× 10−28 cm2, Kpk ≃ 0.2, ∆ϵ̄pk ≃
0.2 GeV.
Figure 2 shows the timescales for models A1, A2, A3,

and A4, whose parameters are tabulated in Table 1. For
low Ep, taccel is the smallest for all the models. At some
energy Ep,eq, taccel = tesc is satisfied. Above the energy,
the acceleration is suppressed by diffusive escape, tesc <
taccel. Since tdiff is shorter than tfall at Ep,eq, we can
estimate the maximum proton energy by equating tdiff
and taccel,

γp,eq=Ep,eq/(mpc
2) ∼

(
ζ
vA
c

)1/(2−q) R

r L

∝Rζ1/(2−q)n−1/(4−2q)
e B(3−q)/(2−q)

∝ ṁ1/2M1/2
BH α1/2ζ1/(2−q)β− 3−q

4−2q r−
4−q
8−4q . (23)

For q = 5/3,

γp,eq∝Rζ3n−3/2
e B4

∝ ṁ1/2M1/2
BH α1/2ζ3β−2r−7/4. (24)

The maximum energy strongly depends on ζ. The larger
ṁ or smaller β makes the magnetic fields strong, so that
the γp,eq is higher. The larger r weakens B, which causes
lower γp,eq.
For all the models, the pp inelastic collisions dominates

over the synchrotron and the photomeson production for
low Ep. In high Ep, the photomeson production is dom-
inant for A1, A3, and A4 (large ṁ), whereas the syn-
chrotron is the most efficient for A2 (small ṁ). This
is because the number density of the target photon for
the photomeson production has strong dependence on ṁ.
Other parameters do not strongly affect this qualitative
feature of the cooling time.

3.3. Spectra of non-thermal particles

When solving Equation (12), we treat the injection
term as a delta-function Ḟinj = F0δ(p−pinj), where pinj is
the injection proton momentum and F0 is the normaliza-
tion factor of injection. We fix pinj = 2mpc because pinj
little affects the profile of distribution function as long
as we choose pinjc ≪ Ep,eq. We assume that the total
injection luminosity is proportional to the released lumi-
nosity by accretion. As seen in the previous subsection,
the protons lose their energy by escape. This motivates
us to consider the injection luminosity balances with the
escape luminosity,

∫
dV

∫
dp

4πp2F (p)Ep

tesc
= ηcrṀc2. (25)

We treat ηcr as a parameter. This parameter also does
not affect the profiles of spectra, although this determines
the normalization of the non-thermal protons. Kimura

(b)

(a)

(c)

(d)

Fig. 2.— Energy dependence of the timescales. We plot the cool-
ing time (thick-red-solid), the escape time (thick-green-dashed),
and the acceleration time (thick-blue-dotted). The thin-solid, thin-
dashed, and thin-dotted lines show the tpp ,tpγ , and tsync, respec-
tively. Panels (a), (b), (c), (d) show the cases for models A1 (ref-
erence), A2 (small ṁ), A3 (large MBH), and A4 (large ζ), respec-
tively.

et al. (2014) shows that the non-thermal particles do not
affect the dynamical structure if ηcr ! 0.1. We use ηcr =
0.01 as a fiducial value.
We solve Equation (12) until steady solutions are re-

alized by using the Chang-Cooper method (Chang &
Cooper 1970). We set the computational region from
Ep = 1.5 GeV to 1010 GeV and divide the grids so that

log(ELE [erg/s])

log(E [GeV])

reference

MBH x10

ṁ x0.1

ζx3
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that of the protons (Takahara & Kusunose 1985). The
mechanism of electron heating in RIAFs is determined by
details of dissipation in collisionless plasma (Quataert &
Gruzinov 1999; Sharuma et al. 2007; Howes 2010), but
the accurate prescription for the turbulent heating is not
well understood. According to Sharuma et al. (2007),
the electron temperature in RIAFs with ṁ = 0.01 is
∼ 5 × 109 K and little depends on the heating prescrip-
tion. The dependence of electron temperature on ṁ is
not so strong, Te ∼ 2 × 1010 K at ṁ = 10−4. In this
work, for simplicity, we treat θe ≡ kBTe/(mec2) as a pa-
rameter, and consider the range of 1 ! θe ! 4. Then,
when electrons are thermalized (Mahadevan & Quataert
1997), they obey the relativistic Maxwellian distribution,

Ne(γe) = ne
γ2
eβe exp(−γe/θe)

θeK2(1/θe)
, (9)

where ne is the electron number density, βe and γe are the
velocity and the Lorentz factor of the thermal electrons,
respectively, and K2(x) is the second modified Bessel
function. We ignore effect of the pair production on the
thermal component for simplicity, which gives np = ne.
It is suggested that in a LLAGN, radiations are emit-

ted from a jet, an outer thin disk, and a RIAF (Nemmen
et al. 2006, 2014). In this paper, we consider only radia-
tions emitted from the RIAF because the radiations from
the jet and the thin disk are unlikely to work as the target
photons inside the RIAF. We use one-zone approxima-
tion and calculate the photon spectrum within the accel-
eration radius R. Thermal electrons in the RIAF emit
radiations through the synchrotron, bremsstrahlung, and
inverse Compton scattering. We use fitting formulae
for the emissivity of bremsstrahlung and synchrotron
(Narayan & Yi 1995). Assuming the local thermody-
namic equilibrium with Eddington approximation (Ry-
bicki & Lightman 1979), we can get the photon fields
from the synchrotron and bremsstrahlung. This treat-
ment consistently includes the synchrotron self absorp-
tion (Manmoto et al. 1997). Using this photon fields as
the seed photons, spectra of inverse Compton scattering
is calculated. See Appendix A for detail of calculation
for the target photon fields.
Figure 1 shows the target photon spectra in the RI-

AFs for models A1, A2, and A3, whose parameters are
tabulated in Table 1. We fix some parameters α = 0.1,
β = 3, r = 10, and θe = 2.0. For the reference model
A1, the synchrotron makes a peak at Eγ ∼ 0.03 eV.
The thermal electrons scatter these synchrotron photons
efficiently, and make a few peaks from infrared to soft X-
ray range. Multiple-scattered photons make almost flat
spectrum for hard X-ray range. The spectrum has cut-off
corresponding to the electron temperature. The inverse
Compton scattering dominates over the bremsstrahlung
in all the frequency range for A1.
The efficiency of the Compton scattering depends on

y parameter, y ∼ neσTRθ2e ∝ ṁr−1/2α−1θ2e , where σT is
the Thomson cross section. Small ṁ makes the y param-
eter small, so that the spectrum by the inverse Compton
scattering is soft. This causes that bremsstrahlung is
dominant at hard X-ray range. For A2, y parameter is
less than unity, and the bremsstrahlung dominates over
the inverse Compton in Eγ " 2× 104 eV. The y parame-
ter is independent of MBH in our formulation. The large
MBH makes luminosity large due to the large R and the

TABLE 1
Model parameters for the spectrum from a LLAGN

model ṁ MBH[M⊙] ζ
A1 (reference) 10−2 107 0.1

A2 10−3 107 0.1
A3 10−2 108 0.1
A4 10−2 107 0.3

Fig. 1.— Target photon spectra emitted by thermal electrons
in RIAFs. The red-solid, the green-dashed, and blue-dotted lines
show models A1 (reference), A2 (small ṁ), A3 (large MBH), re-
spectively. The target photon spectrum for model A4 is the same
with that for A1.

large Ṁ . It also makes the synchrotron peak frequency
small because of small B. The profile of the spectrum
for A3 is similar to that for A1 but the luminosity for A3
is about ten times larger than that for A1.

3. SPECTRA OF NON-THERMAL PARTICLES IN A
TYPICAL RIAF

3.1. Plasma in accretion flows

If the infall time tfall is shorter than the relaxation
time due to Coulomb collision trel, it allows the existence
of non-thermal particles. The infall time for RIAFs is
estimated as

tfall ≃
R

vr
≃ 4.4× 104r3/21 α−1

−1MBH,7 s , (10)

whereas the relaxation time is estimated as

trel=
4
√
π

lnΛ

1

npσTc

(
mp

me

)2 (kBTp

mpc2

)3/2

∼ 2.1× 107α−1MBH,7ṁ
−1
−2 s (11)

where lnΛ is the Coulomb logarithm (e.g. Spitzer 1962).
Thus, RIAFs satisfy trel ≫ tfall, which allows F (p) to be
non-thermal (cf. Takahara & Kusunose 1985; Mahade-
van & Quataert 1997). For RIAFs, tfall is the same or-
der with the dissipation time via alpha viscous tdis (e.g.
Pringle 1981). Thus, the proton distribution function
in RIAFs are unable to become maxwellian within the
heating time. This implies that the Coulomb energy-loss
is negligible for relativistic protons in RIAFs.
The protons inside RIAFs are scattered by turbulent

magnetic fields. This process changes the momentum of

α=0.1, β=3, r=10, 	

θe=2, q=5/3, ηcr=0.01

reference modelでは	

EpLEp ~ 3x1040 erg/s 

Ep,peak ~ 2 PeV

• Injection term 

4.4 comparison of the timescales

上記のタイムスケールを運動量の関数として図 2、3にプロットした。使用したパラメー
タは表 1にまとめた (rSはシュワルツシルト半径、ηcrは宇宙線注入率、後述)。運動量が
小さい間は加速が効率的だが、高エネルギー側では proton Synchrotronによる冷却や拡
散的逃走が効くようになる。Model A の場合には Ep ! 106 程度で tesc < tacc となり、
γp ! 1010 程度で tcool < taccとなる。

Bethe-Heitler processは、pγが効かなかったので見積もりませんでした。

5 Spectrum of non-thermal particles

上記のタイムスケールを用いて Fokker-Plank equation を解いて分布関数を求める。その
際、降着エネルギーの一部が注入されると仮定し、注入関数としてデルタ関数を用いる。

ḟinj = ḟ0∆pδ (p− pinj) (39)

ḟ0は任意の定数で、f の規格化は、2次加速を解いた後の宇宙線の光度が質量降着率の ηcr
倍となるように定める。 ∫

dV

∫
dp

4πp2fEp

tesc
= ηcrṀc2 (40)

この粒子注入率と f の規格化を用いて、陽子の分布関数を求めた。降着流内の非熱的
粒子の数スペクトルN(p) = 4πp2f を図 4に示す。γinj < γp " 106でベキ型スペクトルが
実現しており、106 " γpでは徐々にN(p)の減少率が増加していく。Pcr ≡ 4π

∫
cp3fdp/3

より降着流内の宇宙線の圧力を計算すると、Pcr/Pth ∼ 5× 10−4程度となっており、降着
流のダイナミクスに影響しないという仮定はよさそうである。
この数スペクトルを使って、逃走陽子の光度を求める。逃走陽子の光度スペクトルは、

ELE の次元で書いて、以下のように表される。

EpLEp =

∫
dV

4πp3fEp

tdiff
=

4π2cR3p4f

tdiff
(41)

ニュートリノの光度は以下のようになる。

EνLEν =

(
1

2tpp
+

3

8tpγ

)
EppN(p) (42)

非弾性度とパイオン崩壊後のエネルギー分布より、デルタ共鳴の場合にはEν ≃ 0.05Epと
近似的に表すことができる。ここでは陽子陽子反応に着いてもそのことを仮定して計算し
ている。この定式化を用いて、逃走粒子の光度スペクトルを計算した。図 5に逃走陽子光
度 (赤)、逃走ニュートリノ光度 (ppが黄緑、pγが青)を示す。
全逃走陽子光度はLesc ≡

∫
LEpdEpと表される。今回の場合、高エネルギーでは粒子逃

走が効いているため、Lesc ∼ ηcrṀc2程度となる。逃走陽子はエネルギーEmax,p ∼ 1016[eV]
付近にピークを持つ分布となっており、モデル A では second knee のエネルギーには
少し足りない。このエネルギーの陽子が反応して放出するニュートリノのエネルギーは
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逃走ニュートリノスペクトル

reference ζx3

・Eν小ではppが支配的 EνLEν∝ηcrMBHṁ2,   

・Eν大でpγが効く 
・生成効率は良くない  fπ ~ 0.001 - 0.1

log(ELE [erg / sec])

log(E [GeV])

pp pγ

4.4 comparison of the timescales

上記のタイムスケールを運動量の関数として図 2、3にプロットした。使用したパラメー
タは表 1にまとめた (rSはシュワルツシルト半径、ηcrは宇宙線注入率、後述)。運動量が
小さい間は加速が効率的だが、高エネルギー側では proton Synchrotronによる冷却や拡
散的逃走が効くようになる。Model A の場合には Ep ! 106 程度で tesc < tacc となり、
γp ! 1010 程度で tcool < taccとなる。Model B の場合には Ep ! 107 程度で tesc < taccと
なり、γp ! 3 × 108 程度で tcool < taccとなる。どちらのモデルでも低エネルギー側では
pp が支配的で、高エネルギー側ではシンクロトロンと pγが効いてくる。

5 Spectrum of non-thermal particles

上記のタイムスケールを用いて Fokker-Plank equation を解いて分布関数を求める。その
際、降着エネルギーの一部が注入されると仮定し、注入関数としてデルタ関数を用いる。

ḟinj = ḟ0∆pδ (p− pinj) (39)

ḟ0は任意の定数で、f の規格化は、2次加速を解いた後の宇宙線の光度が質量降着率の ηcr
倍となるように定める。 ∫

dV

∫
dp

4πp2fEp

tesc
= ηcrṀc2 (40)

この粒子注入率と f の規格化を用いて、陽子の分布関数を求めた。降着流内の非熱的
粒子のスペクトル EpdNp/dEp = 4πp3f(p)を図 4に示す。モデルAでは γinj < γp " 105

でベキ型スペクトルが実現しており、γp ∼ 106にピークを持つ。model B でもピークが
γp ∼ 107となるだけで、非常に似たスペクトルとなっている。べきはEpdNp/dEpでかい
て 2− qと非常に硬く、二次加速の理論モデルと一致している。Pcr ≡ 4π

∫
cp3fdp/3より

降着流内の宇宙線の圧力を計算すると、model A では Pcr/Pth ∼ 5 × 10−4、model B で
は Pcr/Pth ∼ 1× 10−2 となっている。
この数スペクトルを使って、逃走陽子の光度を求める。逃走陽子の光度スペクトルは、

ELE の次元で書いて、以下のように表される。

EpLEp =

∫
dV

4πp3fEp

tdiff
=

4π2cR3p4f

tdiff
(41)

ニュートリノの光度は以下のようになる。

EνLEν =

(
1

2tpp
+

3

8tpγ

)
E2

p
dNp

dEp
(42)

非弾性度とパイオン崩壊後のエネルギー分布より、デルタ共鳴の場合にはEν ≃ 0.05Epと
近似的に表すことができる。ここでは陽子陽子反応に着いてもそのことを仮定して計算し
ている。この定式化を用いて、逃走粒子の光度スペクトルを計算した。図 5に逃走陽子光
度 (赤)、逃走ニュートリノ光度 (ppが黄緑、pγが青)を示す。
全逃走陽子光度はLesc ≡

∫
LEpdEpと表される。今回の場合、高エネルギーでは粒子逃

走が効いているため、Lesc ∼ ηcrṀc2程度となる。逃走陽子はエネルギーEmax,p ∼ 1016[eV]

8

・reference model  

EνLEν ~ 3x1038 erg/s,  
Eν,peak ~ 100 TeV 

赤：reference	

青：ζx3	

点線：pγ	

破線：pp

α=0.1, β=3, r=10, 	

θe=2,  q=5/3, ηcr=0.01 
ṁ = 0.01, MBH=107



逃走陽子の影響
• 母銀河に閉じ込められた場合 

• 銀河団に閉じ込められた場合 

fπ,IGM ~ 0.76 x 10-2   (Ep ~ 100PeV,   nIGM ~10-4 cm-3)

64
CHAPTER 4. COSMIC RAY PROTONS AND NEUTRINOS EMISSION FROM HOT

ACCRETION FLOWS

collisions in the ISM is estimated to be fπ,gal ≃ Kppnp,galσppcttrap ∼ 4×10−4( Ep

100 PeV)
−0.3

, where

np,gal ∼ 1 cm−3 is the mean nucleon density in the host galaxy, ttrap = h2/4κ is the trapping

time in the galaxy. We use the scale height h ∼ 1 kpc and the diffusion coefficient estimated

in our galaxy, κ ∼ 3 × 1028(Ep/1GeV)0.3 cm2 s−1. The escaping protons are expected to be

confined at the intergalactic medium (IGM) and interact with the protons or photons there.

The efficiency of pion production in IGM is not small, typically ∼ 10−2 around 100 PeV

(Murase et al., 2013), which is likely to be more important. Since most of the escaping protons

are emitted from the faint LLAGN, these processes might affect the diffuse neutrino flux.

4.3.3 Constraints on neutron loading in the jet

Toma & Takahara (2012) proposed a mass loading model to relativistic jets by relativistic

neutrons made in the accretion flows. They consider that the relativistic neutrons whose

Lorentz factor γn ∼ 3 decaying at the polar region of SMBH are able to provide the jets with

some amount of mass and energy. They estimated that the relativistic neutrons can inject the

energy about Ljet ! 2× 10−3Ṁc2 and the mass Ṁjet ! 4× 10−4Ṁ . This estimate results from

the assumption of the total neutron luminosity from the accretion flow Ln ∼ 0.03Ṁc2. The

total luminosity of injected neutrons is estimated as

Ln ∼ fnηcrṀc2, (4.29)

where fn is the neutron generation efficiency. The neutron generation efficiency is the same

order of the pion production efficiency, fn ∼ fπ ! 0.08. From the fitting of the diffuse neutrino

flux, we obtain ηcr ∼ 0.01. These results restrict Ln ! 8×10−4Ṁc2, which is much smaller than

their assumption. In addition, resultant spectra of relativistic protons that are accelerated via

stochastic acceleration are quite hard. This causes the differential luminosity and mass of the

neutrons with γn ∼ 3 to be much smaller than the above restriction. Therefore, the neutron

mass loading model is disfavored when high-energy neutrinos are produced and limited by the

observed neutrino data.

母銀河の閉じ込めはPeV neutrino には効かない	

加速が非効率ならγ線放射には効く可能性有り



背景ニュートリノと宇宙線陽子

• LLAGNの光度関数	


• 背景ニュートリノスペクトル	


• 宇宙線陽子スペクトル



LLAGNの光度関数

• Broken power law で表す 
L*=1038 erg/s,　 n*=1.3x10-2 Mpc-3, 　s1=1.64,　 s2=1.0

ANRV352-AA46-13 ARI 15 July 2008 12:45
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Figure 8
The Hα nuclear luminosity function of nearby AGNs derived from the Palomar survey. The top axis gives
an approximate conversion to absolute magnitudes in the B band, using the Hα-continuum correlation of
Greene & Ho (2005b). The open blue circles include only type 1 sources, whereas the filled red circles
represent both type 2 and type 1 sources. The luminosities have been corrected for extinction, and in the
case of type 1 nuclei, they include both the narrow and broad components of the line. For comparison, I
show the z < 0.35 luminosity function for SDSS Seyfert galaxies (types 1 and 2; dashed line; Hao et al.
2005b). (Adapted from L.C. Ho, A.V. Filippenko & W.L.W. Sargent, in preparation.)

A different strategy can be explored by taking advantage of the fact that Hα luminosities are
now available for nearly all of the AGNs in the Palomar survey. Figure 8 shows the Hα luminosity
function for the Palomar sources, computed using the V/Vmax method (L.C. Ho, A.V. Filippenko
& W.L.W. Sargent, in preparation). Two versions are shown, each representing an extreme view of
what kind of sources should be regarded as bonafide AGNs. The open symbols include only type
1 nuclei, whose AGN status is incontrovertible. This may be regarded as the most conservative
assumption and a lower bound, because we know that genuine narrow-line AGNs do exist. The
filled symbols lump together all sources classified as LINERs, transition objects, and Seyferts,
both type 1 and type 2. This represents the most optimistic view and an upper bound, if some
type 2 sources are in fact AGN impostors, although, as I argue in Section 6.5, this is likely to
be a small effect. The true space density of local AGNs lies between these two possibilities.
In either case, the differential luminosity function can be approximated by a single power-law
from LHα ≈ 1038 to 3 × 1041 ergs s−1, roughly of the form " ∝ L−1.2±0.2. The slope seems to
flatten below LHα ≈ 1038 ergs s−1, but the luminosity function is highly uncertain at the faint end
because of density fluctuations in our local volume. Nevertheless, it is remarkable that the Palomar
luminosity function formally begins at LHα ≈ 6 × 1036 ergs s−1, roughly the luminosity of the
Orion nebula (Kennicutt 1984). In units more familiar to the AGN community, this corresponds
to an absolute B-band magnitude of roughly −8 (using the Hα-optical continuum conversion of
Greene & Ho 2005b), no brighter than a single supergiant star.

For comparison, I have overlaid the Hα luminosity function of z ! 0.35 Seyfert galaxies derived
from the SDSS by Hao et al. (2005b). The Palomar survey reaches galaxies that are ∼2 orders
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ンのスペクトルの見積もりを行った。まず、pair のシンクロトロン冷却率は pp-collision
による注入率よりも大きいため、高エネルギーな pair の単位エネルギー辺りの数密度は

dNpair

dEpair
=

LEpair

Epair
tsync,pair (40)

と表される。tsync,pairは pair のシンクロトロン冷却時間である。あるエネルギーEpair =
γpairmec2の電子または陽電子の出すスペクトルは

Fν,sync ≃ 2.149

√
3e3B

mec2
x1/3e−x (41)

である。x = ν/νsync、νsync = γ2paireB/(2πmec)である。このスペクトルと数密度を使っ
て、pair からのシンクロトロンのスペクトルは

LEγ =

∫
dEpairFν,sync

dNpair

dEpair
(42)

となる。proton synchrotron についても式 (41)の中のmeをmpに変え、

LEγ =

∫
dEpFν,sync

dNp

dEp
(43)

と見積もられる。
高エネルギーのガンマ線は γγ pair creation によって吸収される。この光学的厚みは

τγγ(ϵ) = R

∫
dϵtNγ(ϵt)σγγ(ϵ, ϵt) (44)

∼ 0.2σTRNγ (ϵt) ϵt (45)

となる (Coppi & Blandford 1990)。ここで、ϵt ≃ 4/ϵはターゲットとなる光子のエネル
ギーである。（Coppi & Blandford 1990 では ϵt ≃ 1/ϵ としているのですが、この近似は断
面積をデルタ関数で近似しているので、ϵtとして反応断面積が最大となるエネルギーを用
いました。デルタ関数近似はかなり荒い近似かもしれませんが、他の部分も荒く計算して
いるので精度よく解く必要もないかと考えています。)

4 Isotropic background neutrino

4.1 Luminosity function of LLAGN

近傍 ( z < 0.35 )の LLAGN の光度関数 φは two-power law formulaで良くフィットで
きる。

φ(LHα) =
n∗/L∗

(LHα/L∗)
s1 + (LHα/L∗)

s2 (46)

とおいて、Ho (2008)の光度関数のグラフから、L∗ = 1038[erg s−1], n∗ ≃ 1.3×10−2Mpc−3、
s1 ≃ 1.6, s2 ≃ 1.0とする。この光度関数が成り立つ範囲はおおむね (LHα/L∗) ! 3000程

8
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X-ray背景放射には効かない



度である。また、LHα/L∗ > 3000の明るい銀河核は Seyfert galaxy などであり、LLAGN
に分類されないと思われる。(ただ、低光度側はどの程度信用できるのかわかりません。
Ho 2008 の本文に flat になると書いていたので今回の形を仮定しました。) (Ho 2008 で
は s1 ≃ −1.2なる記述が本文中にありますが、そのべきで fit すると観測点から大きくず
れます。この Luminosity function の reference には in preparation となっている論文が
あるのですが、ADSで検索しても見つかりませんでした。ここでは図をスライドに貼付
けて、目の子でデータ点の真ん中を通る直線を引いてグラフから値を読み取りました。)
LLAGN は暗いため、遠方の z ! 1 程度の天体はほぼ見えない。また、銀河の中心部にあ
る星との区別も難しく、不定性が大きい (Ho 2008)。ここでは光度関数の赤方変位依存性
は考慮せず、z < 0.35で見えている天体が進化しないと仮定して

φ(LHα , z) = φ(LHα) (47)

と表すことにする。
この光度関数はnarrow line regionからのHαの光度関数である。降着流からの放射は主

にX線で観測されると考えられており、LLAGNでは 2-10[keV]のX線光度はLX ∼ 5LHα

という関係式がある。ここでは前述のモデルで計算したRIAFのスペクトルから 2-10[keV]
のX線光度を求め、上記の関係式から LHα に焼き直すことで光度関数を求める。

4.2 Spectrum of Isotropic Background Neutrino

背景ニュートリノは上記の光度関数とRIAF からのニュートリノ放射光度を用いて

Φν =
c

4πH0

∫ zmax

0

dz√
ΩM (1 + z)3 + ΩΛ

∫ Lmax

Lmin

dLXφ(LX)
LE′

ν
(LX)

E′
ν

(48)

=
c

4πH0

∫ zmax

0

dz√
ΩM (1 + z)3 + ΩΛ

∫ Lmax

Lmin

dLX
dLHα

dLX
φ(LHα)

LE′
ν
(LX)

E′
ν

(49)

と表される。E′
ν = (1 + z)Eν はニュートリノを放出する LLAGN 静止系でのニュートリ

ノエネルギーである。今回は zmax ≃ 7を用いた。これは観測されている最遠方 quasar の
赤方変位である。ここでは表 3のパラメータを固定して Ṁ を変えることで、さまざまな
光度の LLAGN のスペクトルを作り背景ニュートリノを求めた。光度は電子温度や磁場に
依存するため、違うパラメータを用いると積分範囲の Ṁ も変化する。積分する際の Ṁ ノ
上限値は表 4にまとめてある。Ṁ の下限値はある程度小さくとればあまり重要にならな
いため、表 3の値で固定する。
観測された PeV neutrinoは以下の特徴を持つ。(a) E2

νΦν ∼ 10−8GeVcm−2s−1sr−1,
(b) spectrum index は 2.0− 2.3, (c) 数 PeV に cutoff または break。　このモデルで計算
された背景ニュートリノフラックスを図 5に示す。パラメータを適宜選ぶことにより、観
測から示唆される特徴を全て満たす解を構築できた。モデル A, Bのパラメータは表 3, 4
にまとめてある。いくつかのパラメータセットで観測される diffuse neutrino flux は fit す
ることができる。温度を大きくすると同じ光学的厚みのときのコンプトンの y-parameter
が大きくなるため、少ない Ṁ で Lmaxとなる。Ṁ が小さいと陽子の数密度が小さくなり
ppや pγの反応率が悪くなるため、観測を再現するには温度の小さい時と比べてより大き
な ηcr が必要となる。また、qを小さくすると小スケールの乱流のエネルギーが大きくな
り粒子が加速されやすくなる。その時にはより小さい ζ で PeV neutrino を作ることがで
きる。
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diffuse flux

fixed parameters	

α=0.1, β=3, 
r=10, q=5/3	


MBH=107 or 108

No evolution	

φ(Lx) =const for z	


(Assume BL Lac LF)

Lx=Lx(ṁ, θe, MBH)	

fixed θe, MBH	

ṁ⇔Lx

log(Eν2Φν [GeV/cm2/s/sr])

log(Eν[GeV])

atmospheric

IceCube

Diffuse Neutrino Flux from LLAGN

data と合う 
θe , ζ, ηcr	

を探す

High E

low E



8 Kimura, Murase, & Toma

TABLE 2
Model parameters for diffuse neutrino flux

model MBH[M⊙] θe ζ ηcr
B1 107 2.0 0.18 6× 10−3

B2 108 3.0 0.13 9× 10−3

B3 107 1.5 0.06 2.5× 10−2

B4 108 2.0 0.05 1.5× 10−2

Fig. 5.— The spectra of diffuse neutrino flux per flavor. The
red-solid, green-dashed, blue-dotted, and magenta-dot-dashed lines
show the diffuse neutrino flux for B1, B2, B3, and B4, respectively.
The cyan triangles represent the atmospheric neutrino produced
by cosmic rays. The black squares show the observed astrophysical
neutrino flux.

of the spectra. Large θe makes LX large if we fix ṁ. This
causes the mass accretion rate corresponding to Lmax to
be small, which decreases the neutrino luminosity. This
is why large θe makes the neutrino flux small. If consider-
ing θe ! 5, we need ηcr ! 0.1 to achieve the observed flux.
This is too large to maintain the dynamical structure of
RIAF (Kimura et al. 2014). In this case, we expect the
flow is a standard disk where particles are unlikely to be
accelerated.
LLAGN with large ṁ emit most of the diffuse neutrino

flux in our models. If ṁ is large, the neutrino luminosity
is large while the number density of LLAGN is small.
The former is more efficient than the latter for the neu-
trino luminosity. Thus, faint ones seldom contribute the
diffuse neutrino flux for both energy ranges. The re-
quired injection efficiency ηcr ∼ 0.01 is small, compared
to the other AGN models (cf. Alvarez-Muniz & Mészáros
2004; Murase et al. 2014), although 10 - 100 TeV neu-
trinos need slightly larger ηcr than 100 - 1000 TeV ones.
Even if each LLAGN is much fainter than the quasars,
the number density of LLAGN is so large that they can
contribute the diffuse neutrino flux easily.

4.2. Diffuse flux of cosmic ray protons

In our models, most of the injected protons escape from
the accretion flow without depletion due to the low effi-
ciency of pion production fπ " 0.08. Assuming that the
protons travel in the intergalactic medium straightly with
the speed of light, we estimate the cosmic ray (CR) flux
as in the neutrino flux. Of course, this does not give us

a correct spectrum observed at the Earth. In fact, there
are turbulent magnetic fields in the intergalactic medium
and the host galaxy of LLAGN. They prevent the pro-
tons from traveling straightly. This causes the flux of
CR protons to decrease. Thus, this estimation gives us
the maximum flux of the CR protons from LLAGN. Fig-
ure 6 shows the maximum flux of the CR protons for
models B1, B2, B3, and B4. This maximum flux of the
escaping protons is smaller than observed CR flux for
1015.5eV < Ep < 1018 eV for all the models. Different
from the neutrino spectra, the faint LLAGN mainly con-
tribute these flux for Ep < 1016.5 eV. This is because the
escaping proton luminosity have weak dependence on ṁ,
compared to the neutrino luminosity.
In reality, the escaping protons are likely to trap the

host galaxies of LLAGN and interact with the protons
in the galaxies. The pion production efficiency by pp
inelastic collision is estimated as

fπ,gal ≃ Kppnp,galσppcttrap ∼ 0.02

(
Ep

1TeV

)−0.3

, (31)

where np,gal ∼ 1 cm−3 is the mean proton density in
the host galaxy, ttrap = h2/κ is the trapping time in
the galaxy. We use the scale height h ∼ 1 kpc and
the diffusion coefficient estimated in our galaxy, κ ∼
3×1028(Ep/1GeV)0.3 cm2 s−1. The escaping protons are
also expected to be trapped at the intergalactic medium
(IGM) and interact with the protons or photons. The ef-
ficiency of pion production in IGM is not small, typically
∼ 10−2 (Murase et al. 2013). Since the most of the es-
caping protons are emitted from the faint LLAGN, these
processes may affect the diffuse neutrino flux. Detailed
estimation of the diffuse neutrino flux by the escaping
protons remains as a future work.

4.3. Constraints on neutron loading in the jet

Toma & Takahara (2012) proposed a mass loading
model to relativistic jets by relativistic neutrons made in
the accretion flows. They consider that the relativistic
neutrons whose Lorentz factor γn ∼ 3 decaying at the po-
lar region of SMBH are able to provide the jets with some
amount of mass and energy. They estimated that the
relativistic neutrons can inject the energy about Ljet "
2× 10−3Ṁc2 and the mass Ṁjet " 4× 10−4Ṁ . This es-
timate results from the assumption of the total neutron
luminosity from the accretion flow Ln ∼ 0.03Ṁc2. The
total luminosity of the neutron injection in our models is
estimated as

Ln ∼ fnηcrṀc2, (32)

where fn is the neutron generation efficiency. The neu-
tron generation efficiency is the same order of the pion
production efficiency, fn ∼ fπ " 0.08. From the fitting
of the diffuse neutrino flux, we obtain ηcr ∼ 0.01. These
results restrict Ln " 8×10−4Ṁc2, which is much smaller
than their assumption. In addition, the resultant spectra
of relativistic protons by the stochastic acceleration are
quite hard. This causes the differential luminosity and
mass of the neutrons with γn ∼ 3 to be much smaller
than the above restriction. Therefore, the neutron mass
loading model is disfavored as long as our model explains
the observed neutrino spectrum.
If LLAGN are not the source of the observed neutri-

nos, the neutron injection model is not restricted from

度である。また、LHα/L∗ > 3000の明るい銀河核は Seyfert galaxy などであり、LLAGN
に分類されないと思われる。(ただ、低光度側はどの程度信用できるのかわかりません。
Ho 2008 の本文に flat になると書いていたので今回の形を仮定しました。) (Ho 2008 で
は s1 ≃ −1.2なる記述が本文中にありますが、そのべきで fit すると観測点から大きくず
れます。この Luminosity function の reference には in preparation となっている論文が
あるのですが、ADSで検索しても見つかりませんでした。ここでは図をスライドに貼付
けて、目の子でデータ点の真ん中を通る直線を引いてグラフから値を読み取りました。)
LLAGN は暗いため、遠方の z ! 1 程度の天体はほぼ見えない。また、銀河の中心部にあ
る星との区別も難しく、不定性が大きい (Ho 2008)。ここでは光度関数の赤方変位依存性
は考慮せず、z < 0.35で見えている天体が進化しないと仮定して

φ(LHα , z) = φ(LHα) (47)

と表すことにする。
この光度関数はnarrow line regionからのHαの光度関数である。降着流からの放射は主

にX線で観測されると考えられており、LLAGNでは 2-10[keV]のX線光度はLX ∼ 5LHα

という関係式がある。ここでは前述のモデルで計算したRIAFのスペクトルから 2-10[keV]
のX線光度を求め、上記の関係式から LHα に焼き直すことで光度関数を求める。

4.2 Spectrum of Isotropic Background Neutrino

背景ニュートリノは上記の光度関数とRIAF からのニュートリノ放射光度を用いて

Φν =
c

4πH0

∫ zmax

0

dz√
ΩM (1 + z)3 + ΩΛ

∫ Lmax

Lmin

dLXφ(LX)
LE′

ν
(LX)

E′
ν

(48)

=
c

4πH0

∫ zmax

0

dz√
ΩM (1 + z)3 + ΩΛ

∫ Lmax

Lmin

dLX
dLHα

dLX
φ(LHα)

LE′
ν
(LX)

E′
ν

(49)

と表される。E′
ν = (1 + z)Eν はニュートリノを放出する LLAGN 静止系でのニュートリ

ノエネルギーである。今回は zmax ≃ 7を用いた。これは観測されている最遠方 quasar の
赤方変位である。ここでは表 3のパラメータを固定して Ṁ を変えることで、さまざまな
光度の LLAGN のスペクトルを作り背景ニュートリノを求めた。光度は電子温度や磁場に
依存するため、違うパラメータを用いると積分範囲の Ṁ も変化する。積分する際の Ṁ ノ
上限値は表 4にまとめてある。Ṁ の下限値はある程度小さくとればあまり重要にならな
いため、表 3の値で固定する。
観測された PeV neutrinoは以下の特徴を持つ。(a) E2

νΦν ∼ 10−8GeVcm−2s−1sr−1,
(b) spectrum index は 2.0− 2.3, (c) 数 PeV に cutoff または break。　このモデルで計算
された背景ニュートリノフラックスを図 5に示す。パラメータを適宜選ぶことにより、観
測から示唆される特徴を全て満たす解を構築できた。モデル A, Bのパラメータは表 3, 4
にまとめてある。いくつかのパラメータセットで観測される diffuse neutrino flux は fit す
ることができる。温度を大きくすると同じ光学的厚みのときのコンプトンの y-parameter
が大きくなるため、少ない Ṁ で Lmaxとなる。Ṁ が小さいと陽子の数密度が小さくなり
ppや pγの反応率が悪くなるため、観測を再現するには温度の小さい時と比べてより大き
な ηcr が必要となる。また、qを小さくすると小スケールの乱流のエネルギーが大きくな
り粒子が加速されやすくなる。その時にはより小さい ζ で PeV neutrino を作ることがで
きる。
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TABLE 2
Model parameters for diffuse neutrino flux

model MBH[M⊙] θe ζ ηcr
B1 107 2.0 0.18 6× 10−3

B2 108 3.0 0.13 9× 10−3

B3 107 1.5 0.06 2.5× 10−2

B4 108 2.0 0.05 1.5× 10−2

Fig. 5.— The spectra of diffuse neutrino flux per flavor. The
red-solid, green-dashed, blue-dotted, and magenta-dot-dashed lines
show the diffuse neutrino flux for B1, B2, B3, and B4, respectively.
The cyan triangles represent the atmospheric neutrino produced
by cosmic rays. The black squares show the observed astrophysical
neutrino flux.

of the spectra. Large θe makes LX large if we fix ṁ. This
causes the mass accretion rate corresponding to Lmax to
be small, which decreases the neutrino luminosity. This
is why large θe makes the neutrino flux small. If consider-
ing θe ! 5, we need ηcr ! 0.1 to achieve the observed flux.
This is too large to maintain the dynamical structure of
RIAF (Kimura et al. 2014). In this case, we expect the
flow is a standard disk where particles are unlikely to be
accelerated.
LLAGN with large ṁ emit most of the diffuse neutrino

flux in our models. If ṁ is large, the neutrino luminosity
is large while the number density of LLAGN is small.
The former is more efficient than the latter for the neu-
trino luminosity. Thus, faint ones seldom contribute the
diffuse neutrino flux for both energy ranges. The re-
quired injection efficiency ηcr ∼ 0.01 is small, compared
to the other AGN models (cf. Alvarez-Muniz & Mészáros
2004; Murase et al. 2014), although 10 - 100 TeV neu-
trinos need slightly larger ηcr than 100 - 1000 TeV ones.
Even if each LLAGN is much fainter than the quasars,
the number density of LLAGN is so large that they can
contribute the diffuse neutrino flux easily.

4.2. Diffuse flux of cosmic ray protons

In our models, most of the injected protons escape from
the accretion flow without depletion due to the low effi-
ciency of pion production fπ " 0.08. Assuming that the
protons travel in the intergalactic medium straightly with
the speed of light, we estimate the cosmic ray (CR) flux
as in the neutrino flux. Of course, this does not give us

a correct spectrum observed at the Earth. In fact, there
are turbulent magnetic fields in the intergalactic medium
and the host galaxy of LLAGN. They prevent the pro-
tons from traveling straightly. This causes the flux of
CR protons to decrease. Thus, this estimation gives us
the maximum flux of the CR protons from LLAGN. Fig-
ure 6 shows the maximum flux of the CR protons for
models B1, B2, B3, and B4. This maximum flux of the
escaping protons is smaller than observed CR flux for
1015.5eV < Ep < 1018 eV for all the models. Different
from the neutrino spectra, the faint LLAGN mainly con-
tribute these flux for Ep < 1016.5 eV. This is because the
escaping proton luminosity have weak dependence on ṁ,
compared to the neutrino luminosity.
In reality, the escaping protons are likely to trap the

host galaxies of LLAGN and interact with the protons
in the galaxies. The pion production efficiency by pp
inelastic collision is estimated as

fπ,gal ≃ Kppnp,galσppcttrap ∼ 0.02

(
Ep

1TeV

)−0.3

, (31)

where np,gal ∼ 1 cm−3 is the mean proton density in
the host galaxy, ttrap = h2/κ is the trapping time in
the galaxy. We use the scale height h ∼ 1 kpc and
the diffusion coefficient estimated in our galaxy, κ ∼
3×1028(Ep/1GeV)0.3 cm2 s−1. The escaping protons are
also expected to be trapped at the intergalactic medium
(IGM) and interact with the protons or photons. The ef-
ficiency of pion production in IGM is not small, typically
∼ 10−2 (Murase et al. 2013). Since the most of the es-
caping protons are emitted from the faint LLAGN, these
processes may affect the diffuse neutrino flux. Detailed
estimation of the diffuse neutrino flux by the escaping
protons remains as a future work.

4.3. Constraints on neutron loading in the jet

Toma & Takahara (2012) proposed a mass loading
model to relativistic jets by relativistic neutrons made in
the accretion flows. They consider that the relativistic
neutrons whose Lorentz factor γn ∼ 3 decaying at the po-
lar region of SMBH are able to provide the jets with some
amount of mass and energy. They estimated that the
relativistic neutrons can inject the energy about Ljet "
2× 10−3Ṁc2 and the mass Ṁjet " 4× 10−4Ṁ . This es-
timate results from the assumption of the total neutron
luminosity from the accretion flow Ln ∼ 0.03Ṁc2. The
total luminosity of the neutron injection in our models is
estimated as

Ln ∼ fnηcrṀc2, (32)

where fn is the neutron generation efficiency. The neu-
tron generation efficiency is the same order of the pion
production efficiency, fn ∼ fπ " 0.08. From the fitting
of the diffuse neutrino flux, we obtain ηcr ∼ 0.01. These
results restrict Ln " 8×10−4Ṁc2, which is much smaller
than their assumption. In addition, the resultant spectra
of relativistic protons by the stochastic acceleration are
quite hard. This causes the differential luminosity and
mass of the neutrons with γn ∼ 3 to be much smaller
than the above restriction. Therefore, the neutron mass
loading model is disfavored as long as our model explains
the observed neutrino spectrum.
If LLAGN are not the source of the observed neutri-

nos, the neutron injection model is not restricted from

B1,B2

B3,B4

log(Eν2Φν [GeV/cm2/s/sr])

log(Eν[GeV])

atmospheric
無理のないパラメータで	


IceCubeニュートリノを再現

Diffuse Neutrino Flux from LLAGN

No evolution	

φ(Lx) =const for z	


(Assume BL Lac LF)

Lx=Lx(ṁ, θe, MBH)	

fixed θe, MBH	

ṁ⇔Lx

High E

low E

fixed parameters	

α=0.1,  
β=3, 
r=10	

q=5/3 
zmax=7	


MBH=107 or 108

IceCube



まとめ



まとめ
・高エネルギーニュートリノの起源について低光度活動銀
河核の降着流を検証した 
・典型的には最高エネルギーは 加速=逃走 で決まる 
　　　乱流場の特性ζやqが重要なパラメータ 
・典型的には EpLEp ~ 3x1040 erg/s, Ep,peak ~ 2PeV  
                       EνLEν ~ 3x1038 erg/s, Eν,peak ~ 100 TeV   
・Eνが小さいとpp が卓越、Eν が大きいとpγ が効率的 
・ニュートリノ生成効率は低い fπ ~ 0.001 - 0.1 
・LLAGNの光度関数を使ってニュートリノ背景放射を計算 
→無理のないパラメータでIceCube 天体ニュートリノに寄与




